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Preface 



Spacecraft observations of the Sun and the heliosphere are passing 
from the exploration phases to explicit studies of physical processes. As 
this change takes place, we learn about the natural connections that 
exist between various parts of the system. Wonderful examples of this 
are now known. One is the entry of interstellar matter into the helio- 
sphere and how this depends both on sources of the solar wind at the 
Sun and the explicit manner in which the interplanetary magnetic field 
connects back to the Sun. Understanding these connections permits us- 
ing composition measurements in the solar wind to analyze interstellar 
matter on the one hand and acceleration of particles to relativistic en- 
ergies at shocks on the other hand. Furthermore, understanding of the 
system has enabled us to use that knowledge to detect the equivalent 
of heliospheres - astrospheres - around other stars producing solar-type 
winds. The circumstance which is producing this understanding is the 
simultaneous existence of spacecraft observing the Sun (SOHO, Yohkoh, 
TRACE, RHESSI) and spacecraft observing the interplanetary medium 
(Voyagers, Ulysses, ACE, IMP, CLUSTER, SMEI, WIND). These mis- 
sions are both difficult and expensive, explaining why it has taken a 
long time for understanding of the system to come. Now, with some 
understanding, we have learned many ways to extend and expand the 
studies. This is leading to many new and proposed missions. Some of 
those which will be launched within the next 10 years include STEREO, 
Solar-B, SDO, SENTINELS, and SO. But, there are many more exciting 
missions on the drawing boards, including those that will actually go to 
the Sun, exit the solar system, or again pass over the poles of the Sun. 

Here we introduce this subject by discussing the topics as they appear 
in the book. The order is, roughly, from the outer heliosphere inwards, in 
an attempt to move from the extreme outreach of our solar system and 
the ensuing global scenario to finer details within it. Work on the outer 
heliospheric boundary has been boosted recently by the discovery of the 
so called “hydrogen walls” : that region of neutral interstellar hydrogen 
which is located at the interface of the heliosphere, or astrospheres, and 
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the interstellar medium, in the upstream direction. J. Linsky’s contribu- 
tion shows that we can now study the environment of other (G and K) 
stars, on the basis of our understanding of the heliosphere, and, being 
able to widen our view beyond the Sun, we get new information also 
on the history of our own solar system. New observations of the far 
reaches of the heliosphere are being made by by Voyager, which may 
have touched the termination shock in 2003, at distances on the order of 
about 85 AU. Another means to gain insight into these remote regions 
is by analyzing radio emission from the heliosphere interface: I. Cairns 
focusses on modeling radio data from Voyager observations of the outer 
heliosphere and the physics of the heliosphere interface. In order to un- 
derstand some of these phenomena we must take into account variations 
brought about by solar cycle variations, demonstrating that only a global 
vision of the Sun and the heliosphere is adequate at such large distances. 
The new data that are being acquired by spacecraft allow us to test the 
theoretical models of the SW/LIC (solar wind/local interstellar cloud) 
interaction against observations, a capability only recently acquired (see 
V. Izmodenov contribution). 

On a smaller scale, our knowledge of the inner heliosphere, out to 
distances oi ^ 5 AU, has been enormously improved by the Ulysses mis- 
sion, the first spacecraft to pass above the poles of the Sun and to give 
us a view of regions at high latitudes. In addition, the long life of the 
mission, in its 14th year of operations at the time of this writing, allowed 
us to study variations over time in the heliosphere, as Ulysses has flown 
over the solar poles at times close to solar minimum (1994/1995) and 
at solar maximum (year 2000). Highlights of the mission are given by 
Marsden: we may notice here that changes in the heliosphere caused by 
the solar activity cycle, which we mentioned as an explanation for outer 
heliospheric phenomena, are obviously observed in the inner heliosphere 
as well, and, taking the dynamic solar wind pressure as a reference pa- 
rameter, amount to a factor two increase, independent of latitude. We 
still have to find out whether this is a typical figure or whether changes 
may occur from one to the next solar cycle and how large those may 
possibly be. In situ measurements are not the only means to get some 
insight into the heliosphere: Interplanetary Scintillation Measurements 
(IPS), although affected by integration effects - nowadays overcome by 
sophisticated techniques to analyze data - may provide important data 
with the advantage, with respect to in situ measurements, of requiring 
not as much time as a spacecraft needs to acquire data over a large span 
of latitudes (Kojima et ah). 

Ulysses polar passes allowed, for the first time ever, observations of 
energetic particles at high latitudes (Sanderson): these events, whose 
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properties differ less than expected from those of low latitude events, give 
new information about the latitudinal transport of particles, thus about 
polar fields. However, observations do not yet allow us to answer ques- 
tions about the magnetic field configuration very near to the Sun, as it 
is not clear whether particles diffuse across the field, or whether the field 
is distorted. Energetic particles and anomalous cosmic rays provide new 
information as well on fieldlines which connect to very large distances, 
reaching out to the heliospheric termination shock. Footpoint motion at 
the Sun, coupled with solar wind speed variations, may solve open prob- 
lems both in the physics of anomalous cosmic rays (ACR) and cosmic 
ray transport, once more highlighting how heliospheric events cannot be 
explained unless they are linked to the near-Sun physics (Schwadron). 
We want to point out that although ACRs, as well as pick-up ions, have 
been providing us with new information, we know very little, if anything, 
about species which are mostly ionized and on their isotopic composi- 
tion: knowledge of the latter might be used to constrain cosmological 
and nucleosynthesis models contributing to the global picture of the solar 
system and its evolution whose first steps are described in this volume. 

Apart from the changes in the heliospheric configuration caused by 
the solar activity (11 year) and magnetic activity (22 year) cycles, short 
time variations are caused by the propagation of Coronal Mass Ejections 
through the heliosphere. It is well known that interplanetary shocks 
and magnetic clouds of CMEs affect particle propagation, but they have 
other effects as well. We have not reached a comprehensive view of their 
role. Do they, for instance, scatter galactic cosmic rays, and, in case, how 
large is it their impact on the solar cycle modulation of galactic rays? 
how large is the contribution from the changing topology of CME field 
lines to the magnetic flux balance of the heliosphere? Our understanding 
of CMEs has increased enormously after SOHO and Ulysses, and the 
state of the art is reviewed by N. Gopalswamy. This is a held where 
we may reasonably hope for further progress coming from future space 
missions: STEREO, with its twin spacecraft providing stereo images and 
its in situ data acquisition, and the Solar Mass Ejection Imager (SMEI), 
with its camera imaging CMEs as they propagate through the interstellar 
medium, may strongly contribute to broaden our understanding of these 
events and of their influence on heliospheric phenomena. 

The unperturbed solar wind physical parameters show the random 
fluctuations characteristic of turbulence and it is well known that the 
best place to study the solar wind alfvenic turbulence is in fast streams. 
How does turbulence evolve with distance from the Sun is not well known 
and, before the advent of Ulysses, knowledge was limited to the low 
latitude behavior. Ulysses polar passes provided the solar /heliospheric 
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community with the first opportunity to analyze the evolution of turbu- 
lence with distance for the polar wind: results from these new data show 
a behavior which is consistent with what might have been predicted, be- 
ing similar, although slower than in ecliptic turbulence evolution. While 
this is a nice achievement, we should keep in mind that we have yet to 
disentangle distance from latitude effects, to be able to refine the picture. 
The need for disentangling spatial and temporal effects is especially felt 
when interpreting intermittency phenomena whose origin is still debated 
(Bavassano et ah). Quite obviously, waves/turbulence may be generated 
in the solar corona and only those on open coronal fieldlines (as opposed 
to those confined in loop structures) will reach out to the interplanetary 
medium. What is the nature of the waves, how is the solar corona heated 
and the solar wind accelerated, are long-standing problems still waiting 
for a non controversial solution. SOHO data have revealed some new 
features - how heavy ions are accelerated over the first few solar radii as 
opposed to protons - which provide valuable information in identifying 
the nature of the waves. Nevertheless, further data on the behavior of 
heavy ions, such as Helium, are needed to pinpoint the nature of waves 
(Marsch). Hopefully, future missions such as SO, Solar Probe, or the 
proposed ASCE mission will provide the necessary additional informa- 
tion. 

The hot corona also transfers energy downwards, towards the transi- 
tion region (TR) and chromosphere. Quite interestingly, this downwards 
transport affects the solar wind mass flux - another example, on a more 
local basis, of how the physics of any region is intertwined with the 
physics of adjacent and sometimes more distant regions. The feedback 
between downward energy transport and outflowing solar wind occurs 
because the location of the TR-chromosphere interface changes as a func- 
tion of the energy being transferred downwards and the pressure of the 
corona changes accordingly. Lie-Svendsen gives a beautiful example of 
how the wind mass flux, which is measured by in situ experiments, can’t 
be accounted for, unless the energy supplied to the TR reaches a thresh- 
old value. 

Analogously, the elemental composition of the solar wind depends 
on chromospheric processes (Raymond). Different regions in the solar 
corona and solar wind have quite different abundances and these differ 
from photospheric abundances as well. This variation is ascribed to 
processes, seemingly occurring at chromospheric levels, which appear to 
depend on the First Ionization Potential (FIP effect) of the elements and 
are not yet unambiguously identified. In stars, we have an even more 
baffling situation, as there is some evidence for an “inverse” FIP effect, 
for which we have no explanation. Hence the capabilities of abundance 
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studies as a means for gathering further information on the mechanisms 
by which the corona is heated and solar wind accelerated could not, so 
far, been fully exploited. 

Down at the very end of this brief compendium of studies, tools, ques- 
tions, new discoveries, which are the theme of the present volume, we 
reach the actual core of the problem: magnetic fields. We would not have 
a heliosphere, shaped as it is, or astrospheres, without a magnetic field 
which is structuring, or being structured by, cosmic plasmas. Solanki’s 
contribution illustrates the magnetic field behavior as it passes through 
different regimes, from the convection zone out to the heliosphere. How- 
ever, we would not have the variety of phenomena that we are observing, 
unless magnetic field reconnection would not provide us with the capa- 
bility of magnetic field restructuring. Priest’s conclusive chapter gives 
us basic information on this process as well as examples of reconfiguring 
magnetic fields. This brings us back to the astro/heliospheres we started 
with, closing the circle of our integrated system. 

Cover: The acronyms on the cover refer to the following missions and/or 
techniques: HST - Hubble Space Telescope, IPS - Interplanetary Scin- 
tillations, IMP - Interplanetary Monitoring Platform, ACE - Advanced 
Composition Explorer, SOHO - SOlar Heliospheric Observatory, WIND 
- not an acronym, SMEI - Solar Mass Ejection Imager, TRACE - Tran- 
sition Region And Coronal Explorer, RHESSI - Ramaty High Energy 
Solar Spectroscopic Imager. 




Chapter 1 

HYDROGEN WALLS: MASS LOSS OF 
DWARF STARS AND THE YOUNG 
SUN 



Jeffrey L. Linsky 

JILA, University of Colorado and NIST 

Boulder, CO 80309-0440 USA 

jlinsky@jila.colorado.edu 



Brian E. Wood 

JILA, University of Colorado and NIST 
Boulder, CO 80309-0440 USA 
woodb@origins.colorado.edu 



Abstract Charge-exchange reactions between a fully ionized stellar wind and the 
partially ionized warm gas in the interstellar medium create a com- 
pressed region of hot neutral hydrogen atoms that are decelerated rela- 
tive to the inflowing interstellar gas. This “hydrogen wall” produces a 
blue-shifted absorption component in the stellar Lyman-a emission line 
at many viewing angles that has now been detected in Hubble Space 
Telescope spectra of eight dwarf stars. Comparisons of the observed 
Lyman-a line profiles with theoretical models led to the first sensitive 
measurements of mass- loss rates as small as 4 x 10“^^ M© yr“^ for solar- 
like dwarfs. Our study of astrospheres provides the first observational 
data (other than for the Sun) with which to test theories for dwarf star 
winds. We And an empirical correlation of stellar mass-loss rate with 
X-ray surface flux that allows us to predict the mass-loss rates of other 
stars and to infer the solar wind mass flux at earlier times, when the so- 
lar wind may have been as much as 1000 times stronger than at present. 
We mention some important ramifications for the history of planetary 
atmospheres in our solar system, that of Mars in particular, and for 
exoplanets. 
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1. Is the Solar Wind Unique? 

The presence of blue-shifted absorption features in spectral line pro- 
files convinced stellar spectroscopists in the early twentieth century that 
luminous stars must lose mass. The classic P Cygni line profile, which is 
typically seen in hot star spectra, consists of blue-shifted absorption and 
red-shifted emission. Observations of this profile provide clear evidence 
that a star is losing mass and that the expanding outer atmosphere is 
comparable to or larger than the stellar photosphere. Novae and su- 
pernovae demonstrate that mass loss can be very rapid at times. In a 
classic study of the a Her triple system, Deutsch (1956) measured the 
mass-loss rate of M > 3 x IO^^Mq yr“^ from the M5 giant in the sys- 
tem by analysis of absorption features superimposed on the spectrum 
of the G5 dwarf lying behind the wind of the M5 giant. This mass- loss 
rate, which is low compared to typical M supergiants, is nonetheless at 
least a factor of 10^ times larger than the mean solar mass-loss rate of 
2 X yr~^. Lamers & Cassinelli (1999) have reviewed the obser- 

vational evidence and theoretical models proposed to explain the mass 
loss from luminous hot and cool stars. 

Stellar mass loss plays important roles in astrophysics including: (i) 
chemically enriching the interstellar medium out of which the next gen- 
eration of stars emerges, (ii) exposing to view the chemically processed 
material in the inner layers of rapidly mass- losing stars (e.g., Wolf-Rayet 
stars), and (iii) changing the evolution of stars that lose a large portion 
of their mass either when young or in their post-main sequence phases, 
especially in the asymptotic giant branch phase of their evolution. 

Biermann (1951) first showed that the Sun loses mass based on obser- 
vations that comet plasma tails always face away from the Sun. Parker 
(1958, 1960) predicted that the Sun should have a high-velocity out- 
flow, which is driven by the thermal gas pressure of the hot corona. To 
describe this outflow he coined the term “solar wind” . Subsequent mea- 
surements of solar wind properties in situ using instruments on many 
satellites, most recently by Ulysses in its journey over the solar poles, 
demonstrated that Parker was basically right. However, additional ac- 
celeration and heating by magnetic waves may play important roles. For 
example, the coronal magnetic field provides the structure and controls 
the speed and density of the solar wind. Transient events (e.g., coronal 
mass ejections) also play a role. 

The Ulysses space probe is providing the first detailed three-dimensional 
picture of the solar wind from in situ measurements obtained over a wide 
range of solar latitudes and solar-cycle phases. The solar wind has at 
least three identified components, which are correlated with the local 
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magnetic field structure. The solar wind properties obtained from anal- 
ysis of the Ulysses data are summarized in Table 1.1 (Phillips et al. 1995 
with mass-fiux values updated from the Ulysses/SWOOPS website^). 
For each coronal region the table lists the wind speed (t’oo) at the Earth, 
the ion density (riion) at the Earth, the mass-loss rate {Mtotai) if the 
entire Sun consisted of this region, and the percent of the solar surface 
typically covered by this region at solar-cycle maximum and minimum. 
An important point is that there is less than a factor of two difference 
in the solar mass-loss rate between regions of open magnetic fields in 
coronal holes characterized by a high-speed but low-density wind and 
the largely (but not entirely) closed magnetic-field regions with their 
slow-speed but higher-density wind. The time-averaged contribution of 
coronal mass ejections to the solar wind is not well known but is likely 
of order 10%. Thus a sensible value for the mean solar wind mass-loss 
rate is about 2 x 10“^^ solar masses per year, nearly independent of solar 
cycle phase. This may be compared with the mass-loss rates of 10“^ to 
10“^^ Mq yr“^ often cited for luminous cool stars. While the solar wind 
mass-flux rate is tiny by comparison with M supergiants, it can still play 
important roles in the evolution of solar-like dwarf stars as we shall see. 

Table 1.1. Typical Parameters for the Three Components of the Solar Wind. 



Region 


roo 

(km s~^) 


riion 

(cm~^) 


1 

o 


Coverage at solar 
(max, min) 


Open magnetic fields 


700-800 


2.7 


1.5 


20%, few % 


Closed magnetic fields 


?^400 


7.0 


2.6 


80%, 95% 


Coronal mass ejections 


< 1000 


0.2 


? 


about 10% 



If a middle-aged, relatively inactive star like the Sun has a wind, 
surely other dwarf stars with convective photospheres and presumably 
complex magnetic fields should also have winds. Until recently, proof 
of this assertion was considered impossible as there were no tools avail- 
able to perform the measurements. There are no space probes available 
to make in situ measurements of plasma properties inside the winds of 
nearby stars, comets in other stellar systems are not visible, and blue- 
shifted absorption features are not seen in dwarf star spectra, presum- 
ably because their mass- loss rates are not very different from the Sun and 
thus are too small to provide significant opacity in stellar emission lines. 
High resolution spectra of the Fe XXI 1354 A and Fe XII 1242, 1349 A 
coronal emission lines observed in the UV spectra of solar-like dwarf 
stars by the Goddard High Resolution Spectrograph (GHRS) and Space 
Telescope Imaging Spectrograph (STIS) instruments on the Hubble Space 
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Telescope (HST) (Ayres et al. 2003) show no Doppler shifts that would 
indicate outflowing coronal gas. High-resolution spectra of the coronal 
Fe XVIII 977 A line observed with the FUSE satellite by Redfield et al. 
(2003) also show no Doppler shifts. Furthermore, Chandra observations 
of coronal emission lines have yet to provide any evidence for systematic 
Doppler shifts (relative to the stellar radial velocity) for solar-like dwarf 
stars (e.g., Ayres et al. 2001), indicating that the observed coronal gas 
is confined by strong closed magnetic fields rather than located in open 
field regions. Given these nondetections of stellar wind indicators, most 
astronomers would conclude that the winds of solar-like dwarf stars are 
unobservable. 

If there were any chance of finding evidence for dwarf star winds, 
one might guess that the most optically-thick spectral line of the most 
abundant element might provide the clue. The Lyman-a line of atomic 
hydrogen, therefore, should be the place to look. It turns out that the 
Lyman-a line is the right place to look, but the path that led to the first 
evidence for dwarf star winds was not straightforward. In fact, nobody 
studied the Lyman-a line to search for stellar winds, but analyses of this 
line for a very different purpose revealed an important discrepancy that 
led to the discovery of winds by a fortuitous coincidence. 

Resonance lines of atoms and ions that are abundant in the interstel- 
lar medium (ISM) contain absorption features produced by the ISM gas. 
Important examples include the H I Lyman-a, C II 1334 A, O I 1302 A, 
and Mg II 2796, 2803 A lines in the ultraviolet, which could be observed 
with the high resolution echelle gratings on GHRS and can now be ob- 
served with STIS. Linsky et al. (1993, 1995) analyzed high resolution 
GHRS spectra to derive column densities of important interstellar ions 
located along the lines of sight to the nearby stars Capella and Procyon. 
The prime objective of this program was to infer the D/H ratio in the 
local ISM. When analyzing the next data set in this program, Linsky and 
Wood (1996) found a major discrepancy in the a Cen A and a Cen B 
data. For these two adjacent lines of sight, the central velocity of the H I 
Lyman-a absorption is -15.7 km s“\ whereas the central velocities of 
the interstellar D I Lyman-a, Mg II 2796, 2803 A and Fe II 2599 A lines 
are -18.1 km s“^ within measurement errors (see Table 1.2). This 2.4 
km s“^ difference is much larger than the expected errors in the GHRS 
wavelength scale. Also, the H I and D I Lyman-a lines are only 82 
km s“^ apart and were observed at the same time. Thus the wavelength 
discrepancy cannot be instrumental in origin. Incidently, Landsman et 
al. (1984) also noticed a velocity discrepancy between the H I and D I 
Lyman-o; lines in their Copernicus observations of a Cen A, but they 
did not have an explanation for this discrepancy. 
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We were able to fit the observed H I Lyman-a absorption feature with 
two components: one centered at the velocity of the other ISM lines with 
thermal and turbulent broadening consistent with them and the other 
componant redshifted by about 4 km s“^ from the ISM velocity. The 
second component has a column density a factor of 1,000 smaller than 
the ISM component and a broad profile indicating a temperature of 
about 27,000 K. We initially had no idea as to the origin of this second 
component, but its existence is nearly certain. 



Table 1.2. Interstellar Parameters for ol Cen Lines of Sight. 



Star 


Ion 


Line 


Velocity 
(km s~^ ) 


log Nhi 


T 


a Cen A 


Fe II 


2599.396 


-18.2 ±0.1 


12.441 ± 0.004 


1.64 


a Cen A 


Fe II 


2599.396 


-17.7 ±0.1 


12.445 ± 0.022 


1.39 


a Cen A 


Mg II 


2795.528 


-18.1 ±0.1 


12.698 ±0.017 


5.50 


a Cen A 


Mg II 


2802.705 


-17.8 ±0.1 


12.691 ±0.003 


2.76 


a Cen A 


Mg II 


2802.705 


-17.8 ±0.1 


12.776 ±0.010 


3.35 


a Cen B 


Mg II 


2795.528 


-18.2 ±0.1 


12.640 ± 0.003 


4.48 


a Cen B 


Mg II 


2802.705 


-18.0 ±0.1 


12.802 ± 0.003 


3.61 


a Cen A 


D I 


1215.339 


-18.2 ±0.1 


12.779 ±0.015 


0.72 


a Cen B 


D I 


1215.339 


-18.2 ±0.1 


12.775 ± 0.009 


0.65 


a Cen A 


H I 


1215.670 


-15.9 ±0.1 


18.031 ± 0.003 


68700 


a Cen B 


H I 


1215.670 


-15.6 ±0.1 


18.027 ± 0.002 


68100 



Serendipity provided the missing explanation for the origin of the sec- 
ond component in the Lyman-a line. On July 11, 1995, a number of 
interesting papers were presented at Symposium 404 “The Local Inter- 
stellar Cloud and the Boundary of the Heliosphere”, which was a part 
of the lAGA General Assembly in Boulder Colorado. In oral presen- 
tations at this meeting, H.L. Pauls, G.P. Zank, and V.B. Baranov pre- 
sented theoretical models for the interaction of inflowing ISM gas with 
the outflowing solar wind, including charge exchange reactions between 
protons and hydrogen atoms. In these models the interaction of the so- 
lar wind with the ISM gas produces enhanced hydrogen densities near 
and somewhat beyond the heliopause, producing the “hydrogen wall”. 
The neutral hydrogen in the wall is decelerated by a few km relative 
to the undisturbed ISM flow, is heated above the ISM temperature, and 
has a column density of a few times 10^^ cm“^. These are the same 
parameters that Linsky and Wood (1996) had inferred empirically for 
the second component in the Lyman-a line without knowing the phys- 
ical origin of the absorption. Our realization at the meeting that the 
hydrogen wall can simply explain the extra absorption component pro- 
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vided the tool that would eventually lead to the first measurements of 
mass-loss rates from dwarf stars and to sensible estimates of mass-loss 
rates for the young Sun as a function of age. 

2. Hydrogen Walls: A New Tool for Measuring 
Mass-Loss Rates 

Figure 1.1 shows the Lyman-a emission line of a Cen B, the K2 V 
secondary star in the nearest stellar system to the Sun, which was ob- 
served by Linsky & Wood (1996) using the echelle-A grating of GHRS 
with a resolution of 3.6 km s“^. Superimposed on the stellar emission 
line are two absorption features: the broad, saturated absorption fea- 
ture centered near 1215.6 A, which is produced mostly by interstellar 
neutral hydrogen (H I) and a narrow absorption feature centered near 
1215.25 A, which is produced by interstellar deuterium (D I). The upper 
solid line in the figure is our estimate of the intrinsic stellar Lyman-a 
emission line obtained by scaling the observed solar Lyman-a line profile 
and matching the far wings of the observed stellar emission line. The 
dashed line in Figure 1.1 is the Lyman-a emission remaining after inter- 
stellar absorption alone is considered, where the ISM H I absorption is 
forced to have the thermal broadening and centroid velocity consistent 
with that of D I. Excess absorption is clearly seen on both sides of the 
H I absorption feature. Linsky & Wood (1996) proposed that this excess 
absorption is produced by interstellar H I gas in the outer heliosphere 
that has been heated and Doppler shifted by its interaction with the 
solar wind. 

This interpretation of the excess H I absorption has strong theoreti- 
cal support from recent models of the heliosphere that include both the 
ionized plasma and neutral H atoms in a self-consistent manner. The 
first such self-consistent models were those of Baranov & Malama (1993, 
1995). These were followed by other models such as those of Pauls et 
al. (1995) and Zank et al. (1996). The basic structure of the heliosphere 
is illustrated in Figure 1.2. The solar wind is decelerated to subsonic 
speeds at the termination shock, the ISM plasma is decelerated to sub- 
sonic speeds at the bow shock, and the heliopause between these two 
shocks separates the plasma flows of the ISM and the solar wind. The 
theoretical models show that charge exchange between protons and hy- 
drogen atoms in the outer heliosphere lead to a population of hot H I gas 
that permiates the entire heliosphere, as shown in Figure 1.3. This hot 
H I is especially prominent in the high-density “hydrogen wall” region 
between the heliopause and the bow shock (the region in white in the 
left panel of Figure 1.3). 
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Wavelength 

Figure 1.1. HST/GHRS Lyman-a line profile of a Cen B, showing broad H I ab- 
sorption centered at 1215.6 A and D I absorption centered at 1215.25 A. The upper 
solid line is the assumed stellar emission line profile, and the dashed line is the effect 
of ISM absorption alone. The excess absorption is due to heliospheric H I (vertical 
lines) and astrospheric H I (horizontal lines). 




Figure 1.2 Schematic 
picture of the heliospheric 
interface, which can be 
divided into four regions, 
each with significantly 
different plasma properties 
as shown in the figure: 

(1) supersonic solar wind, 

(2) subsonic solar wind, 

(3) disturbed interstellar 
gas and plasma, and (4) 
undisturbed interstellar 
medium. 
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Figure 1.3. The H I density (left) and temperature (right) inside the heliosphere 
predicted by the Zank et al. (1996) hydrodynamic model of the ISM-solar wind inter- 
action. The neutral hydrogen streamlines are shown in the left panel. The heliopause 
and bow shock are both visible at about 120 AU and 230 AU, respectively, in the 
upwind direction (i.e. on the right). 



Gayley et al. (1997) used the H I absorption for the a Cen line of 
sight predicted by the models of Zank et al. (1996) to demonstrate that 
heliospheric H I absorption could successfully account for the excess H I 
absorption on the red side of the Lyman-o; line (vertical lines in Fig- 
ure 1.1) but not the excess absorption on the blue side (horizontal lines 
in Figure 1.1). Gayley et al. proposed that the blue side excess is due to 
“astrospheric” material surrounding a Gen, analogous to the heliospheric 
H I detected on the red side of the line. The various theoretical mod- 
els predict that the heliospheric absorption should be redshifted relative 
to the ISM absorption in all directions, mostly because of the deceler- 
ation and deflection of ISM gas as it crosses the bow shock, although 
other factors are at work in downwind directions (e.g., Izmodenov et al. 
1999; Wood et al. 2000b). Gonversely, astrospheric absorption should 
be blueshifted with respect to the ISM absorption for most observing 
angles, since we are observing the neutral hydrogen decelerated rela- 
tive to the star from outside the astrosphere rather than from inside. 
Thus excess absorption on the red side of Lyman-a is best interpreted 
as heliospheric, while excess absorption on the blue side is most likely 
astrospheric. 

Heliospheric absorption has now been reported for four lines of sight: 
a Gen (Linsky & Wood 1996), Sirius (Izmodenov et al. 1999), 36 Oph 
(Wood et al. 2000a), and Proxima Gen (Wood et al. 2001). Three other 
lines of sight (31 Com, j3 Gas, and e Eri) observed by HST sample 
different orientation angles through the heliosphere and provide upper 
limits for the amount of heliospheric absorption that could be present 
in those directions (Wood et al. 2000b; Izmodenov et al. 2002). 

We show in Figure 1.4 the Lyman-a absorption profiles observed to- 
ward six of the seven stars mentioned above. We focus on the red sides of 
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Table 1.3. Published Astrospheric Detections and Mass-Loss Measurements. 



Star 


Spectral 

Type 


d 

(pc) 


^ISM 
(km s 


M 

(Me) 


Sources 


a Cen 


G2 V-hKO V 


1.3 


25 


2 


a,b,c 


Prox Cen 


M5.5 V 


1.3 


25 


< 0.2 


c 


e Eri 


K1 V 


3.2 


27 


30 


d,j 


61 Cyg A 


K5 V 


3.5 


86 


0.5 


e,j 


e Ind 


K5 V 


3.6 


68 


0.5 




36 Oph 


K1 V-hKl V 


5.5 


40 


15 


i,j 


^ Boo 


G8 V-hK4 V 


6.7 


32 


1 


k 


A And^ 


G8 IV-III-h 


25.8 


53 


5 


f,g,h 



^ Uncertain detection. 



Sources: (a) Linsky & Wood 1996. (b) Gayley et. al. 1997. (c) Wood et 
al. 2001. (d) Bring et al. 1997. (e) Wood & Linsky 1998. (f) Wood et 
al. 1996. (g) Muller et. al. 2001a. (h) Muller et al. 2001b. (i) Wood et 
al. 2000a. (j) Wood et al. 2002. (k) Preliminary value. 
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Figure 1.4- Comparison of the heliospheric H I absorption predicted by a four- fluid 
heliospheric model (dashed lines) and the observations, where the model heliospheric 
absorption is shown after having been added to the ISM absorption (dotted lines). 
Reasonably good agreement is observed, although there is a slight underprediction 
of absorption towards 36 Oph and Sirius, and a slight over predict ion towards e Eri. 
Prom Wood et al. (2000b). 



the profiles where the heliospheric absorption should be located. The 6 
angles given in the figure are the angles between the line of sight and the 
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upwind direction of the interstellar flow. The six lines of sight sample 
a diverse range of orientation angles, from the nearly upwind direction 
toward 36 Oph (0 = 12°) to the nearly downwind line of sight toward 
e Eri {9 = 148°). The dotted lines are the predicted Lyman-a profiles 
with only ISM absorption, for which the velocity and broadening param- 
eters were obtained by fitting the D I absorption. Only 36 Oph, a Cen, 
and Sirius show excesses that reveal the presence of heliospheric absorp- 
tion. A successful heliospheric model should reproduce accurately the 
amount of heliospheric absorption detected towards these three stars, 
while at the same time predicting no detectable absorption towards the 
other three stars. However, we have only begun to explore the potential 
that the HST data provide for testing the accuracy of heliospheric mod- 
els, and for constraining the input parameters for these models that are 
poorly known observationally. 

The predicted heliospheric H I absorption is very sensitive to the neu- 
tral hydrogen velocity distributions within the heliosphere. Unfortu- 
nately, the charge exchange processes in the outer heliosphere result in 
the hydrogen atoms being far from thermal equilibrium, and the velocity 
distributions are, therefore, far from Maxwellian (cf. Izmodenov et al. 
2001). Ideally, a full kinetic treatment is required to accurately repro- 
duce the distributions in such a situation. The models of Baranov & 
Malama (1993, 1995) and Muller et al. (2000) are examples of models 
that use a kinetic code to determine the neutral H properties. Wood et 
al. (2000b) used models computed with the Muller et al. (2000) code to 
predict absorption for comparison with the data in Figure 1.4. Despite 
assuming a range of values for the properties of the ISM surrounding 
the Sun, they were unable to find a model that is consistent with all of 
these lines of sight, mainly because the models predict too much absorp- 
tion, especially in the downwind directions. Izmodenov et al. (2002) had 
somewhat better success with the kinetic models of Baranov & Malama 
(1993, 1995), but like Wood et al. (2000b) they also had problems with 
overpredicting the absorption in downwind directions. 

Wood et al. (2000b) were able to find a so-called four-fluid model of 
the type described by Zank et al. (1996) that fits the heliospheric absorp- 
tion data reasonably well. The model assumes the following ISM input 
parameters: n{H I) = 0.14 cm“^, = 0.1 cm“^, and T = 8000 K. 

The predicted absorption from this model is also shown in Figure 1.4. 
Despite a slight overprediction of absorption towards e Eri and slight 
underpredictions for 36 Oph and Sirius, Wood et al. (2000b) argue that 
this four-fluid model fits the data acceptably well. The inclusion of mag- 
netic fields in the solar wind and in the LISM can alter the heliosphere’s 
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shape (e.g., Linde et al. 1998) and thus the hydrogen wall absorption, 
perhaps leading to an explanation of the remaining discrepancies, 

The four-fluid code of Zank et al. (1996) assumes that the hydrogen 
atoms can be treated as the sum of three distinct hydrodynamic fluids. 
(The fourth fluid is for the protons.) One would not expect that this 
approximation would lead to neutral H velocity distributions as accurate 
as those computed with codes that provide a full kinetic treatment for 
the neutrals, which make no assumptions about the shapes of H velocity 
distributions. Thus, the success of the four-fluid code in Figure 1.3 and 
the apparent failure of the kinetic codes are somewhat of a surprise. It 
is important to understand why the current kinetic codes have not been 
able to match successfully the observed heliospheric H I absorption, since 
kinetic codes should, in principle, produce more accurate velocity distri- 
butions. Further development of kinetic codes is required to determine 
whether or not more sophisticated kinetic codes can improve agreement 
with the data and lead to better estimates of ISM properties around the 
Sun. 

Previous studies that used 2D models to predict heliospheric absorp- 
tion assumed that the heliosphere is axisymmetric and the line of sight 
absorption is specifled uniquely by the angle between the observed star 
and the upwind direction {6 in Figure 1.4). This approach is simplistic, 
because there are many effects that can change this conclusion, includ- 
ing latitudinal solar wind variations or a skewed orientation of the ISM 
magnetic held with respect to the ISM flow. The unstable jet sheet pre- 
dicted by the models of Opher et al. (2003) is another example of a 3D 
effect that new generations of heliospheric models should include. The 
heliospheric absorption might provide important diagnostics for these 
effects. For example, if the magnetic held of the ISM is not perpendicu- 
lar or parallel to the ISM flow, then the effective nose of the heliosphere 
could be shifted from the upwind direction (e.g., Ratkiewicz et al. 1998). 
It is possible that this shift would lead to changes in the distribution of 
heliospheric hydrogen that would be detectable in the Lyman-a absorp- 
tion observations. However, in order for the HST data to be useful for 
studying 3D effects, many more lines of sight must be considered than 
the six in Figure 1.4, and more detections of heliospheric absorption 
must be found. 

In our search of the HST archives conducted a little over a year ago, 
we found more than 40 lines of sight to stars within 100 pc of the Sun 
for which the observed Lyman-a line profiles had not yet been analyzed. 
(More distant lines of sight likely will have too much ISM absorption 
for heliospheric or astrospheric absorption to be detectable.) We have 
just begun to plow through the archival data, but we have already found 
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Map of HST Lines of Sight (Ecliptic Coordinates) 




Figure 1.5. Sky map of HST-observed lines of sight in ecliptic coordinates, which 
have either yielded detected heliospheric Lyman-o; absorption (boxes), nondetections 
of heliospheric absorption (diamonds), or have not yet been analyzed (asterisks). The 
filled and open circles are the upwind and downwind directions of the ISM flow as 
seen by the Sun. 



three new heliospheric absorption detections and four new astrospheric 
detections. We show in Figure 1.5 a sky map of interesting HST-observed 
lines of sight in ecliptic coordinates. Boxes show lines of sight that 
have yielded detectable heliospheric absorption, while diamonds show 
nondetections. Six of the seven detections are near the upwind direction 
(identified by the filled circle). The heliospheric absorption is more easily 
detected in the upwind direction due to the substantial deceleration of 
hydrogen wall material, which redshifts the heliospheric absorption well 
away from the ISM absorption. The asterisks in the figure are lines of 
sight that will be analyzed in the near future. 

2.1 Stellar Astrospheres 

Not only has heliospheric H I been detected in HST data, but anal- 
ogous astrospheric H I surrounding the stars has also been detected for 
some stars, as shown in Figure 1.1. The astrospheric absorption seen 
by HST represents the first detection, albeit indirect, of winds around 
other solar-like stars. Furthermore, the amount of absorption is a di- 
agnostic for the stellar mass-loss rate, because the larger the mass-loss 
rate, the larger the astrosphere will be and the more Lyman-a absorp- 
tion it will produce. Thus, mass-loss rates can be estimated from the 
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astrospheric absorption, but as we will show below, the measurement 
process requires the computation of theoretical models analogous to the 
heliospheric models. Measurements of stellar mass-loss rates for stars of 
different ages and activity levels provides us with our very first oppor- 
tunity to establish observationally how mass-loss rates vary with time 
for solar-like stars, including the Sun. Thus, measuring mass-loss rates 
from astrospheric absorption will allow us to determine the properties 
of the solar wind when the Sun was young. 

The use of the four-fluid code of Zank et al. (1996) has already al- 
lowed significant progress in the estimation of stellar mass-loss rates from 
model fits to stellar Lyman-a line profiles. The first analysis was that of 
the OL Cen astrospheric absorption (Wood et al. 2001), where the success- 
ful heliospheric four- fluid model from Wood et al. (2000b), as shown in 
Figure 1.6, was used in fitting the observed a Cen Lyman-a profile. To 
estimate the stellar mass-loss rate, one must first estimate the ISM wind 
vector seen by the star, by using the known stellar motion vector and the 
LISM flow vector. This vector is assumed to be the same as for the Lo- 
cal Interstellar Cloud (e.g., Lallement et al. 1995). These computations 
suggest that a Cen sees an interstellar wind speed of Vjsm — 25 km s“^, 
almost identical to the 26 km s“^ velocity seen by the Sun (Witte et al. 
1993). Our line of sight to a Cen is about 6 = 79° from the upwind 
direction as seen by the star, so we are observing a sidewind portion of 
its astrosphere. In order to extrapolate from the successful heliospheric 
model mentioned above to an astrospheric model, we simply recompute 
the model assuming the stellar Vism value instead of the solar value 
while using the same values of the LISM density and hydrogen ioniza- 
tion. We then compute the astrospheric Lyman-a absorption for the 
line of sight described by the stellar value oi 6. In order to experiment 
with different stellar mass-loss rates, we change the assumed stellar wind 
density. 

The comparison of the Lyman-a profiles for Proxima Cen and a Cen B 
(see Figure 1.6) by Wood et al. (2001) provides an excellent example of 
heliospheric and astrospheric absorption. Since the two stars are only 
2.2° apart in the sky and 1.3 pc distant from the Sun, the interstellar 
absorption (predicted from the deuterium and metal lines) and the he- 
liospheric hydrogen wall absorption (on the red side of the interstellar 
absorption) should be the same. Indeed, the observations verify that 
this is the case. 

On the other hand, the blue side of the Lyman-a absorption in the 
spectra of the two stars is different. Since this part of the absorption is 
due only to the astrospheric hydrogen wall absorption, the stellar winds 
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Figure 1.6. The a Cen B spectrum (thin solid line) and inferred ISM absorption 
(dotted line) from Figure 1.1. The dashed lines show the blue-side excess Lyman-a 
absorption predicted by four models of the a Cen astrosphere, assuming four different 
mass-loss rates. The 2.0 M© model fits the a Cen spectrum reasonably well. The 
0.2 M© model is an upper limit for Proxima Cen. The insert shows an expanded view 
of the region of astrospheric absorption. From Wood et al. (2001). 



of the two stars must be different. Comparison of such observations with 
theoretical models leads to estimates of the stellar mass-loss rate. 

Figure 1.6 shows the a Cen B data compared with the astrospheric 
absorption predicted by four different models, with assumed mass-loss 
rates in the range M = 0.5 to 2.0 M©. Since the M = 2M© model 
appears to fit the data best, we conclude that a Cen has about twice 
the mass-loss rate as the Sun. Since the a Cen binary separation is 
much smaller than the distance from the center of mass to the termi- 
nation shock, both stars share the same astrosphere and the measured 
mass-loss rate represents the combined mass-loss rates of both a Cen A 
and a Cen B. Proxima Cen is separated from a Cen AB by at least 10"^ 
AU, so its astrosphere lies well outside of the astrosphere of a Cen AB 
and the two astrospheres are unlikely to interact. Note that the uncer- 
tainty in the inferred mass-loss rate due to possible errors in the assumed 
model parameters is minimized by extrapolating the astrospheric models 
from heliospheric models that fit the heliospheric Lyman-a absorption. 
In effect, the heliospheric absorption calibrates the models before they 
are applied to modeling astrospheres, and the mass-loss measurement 
technique is partially semi-empirical rather than purely theoretical. Fig- 
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Figure 1.7. Closeups of the blue side of the H I Lyman-a absorption lines for all 
stars with detected astrospheric absorption, plotted on a heliocentric velocity scale. 
Narrow D I ISM absorption is visible in all the spectra just blueward of the saturated 
H I absorption. Green dashed lines indicate the interstellar absorption alone, and blue 
lines show the additional astrospheric absorption predicted by hydrodynamic models 
of astrospheres assuming various mass-loss rates. 



ure 1.7 shows examples of our technique for estimating mass- loss rates 
for other stars by fitting the blue edge of the Lyman-a line absorption. 

Table 1.3 lists the stars with published detections of astrospheric ab- 
sorption. Mass-loss rates have been estimated for these stars using the 
method just described. The references in the table are to the papers that 
first reported the astrospheric detections and first presented mass-loss 
rate estimates. In Figure 1.8, we plot the mass-loss rates divided by the 
stellar surface area vs. the corresponding X-ray surface flux Fx (from 
Wood et al. 2002). For the solar-like G and K dwarfs, the data suggest 
that more active stars have higher mass-loss rates. The GK dwarf stars 
determine the mass- loss/activity relation, but the M dwarf Proxima Gen 
and the RS CVn system A And (G8 IV-III+M V) are inconsistent with 
this relation. We had previously assumed that this was due to M dwarfs 
and RS CVn binaries having very different coronal structures than the 
GK dwarfs (Wood et al. 2002), but we have recently studied the astro- 
sphere of the ^ Boo binary (G8 V + K4 V) by modelling the Lyman-a 
line in the HST archives. The preliminary mass-loss rate for ^ Boo (see 
Table 1.3) is consistent with the low mass-loss rates previously found for 
Proxima Gen and A And. This new result calls into question our initial 
interpretation. 
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Figure 1.8. Measured mass- loss rates (per unit surface area) plotted versus X-ray 
surface flux {Ex). A power law has been fitted to the solar-like G and K dwarfs (filled 
circles) that excludes Prox Cen (M5.5 Ve) and A And (G8 IV-III-hM V). The prelim- 
inary ^ Boo (G8 V -h K4 V) data point is inconsistent with the mass-loss/activity 
relation but is roughly consistent with Prox Cen and A And, which suggests that the 
mass-loss/activity relation defined by the lower activity GK dwarfs may have a high 
activity cutoff (dot-dashed line). The saturation line represents the maximum Ex 
value observed for very active stars. 



A common feature of ^ Boo, Prox Cen, and A And is that they are all 
very active stars with X-ray surface fluxes near 10^ ergs cm“^ s“^, about 
a factor of 30 larger than the Sun. These three active stars all lie well 
below the GK star mass- loss/activity relation in Figure 1.8. Whereas we 
had previously assumed that Prox Cen and A And were different types of 
stars than the GK dwarfs, both stars in the ^ Boo system are normal G 
or K dwarfs. Thus the explanation for why ^ Boo, Prox Cen, and A And 
lie below the previously determined relation for GK dwarfs could be their 
high activity. We suggest that there may be a high-activity cutoff to the 
mass- loss/activity relation (see Figure 1.8). Clearly more stars must be 
studied, especially the more active stars, to determine whether or not 
the apparent cutoff line near X-ray surface flux 10^ ergs cm“^ s“^ is real 
and what the mass-loss/activity relation might be for even more active 
stars. If the cutoff is real, then it may indicate a difference in the coronal 
magnetic held configuration of highly active stars compared to less active 
stars. We are presently searching the HST archive for suitable stars to 
analyze but new observations are clearly needed to better determine the 
mass-loss/activity relation for stars with both below and above the 
apparent cutoff near 10^ ergs cm“^ s“^. 
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Figure l.g The mass-loss 
history of the Sun sug- 
gested by the power law re- 
lation (Equation 1.1) and 
the age/activity relation 
from Ayres (1997). If the 
high activity cutoff line is 
real, then the relation only 
applies for t > 0.7 Gyr. 



Schrijver and Title (2001) have computed surface magnetic field struc- 
tures for solar-like stars that assume the same magnetic fiux injection 
and surface distribution properties as the present day Sun but higher 
rates for the emergence of magnetic fields that would correspond to a 
faster rotating Sun with an enhanced magnetic dynamo. They find that 
for a solar-like star with a rotation period of 6 days (rotating about 4 
times faster than the Sun) , the total unsigned magnetic fiux on the stellar 
surface is 10 times that of the Sun at solar maximum. This star devel- 
ops a large magnetic polar spot with an opening angle of 25°, and the 
astrosphere has a predominately magnetic dipole geometry. Active stars 
of all types, including RS CVn systems (like A And), young GK stars, M 
dwarfs, and T Tauri stars, show evidence for polar spots (cf. Schrijver 
et al. 2003). Since the X-ray surface fiux is roughly proportional to the 
magnetic fiux density (cf. Schrijver et al. 2003) and the X-ray luminosity 
of the active Sun in the soft X-ray ROSAT band is about 4.7 x 10^^ erg 
cm“^ s“^ (Peres et al. 2000), the model active star with a 6-day rota- 
tional period would have a surface X-ray fiux ~ 7.6 x 10^ erg cm“^ 
s~^. Thus the proposed cutoff line in Figure 1.8 occurs at about the 
same X-ray surface fiux as the appearance (both in observations and in 
the models) of large polar spots and strong astrospheric magnetic fields 
with a dipole geometry that could suppress mass loss over most of the 
stellar surface. 

2.2 The Mass-Loss History of the Sun 

The empirical relation between the mass-loss rate and the X-ray sur- 
face fiux [Fx) shown in Figure 1.8 for Fx <10^ ergs cm“^ s~^ is 



M oc 



( 1 . 1 ) 
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We can now use the known relation between stellar age and activity (e.g., 
Ayres 1997) to infer the dependence of mass-loss rate on stellar age. As 
stars age, their rotation rates {Vrot) slow due to magnetic braking and 
their X-ray fluxes decrease. There are many empirical relations decribing 
this evolution of stellar activity. We adopt the empirical relations of 
Ayres (1997), 



( 1 . 2 ) 

and 

F, oc (1.3) 

Combining these three relations (see Wood et al. 2002), we obtain 

M oc t- 2 - 00 ± 0 . 52 ^ 4^ 

This relation predicts that when the young Sun {t ^ 10^ years) had 
saturated X-ray emission {Lxl^hoi — 10“^), its mass- loss rate was 200- 
lb, 000 times larger than at present. The cumulative mass loss from age 
10^ years to the present is < O.OSMq (see Figure 1.10). 

The mass- loss history of the Sun (Figure 1.9) predicts that the wind 
of the young Sun was roughly 1000 times stronger than at present. In 
addition to its obvious importance for solar and stellar astronomy, this 
result may have very important ramiflcations for planetary science as 
well, since solar wind erosion may have played an important role in the 
evolution of planetary atmospheres, especially that of Mars (e.g., Kass & 
Yung 1995). However, the existence of a high-activity cutoff in Figure 1.8 
would mean that the solar wind evolution law shown in Figure 1.9 would 
only apply for t > 0.7 Gyr, and that at earlier times the solar wind may 
have actually been very weak. 

Given the importance of these results to both solar and stellar as- 
tronomy and to planetary science, we believe it is crucial to test and re- 
fine these results with new astrospheric detections. The mass-loss rates 
measured from the detected astrospheric Lyman-a absorption should 
also be verified using astrospheric models other than the presently used 
four-fluid models, preferably kinetic models such as those of Baranov Sz 
Malama (1993, 1995). Once we have a heliospheric model that can suc- 
cessfully match the HST heliospheric data, then we can extrapolate from 
it astrospheric models assuming different mass-loss rates, compare these 
results with the astrospheric Lyman-a data, and determine whether or 
not the mass-loss rates that we derive are consistent with those listed in 
Table 1.3 from Wood et al. (2002). 
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Figure 1.10 Cumulative 
mass loss for the Sun as a 
function of time, based on 
the mass-loss history of the 
solar wind in Figure 1.9. 



0.1 1.0 
Age (Gyr) 

3. Influence of Stellar Winds on Planets in the 
Solar System and Beyond 

Equation (1.4) provides us with the ability to make quantitative esti- 
mates of the solar wind flux that planets received during the early solar 
system. This is important for addressing such questions as (i) why the 
young Earth had running water when the Sun was 25% fainter than to- 
day and (ii) whether solar wind erosion removed water from the young 
Martian atmosphere. Exposure to a stellar wind, together with UV and 
X-ray irradiation, can ionize and erode planetary atmospheres, and the 
higher mass-loss rates suggested for the young Sun and young stars with 
high X-ray fluxes would exacerbate these effects. Solar wind sputtering 
processes have been proposed to have important effects on the atmo- 
spheres of Venus and Titan, but Mars may be the most interesting case 
of solar wind erosion, since the history of its atmosphere is linked to 
whether or not water, and perhaps life, once existed on the surface. 

Unlike Earth, the Martian atmosphere is not currently protected from 
the solar wind by a strong magnetosphere. There is evidence that Mars 
once had a magnetic field, which disappeared at least 3.9 Gyr ago (Acuna 
et al. 1999). At that time, the Martian atmosphere would have been di- 
rectly exposed to a solar wind about 40 times stronger than the current 
wind. This would have had a dramatic effect on its atmosphere through 
ion-pickup and sputtering processes. Mars appears to have had run- 
ning water on its surface in the distant past and a thicker atmosphere 
that could have supported a climate consistent with the existence of 
surface water (e.g., Jakosky & Phillips 2001). Solar wind erosion and 
XUV radiation are leading candidates for the cause of its present thin 
atmosphere and lack of surface water (e.g., Lundin 2001; Lammer et al. 
2003). Planets around other stars could have similar histories. 
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4, Conclusions 

■ Analysis of the astrospheric absorption features seen in the Lyman- 
a lines toward nearby stars provides the first quantitative measure- 
ments of mass-loss rates for G and K dwarf stars. 

■ We find that the mass-loss rates increase with activity, as mea- 
sured by the X-ray surface flux, and thus with decreasing stellar 
age. More HST/STIS spectra are needed to determine whether an 

important change in mass-loss rates occures near ^ 10^ ergs 

—2 —1 
cm s . 

■ The mass- loss rate for the Sun at 10^ years is predicted to be 200- 
10,000 times larger than at present and likely played a major role 
in the evolution of planetary atmospheres. 

We thank NASA and the Space Telescope Science Institute for grants 
to the University of Colorado and NSF for its support. We also thank 
Dr. Hans-Reinhard Muller and Prof. Gary Zank for their assistance in 
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Notes 

1. http://swoops.lanl.gov/ 
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Abstract The Sun is moving through a warm (~6500 K) and partly ionized local 
interstellar cloud (LIC) with velocity ~26 km/s. The charged compo- 
nent of the interstellar medium interacts with the solar wind (SW), 
forming the heliospheric interface - the SW/LIC interaction region. 
Both the solar wind and interstellar gas have a multi-component na- 
ture that creates a complex behavior in the interaction region. The 
current state of art in the modeling of the heliospheric interface is re- 
viewed in this paper. Modern models of the interface take into account 
the solar wind and interstellar plasma components (protons, electrons, 
pickup ions, interstellar helium ions, and solar wind alpha particles), the 
interstellar neutral component (H atoms), interstellar and heliospheric 
magnetic fields, galactic and anomalous cosmic rays, and latitudinal and 
solar cycle variations of the solar wind. Predictions of self-consistent, 
time-dependent, kinetic/gasdynamic modeling of the heliospheric inter- 
face are compared with available remote diagnostics of the heliospheric 
interface - backscattered solar Lyman-alpha radiation, pickup ions, the 
deceleration of the solar wind at large heliocentric distances measured 
by Voyager 2, heliospheric absorption of stellar light, anomalous cosmic 
rays (ACRs), and heliospheric neutral atoms (ENAs). 

Keywords: Solar Wind, Local Interstellar Cloud, Interstellar H atoms. Termination 
Shock 



1. Introduction 

The structure of the outer heliosphere and heliospheric boundary is 
determined by the interaction of the solar wind with the interstellar 
neighborhood of the Sun - the Local Interstellar Cloud (LIC). There is no 
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doubt that the LIC is partly ionized and that the charged component of 
the LIC interacts with solar wind plasma. The interaction region, which 
is often called the heliospheric interface^ is formed in this interaction 
(Figure 1). The heliospheric interface is a complex structure, where 
the solar wind and interstellar plasma, interplanetary and interstellar 
magnetic fields, interstellar atoms of hydrogen, galactic and anomalous 
cosmic rays (GCRs and ACRs) and pickup ions play roles. 

Although a space mission into the Local Interstellar Cloud is becoming 
now more realizable and Voyager 1 is approaching the inner boundary 
of the heliospheric interface - the termination shock, there are as yet no 
direct observations inside the heliospheric interface. Therefore, at the 
present time the heliospheric interface structure and local interstellar pa- 
rameters can only be explored with remote and indirect measurements. 
Currently, the major sources of information on the heliospheric inter- 
face structure and position of the termination shock are following: 1) 
direct measurements of interstellar pickup ions, which are interstellar 
atoms ionized by charge exchange and photoionization and measured by 
Ulysses and ACE spacecraft; 2) anomalous cosmic rays, which are those 
pickup ions that are accelerated to high energies and measured by Voy- 
agers, Pioneers, Ulysses, ACE, SAMPEX and Wind; 3) backscattered 
(by interstellar atoms of hydrogen) solar Lyman-a radiation measured 
at 1 AU by SOHO and Hubble Space Telescope (HST) and in the outer 
heliosphere by Voyager and Pioneer spacecraft; 4) direct measurements 
of the solar wind at large heliocentric distances by Voyager 2 spacecraft. 
In addition, kHz emission detected on board of Voyagers can provide 
other constraints (Cairns, this volume). Recently, it was shown that 
study of Ly-a absorptions toward nearby stars can serve as remote diag- 
nostics of similar interfaces and, in particular, the hydrogen wall around 
heliopause-equivalents (see, Linsky and Wood, 1996; Wood et ah, 2000; 
Izmodenov et ah, 1999a, 2002; Linsky, this volume). Eirst detections 
of heliospheric energetic atoms (ENAs) by SOHO and IMAGE proved 
that the detailed imaging of the heliospheric interface in ENAs will be 
possible in the near future (Gruntman et ah, 2001; planned NASA IBEX 
mission: http://ibex.swri.edu/). 

To reconstruct the structure of the interface and the physical processes 
inside the interface using remote observations at one to several astronom- 
ical units, a theoretical model should be employed. Theoretical studies 
of the heliospheric interface have been performed for more than four 
decades, following the pioneering papers by Parker (1961) and Baranov 
et al. (1971). However, a complete theoretical model of the heliospheric 
interface has not yet been constructed. The difficulty in doing this is 
connected with the multi-component nature of both the LIC and the 
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Figure 2.1 The helio- 
spheric interface is the 
region of the solar wind 
interaction with LIC. The 
heliopause is a contact dis- 
continuity, which separates 
the plasma of the solar 
wind from the interstellar 
plasma. The termination 
shock decelerates the 
supersonic solar wind. 
The bow shock may also 
exist in the supersonic 
interstellar wind. The 
heliospheric interface is 
thus divided into four 
regions: 1) supersonic 

solar wind; 2) subsonic 
solar wind in the region 
between the heliopause 
and termination shock; 
3) disturbed interstellar 
plasma region (or “pile- 
up” region) around the 
heliopause; 4) undisturbed 
interstellar medium. 



solar wind. The LIC consists of at least five components: plasma (elec- 
trons and protons), hydrogen atoms, interstellar magnetic field, galactic 
cosmic rays, and interstellar dust. The heliospheric plasma consists of 
original solar particles (protons, electrons, alpha particles, etc.), pickup 
ions and the anomalous cosmic ray component. Pickup ions modify 
the heliospheric plasma fiow starting from ~20-30 AU. ACRs may also 
modify the plasma fiow upstream of the termination shock and in the 
heliosheath. Spectra of ACRs can serve as remote diagnostics of the ter- 
mination shock (Stone, 2001). For a recent review on ACRs see Fichtner 
(2001). 

Development of a theoretical model of the heliospheric interface re- 
quires choosing a specific approach for each of interstellar and solar wind 
component. Interstellar and solar wind protons and electrons can be de- 
scribed as fiuids. At the same time the mean free path of interstellar 
H atoms is comparable with the size of the heliospheric interface. This 
requires kinetic description for the interstellar H atom fiow in the inter- 
action region. For the pickup ion and cosmic ray components the kinetic 
approach is also required. 
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This chapter focuses on 1) theoretical numerical models of the global 
heliospheric interface structure and 2) application of the models to inter- 
preting different remote diagnostics of the SW/LIC interaction. Under 
global models I include those models that describe the entire interaction 
region, including the termination shock, the heliopause and possible bow 
shock. In this sense, this chapter should not be considered as a complete 
review of progress in the field. Many different approaches have been used 
to look into different aspects of the solar wind interaction with LIC con- 
nected with pickup ion transport and acceleration, with the termination 
shock structure under influence of ACRs, and pickup ions. For a more 
complete overview see recent reviews Zank (1999a), Fichtner (2001). 

The structure of the chapter is the following: The next section briefly 
describes our current knowledge of the local interstellar and solar wind 
parameters. Section 3 discusses theoretical approaches to be used for 
the interstellar and solar wind components. Section 4 gives an overview 
of heliospheric interface models. Section 5 describes basic results of self- 
consistent two-component model of the heliospheric interface developed 
in Moscow and its recent developments. In section 6 we demonstrate 
possible analysis of space experiments on the basis of a theoretical model 
of the heliospheric interface. Section 7 gives a summary and underlines 
current problems in the modeling of the global heliosphere and discusses 
future perspectives. 

2. Brief Summary of Observational Knowledge 

Choice of an adequate theoretical model of the heliospheric interface 
depends on boundary conditions, i.e. on the undisturbed solar wind and 
interstellar properties. 

2.1 Solar Wind Observations 

At the Earth’s orbit, the flux of the interstellar atoms is quite small 
and the solar wind can be considered undisturbed. Measurements of 
pickup ions and ACRs also show that these components do not have 
dynamical influences on the original solar wind particles at the Earth’s 
orbit. Therefore, the Earth’s orbit can be taken as inner boundary of 
the SW/LIC interaction problem. 

Solar wind structure and behavior evolves over a solar cycle (e.g., 
Gazis, 1996; Neugebauer 1999; McComas et al. 2000, 2001, 2002). At 
solar minima, high-latitude regions on the Sun have well-developed coro- 
nal holes, which are sources of high-speed (^^700 km/s), low-density solar 
wind. At low heliolatitudes the solar wind has low speed (^400 km/s) 
and high density. The dividing line between the fast and slow solar wind 
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regimes is at about 20^ heliolatitude. At solar maximum the slow, dense 
solar wind is present at all latitudes (McComas et ah, 2002). Shortly 
after the solar maximum coronal holes and, therefore, the high-speed so- 
lar wind appear again. At this stage, both coronal holes the high-speed 
solar wind may appear even in the ecliptic, which results in increasing 
the average solar wind momentum flux at low latitudes shortly after 
solar maxima. Spacecraft near the ecliptic at 1 AU have detected vari- 
ations of the solar wind momentum flux by a factor of two (Lazarus 
and McNutt, 1990; Gazis, 1996). Deep space probe data obtained with 
Pioneer and Voyager measurements in the distant solar wind also sup- 
port this conclusion (Lazarus and McNutt, 1990; Gazis, 1996). A recent 
update of the Voyager 2 measurements of the solar wind can be found in 
Richardson et al. (2004). Apparently, over the past two solar cycles the 
momentum flux had a minimum value at solar maximum, then increased 
rapidly after solar maximum reaching a peak 1-2 years later. The pres- 
sures subsequently decreased until after the next solar maximum. It was 
unclear from the measurements in the ecliptic whether the variations of 
the momentum flux have global effect or limited to the ecliptic. Ulysses 
observations from its first full polar orbit showed that the momentum 
flux is diminished near the equator compared to higher latitudes. The 
effect is clearly evident in the period near solar minimum (May, 1995 
- December, 1997) (McGomas et ah, 2000). Around solar maximum 
the three-dimensional structure of the solar wind is remarkably differ- 
ent from, and more complicated than, the simple, bimodal structure 
observed throughout much of the rest of the solar cycle. At maximum, 
the solar wind has the same properties at all latitudes (McGomas et ah, 
2001, 2002). 

Theoretical models predict that pickup and ACR components dynam- 
ically influence the solar wind at large heliocentric distances. Table 2.1 
presents estimates of dynamic importance of the heliospheric plasma 
components at small and large heliocentric distances. The table shows 
that pickup ion thermal pressure can be up to 30-50 % of the dynamic 
pressure of solar wind. 

2.2 Interstellar Parameters 

Local interstellar temperature and velocity can be inferred from direct 
measurements of interstellar helium atoms by the Ulysses/GAS instru- 
ment (Witte et ah, 1996; Witte, 2004). Atoms of interstellar helium 
penetrate the heliospheric interface undisturbed, because of the small 
strength of their coupling with interstellar and solar wind protons. In- 
deed, due to small cross sections of elastic collisions and charge exchange 
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Table 2.1. Number Densities and Pressures of Solar Wind Components 



Component 4-5 AU 

Number Density 
cm“^ 


Pressure 

eV/cm“^ 


80 AU 

Number Density 
cm“^ 


Pressure 

eV/cm“^ 


Original solar 


0.2-0.4 


2.-4. (thermal) 


1 

o 

1 


1 

0 

ro 

1 

O 


wind protons 




~ 200 (dynamic) 




-0.5-1. 










(dynamic) 


Pickup ions 


o 

1 


0.5 


~ 2 • 10“^ 


- 0.15 


Anomalous 










cosmic rays 








0.01 - 0.1 



Table 2.2. Local Interstellar Parameters 



Parameter 


Direct measurements/estimations 


Sun/LIC relative velocity 


25.3 ± 0.4 km s~^ (direct He atoms ^) 
25.7 km s“^ (Doppler-shifted 
absorption lines ^) 


Local interstellar temperature 


7000 ± 600 K (direct He atoms ^) 
6700 K (absorption lines ^) 


LIC H atoms number density 


0.2 ± 0.05 cm“^ (estimate based on 
pickup ion observations ^) 


LIC proton number density 


0.03 - 0.1 cm“^ (estimate based on 
pickup ion observations '^) 


Local Interstellar magnetic field 


Magnitude: 2-4 jaG 
Direction: unknown 


Pressure of low energetic part of cosmic rays— 0.2 eV cm ^ 



^ Witte et al. (1996); ^ Lallement(1996); ^ Gloeckler (1996), Gloeckler et al. (1997) 



with protons, the mean free path of these atoms is larger than the he- 
liospheric interface. Independently, the velocity and temperature in the 
Local Interstellar Cloud can be deduced from analysis of absorption fea- 
tures in the stellar spectra (Lallement, 1996). However, this method pro- 
vides mean values along lines of sight toward nearby stars in the LIC. 
A comparison of local interstellar temperatures and velocities derived 
from stellar absorption with those derived from direct measurements of 
interstellar helium shows quite good agreement (see Table 2.2). 

Other local parameters of the interstellar medium, such as interstel- 
lar H atom and electron number densities, and strength and direction 
of the interstellar magnetic field, are not well known. In the models 
they can be considered as free parameters. However, indirect measure- 
ments of interstellar H atoms and direct measurements of their deriva- 
tives as pickup ions and ACRs provide important constraints on the 
local interstellar proton and atom densities and total interstellar pres- 
sure. The neutral H density in the inner heliosphere depends on filtration 
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of the neutral H atoms in the heliospheric interface due to charge ex- 
change. Since interstellar He is not perturbed in the interface, the local 
interstellar number density of H atoms can be estimated from the neu- 
tral hydrogen to the neutral helium ratio in the LIC, R{HI / Hel)uc'- 
'^lic{HI) = R{HI / HeI)uc'^Lic[HeI). The neutral He number den- 
sity in the heliosphere has been recently determined to be very likely 
around 0.015 ±0.002 cm~^ (Gloeckler and Geiss, 2001). The interstellar 
ratio HI/Hel is likely in the range of 10-14. Therefore, expected inter- 
stellar H atom number densities are in the range of 0.13 — 0.25 cm“^. 
It was shown by modeling (Baranov and Malama, 1995; Izmodenov et 
ah, 1999b) that the filtration factor, which is the ratio of neutral H den- 
sity inside and outside the heliosphere, is a function of interstellar plasma 
number density. Therefore, the number density of interstellar protons 
(electrons) can be estimated from this filtration factor (Lallement, 1996). 
Independently, the electron number density in the LIG can be estimated 
from abundances ratios of ions of different ionization states (Lallement, 
1996). 

Note that there are other methods to estimate interstellar H atom 
density inside the heliosphere, based on their influence on the distant 
solar wind (Richardson, 2001) or from ACR spectra (Stone, 2001). Re- 
cent estimates of the location of the heliospheric termination shock us- 
ing transient decreases of cosmic rays observed by Voyager 1 and 2 also 
provide constraints on the local interstellar parameters (Webber et ah, 
2001). However, simultaneous analysis of different types of observational 
constraints has not been done yet. Theoretical models should be em- 
ployed to make such analysis. Table 2.2 presents a summary of our 
knowledge of local interstellar parameters. Using these parameters, we 
estimate local pressures of different interstellar components (Table 1.3). 
Although the dynamical pressure of interstellar H atoms is larger than 
all other pressures, all pressures have the same order of magnitude. This 
means that theoretical models should not neglect any of these interstel- 
lar components. A portion of the H atoms, AGRs and GGRs penetrates 
into the heliosphere, which makes their real dynamical influence on the 
heliospheric plasma interface difficult to estimate. 

3. Overview of Theoretical Approaches 

In this section we consider theoretical approaches for components in- 
volved in the dynamical processes in the heliospheric interface. 

Generally, any gas can be described on a kinetic or a hydrodynamic 
level. In the kinetic approach, macroscopic parameters of a gas of 5- 
particles (or, briefly, 5-gas) can be expressed through integrals of the ve- 
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Table 2.3. Local Pressures of Interstellar Components 



Component 


Pressure estimation, dyn cm ^ 


Interstellar plasma component 




Thermal pressure 


(0.6 - 2.0) • 10“^^ 


Dynamic pressure 


(1.5 -6) -10'^® 


H atoms 




Thermal pressure 


(0.6 -2.0) • 10“'® 


Dynamic pressure 


(4.0 -9.0) • 10“'^ 


Interstellar magnetic field 


^0-5.0) • 10“'^ 


Low energy part of GCR 


^0 - 5.0) • 



locity distribution function rig = f fsdw, Vg = (f ^^fgdw)/ng, 
Ps,ij = rrig^{wi - Vg^i){wj - Vgj)fgdw, Qg = 0.5rrig f{w - Vg)‘^{w - 
Vg)fgdw^ where rig is the number density of s-gas, Vg is the bulk ve- 
locity of s-gas, Pg^ij are components of the stress tensor Pg, qg is the 
thermal flux vector, and rrig is the mass of individual s-particle. In the 
hydrodynamic apj^oach, some assumptions should be made to specify 
the stress tensor, and the thermal flux vector, qg to make hydrody- 
namic system closed. For example, these values can be calculated by 
the Chapman-Enskog method, assuming Kn = //L << 1, where I and 
L are the mean free path of the particles and characteristic size of the 
problem, respectively. The zero approximation of the Chapman-Enskog 
method gives local Maxwellian distribution, and the gas can be consid- 
ered as an ideal gas, where the stress tensor reduces to scalar pressure 
P and g = 0. 

3.1 H Atoms 

Interstellar atoms of hydrogen form the most abundant component in 
the circumsolar local interstellar medium (see. Table 2.2). These atoms 
penetrate deep into the heliosphere and interact with interstellar and 
solar wind protons. The cross sections of elastic H-H, H-p collisions 
are negligible as compared with the charge exchange cross section (Iz- 
modenov et ah, 2000). Charge exchange with solar wind/interstellar 
protons determines the properties of the H atom gas in the interface. 
Atoms, newly created by charge exchange, have the local properties of 
protons. Since plasma properties are different in the four regions of the 
heliospheric interface shown in Figure 1, the H atoms can be separated 
into four populations, each having significantly different properties. The 
strength of H atom-proton coupling can be estimated through the cal- 
culation of the mean free path of H atoms in the plasma. Generally, the 
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mean free path (with respect to the momentum transfer) of an s-particle 
in a t-gas can be calculated by the formula: I = rrisWg/{SMst/St). Here, 
Ws is the individual velocity of the s-particle, and dMgt/St is the indi- 
vidual s-particle momentum transfer rate in the t-gas. 

Table 2.4 shows the mean free paths of H atoms with respect to charge 
exchange with protons. The mean free paths are calculated for typical 
atoms of different populations in different regions of the interface in the 
upwind direction. For every population of H atoms, there is at least 
one region in the interface where the Knudsen number Kn ^ 0.5 — 1.0. 
Therefore, the kinetic Boltzmann approach must be used to describe 
interstellar atoms in the heliospheric interface correctly. 



Table 2.4> Mean free paths of H- atoms in the heliospheric interface with respect to 
charge exchange with protons, in AU. 



Population 


At TS 


At HP 


Between 
HP and BS 


LISM 


4 (primary interstellar) 


150 


100 


no 


870 


3 (secondary interstellar) 


66 


40 


58 


190 


2 (atoms originating in the heliosheath) 


830 


200 


no 


200 


1 (neutralized solar wind) 


16000 


510 


240 


490 



The velocity distribution of H atoms fB.{r^WH^t) may be calculated 
from the linear kinetic equation: 

dfu ^ dfu F 9/h /i ^ ^ I HP^ 

^ ^ i “ '“'I'’"' A(r,tt,p)<i»rf2,l) 

-h/p( f,WH) J \^H - Mr, W^)dw^ - ((/ph, + t'impact)/H(^1<'H)- 

Here /h(^ 5 ^h) is the distribution function of H atoms; fp{r^Wp) is the 
local distribution function of protons; Wp and uJh are the individual 
proton and H atom velocities, respectively; is the charge exchange 
cross section of an H atom with a proton; Uph is the photoionization 
rate; mu is the atomic mass; ^'impact is the electron impact ionization 
rate; and F is the sum of the solar gravitational force and the solar 
radiation pressure force. The plasma and neutral components interact 
mainly by charge exchange. However, photoionization, solar gravitation, 
and radiation pressure, which are taken into account in equation (2.1), 
are important at small heliocentric distances. Electron impact ionization 
may be important in the heliosheath (region 2). The interaction of the 
plasma and H atom components leads to the mutual exchanges of mass, 
momentum and energy. These exchanges should be taken into account 
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in the plasma equations through source terms, which are integrals of 
specified later in equations (1.5)-(1.7). 

3.2 Solar Wind and Interstellar Electron and 
Proton Components 

Basic assumptions necessary to employ a hydrodynamic approach for 
space plasmas were reviewed by Baranov (2000). In particular, it was 
concluded there that interstellar and solar wind plasmas can be treated 
hydrodynamically. Indeed, the mean free path of charged particles in 
the local interstellar plasma is less than 1 AU, which is much smaller 
than the size of the heliospheric interface itself. Therefore, the local in- 
terstellar plasma is a collisional plasma, and a hydrodynamic approach 
can be used to describe it. Solar wind plasma is collisionless, because 
the mean free path of the solar wind particles with respect of coulomb 
collisions is much larger than the size of the heliopause. Therefore, the 
heliospheric termination shock (TS) is a collisionless shock. A hydrody- 
namic approach can be justified for collisionless plasmas when scattering 
of charged particles on plasma fiuctuations is efficient ( “collective plasma 
processes”). In this case, the mean free path I with respect to collisions 
is replaced by Icoih fhe mean free path of collective processes, which 
is assumed to be less than the characteristic length of the problem L: 
Icoll « L. However, the integral of “collective collisions” is too com- 
plicated to be used to calculate the transport coefficient for collisionless 
plasmas. 

A one- fluid description of heliospheric and interstellar plasmas is com- 
monly used in the global models of the heliospheric interface. Governing 
equations of the one- fluid approach are mass, momentum and energy 
balance equations: 

§^ + V-(pC) = gi, (2.2) 

+ VP + V • (pC 0 C) - T [rotB xB] = -VPcr + 9*2 (2.3) 

at 47 t 

Ft -V -^P Q3- Q2-V -V - ^Pcr (2.4) 

Here p — uipipip -T Tip^ni)] P — P^ -|- Pp -t- Ppui] P 25 Pp") Ppui ^nd Per are 
pressures of electrons, protons, pickup ions and cosmic rays, respectively; 
qi , Q 2 and qs are source terms in the plasma due to the charge exchange 
process with H atoms, photoionization and electron impact ionization: 

qi = mpUniuph + i^impact) (2.5) 
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Q2 = 



m. 



= rUp j {Vph + l>impact)vHfH{VH)dVH + 

J j (u)iwH - Wp)fH{wH)fp{Wp)dwHdWp + 
J J UafJ{u){wH - Wi)fH{wH)fpui{Wi)dWHdWi 



Q3 

+mp 



— TTlp J {yph + I'impact) f h{'^h) fpi^p)dWpdWf{ 

II 



+mp J J ua^^{u) 



HP/ \ — Wp2 
U(Tex{u) ^ 

HP/ \ — Wi2 



fH{WH)fpui{Wi)dWidWH 



( 2 . 6 ) 



fH{wH)fp{wp)dwpdvH (2.7) 



Here fp is the Maxwellian velocity distribution of the solar wind and 
interstellar protons and fpui is the velocity distribution of the pickup 
ions, which should be determined by a solution of the pickup ion kinetic 
transport equation or by assumption of complete assimilation of pickup 
ions into the solar wind plasma. 

Faraday’s equation 

— = rot[v X B] (2.8) 

should be added to the system of governing equations (2.2)-(2.4) to make 
the system closed. This form of Faraday’s equation follows from the 
classical form of the Ohm’s law in the case of ideal conductivity: E = 
-liVxB]. 

Governing equations (2.2)-(2.8) for the one-fluid approach are ob- 
tained by summarizing mass, momentum and energy balance equations 
for electrons, protons and pickup ions under certain assumptions, which 
were recently discussed by Baranov and Fahr (2003a,b) and Florinsky 
et al. (2003). Ideal MHD equations with source terms gi, ^2, Qs in 
the right-hand sides were solved self-consistently with equation (2.1) by 
Aleksashov et al. (2000) in the case when the IS magnetic held is parallel 
to the interstellar flow. 

To derive the classical system of hydrodynamic equations applied for 
heliospheric interface in one-fluid models, one needs to ignore terms con- 
taining magnetic and electric flelds in equations (2.3) and (2.4). In this 
case, equations (2.2)-(2.4) together with kinetic equation (2.1) for H 
atoms and expressions (1.5)-(1.7) for the source terms gi, Q 2 and qs form 
a closed system of equations. 
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3.3 Pickup Ions 

To study pickup ion evolution in the outer heliosphere and in the he- 
liospheric interface, details of the process of charged particle assimilation 
into the magnetized plasma are needed. A newly created ion under the 
influence of the large scale solar wind electric and magnetic flelds exe- 
cutes a cycloidal trajectory with the guiding center drifting at the bulk 
velocity of the solar wind. Assuming that the gyroradius is much smaller 
than the typical scale length, one can average the velocity distribution 
function over the gyratory motion. The initial ring-beam distribution of 
pickup ions is unstable. Basic processes that determine evolution of the 
pickup ion distribution are pitch-angle scattering, convection, adiabatic 
cooling in the expanding solar wind, injection of newly ionized particles, 
and energy diffusion in the wave fleld of both the solar wind and that 
generated by pickup ions and different kinds of instabilities of waves in 
the solar wind. The most general form of the relevant transport equa- 
tion describing the evolution of gyrotropic velocity distribution function 
fpui = fpui{t^ /i) of pickup ions in a background plasma moving at a 
velocity Vsw was written by Isenberg (1997) and Chalov and Fahr (1998). 
fpui is a function of the modulus of velocity in the solar wind rest frame, 
and /i is the cosine of pitch angle. 

Theoretical models show (section 5) that the assumption of complete 
assimilation of pickup ions into the solar wind would lead to a great 
increase of plasma temperature with the heliocentric distance. Since 
such an increase is not observed, the solar wind and pickup protons 
represent two distinct proton populations up to the TS. Nevertheless, 
the radial temperature profile of protons measured by Voyager 2 shows 
a smaller decrease than predicted by adiabatic cooling. A fraction of 
the heating of solar wind protons may thus be connected with pickup 
generated waves (Williams et ah, 1995; Smith et ah, 2001). Many aspects 
of pickup ion evolution have been studied (e.g., Chalov and Fahr, 1999; 
for reviews, see Zank, 1999a; Fichtner, 2001). However, to date detailed 
models of the assimilation process of pickup ions into the solar wind 
have not been taken into account in the global models of the heliospheric 
interface structure. 

3.4 Cosmic Rays 

Cosmic rays are coupled to background flow via scattering by plasma 
waves. The net effect is that the cosmic rays tend to be convected along 
with the background plasma as they diffuse through the magnetic irregu- 
larities carried by the background plasma. Both galactic and anomalous 
cosmic rays can be treated as populations with negligible mass density 
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but non-negligibe high energy density. At a hydrodynamical level, the 
cosmic rays may modify the wind flow via their pressure gradient VPc? 
with the net energy transfer rate from fluid to the cosmic rays given by 
V • VPc- ^ dp is a cosmic ray pressure and 

/c(r,p, t) is the isotropic velocity distribution of cosmic rays. 

The transport equation of cosmic rays has the following form (e.g., 
Fichtner, 2001): 



dt 



1 d 

p2 dp 




I + V(kVfc) - F • v/c + 



(2.9) 



Here p is the modulus of the momentum of the particle; D is the diffusion 
coefficient in momentum space, often assumed to be zero; k is the tensor 
of spatial diffusion; V = U Vdrift is the convection velocity; U is 
the plasma bulk velocity; Vdrift is a drift velocity in the heliospheric or 
interstellar magnetic held; and 5(r,p, t) is the source term. 

At the hydrodynamic level, the transport equation of the cosmic rays 
is: 



o ± ^ 

='V[k'VPc — Jc{U + Udr)Pc]-\-{7c — ^)U-\/Pc + Qacr,pui{'^^t) ( 2 . 10 ) 



The last equation assumes that D = 0] Udr is momentum-averaged drift 
velocity; 7 is the polytropic index; and Qacr,pui is the energy injection 
rate describing energy gains of the ACRs from pickup ions. Chalov and 
Fahr (1996, 1997) suggested that Qacr.pui — —otppui^ * U ^ where a is 
a constant injection efficiency deflned by the speciflc plasma properties 
(Chalov and Fahr, 1997). a is set to zero for OCRs since no injection 
occurs into the GCR component. 



4. Overview of Heliospheric Interface Models 

A complete model of the SW /LIC interaction has not yet been devel- 
oped. However, in recent years, several groups have focused their efforts 
on theory and modeling of the heliospheric interface in order to under- 
stand influence of one (or several) components on the interface separately 
from others. In particular, the influence of the magnetic flelds on the in- 
terface structure was studied in Fujimoto and Matsuda (1991), Baranov 
and Zaitsev (1995), Myasnikov (1997) for the two-dimensional case and 
in Ratkiewicz et al. (1998, 2000), Linde et al. (1998), Pogorelov and 
Matsuda (1998), Tanaka and Washimi (1999), Opher et al. (2003) for 
the three-dimensional case. Latitudinal variations of the solar wind have 
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been considered in Pauls and Zank (1997). The influence of the solar 
cycle variations on the heliospheric interface was studied in the 2D case 
in Steinolfson (1994), Pogorelov (1995), Karmesin et al. (1995), Baranov 
and Zaitsev (1998), Wang and Belcher (1999), Zaitsev and Izmodenov 
(2001), and in Tanaka and Washimi (1999) for the 3D case. In spite 
of many interesting flndings in these papers, these theoretical studies 
did not take into account interstellar H atoms or considered the popu- 
lation under greatly simplifled assumptions, as it was done in Linde et 
al. (1998), where velocity and temperature of interstellar H atoms were 
assumed as constants in the entire interface. 

Since most of the observational information on the heliospheric inter- 
face is connected with interstellar atoms and their derivatives as pickup 
ions and ACRs, we will focus on models which take into account the in- 
terstellar neutral component self-consistently together with the plasma 
component. These models can be separated into two types. Models of 
the first type (Table 2.5) use a simplifled fluid (or multi-fluid) approach 
for interstellar H atoms. A kinetic approach was used in the models 
of the second type. Development of the fluid (or multi-fluid) models 
of H atoms was connected with the fact that fluid (or multi-fluid) ap- 
proach is simpler for numerical realization. At the same time such an 
approach can lead to nonphysical results. Results of one of the most 
sophisticated multi-fluid models (Zank et al., 1996) were compared with 
the kinetic Baranov-Malama model in Baranov et al. (1998). The com- 
parison shows qualitative and quantitative differences in distributions of 
H atoms. At the same time, it was concluded in Williams et al. (1997) 
that the two models agreed on the distances to the termination shock, 
heliopause and bow shock in the upwind direction, but not in positions 
of the termination shock in downwind direction. 

One of the common features in the models by Wang et al. (1999), 
Zank et al. (1996), Liewer et al. (1995), Baranov and Malama (1993), 
Muller et al. (2000), Myasnikov et al. (2000a,b), Aleksashov et al. 
(2000, 2004), Izmodenov et al. (2003a,b) is that proton, electron and 
pickup ion components were considered as one fluid. The great ad- 
vantage of this approach is that its equations are considerably sim- 
pler as compared with the kinetic approach for pickup ions. A key 
assumption of this approach is immediate assimilation of pickup pro- 
tons into the solar plasma. In other words, it is assumed that imme- 
diately after ionization one cannot distinguish between original solar 
wind protons and pickup protons. Another important assumption is 
that electron and proton components have equal temperatures, Tg = Tp. 
For quasineutral plasma {up -h ripui = ng -h o(rig)) this means that the 
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pressure of the electrons is equal to half of the total plasma pressure 
(P = UekTe + {Up + npui)kTp Ki 2UekTe = 2Pe). 

For the solar wind, one-fluid models assume, essentially, that wave- 
particle interactions are sufficient for pickup ions to assimilate quickly 
into the solar wind, becoming indistinguishable from solar wind pro- 
tons. However, as discussed above. Voyager observations have shown 
that this is probably not the case. Pickup ions are unlikely to be as- 
similated completely. Instead, two co-moving thermal populations can 
be expected. A model that distinguishes the pickup ions from the solar 
wind ions was suggested by Isenberg (1986). Electrons were considered 
as a third fluid. The key assumption in the model is that pickup ions and 
solar wind protons are co-moving {Vp = Vpui)- It was also assumed that 
there is no exchange of thermal energy between solar wind protons and 
pickup ions. Isenberg’s approach consists of two continuity equations for 
solar protons and pickup ions; one momentum equation and three energy 
equations for solar wind protons, electrons and pickup ions. Note that 
Isenberg used the simplifled form of source terms suggested in Holzer 
(1972) and applied these equations to the spherically symmetric solar 
wind upstream of the termination shock only. 

Another two-fluid model of the solar wind and pickup protons was 
developed recently in Fahr et al. (2000). This model also assumes that 
convection speed of pickup ions is identical to that of solar wind protons. 
The pressure of the pickup ions was calculated in the model under as- 
sumption of a rectangular shape for the pickup ion isotropic distribution 
function. In this case, the pressure can be expressed through the pickup 
ion density pi and solar wind bulk velocity Vsw as 

Ppui — Ppui^sw/^' 

The model also includes ACR and GCR components as two separate 
massless fluids. Therefore, the governing plasma equations in the Fahr 
et al. (2000) model are i) one-fluid equations for the mixture of solar pro- 
tons, pickup ions and electrons; ii) a continuity equation for pickup ions; 
iii) two transport equations for ACRs and GCRs. The influence of cosmic 
ray components was taken as described by the terms —^{Pacr + Pgcr) 
and —V ‘V{Pacr+Pgcr)—<^Ppui'^'{V) in the right-hand side of the mo- 
mentum and energy equations, respectively. This approach used by Fahr 
et al. (2000) is crude in the sense that the assumption made on the shape 
of the distribution function does not reflect such important physical pro- 
cesses as adiabatic cooling, stochastic acceleration, and charge-exchange 
process of pickup ions with interstellar H atoms in the heliosheath. In 
addition, Fahr et al. (2000) used a simple one-fluid approach to de- 
scribe the flow of interstellar H atoms. Currently, our Moscow group is 




Table 2.5. Models with multi-fluid or kinetic approaches for interstellar H atoms 
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developing a multi-component model which is free of these limitations 
(Malama et ah, in preparation, 2004). The kinetic equation for the H 
atom component will be solved self-consistently with the total plasma 
mass, momentum and energy equations, and the kinetic equation for 
pickup ion component. 

5. Self-Consistent Two- Component Model of the 
Heliospheric Interface and Recent 
Advancements of the Model 

The first self-consistent model of the interaction of the two-component 
(plasma and H atoms) LIC with the solar wind was developed by Bara- 
nov and Malama (1993). The interstellar wind was assumed to be a 
uniform parallel flow. The solar wind was assumed to be spherically 
symmetric at the Earth’s orbit. Under these assumptions, the helio- 
spheric interface has an axisymmetric structure. 

Plasma and neutral components interact mainly by charge exchange. 
However, photoionization, solar gravity and solar radiation pressure, 
which are especially important in the vicinity (< 10-15 AU) of the Sun, 
are also taken into account. 

Kinetic and hydrodynamic approaches were used for the neutral and 
plasma components, respectively. The kinetic equation (2.1) for neutrals 
was solved together with the Euler equations for one-fluid plasma (2.2) 
- (2.4). The influence of the interstellar neutrals is taken into account in 
the right-hand side of the Euler equations that contain source terms qi , 
^25 Qs^ which are integrals (2.5)-(2.6) of the H atom distribution function 
fniVn) and can be calculated directly by a highly efficient Monte Carlo 
method with splitting of trajectories (Malama, 1991). The set of kinetic 
and Euler equations is solved by an iterative procedure, as suggested in 
Baranov et al. (1991). Supersonic boundary conditions were used for 
the unperturbed interstellar plasma and for the solar wind plasma at the 
Earth’s orbit. The velocity distribution of interstellar atoms is assumed 
to be Maxwellian in the unperturbed LIC. Results of this model are 
discussed below, in this section. 

5.1 Plasma 

Interstellar atoms strongly influence the heliospheric interface struc- 
ture. The heliospheric interface is much closer to the Sun in the case 
when H atoms are taken into account in the model, as compared to 
a pure gas dynamical case (Eigure 2). The termination shock becomes 
more spherical. The Mach disk and the complicated tail shock structure. 
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Figure 2.2. Effect of the interstellar neutrals on the size and structure of the interface 
structure, (a) The heliospheric interface pattern in the case of fully ionized local 
interstellar cloud (LIC), (b) the case of partly ionized LIC. BS is the bow shock. HP 
is the heliopause. TS is the termination shock. MD is the Mach disk. TD is the 
tangential discontinuity and RS is the reflected shock. (Izmodenov and Alexashov, 
2003) 



consisting of the reflected shock (RS) and the tangential discontinuity 
(TD), disappear. 

The supersonic plasma flows upstream of the bow and termination 
shocks are disturbed. The supersonic solar wind flow is disturbed by 
charge exchange with the interstellar neutrals. The new protons created 
by charge exchange are picked up by the solar wind magnetic held. The 
Baranov-Malama model assumes immediate assimilation of pickup ions 
into the solar wind plasma. The solar wind protons and pickup ions are 
treated as one-fluid, called the solar wind. The number density, velocity, 
temperature, and Mach number of the solar wind are shown in Figure 
3A. The effect of charge exchange on the solar wind is signiflcant. By the 
time the solar wind flow reaches the termination shock, it is decelerated 
(15-30 %), strongly heated (5-8 times) and mass loaded (20-50 %) by 
the pickup ion component. 

The interstellar plasma flow is disturbed upstream of the bow shock 
by charge exchange of the interstellar protons with secondary H atoms. 
These secondary atoms originate in the solar wind. This leads to heating 
(40-70 %) and deceleration (15-30 %) of the interstellar plasma before it 
reaches the bow shock. The Mach number decreases upstream of the BS 
and for a certain range of interstellar parameters {tih^lic » '^p,Lic) 
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Figure 2.3. Plasma density, velocity, temperature and Mach number upstream of 
the termination shock (A), upstream of the bow shock (B), and in the heliosheath 
(C). The distributions are shown for the upwind direction. Solid curves correspond 
to nH,Lic=0.2 cm“^, rip,L/c=0.04 cm“^. Dashed curves correspond to nH,Lic=0.14 
cm~^, np^Lic=0.10 cm“^. Vl/c=25.6 km/s, Tlic=7000 K. (Izmodenov (2000) 



the bow shock may disappear. Solid curves in Figure 3B correspond to 
a small ionization degree in the LIC {np/{rip + nn) = 1/6) and the bow 
shock almost disappears in this case. 
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Interstellar neutrals also modify the plasma structure in the heliosheath. 
In a pure gas dynamic case (without neutrals) the density and temper- 
ature of the postshock plasma are nearly constant. However, the charge 
exchange process leads to a large increase in the plasma number density 
and decrease in its temperature (Figure 1.3C). The electron impact ion- 
ization process may influence the heliosheath plasma flow by increasing 
the gradient of the plasma density from the termination shock to the 
heliopause (Baranov and Malama, 1996). The influence of interstellar 
atoms on the heliosheath plasma flow is important, in particular, for the 
interpretations of kHz radio emission detected by Voyager (Gurnett et 
ah, 1993; Gurnett and Kurth, 1996; Treumann et al. 1998) and possi- 
ble future heliospheric imaging in energetic neutral atom (ENA) fluxes 
(Gruntman et ah, 2001; IBEX mission). 

5.2 H Atoms 

Charge exchange signiflcantly alters the interstellar atom flow. Atoms 
newly created by charge exchange have the velocity of their ion counter- 
parts in charge exchange collisions. Therefore, the velocity distribution 
of these new atoms depends on the local plasma properties in the place 
of their origin. It is convenient to distinguish four different populations 
of atoms, depending on region in the heliospheric interface where the 
atoms were formed. Population 1 is the atoms created in the supersonic 
solar wind up to the TS. Population 2 is the atoms created in the in- 
ner heliosheath, the region between the TS and HP. Population 3 is the 
atoms created in the outer heliosheath - the region of disturbed interstel- 
lar wind between the HP and the BS. We will call original (or primary) 
interstellar atoms population 4. The number densities and mean ve- 
locities of these populations are shown in Figure 4 as functions of the 
heliocentric distance. The velocity distribution function of interstellar 
atoms ///(rc//,r) can be represented as a sum of the distribution func- 
tions of these populations: fn = fn,! + fH,2 + /ir,3 + The Monte 
Carlo method allows us to calculate these four distribution functions. 
The velocity distributions of the interstellar atoms at the 12 selected 
points in the heliospheric interface were shown by Izmodenov (2001), 
Izmodenov et al. (2001). As an example, the velocity distributions at 
the termination shock in the upwind direction are shown in Figure 5 for 
four introduced populations of H atoms. Note that velocity distribu- 
tions of H atoms in the heliosphere were also presented by Muller et al. 
(2000). However, different populations of H atoms cannot be considered 
separately in the mesh particle simulations of H atoms (Lipatov et al., 
1998) which were used in that paper. 
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Original (or primary) interstellar atoms are significantly filtered 
(i.e. their number density is reduced) before reaching the termination 
shock (Figure 4A). Since slow atoms have a small mean free path in 
comparison to fast atoms, they undergo more intensive charge exchange. 
This kinetic effect, called “selection”, results in a deviation of the inter- 
stellar distribution function from Maxwellian (Figure 5A). The selection 
also results in ^10% increase in the primary atom mean velocity towards 
the termination shock (Figure 4C). 

The secondary interstellar atoms are created in the disturbed 
interstellar medium by charge exchange of primary interstellar neutrals 
with protons decelerated by the bow shock. The secondary interstellar 
atoms collectively make up the “H wall”, a density increase at the he- 
liopause. The “H wall” has been predicted in Baranov et al. (1991) and 
detected in the direction of a Cen (Linsky and Wood, 1996). At the 
termination shock, the number density of secondary neutrals is compa- 
rable to the number density of the primary interstellar atoms (Figure 
4A, dashed curve). The relative abundances of secondary and primary 
atoms entering the heliosphere vary with degree of interstellar ioniza- 
tion. It has been shown by Izmodenov et al. (1999b) that the relative 
abundance of the secondary interstellar atoms inside the termination 
shock is larger for the models with interstellar proton number density. 
The bulk velocity of population 3 is about -18 to -19 km/s. The sign 
“-” means that the population approaches the Sun. One can see that 
the velocity distribution of this population is not Maxwellian (Figure 
5B). The reason for the abrupt behavior of the velocity distribution for 
1/^ > 0 is that the particles with significant positive Vz velocities can 
reach the termination shock only from the downwind direction. The ve- 
locity distributions of different populations of H atoms were calculated 
in Izmodenov et al. (2001) for different directions from upwind. The 
fine structures of the velocity distribution of the primary and secondary 
interstellar populations vary with direction. These variations of the ve- 
locity distributions reflect the geometrical pattern of the heliospheric 
interface. The velocity distributions of the interstellar atoms can be a 
good diagnostics of the global structure of the heliospheric interface. 

Another population of the heliospheric neutrals (population 2) is the 
neutrals created in the inner heliosheath from hot and compressed 
solar wind protons and pickup ions. The number density of this pop- 
ulation is an order of magnitude smaller than the number densities of 
the primary and secondary interstellar atoms. This population has a 
minor importance for interpretation of Ly a and pickup ion measure- 
ments inside the heliosphere. However, it was recently pointed out by 
Chalov and Fahr (2003) that charge exchange of these atoms with solar 
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Figure 2.J,. Number den- 
sities and velocities of 4 
atom populations as func- 
tions of heliocentric dis- 
tance in the upwind direc- 
tion. 1 designates atoms 
created in the supersonic 
solar wind, 2 atoms cre- 
ated in the heliosheath, 3 
atoms created in the dis- 
turbed interstellar plasma, 
and 4 original (or primary) 
interstellar atoms. Num- 
ber densities are normal- 
ized to riH,Lic, velocities 
are normalized to Vlic^ It 
is assumed that uh^lic = 
0.2 cm~^, Up^Lic = 0.04 
cm“^. (Izmodenov et ah, 
2001 ) 



Figure 2.5 Velocity distri- 
butions of four atom popu- 
lations at the termination 
shock in the upwind di- 
rection. (A) primary in- 
terstellar atoms, (B) sec- 
ondary interstellar atoms, 
(C) atoms created in the 
heliosheath, (D) atoms cre- 
ated in the supersonic so- 
lar wind. Vz is the projec- 
tion of velocity on the axis 
parallel to the LIC velocity 
vector. Negative values of 
Vz indicate approach to the 
Sun. Vx is the radial com- 
ponent of the projection 
of velocity vector on the 
perpendicular plane. 14, 
Vx are in cm/sec. It is 
assumed that uh^lic = 
0.2 cm~^, rip, Lie = 0.04 
cm“^. (Izmodenov et ah, 
2001) 



wind protons produces tails in the velocity distribution of pickup ions 
measured at one or several AU during quiet time periods. Some atoms 
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of the population that may be detectable by Ly a hydrogen cell ex- 
periments due to their large Doppler shifts (Quemerais and Izmodenov, 
2002). Due to their high eni^rgies and large mean free path, a portion of 
the atoms in this population penetrate upstream of the BS and disturb 
the pristine interstellar medium at large heliocentric distances. Inside 
the termination shock the atoms propagate freely. Thus, these atoms 
are a rich source of information on the plasma properties at the place 
of their birth, i.e. the inner heliosheath. There are plans to measure 
this population of atoms on future missions, including HIGO and a pro- 
posed Small Explorer called the Interstellar Boundary Explorer (IBEX) 
mission. 

The last population of the heliospheric atoms is the atoms created 
in the supersonic solar wind. The number density of this atom pop- 
ulation has a maximum at ~5 AU. At this distance, the number density 
of the population is about two orders of magnitude smaller than the 
number density of interstellar atoms. Outside the termination shock the 
density decreases faster than l/r2, where r is the heliocentric distance 
(curve 1, Figure 4B). The mean velocity of population 1 is about 450 
km/sec, which corresponds to the bulk velocity of the supersonic solar 
wind. The velocity distribution of this population is also not Maxwellian 
(Figure 5D). The extended “tail” in the distribution function is caused 
by the solar wind plasma deceleration upstream of the termination shock. 
This “supersonic” atom population penetrates the interface and charge 
exchanges with interstellar protons beyond the BS. The process of charge 
exchange leads to heating and deceleration upstream of the bow shock 
and, therefore, to the decrease of the Mach number ahead of the bow 
shock. 

The Baranov-Malama (1993) model takes into account essentially two 
interstellar components: H atoms and charged particles. To apply this 
model to space experiments, one needs to evaluate how other possible 
components of the interstellar medium influence the results of this two- 
component model. Recently, several effects were taken into account in 
the frame of this axisymmetric model. 

5.3 Effects of Interstellar and Solar Wind 
Ionized Helium 

Recent measurements of interstellar helium atoms (Witte et al., 1996; 
Witte, 2004) and interstellar He pickup ions (Gloeckler and Geiss, 2001; 
Gloeckler et al., 2004) inside the heliosphere, as well as of the inter- 
stellar helium ionization (Wolff et al., 1999) allow us to estimate the 
number density of interstellar helium ions to be 0.008-0.01 cm~^. Cur- 
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Table 2.6. Sets of model parameters and locations of the TS, HP and BS in the 
upwind direction 



# 


Tin, Lie 


rip^Lic 


'f^a,sw 
rip su; 


HeII/(HeI+HeII) 


R(TS) 


R(HP) 


R(BS) 






cm~^ 


% 




AU 


AU 


AU 


1 


0.18 


0.06 


0 


0 


95.6 


170 


320 


2 


0.18 


0.06 


0 


0.375 


88.7 


152 


270 


3 


0.18 


0.06 


2.5 


0 


100.7 


176 


330 


4 


0.18 


0.06 


2.5 


0.150 


97.5 


168 


310 


5 


0.18 


0.06 


2.5 


0.375 


93.3 


157 


283 


6 


0.18 


0.06 


4.5 


0.375 


97.0 


166 


291 


7 


0.20 


0.04 


0 


0 


95.0 


183 


340 


8 


0.20 


0.04 


2.5 


0.375 


93.0 


171 


290 



rent estimates of the proton number density in the LIC fall in the range 
0.04 - 0.07 cm“^. Since helium ions are four times heavier than protons 
the dynamic pressure of the ionized helium component is comparable to 
the dynamic pressure of the ionized hydrogen component. Therefore, 
interstellar ionized helium cannot be ignored in the modeling of the 
heliospheric interface. For the first time, effects of interstellar ionized 
helium were studied by Izmodenov et al. (2003b). Simultaneously with 
interstellar ionized helium, the paper took into account solar wind alpha 
particles, which constitute 2.5 - 5 % of the solar wind and, therefore, 
produce 10 - 20 % of the solar wind dynamic pressure. 

To evaluate possible effects of both interstellar ions of helium and so- 
lar wind alpha particles Izmodenov et al. (2003b) performed parametric 
model calculations with the eight sets of boundary conditions given in 
Table 2.6. Calculated locations in the upwind direction of the termina- 
tion shock, the heliopause, and the bow shock are given for each model 
in the last three columns of Table 2.6. It is seen that the heliopause and 
the termination and bow shocks are closer to the Sun when the influence 
of interstellar helium ions is taken into account. This effect is partially 
compensated by additional solar wind alpha particle pressure that we 
also took into account in our model. The net result is as follows: the he- 
liopause, termination and bow shocks are closer to the Sun by ~12 AU, 
^ 2 AU, ~ 30 AU, respectively in the model taking into account both 
interstellar helium ions and solar wind alpha particles (model 5) as com- 
pared to the model ignoring these ionized helium components (model 1). 
It was also found that both interstellar ionized helium and solar wind 
alpha particles do not influence the filtration of the interstellar H atoms 
through the heliospheric interface. 
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5.4 Effects of GCRs, ACRs and the Interstellar 
Magnetic Field 

The influence of the galactic cosmic rays on the heliospheric inter- 
face structure was studied by Myasnikov et al. (2000a, b). The study 
was done in the frame of two-component (plasma and GCRs) and three- 
component (plasma, H atoms and GCRs) models. For the two-component 
case it was found that cosmic rays could considerably modify the shape 
and structure of the solar wind termination shock and the bow shock 
and change heliocentric distances to the heliopause and the bow shock. 
At the same time, for the three-component model it was shown that the 
GCR influence on the plasma flows is negligible when compared with the 
influence of H atoms. The exception is the bow shock, a structure that 
can be strongly modifled by the cosmic rays. The dynamical influence of 
ACRs on the solar wind flow in the outer heliosphere and on the struc- 
ture of the termination shock has been studied by Fahr et al. (2000) 
and Alexashov et al. (2004). Whereas earlier research on the cosmic- 
ray-modifled heliosphere was devoted mainly to the dependence of the 
termination shock structure and position on the injection rate of ACRs, 
Alexashov et al. (2004) studied effects connected with changes in the 
value of the diffusion coefficient while keeping the injection rate fixed. 
Different values of the diffusion coefficient were considered for the reason 
that K is poorly known in the outer heliosphere and especially in the he- 
liosheath, and in addition the value of the diffusion coefficient varies with 
the solar cycle. It was shown that: 1. The effect of ACRs on the solar 
wind flow near the termination shock leads to formation of a smooth pre- 
cursor, followed by the subshock, and to a shift of the subshock towards 
larger distances in the upwind direction. This result is consistent with 
earlier findings based on one-dimensional spherically symmetric mod- 
els. Both the intensity of the subshock and the magnitude of the shift 
depend on the value of the diffusion coefficient, with the largest shift 
(about 4 AU) occurred at medium values of K. 2. The precursor of the 
termination shock is rather pronounced except the case with large K. It 
has been shown by Berezhko (1986), Chalov (1988a, 1988b), and Zank 
et al. (1990) that the precursor of a cosmic-ray-modified shock is highly 
unstable with respect to magnetosonic disturbances if the cosmic-ray 
pressure gradient in the precursor is sufficiently large. The possible de- 
tection of oscillations in the magnetic field and solar wind speed by the 
Voyager spacecraft in the near future could be considered as evidence for 
the termination shock. The oscillations connected with the instability 
of the precursor have a distinctive feature: the magnetic field in more 
unstable modes oscillates in the longitudinal direction, while the solar 
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wind speed oscillates in the direction perpendicular to the ecliptic plane 
(Chalov, 1990). 3. The postshock temperature of the solar wind plasma 
is lower in the case of the cosmic-ray-modified termination shock when 
compared with the shock without ACRs. The decrease in the temper- 
ature results in a decrease in the number density of hydrogen atoms 
originating in the region between the termination shock and heliopause. 
4. The cosmic-ray pressure downstream of the termination shock is com- 
parable to the thermal plasma pressure for small K when the diffusive 
length scale is much smaller than the distance to the shock. On the 
other hand, at large K the postshock cosmic-ray pressure is negligible 
when compared with the thermal plasma pressure. There is pronounced 
upwind-downwind asymmetry in the cosmic-ray energy distribution due 
to a difference in the amount of the energy injected into ACRs in the 
up- and downwind parts of the termination shock. This difference in 
the injected energy is connected with the fact that the thermal plasma 
pressure is lower in the downwind part of the shock when compared with 
the upwind part. 

Effects of the interstellar magnetic field on the plasma flow and on dis- 
tribution of H atoms in the interface were studied in Aleksashov et al. 
(2000) in the case of magnetic field parallel to the relative Sun/LIC veloc- 
ity vector. In this case, the model remains axisymmetric. It was shown 
that effects of the the interstellar magnetic field on the positions of the 
termination and bow shocks and the heliopause are significantly smaller 
when compared to model with no H atoms (Baranov and Zaitsev, 1995). 
The calculations were performed with various Alfven Mach numbers in 
the undisturbed LIC. It was found that the bow shock straightens out 
with decreasing Alfven Mach number (increasing magnetic field strength 
in LIC). It approaches the Sun near the symmetry axis, but recedes from 
it on the flanks. By contrast, the nose of the heliopause recedes from 
the Sun due to tension of magnetic field lines, while the heliopause in 
its wings approaches the Sun under magnetic pressure. As a result, 
the region of compressed interstellar medium around the heliopause (or 
“pileup region”) decreases by almost 30 %, as the magnetic field increases 
from zero to 3.5 xl0“^ Gauss. It was also shown in Aleksashov et al. 
(2000) that H atom filtration and heliospheric distributions of primary 
and secondary interstellar atoms are virtually unchanged over the entire 
assumed range of the interstellar magnetic field (0 - 3.5 • 10“^ Gauss). 
The magnetic field has the strongest effect on the density distribution 
of population 2 of H atoms, which increases by a factor of almost 1.5 as 
the interstellar magnetic field increases from zero to 3.5 • 10“^ Gauss. 
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5.5 Effects of the Solar Cycle Variations of the 
Solar Wind 

More than 30 years’ (three solar cycles) observations of the solar wind 
show that its momentum flux varies by factor of ~2 from solar maxi- 
mum to solar minimum (Gazis, 1996; Richardson, 1997). It has been 
shown theoretically that such variations of the solar wind momentum 
flux strongly influence the structure of the heliospheric interface - the 
region of the solar wind interaction with the local interstellar medium 
(e.g., Karmesin et ah, 1995; Wang and Belcher, 1999; Baranov and Zait- 
sev, 1998; Zank, 1999b; Zaitsev and Izmodenov, 2001; Scherer and Fahr, 
2003; Zank and Muller, 2003). 

Most global models of solar cycle effects ignored the interstellar H 
atom component or took this component into account by using simpli- 
fied fluid approximations. These simplifications were done because it 
is difficult to solve 6D (time, two dimensions in space, and three di- 
mensions in velocity-space) kinetic equation for the interstellar H atom 
component. 

Recently we developed the non-stationary, self-consistent model of 
the heliospheric interface and used it to explore the solar cycle varia- 
tions of the interface (Izmodenov et ah, 2003a; Izmodenov et ah, 2004b). 
We obtained the periodic solution of the system of Euler equations for 
plasma, and the kinetic equation for interstellar H atoms with the pe- 
riodic boundary conditions for the solar wind at the Earth’s orbit. Iz- 
modenov et al. (2003a) presented results of the model, where the IMP 8 
solar wind data were used as boundary conditions at the Earth’s orbit. 
Detailed theoretical study of the solar cycle effects on the structure of the 
heliospheric interface was reported by Izmodenov et al. (2004b), where 
the solar wind dynamic pressure was sinusoidally varied by a factor of 
two over an 11-year period. 

The basic results can be summarized as follows. The discontinuities 
vary sinusoidally with the 11-year period dictated by the inner boundary 
conditions. The termination shock varies within ±7 AU over the solar 
cycle in the upwind direction. Fluctuations of the TS become larger 
as we go from upwind to downwind. The variation of the TS in the 
downwind direction is 25 AU from it minimal to maximal value. The 
upwind fluctuation of the TS is nearly in anti-phase with its downwind 
fluctuations. The heliopause fluctuates with a smaller (~3 AU) ampli- 
tude when compared to the TS. The fluctuation of the BS with the solar 
cycle is less than 0.1 AU in upwind. The mean solar-cycle value of the 
locations of the TS, HP and BS are very close to their values obtained 
in the stationary model with solar cycle averaged boundary conditions. 
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The strength of the TS has important consequences for anomalous 
cosmic rays (ACRs), because the velocity jump at the TS relates to the 
spectral index of ACRs, /?, where the intensity of the cosmic rays j varies 
with energy E as j ~ . Izmodenov et al. (2004b) have computed the 

solar cycle variation of the velocity jump at the TS. The upwind jump 
varies insignificantly, from 2.92 to 3.09, and from 2.92 to 3.17 downwind. 

Plasma parameters perform 11-year fiuctuations in the entire compu- 
tation region. However, the wave-length of the plasma fiuctuations in 
the solar wind is large when compared with the distances to the TS and 
HP in the upwind direction. Large-scale waves are also seen in plasma 
distributions of the post-shocked plasma in the downwind region. Am- 
plitudes of the waves are much less than in the upwind direction and 
the wavelength is ^200 AU. The situation is different in the outer he- 
liosheath, the region between the HP and BS. Motion of the heliopause 
produces a number of shocks and rarefaction waves. The amplitudes of 
these shocks and rarefaction waves decreases while they propagate away 
from the Sun due to the increase of their surface areas and interaction 
between the shocks and rarefaction waves. The characteristic wavelength 
is ^40 AU. It was shown also that the 11 year averaged distributions 
of plasma parameters practically coincides with plasma parameters ob- 
tained in stationary model with 11 year average boundary conditions. 

For interstellar H atoms, Izmodenov et al. (2004b) obtained the fol- 
lowing results. A clear 11-year periodicity is seen in the fiuctuations of 
H atom densities. Deviations from exact 11-year sinusoidal periodicity 
are connected with errors of our statistical calculations, which are ~2- 
3%. In the outer heliosphere and, in particular, at the TS the variations 
of densities are within ± 5% of their mean value for primary and sec- 
ondary interstellar populations and for the populations of atoms created 
in the inner heliosheath. Closer to the Sun, for distances < 10 AU, 
the amplitude of fiuctuations increases up to ± 15% around the mean 
value. The variation of the number density of H atoms created in the 
supersonic solar wind is ± 30% of the mean value. Variations of mean 
velocity and kinetic temperature of primary and secondary interstellar 
atoms are negligibly small for both interstellar populations, in compar- 
ison to statistical uncertainty. However, the mean velocity and kinetic 
temperature of atoms created in the inner heliosheath vary with the so- 
lar cycle by 10-12%. This is connected with the fact that the most of 
the H atoms of the latter population are created in the vicinity of the 
heliopause and they refiect the long wavelength plasma variations in this 
region. 

It is important to note that number densities of the three components 
(primary and secondary interstellar populations, and the population of H 
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atoms created in the inner heliosheath) fluctuate in phase. This coherent 
behavior of the fluctuations exists in all supersonic solar wind regions 
for the three populations and, also, in the inner heliosheath for the 
primary and secondary atoms. The reason of such coherent behavior of 
the variations of H atom densities becomes evident when the fluctuations 
are compared with plasma density variations (see, Izmodenov et ah, 
2004b). The two variations are almost in anti-phase. Apparently, such 
a correlation is only possible when temporal variations of the H atom 
densities are caused by variation of the local loss of the neutrals due to 
the charge exchange and ionization processes. 

However, coherent fluctuations of different populations of H atoms 
disappear in the regions where the populations originate and the pro- 
cess of creation is dominant when compared with the losses. Indeed, in 
the inner heliosheath fluctuations of number density of H atoms created 
in this region are shifted as compared with coherent fluctuations of pri- 
mary and secondary interstellar atom populations and are in phase with 
variations of proton number density near the heliopause. Variations of 
the secondary interstellar atom population are in anti-phase with varia- 
tions of primary atoms in the outer heliosheath and almost in phase with 
plasma fluctuations in the region. Again, the creation process is domi- 
nant in the outer heliosheath for the population of secondary interstellar 
atoms. 

It is important to note that the above described behavior of H atom 
populations in the heliospheric interface is kinetic in nature. Variations 
are determined basically by loss and creation processes, but not by con- 
vection and pressure gradient terms as it would be in fluid or multi-fluid 
approaches. The validity of fluid approach is determined by the simple 
criterium that the Knudsen number Kn = //L <C 1, where I and L are 
the mean free path of the particles and characteristic size of the problem, 
respectively. For stationary problems, the distance between the HP and 
BS, which is approximately 100 AU, can be chosen as characteristic size. 
The mean free path of H atoms in the region is ~ 50 AU (Izmodenov 
et ah, 2000). Therefore, Kustationary ^ 0.5. As was described above, 
kinetic and fluid approaches were compared by Baranov et al. (1998) 
and Izmodenov et al. (2001), showing explicitly that the velocity distri- 
bution function of H atoms is not Maxwellian anywhere in the interface. 
For the time-dependent problem considered in this section, the charac- 
teristic size, L, is half of the wavelength in the plasma distributions. In 
the region between the HP and BS, L ^ 20 AU. Therefore, Knume ^ 2.5 
and fluid approaches become even less appropriate when compared with 
stationary models. This fundamental point could be the main reason 
for the large difference between results presented by Izmodenov et al. 
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(2004b) and results obtained by Zank and Muller (2003) and Scherer 
and Fahr (2003a, b) who used multi-fluid approaches. 

5.6 Heliotail 

Plasma and H atom distributions in the tail of the LIC/SW interaction 
region were not of interest up until recently. However, modeling of the 
heliospheric interface gives answers to the two fundamental questions: 1. 
Where is the edge of the solar system plasma? 2. How far downstream 
can the influence of the solar wind be felt on the surrounding interstellar 
medium? 

To supply an answer to the flrst question we need to define the solar 
plasma system boundary. It is natural to assume the heliospheric bound- 
ary is the heliopause that separates the solar wind and interstellar plas- 
mas. This definition is not completely correct, because the heliopause 
is an open surface and, therefore, the heliosphere ends at infinity. To 
resolve the problem, and to address the second question, detailed spe- 
cific modeling of the structure of the tail region up to 50000 AU was 
performed by Izmodenov and Alexashov (2003), Alexashov and Izmode- 
nov (2003), Alexashov et al. (2004). It was shown that the charge 
exchange process qualitatively changes the solar wind - interstellar wind 
interaction in the tail region. The termination shock becomes more 
spherical and the Mach disk, reflected shock and tangential discontinuity 
disappear. This result was obtained previously by Baranov ana Malama 
(1993), who performed calculations up to 700 AU in the heliotail. In 
addition, Alexashov et al. (2004) found that the jumps of density and 
tangential velocity across the heliopause become smaller in the heliotail 
and disappear at about 3000 AU. Parameters of solar wind plasma and 
interstellar H atoms approach their interstellar values at large heliocen- 
tric distances. This allows an estimation of the influence of the solar 
wind, and, therefore, the solar system size in the downwind direction 
to about 20,000 - 40,000 AU. An illustration of the results is shown in 
Figure 6. The figure shows isolines of the Mach number up to 10,000 
AU. The solar wind plasma has a velocity 100 km/s and a tempera- 
ture of 1.5-106 K immediately after passing the TS. Then the velocity 
becomes smaller due to new protons injected by charge exchange and 
approaches the value of interstellar velocity. Since interstellar H atoms 
are effectively cooler when compared with postshocked protons, the solar 
wind also becomes cooler. This makes the Mach number increase. At 
distances of 4,000 AU the solar wind again becomes supersonic and the 
Mach number then approaches its interstellar value at 40,000 - 50,000 
AU, where the solar wind gas dynamic parameters become undistin- 
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Figure 2.6. Isolines of Mach number of solar wind and interstellar plasma flows in 
the downwind direction (Alexashov et ah, 2004). 



guishable from undisturbed interstellar parameters. This result cannot 
be obtained in the absence of H atoms because the solar wind flow in 
the heliotail remains subsonic in that case. 

6. Interpretations of Spacecraft Experiments 
Based on the Heliospheric Interface Model 

As it was stated in Section 2, the Sun/LIC relative velocity and the 
Lie temperature are now well constrained (Witte et ah, 1996; Witte, 
2004; Lallement and Bertin, 1992; Linsky et ah, 1993; Lallement et ah, 
1995, 1996; Moebius et ah, 2004). To obtain other interstellar parame- 
ters one needs to use one or several remote diagnostics of the interface 
and a theoretical model. 
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W Proton Speed /Solar Wind Speed 



Figure 2.7. Two-year- averaged phase space density of versus normalized speed 
W (proton speed divided by solar wind speed) observed with the Solar Wind Ion 
Composition Spectrometer (SWIGS) on Ulysses in the slow solar wind at ~5 AU 
and low latitude. Only quiet-time periods, characterized by a low solar wind thermal 
speed (< 15 km/s) were used in this average. Interstellar pickup hydrogen is the 
dominant component in the flat portion of the spectrum between W ~1.3 and ~2.2. 
Solar wind protons, modeled by curve (sw), dominate below W ~1.3 and accelerated 
protons form the suprathermal tail above W ~2.2, modeled by curve (st). During 
quiet time periods used here, the solar wind distribution is sufficiently narrow and the 
suprathermal tail sufficiently weak, to reveal more fully the pickup ion component of 
the spectrum. The curve labeled (pi) is computed using model parameters given in 
the text. The atomic hydrogen density at the termination shock is found to be 0.100 
± 0.008 cm~^ (Izmodenov et al., 2003a). 



6.1 Pickup ons 

The charge exchange process in the heliospheric interface leads to a 
predictable reduction, or filtration, of interstellar atomic hydrogen that 
enters the heliosphere. The most accurate determination of the density 
of interstellar H atoms inside the heliosphere comes from measurements 
of pickup H+. An example of a typical proton velocity distribution is 
given in Figure 7 (Figure 2, Izmodenov et ah, 2003a; see also Gloeckler 
and Geiss, 2001). This spectrum was observed with the Solar Wind 
Interstellar Gomposition Spectrometer (SWIGS) on Ulysses in the slow 
solar wind at ^5 AU during quiet times at low latitudes. 





The Heliospheric Interface: Models and Observations 



55 



The pickup ion distribution (labeled ’pi’ in Figure 7) is modelled by 
using the “hot model” of Thomas (1978) for the spatial distribution 
of hydrogen atoms in the heliosphere and equations (9) and (10b) of 
Vasyliunas and Siscoe (1976) derived under the assumption of rapid 
pitch-angle scattering and hence isotropy the phase-space density of the 
resulting pickup protons. Model parameters, in particular the neutral 
hydrogen density at the termination shock, are adjusted until the best 
fit to the measured spectrum is obtained. The assumption of isotropic 
pickup ion distributions is justified in this case because at 5 AU in the 
ecliptic plane the average magnetic field direction is nearly perpendicular 
to the solar wind flow direction. 

Heliospheric parameters affecting the model pickup ion distribution 
are known from direct measurements. During the 2-year time period 
of Figure 7 the average photoionization rate for hydrogen, derived from 
Lyman alpha measurements on SOHO was 0.8 x 10“^ s“^ (D. R. Mc- 
Mullin and D. L. Judge, priv. comm.). The ionization rate from charge 
exchange, a product of solar wind flux (measured with SWIGS) and 
charge exchange cross section was 5.4 x 10“^ s“^, giving a total loss 
rate of 6.2 x 10“^ s~^. The total production rate of pickup hydrogen 
is somewhat smaller (5.1 x 10“^ s“^) because the average solar wind 
flux for time periods of low thermal speed was measured to be lower 
than for the entire two year time period. With these values for the loss 
and production rates, an excellent fit to the measured pickup proton 
distribution is obtained and the number density of atomic H at the ter- 
mination shock is determined to be 0.100 =b 0.005 cm“^. The number 
density can be compared with the number density at the TS obtained in 
the theoretical models. Izmodenov et al. (2003b) used the heliospheric 
interface model, which was described above and takes into account in- 
fluence of both interstellar and solar ionized helium. Parametric studies 
were performed in that paper by varying the interstellar proton and 
hydrogen atom number densities in the ranges of 0.03- 0.1 and 0.16 - 
0.2 cm“^, respectively. Figure 8 shows updated results compared with 
the calculations presented in Izmodenov et al. (2003a). Red curves 
are isolines of H atom number density at the TS. The dashed red area 
shows the range of possible pairs of ^p,uc)^ which are com- 

parable to n.H,TS obtained from pickup ions data. To reduce the range 
of possible interstellar atom and proton densities we need to employ 
other observational diagnostics. These could include, for example, the 
interstellar helium ionization (y(ife) = ,uc / i'^He+ ,LIC +'^He,Lic)) 

range of 0.3-0. 4 derived from line-of-sight Extreme Ultraviolet Explorer 
measurements toward white dwarf stars in the local interstellar medium 
(Wolff et al. 1999). Using 1) ULYSSES/GAS measurements of the LIC 
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Figure 2.8 Contour plots 
of the interstellar H atom 
number density at the ter- 
mination shock, the LIC 
helium ionization fraction, 
and the termination shock 
location in the Voyager di- 
rection. 
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atomic He density (= 0.015 cm“^ ; Gloeckler and Geiss 2001; Witte, 
priv. comm.), 2) the standard universal ratio of the total H to He, 
(np,L/c+n77,L/c)/(n//e+,L7C+ni/e,L7c)"=10, the relation between uh^lic 
and lip^Ljc can be established with 

np,Lic + riH,Lic = 0.15(1 - 

Isolines of interstellar helium ionization are shown in Figure 8. 

The intersection of the two shaded areas gives the most likely values 
of interstellar proton and atomic hydrogen number densities compatible 
with the observations: tih,lic = 0.185 ± 0.01 cm“^ and rip^Lic = 0.05 ± 
0.015 cm“^. The interstellar hydrogen ionization fraction derived from 
this result is in agreement with recent calculations of the photoionization 
of interstellar matter within 5 pc of the Sun (Slavin and Frisch, 2002). 

6.2 Location of the Termination Shock in the 
Direction of Voyager 1 

Based on measurements of the low-energy particle fluxes, spectra, and 
composition by the Voyager 1 Low Energy Gharged Particle instrument 
and of an indirect determination of the solar wind speed using particle 
anisotropy measurements, Krimigis et al. (2003) reported the probable 
crossing of the TS by Voyager 1 at 85 AU in the summer of 2002 and the 
return to the TS upstream region about 6 months later. McDonald et 
al. (2003) suggested another interpretation of the Voyager data arguing 
that the spacecraft remained in the supersonic wind, but in the precursor 
region. In any case, recent Voyager 1 data suggest that the TS was 
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close to 85 AU in the Voyager 1 direction. To compare this evidence 
with model predictions we plot in Figure 8 isolines of the distance to 
the TS in the middle of 2002, computed in the Voyager direction. It 
is seen that for comparable to the ionization range of 

interstellar helium of 0.3 - 0.4 the TS location is 104 ± 4 AU, which is 
~20 AU farther from the Sun than Voyager 1. One possible solution 
to get the TS at ~85 AU in the model is to increase the interstellar 
atom and proton number densities. Our model-calculations show that 
for Up^Lic = 0.11 — 0.12 cm“^ and tih^lic ^ 0-22 cm“^ the TS was 
at 85-86 AU in 2002 and the number density of H atoms at the TS is 
~0.1 cm“^. However, such a solution implies 55 % interstellar helium 
ionization. 



6.3 Filtration of Interstellar Oxygen and 
Nitrogen 

Additional constraints on the local interstellar properties and, in par- 
ticular, local interstellar abundances can be obtained using measure- 
ments of pickup ions of heavier interstellar atoms made by Ulysses/SWCIS 
(Gloeckler and Geiss, 2001) and theoretical calculations of filtration of 
the atoms through the heliospheric interface. 

Izmodenov et al. (2004a) performed comparative studies of the pene- 
tration of the interstellar atoms of H, O, N into the heliosphere through 
the heliospheric interface. We made a parametric study by varying local 
interstellar proton and atom number densities. It was found that 54 ± 
% of interstellar hydrogen atoms, 68 =b 3 % of interstellar oxygen and 
78 ±2 % of interstellar nitrogen penetrate through the interaction re- 
gion into the interface. In the case of a lower electron temperature in 
the heliosheath 81 ±2 % and 89 ±1 % of interstellar oxygen and nitro- 
gen penetrate, respectively. Using our filtration coefficients and SWIGS 
Ulysses pickup ion measurements we conclude that no/, L/C =(7.8 =b 
1.3)-10^ cm^ and n7v/,L/c =(1-1 ±0.2)-10 ^ cm^. Finally, the local inter- 
stellar 01 to HI and NI to 01 ratios are {01 /HI) lic =(4.3±0.5)T0^ and 
(NI/OI)l/c =0.13±0.01. Our interstellar OI/HI ratio is slightly lower 
than the ratio (4.8±0.48)-10^ determined by Linsky et al. (1995) from 
spectroscopic observations of stellar absorption. 

7. Summary 

The Local Interstellar Medium interacts with the solar wind and influ- 
ences the outer heliosphere in a complicated way. Several particle pop- 
ulations and magnetic fields are involved in this interaction. From the 
interstellar side, the interacting populations are the plasma (electron and 
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proton) component, H atom component, interstellar magnetic field, and 
galactic cosmic rays. Heliospheric plasma consists of the original solar 
wind protons, electrons, pickup protons, and the anomalous component 
of cosmic rays. A large effort has been made to study the theoretical 
physics of the interaction region. However, a complete, self-consistent 
model of the heliospheric interface has not yet been constructed, because 
of the difficulty incorporating both the multi-component nature of the 
heliosphere and the requirement for different theoretical approaches for 
different components of the interaction. Many aspects were studied and 
reported here. However, some aspects require additional theoretical ex- 
ploration. Most of the theoretical models employ the one-fluid approach 
for solar wind and interstellar plasmas. It has been shown that several 
assumptions are needed to derive one-fluid approach equations. A key 
assumption that looks reasonable is that invoking a co-moving character 
for all components. Another assumption for a one-fluid plasma model 
is the immediate assimilation of the pickup ion component into the so- 
lar wind. As demonstrated by space experiments, this is not the case 
and it would be more natural to consider solar protons and pickup pro- 
tons as separate co-moving populations. The electron component should 
also be treated as a distinct population. However, since the assumption 
of the co-moving character of these three heliospheric plasma popula- 
tions looks reasonable to order one, the one-fluid approach gives us a 
reasonably accurate picture of the flow pattern (positions of the shocks 
and heliopause) and plasma velocity distributions. Theoretical kinetic 
models of the pickup ion transport and acceleration can be employed to 
determine the distribution of thermal energy between the solar wind and 
pickup proton components. A similar study should be done for electrons. 

Finally, growing interest in heliospheric interface studies is connected 
with expectations that Voyager 1 recently crossed the termination shock 
or will cross the shock in the near future. Many predictions of the time of 
the termination shock being crossed by Voyager appeared in the litera- 
ture. However, it seems that much more work should be done to explain 
and reconcile all available indirect observations of the heliospheric inter- 
face based on the unique model of the heliospheric interface. This work 
should be done especially because NASA plans to explore the interac- 
tion region remotely by ENA imaging (HIGO, or the proposed Small 
Explorer Mission known as IBEX, Web-page at http://ibex.swri.edu/) 
and to send a spacecraft (the Interstellar Probe) to a heliocentric dis- 
tance of at least 200 AU with a flight-time of only 10 or 15 years 
(http://interstellar.jpl.nasa.gov/). Intensive theoretical study will help 
to optimize goals, instrumentation, and. Anally, the scientific profit of 
the “interstellar” missions. 
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Abstract The Voyager spacecraft have observed episodic bursts of radio emission 
near 2-3 kHz that are generated outside the inner heliosphere, arguably 
when shock waves driven by global merged interaction regions (GMIRs) 
reach the vicinity of the heliopause. Voyager observations and theories 
for the source region and generation of the radiation are reviewed in this 
paper. Special foci are the GMIR model for interpreting the data, and 
the successes of the new Priming/GMIR theory which can explain the 
turn-on and generation of the radiation in the outer heliosheath, near 
the heliopause nose. Unresolved issues and directions for future work 
are also summarized, including the direction of the local interstellar 
magnetic field, timing of radio events, and propagation of the radiation 
into the inner heliosphere. 

Keywords: radio emissions, outer heliosphere, GMIR, shock, pickup ions, electron 
acceleration, Langmuir waves, lower hybrid waves, radiation processes, 
nonlinear wave-wave interactions, propagation effects. 



1. Introduction 

In 1983 the two Voyager spacecraft were beyond the orbit of Saturn 
and separated by several astronomical units (AU) when they observed 
radio emissions at frequencies / ^ 2 — 3 kHz with very similar dy- 
namic spectra Kurth et ah, 1984. The observations were interpreted in 
terms of emissions originating in the outer heliosphere and, most likely, 
a signature of the solar wind’s interaction with the very local interstel- 
lar medium (VLISM). The basic rationale is that propagating radia- 
tion must have / > /p, the electron plasma frequency, and fp exceeds 
2 — 3 kHz interior to Saturn’s orbit for nominal solar wind conditions. 
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Kurth et al.’s (1984) basic interpretation remains favored today, over 
20 years later, with the bursts now associated with global merged in- 
teraction regions (GMIRs) engendered by solar activity Gurnett et ah, 
1993; Gurnett and Kurth, 1996; Cairns and Zank, 2001; Zank et ah, 
2001. The phenomenon and its interpretation continue to attract ma- 
jor scientific interest due to them simultaneously combining space/solar 
system physics and astrophysics, with significant implications for both 
fields, similar to the related phenomena of cosmic rays and interstellar 
pick-up ions. 

Figure 1 summarizes the plasma regions and discontinuities expected 
in the outer heliosphere. More details can be found elsewhere Zank, 
1999; Izmodenov, 2004; Linsky, 2004. The superalvenic, supersonic solar 
wind plasma undergoes a shock transition at the termination shock, 
probably at a (solar cycle dependent) heliocentric distance 85 — 100 
AU. The inner heliosheath contains shocked solar wind plasma, which 
is slowed to speeds 100 km s~^, compressed by a factor 2 — 4, 
heated to temperatures 10^ K, deflected in direction, and the magnetic 
field amplified and rotated, at the termination shock. Analagous to the 
terrestrial magnetopause, the heliopause is a rotational discontinuity 
between the inner and outer heliosheaths which separates the shocked 
solar wind plasma from interstellar plasma. Finally, if the solar system 
moves superalfvenically or supersonically then the VLISM plasma will be 
shocked at a bow shock, and modified similarly to the solar wind at the 
termination shock. The outer heliosheath contains the VLISM plasma 
processed by the bow shock (or a bow wave if the flow is subsonic and 
subalfvenic). 

Neutral particles are free to move across these plasma boundaries and 
to undergo charge-exchange collisions, resulting in pickup ions and as- 
sociated momentum and energy changes to the plasma flows. So-called 
“region 1” , “2” and “3” neutrals are formed in the VLISM and outer he- 
liosheath, inner heliosheath, and solar wind, respectively. For instance, 
charge-exchange interactions between interstellar hydrogen atoms (re- 
gion 1 neutrals) and shocked solar wind protons leads to a population 
of hot, slow neutrals moving outwards across the heliopause from the 
inner heliosheath (region 2 neutrals) and a concomitant reduction of in- 
terstellar neutrals entering the solar wind (the filtering factor is ~ 90% 
for hydrogen) Holzer, 1989; Zank, 1999; Izmodenov, 2004. Ordinary col- 
lisions with region 1 neutrals, and multiple charge-exchange collisions, 
then lead to a region of enhanced neutral density and temperature called 
the “hydrogen wall”, that is typically between the heliopause and bow 
shock. Of direct interest here is the secondary charge-exchange between 
region 2 neutrals and interstellar protons in the outer heliosheath (in the 
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Figure 3.1. Major plasma regions and boundaries expected for the solar wind - 
VLISM interaction. The dashed line denotes a GMIR shock moving outwards. The 
dotted region shows the source region predicted for the Voyager emissions by the 
GMIR model and Priming/GMIR theory. 



hydrogen wall region). This charge-exchange is predicted to prime a re- 
gion of the outer heliosheath near the heliopause nose with an enhanced 
population of superthermal electrons (via pickup ions, the growth of 
lower hybrid waves, and resonant electron acceleration by the lower hy- 
brid waves) and the Voyager radio events are produced when suitable 
shocks enter this source region Cairns and Zank, 2001; Cairns and Zank, 
2002; Cairns et ah, 2004; Mitchell et ah, 2004. The dotted region in 
Figure 1 shows this predicted source region. 

The aim of this paper is to review the status of observations and 
theories for the 2-3 kHz emissions, concentrating on the overall picture 
and recent progress. Other reviews exist Gurnett and Kurth, 1995; 
Cairns and Zank, 2001; Czechowski, 2004 and the detailed history of the 
subject is left to them and the original literature. Since the theory has 
advanced further than the observations in the last 5 years, the paper’s 
primary focus is on reviewing recent theoretical progress. The remainder 
of the paper is organised as follows. Section 2 describes the observational 
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status of the emissions, emphasizing the exciting progress made recently 
on the source location. The primary theoretical issues and previous 
theoretical models are summarized in Section 3. Section 4 describes the 
Priming/GMIR theory for the radiation and recent theoretical results 
are summarized in Section 5. Remaining theoretical and observational 
issues are discussed in Section 6, which also contains a brief summary. 

2. Current Observational Status 

Figure 2 is a recent dynamic spectrum of the emissions from 1982 until 
June 2003, showing the emission frequency versus time with the inten- 
sity color coded. It was obtained from the Voyager Plasma Wave Subsys- 
tem (PWS) site http://www-pw.physics.uiowa.edu/wsk/vgr/recent.html, 
courtesy of D.A. Gurnett and W.S. Kurth, and is similar to figures in 
other publications Kurth et ah, 1987; Gurnett et ah, 1993; Gurnett et 
ah, 2004. The intense and continuous red band near 2.4 kHz is interfer- 
ence from Voyager I’s power supply system. The signals below 1 kHz 
at all times, and the diffuse light blue signals below 2 kHz from 1982 to 
mid- 1992, are dominated by interference from other spacecraft instru- 
ments and systems. The signals of interest here are the three relatively 
intense, longlasting episodes of emission from 1.8 — 3.6 kHz (1983- 
84, 1992-95, and 2003-2004), together with weaker events (e.g., early 
1986, late 1989, and late 1991) in the same frequency range. Note that 
these major episodes are separated by an approximately 9-10 year pe- 
riod, reminiscent of the solar cycle, and that the third outburst started 
in mid-2003 and was relatively short-lived. 

Calculations of the source power, assuming isotropic emission, are 
~ 10^^ W Gurnett et ah, 1993. This power greatly exceeds those of 
planetary radio emissions (~ 10^^ W for auroral emissions from Earth 
and Jupiter) and type II and III solar radio bursts. The outer helio- 
spheric emissions therefore have the largest power of all solar system 
radio emissions Gurnett et ah, 1993. 

The Voyager emissions are presently categorized in two classes Kurth 
et ah, 1987; Cairns et ah, 1992; Gurnett et ah, 1993: (1) the “2 kHz 
component”, which remains in the frequency range 1.8 — 2.6 kHz, is 
longer lasting 3 years), and does not drift significantly in frequency; 
(2) “transient” or “drifting” emissions which drift up in frequency, have 
a range of starting and ending frequencies within the domain 1.8 — 3.6 
kHz, frequency drift rates in the range ^1 — 3 kHz/year, and last for 

100 — 300 days. Clear evidence exists for frequency fine structures, 
particularly for the transient emissions. Figures 2 and 3 show that the 
transient emissions during 1994 often occurred as pairs of signals with 
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Figure 3.2. Voyager 1 dynamic spectrum for the period 1982-2003. Major episodic 
radiation events are visible, as well as weak drifting events. Two classes of radiation 
event are discernible: the “2 kHz component” and drifting “transient emissions” . See 
the text for more details. 



very similar drifts that are offset in frequency. This “pairing” character- 
istic is not understood but is reminiscent of split-band and multiple-lane 
type II solar radio bursts Wild et ah, 1963; Nelson and Melrose, 1985. 
Possible interpretations include the shock moving across 2 regions with 
slightly different densities or the splitting being an intrinsic feature of the 
emission process; however, splitting at the electron cyclotron frequency 
Cairns, 1994 yields unrealistically large magnetic fields ~ 10 nT. 

Following earlier work on event triggers McNutt, 1988; Grzedzielski 
and Lazarus, 1993, Gurnett et al. (1993) postulated that the episodic 
bursts are produced when global merged interaction regions (GMIRs) 
crossed the heliopause. GMIRs are formed by the merging of multiple 
interacting coronal mass ejections (CMEs) and other fast plasma flows 
produced by solar activity into a global disturbance of the plasma den- 
sity, magnetic field and flow speed that propagate outwards faster than 
the ambient solar wind. Figure 4 shows when multiple spacecraft ob- 



70 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



VOYAGER 1 



INTENSITY (d8) 





RCAU) 



I 

50 



55 



Figure 3.3. Closeup of transient emissions and the 2 kHz component for the 1992-94 
event Gurnett et ah, 1998. Numbers show the times of spacecraft rolls and associated 
direction-finding analyses discussed below. 



served the shock driven by the GMIR associated with the 1992-1994 radi- 
ation event, as well as the Forbush decreases in cosmic ray flux caused by 
cosmic rays being reflected and scattered by the enhanced and disturbed 
magnetic held of the GMIR material. Detection of these signatures by 
the widely separated Voyager and Pioneer spacecraft confirms that the 
disturbance was truly global. 

Figure 5 confirms the association between large GMIRs and the major 
radio outbursts Gurnett and Kurth, 1995: the 1983-84 and 1992-94 out- 
bursts are associated with the two largest Forbush decreases observed in 
the Glimax Neutron Monitor data. Moreover, the time-lag between the 
Forbush decreases at Earth and the radio onsets at Voyager are consis- 
tent, at 415 ± 4 days and the two GMIR propagation speeds to Voyager 
were consistent at 830 ± 20 km s“^. Using these speeds and time- 
lags, together with plausible estimates for shock slowing, Gurnett et al. 
(1993) estimated the source to be at a radial distance R 140 — 190 
AU. These distances are plausible for the heliopause. 

Recently Kurth and Gurnett, 2003 have combined GMIR time-of- 
flight effects with two other analyses in order to constrain further the 
distance and direction to the radiation source, extending earlier work 
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Figure S.J^. Forbush decreases in cosmic rays as functions of time at Earth and 
various widely separated spacecraft in the outer heliosphere Gurnett et ah, 1993. 
These show the global nature of the GMIR associated with the 1992-94 radio event. 

(Gurnett et al., 1993, 1998). One analysis involves the fact that the 
radiation has different amplitudes for the transient emissions but oth- 
erwise very similar dynamic spectra when observed by Voyagers 1 and 
2 (e.g., Figure 6 Kurth and Gurnett, 2003): using the known locations 
of the spacecraft and the falloff of the radiation flux with inverse dis- 
tance squared from its source, the relative amplitudes define a 3-D locus. 
The second analysis involves roll modulation patterns: Voyager is rolled 
about axis of the high-gain communications antenna (typically directed 
towards Earth) and the direction to the source in the spin plane is deter- 
mined from minima in the measured radiation intensity (e.g., Gurnett 
et ah, 1998). 

The three techniques yield simultaneous solutions for multiple obser- 
vations of the transient emissions during the 1992-94 event, as shown 
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Figure 3.5. Association between the largest Forbush decreases at Earth (A and B) 
and the major 2-3 kHz radio events (A’ and B’) Gurnett and Kurth, 1996. 
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Figure 3.6 Relative spec- 
tral densities for the widely 
separated Voyager 1 and 
2 spaceccraft on day 224, 
1992. The different ampli- 
tudes of the transient emis- 
sions above 2.5 kHz con- 
strain the source location 
Kurth and Gurnett, 2003. 
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in Figure 7 as a function of galactic latitude and longitude Kurth and 
Gurnett, 2003. The results are clear. First, the source of the transient 
emissions is initially very close to the nose direction for the heliopause. 
Second, the source direction changes with time but lies along a line 
closely parallel to the galactic plane. Third, the source generally moves 
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Figure 3. 1 Source di- 
rections of transient 
emissions as functions of 
[1950] ecliptic latitude and 
longitude derived from 
analyses of roll modula- 
tions, relative amplitudes 
between Voyagers 1 and 
2, and GMIR-radio time- 
lags Kurth and Gurnett, 
2003. Source start near 
the heliopause nose and 
typically move away with 
increasing time. 



away from the nose direction and the modulus of its ecliptic latitude 
typically increases with time. The first and third of these results con- 
firmed earlier analyses (Gurnett et ah, 1993, 1998). A detailed physical 
explanation for these results was not attempted. However, it was spec- 
ulated that the second result arises because the apparent source axis is 
aligned with B in the outer heliosheath, implying that B is parallel to 
the galactic plane. A physical interpretation is suggested for this below 
based on the lower hybrid priming mechanism and magnetic draping at 
the heliopause: the source elongation defines the direction, in the plane 
of the sky, of B in the outer heliosheath. 

3. Basic Theoretical Issues 

The foregoing observational data argue compellingly that the 2-3 kHz 
emissions are produced when a GMIR shock crosses the heliopause and 
enters the outer heliosheath Gurnett et ah, 1993. By analogy with so- 
lar and interplanetary type II radio bursts and radiation from Earth’s 
foreshock Wild et al., 1963; Gurnett, 1975; Knock et ah, 2001; Kuncic 
et ah, 2002a, all of which are associated with shock waves travelling 
through the solar wind, the 2-3 kHz emissons are most likely produced 
at multiples of fp. Nevertheless, a number of fundamental issues must 
be resolved for this GMIR model Gairns and Zank, 2001. They include: 

1 Why and where does the radiation turn on? 

2 Why does the GMIR shock not emit observable radiation in the 
solar wind and inner heliosheath? 
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3 Can a detailed theory be developed for the observed radiation lev- 
els? 

4 Why is the observed radiation at frequencies of order plausible 
values of fp in the outer heliosheath, with no evidence for 2fp 
radiation? 

The theory reviewed in Sections 4 and 5 can answer these ques- 
tions semi-quantitatively. Before proceeding there, however, reasons are 
briefly sketched for why other mechanisms and interpretations for the 
radiation are not currently considered relevant. 

First, could the radiation originate in the magnetosphere of Jupiter? 
Reasons against this include Gurnett et ah, 1993; Gurnett and Kurth, 
1994: (1) the absence of a signiflcant correlation between the 2-3 kHz 
events and increases in Jovian emissions, (2) the observed correlation 
and time-lag between large GMIRs and the large radiation events, and 
(3) the 1992-94 event being more intense than the 1983-84 event despite 
the Voyagers being much more distant. Reason (2) also argues against 
Saturn or another planet being relevant. 

Second, could the radiation be produced at multiples of fp in the 
foreshock region sunwards of the termination shock Macek et ah, 1991; 
Cairns and Gurnett, 1992; Cairns et ah, 1992? The problem here is that 
the termination shock is likely near 80 — 100 AU, where fp is expected to 
be ^ 300 Hz and so much less than the observed radiation frequencies. 
The interpretation is thus implausible Gurnett et ah, 1993; Cairns and 
Zank, 2001. However, existing calculations predict that signiflcant levels 
of radiation should be produced in this foreshock region Macek et ah, 
1991; Cairns and Gurnett, 1992. Voyager observations in the range 200 
- 600 Hz, unfortunately contaminated by spacecraft interference (e.g.. 
Figures 2 and 3), may detect this radiation as the Voyagers approach 
the termination shock. 

Third, synchrotron emission and cyclotron maser emission are strongly 
implausible Cairns and Zank, 2001. This conclusion is based on likely 
values of the electron cyclotron frequency fee and fp beyond the he- 
liopause, the resulting ratios f /fee ~ 10^ and fp/ fee ^ 10, and condi- 
tions on the mechanisms to produce observable narrowband radiation. 

4. The Priming/ GMIR Theory 

The Priming/ GMIR theory involves combining Gurnett et al.’s (1993) 
GMIR model for the radiation with a theory for priming/triggering of 
the radiation (Cairns and Zank, 2001, 2002) and a theory developed for 
type II solar radio bursts Knock et ah, 2001. The resulting theory Cairns 
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et al., 2004; Mitchell et ah, 2004 provides a quantitative theoretical basis 
for Gurnett et al.’s GMIR model. 

The theory involves the following primary concepts Gairns and Zank, 
2001; Gairns and Zank, 2002; Cairns et ah, 2004; Mitchell et ah, 2004. (1) 
The emission is fp radiation produced in foreshock regions upstream of 
a rippled GMIR shock. (2) The radiation turns on (or is triggered) when 
the GMIR shock enters a region primed with an enhanced superthermal 
electron tail just beyond and near (within 50 AU) of the heliopause 
nose. (3) The priming mechanism involves pickup ions driving lower 
hybrid (LH) waves which then resonantly accelerate the electron tail by a 
process called lower hybrid drive (LHD). (4) The pickup ions result from 
charge-exchange in the outer heliosheath of Region 2 neutrals produced 
originally in the inner heliosheath. (5) Constraints on LHD localize 
the priming to the outer heliosheath near the magnetic draping region. 
These concepts are now reviewed in more detail. 

Neutrals from the inner heliosheath (formerly shocked solar wind pro- 
tons which charge-exchanged with interstellar neutrals) move outwards 
across the heliopause at speeds 100 km s“^ and undergo another 
charge-exchange in the outer heliosheath (e.g., Zank et ah, 1996; Zank, 
1999; Izmodenov, 2004). The newly charge-exchanged ions are then 
picked-up by the plasma’s convection electric field, developing a gyro- 
motion and a ring distribution in velocity space (Figure 8), perpendicular 
to B. (If the neutral’s initial ^ 0, then the distribution is more prop- 
erly a ring-beam distribution, but this detail is ignored below.) The ring 
speed Vr ^ 100 km s~^. When the ring is sufficiently narrow in velocity 
space and the plasma (3 (equal to the ratio of the thermal pressure to 
the magnetic pressure) is sufficiently low, then the ring is unstable to 
the growth of LH waves McBride et ah, 1972; Omelchenko et al., 1989. 

LH waves are low frequency (/ flH = (/ce/ci)^/^), primarily elec- 
trostatic waves that propagate almost perpendicular to B (with k 
and ^ {milrrieY^^^ . Their phase fronts then move very fast along 

B, and the associated parallel electric fields can accelerate electrons to 
large speeds via the Cerenkov resonance. This latter process is some- 
times called lower- hybrid drive (LHD). Pickup ion distributions can ef- 
fectively drive LH waves that resonate with both the ion and electron 
distributions, with uj ^ uolh ^ ^ ^||'^||,e- Under these conditions 

the LH waves accelerate a superthermal tail out of the thermal electron 
distribution McBride et al., 1972; Omelchenko et al., 1989; McClements 
et al., 1993; Shapiro et al., 1998; Cairns and Zank, 2001; Cairns and 
Zank, 2002, with maximum speed 

Vm = , 



(3.1) 
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as illustrated in Figure 9. Estimates for LHD in the outer heliosheath 
have Vm ~ lOK ~ 10^ m s~^, where Ve ~ 10^ m s~^ is the electron 
thermal speed, and a total tail fraction ^ 10“^ — 10“^ of the background 
electron number density Cairns and Zank, 2002. 

Due to constraints on LHD the priming mechanism is localized to 
the outer heliosheath in the vicinity of the heliopause nose, the pre- 
sumed site of magnetic draping. Specifically: (1) previous simulations 
show that LHD is only efficient when v^IVa ~ 5 Omelchenko et ah, 
1989; Shapiro et ah, 1998, where Va is the Alfvenen speed; (2) the LH 
waves must have minimal damping by thermal ions and electrons. Figure 
10 shows estimates of the ratio VrjVA Cairns and Zank, 2002 along the 
Sun-heliopause nose axis, calculated using values of Ue obtained from a 
plasma- neutral simulation Zank et ah, 1996 and values for B calculated 
using the convected field approximation for ^vlism (assumed perpen- 
dicular to the solar system’s velocity relative to the VLISM plasma). 
Magnetic draping and flow stagnation at the heliopause lead to VrjVA 
decreasing from values ^ 10 in the VLISM to values ~ 5 close to the 
heliopause nose, before increasing again in the solar wind. Enhanced 




Figure 3.8 Superposition 
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Figure 3.9 LHD causes a 
superthermal electron tail 
(dashed curve) to be drawn 
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distribution (solid curve). 



0 



Radiation from the Outer Heliosphere and Beyond 



77 



Figure 3.10 Ratio of 
VvIVa-, and Ue based on 
plasma-neutral simulations 
and the convected field 
approximation Cairns and 
Zank, 2002. 



lower hybrid damping precludes effective LHD occurring in the inner 
heliosheath. The reason is that Ti ~ 10^ K and Tg ~ 10^ K there, due 
to heating at the termination shock, whence Vr ^ Vi and Vm ~ 2T4 so 
that growth of LH waves is quenched. Thus the LH ring instability and 
enhanced superthermal electron tail produced by LHD are limited to 
the magnetic field draping region of the outer heliosheath, presumably 
within ~ 50 AU of the heliopause nose. 

The theory used here for fp and 2fp radiation from the foreshock re- 
gion upstream of a shock wave was developed for interplanetary type 
II radio bursts (Knock et ah, 2001, 2003) and emission upstream from 
Earth’s bow shock Kuncic et al., 2002a. The theory is analytic, quan- 
titative, and has four main elements (Figure 11). First, electrons are 
reflected by the shock’s magnetic mirror and undergo shock-drift accel- 
eration. This is treated analytically using conservation of the magnetic 
moment and energy (including the electrostatic cross-shock potential 
(pcs) in the de Hoffman- Teller frame, with the magnetic and density 
jumps calculated using the Rankine-Hugoniot conditions and (pcs us- 
ing a theoretical model Kuncic et al., 2002b. Second, electron beams 
develop in the foreshock via time-of-flight effects: an initial dispersion 
in U|| causes spatial dispersion, because the convection electric field E 
causes all electrons to E x B drift downstream perpendicular to B with 
the same speed vu = vexB^ so that a minimum ^’|| exists for reflected 
electrons to reach a given foreshock location. Reduced electron distribu- 
tion functions /(u||,r) = 27T f dv±v±f(v±,vjj) are calculated throughout 
the foreshock using Liouville’s Theorem, by tracing particle paths back 
to the shock and using the reflection analysis to write this in terms of 
the particle distribution function in the undisturbed upstream plasma. 
Third, these beams drive Langmuir waves, whose growth causes quasi- 
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linear relexation of the beam towards a state of marginal stability with a 
plateaued electron distribution. Assuming marginal stability on average, 
consistent with stochastic growth theory Robinson et ah, 1993; Cairns 
and Robinson, 1999, the energy flux dWii'^) / dt into the Langmuir waves 
is given by the convective derivative of the available free energy in the 
beam (the difference between the initial beam kinetic energy and the 
plateaued beam) times the quasilinear efficiency predicted by standard 
theory (e.g., Melrose, 1986). Then 



A 

dt 



Wl{t) 



d f ntVb^vt 

""‘ar V 3 



ribvl/Nvb 

3r 



(3.2) 



where n^, and are the number density, speed, and spread in 
speed of the beam, and r is the distance from the tangent point to the 
location r Knock et ah, 2001; Cairns et ah, 2004; Mitchell et ah, 2004. 
Finally, the known efficiencies with which Langmuir energy is converted 
into fp and 2/p radiation for specific nonlinear processes are multiplied 
by dWL{r)/dt to predict the volume emissivities of fp and 2/p radiation, 
j>(r and j/r(r), respectively Knock et al., 2001. These quantities are 
the power flux into fp or 2/p radiation per unit volume and solid angle. 
For completeness, the processes used are the electrostatic decay L 
L' + S', which stimulates the electromagnetic decay L — > T(/p) + S' 
that produces fp radiation, and provides the scattered L' waves for the 
coalescence L -\- L' ^ T(2/p) that produces 2/p radiation Robinson et 
al., 1994; Knock et al., 2001; Kuncic et al., 2002a. Here L and L' denote 
Langmuir waves, S and S' ion sound waves, and T radio waves. 

The predictions of the combined Priming/GMIR theory follow in sev- 
eral steps. First, use the priming theory to predict the existence and 
properties of the superthermal electron tail superposed onto the back- 
ground electron distribution for a given location of the shock. Second, 
use the shock emission theory to predict the results for reflection of this 
superposed distribution by the GMIR shock. The theory presently pre- 
dicts flve quantities: (1) f{v\\^r) in the foreshock, (2) and j//(r) 

in the foreshock, and (3) the fundamental and harmonic radiation fluxes 
Fpi'^ob) and Fnivob) at an observer location respectively, calculated 
by integrating the volume emissivities throughout the 3-D source taking 
into account the \r — Vob\~‘^ falloff. 

A qualitative question is answered now before preceding to review 
the Priming/GMIR theory’s predictions: Why does the radiation turn 
on when the GMIR shock enters the primed region? The reasons are 
at least three- fold. (1) The reflection and shock-drift acceleration of the 
tail electrons leads to much denser, fast electron beams - which are pre- 
dicted to produce the bulk of the emission. (2) These enhanced beams 
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Figure 3.11. Schematic figure of the foreshock upstream of the GMIR ripple, show- 
ing the convection electric field and associated E x B drift, the formation of elec- 
tron beams by time-of- flight effects (see dotted lines), and the regions where electron 
beams, Langmuir waves, and radiation are generated. 



drive Langmuir waves with much higher electric fields since quasi- 
linear relxation predicts E\ oc (3) The rates of the nonlinear 

Langmuir processes scale at least as fast as thereby predicting higher 
radiation fluxes for higher Ep. 

5. Recent Theoretical Results 

Theoretical results are presented here for a single paraboloidal rip- 
ple on the global GMIR shock, first for a given set of outer heliosheath 
plasma and magnetic parameters and second for the shock propagating 
from 10 AU to beyond the heliopause. (Alternatively, the shock param- 
eters can be assumed to correspond to a single paraboloidal shock rather 
than to a single ripple on a larger shock.) Table 3.1 lists the shock speed 
U relative to the plasma and the shock’s radius of curvature Rc at the 
nose. The background electron distribution before priming is assumed 
to be a generalized Lorentzian distribution with /a^(u||) oc (u| + 

Values for k, ng, Tg, and B are specified in Table 3.1. The axis of the 
ripple is assumed parallel to U and perpendicular to B. The properties 
of the LHD tail are given by (3.1) and the ratio riT^/rig = 10“^ pre- 
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Table 3.1. Nominal shock and plasma parameters for the outer heliosheath. 



U Rc Te He K. B 

600 km s"^ 0.42 AU 8000 K 0.1 cm“^ 5 0.1 nT 



dieted assuming the charge-exchanging pickup ions have number density 
rice = 10“^ cm“^. Finally, note that fp = 2.6 kHz for rie = 0.1 cm“^. 



Theoretical calculations show major enhancements of the foreshock 
electron beams for the case of LH priming Mitchell et ah, 2004. Figure 
12 shows the electron beams predicted for two foreshock locations under 
three sets of conditions (J.J. Mitchell, personal communication, 2004): 
(1) LH priming and shock acceleration (solid curves), (2) LH priming 
but no shock acceleration (dashed curves), and (3) shock acceleration of 
the background electrons with no LH priming (dotted curves). The left 
and right panels shows /(u||) at the locations {x^ R) = (15, 100) Gm and 
(3, 50) Gm, respectively, in the plane defined by U and B. Here R and x 
are the coordinates along and perpendicular to B, respectively, and the 
origin is the magnetic tangent point on the shock. It is clear that LH 
priming greatly increases the number of refiected electrons (compare the 
solid and dotted curves) and that the shock accelerates electrons signif- 
icantly (compare the solid and dashed curves). Since refiected electrons 
require larger ~ v^Rjx to reach the location (x, R) = (3, 50) Gm than 
(15, 100) Gm, the larger number of fast seed electrons available in the 
primed case at large uy means that priming increases the relative beam 
number density more proportionately at larger uy (and so closer to the 
foreshock boundary) than at smaller py. This favors fp radiation over 
2/p radiation Cairns and Zank, 2001, as shown below. 

Figure 13 shows predictions for the fundamental volume emissivity 
ji?(r) with and without LHD priming. Including the superthermal LHD 
tail leads to the maximum values of jp increasing by a factor 10^ 
and the development of two regions with significant jp in the foreshock: 
the region with large near the foreshock boundary corresponds to 
shock-accelerated tail electrons while the other corresponds to acceler- 
ated background electrons. Figure 14 shows similar results to Figure 13 
but for harmonic emission. While priming is clearly vital again, it is 
also found that the maximum volume emissivity of 2/p radiation is of 
order 3 — 4 orders of magnitude less than for fp radiation. Analyses for 
other plasma parameters shows that the lack of 2/p radiation is primarily 
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Figure 3.12. Distributions predicted at two foreshock locations: [left)] (x, R) = 
(15, 100) Gm and [right] (3,50) Gm. See the text for more details. 
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Figure 3.13. Volume emissivity Jf{R^ x) for fp radiation (left) with and (right) with- 
out the superthermal tail predicted for LHD and the shock and plasma parameters 
in Table 3.1 Cairns et ah, 2004. The solid black line shows the shock, x and R are 
the foreshock coordinates parallel to U and B, respectively, the origin is the tangent 
point on the shock, and the calculation is for the plane defined by U and B. The 

color bar shows logioi^='(^/^)* 



due to the low value of Tg = 8000 K assumed for the outer heliosphere 
Mitchell et ah, 2004. 

The fluxes predicted for a remote observer are calculated by inte- 
grating the predictions for x) and jniR^ x) over the 3-D foreshock 
volume taking into account the inverse falloff with distance squared (Ta- 
ble 3.2). These estimates assume that the predictions in Figures 13 and 
14 remain correct in all foreshock planes deflned by U and B. Several 
important results are clear. (1) The flux of fp radiation is predicted to be 
over 4 orders of magnitude larger than that of 2fp radiation. This means 
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Figure 3.14. Volume emissivity jn^R^x) for 2/p radiation (left) with and (right) 
without the superthermal tail predicted for LHD, in the same format and with the 
same shock and plasma parameters as Figure 13 Mitchell et ah, 2004. 



Table 3.2. Fluxes predicted for an observer in the ecliptic plane at 50 AU for the 
shock and plasma parameters in Table 3.1. 





fp flux 


2 /p flux 




(Wm-^Hz-^) 


(Wm-^Hz-i) 


Tail 


3 X 


1 X 10“22 


No Tail 


8 X 10“22 


7 X 



that no harmonic structrure is likely to be observed for the 2 — 3 kHz ra- 
diation and that the observed radiation is almost certainly fp radiation. 
(2) Priming is vital: it increases the predicted flux of fp radiation by a 
factor ^ 4 X 10"^ for these parameters and can plausibly account for the 
radiation turning on beyond the heliopause once the GMIR shock enters 
the primed region. (3) The predicted fp flux is of order that observed 
by the Voyager spacecraft, ^ 8x 10“^^ Wm“^Hz“^ Gurnett et ah, 1993, 
for these parameters. These results confirm predictions made previously 
Gairns and Zank, 2001; Gairns and Zank, 2002. Accordingly, these cal- 
culations provide an underlying and semi-quantitative theoretical basis 
for Gurnett et al.’s (1993) GMIR model for the radiation Gairns et ah, 
2004; Mitchell et ah, 2004. 

What radio emissions are predicted to occur as the GMIR shock trav- 
els through the solar wind and inner heliosheath before entering the 
primed region and eventually the VLISM? Figure 15 answers this ques- 
tion by predicting the dynamic spectrum for a GMIR shock moving 
through the spatial profiles in density, flow speed, and ion and electron 
temperature given by the two-shock, cylindrically-symmetric, plasma- 
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Figure 3.15. Dynamic spectrum predicted for the GMIR shock described in the text, 
with the logarithim of the flux color-coded for an observer located 50 AU from the 
Sun and just off the Sun- heliopause nose axis (Mitchell et aL, 2004). The vertical 
ribbing from days 400 to 550 is a plotting artifact. 

neutral, 4-fluid simulation of Zank et al. (1996). For simplicity, the 
shock is assumed to have the values U and Rc specifled in Table 3.1 
and B is always perpendicular to U, which is directed along the simu- 
lation’s symmetry axis, the direction between the Sun and the nose of 
the heliopause. The background electron distribution is assumed to be 
a generalized Lorentzian with k — b and the temperature predicted by 
the simulation. The Cairns and Zank (2001, 2002) model for the LHD 
superthermal tail is superposed onto the background distribution in the 
outer heliosheath, where LHD is predicted to occur. 

In Figure 15 the frequency bands drifting downwards from 8 kHz to 
about 200 Hz, from early times until about day 300, are fp (primarily) 
and 2/p radiation produced when the GMIR is in the solar wind. The 
time origin corresponds to the GMIR leaving the Sun. (The enhance- 
ment near day 150 is when the GMIR passes near the observer.) The ra- 
diation produced in the solar wind is predicted to be very weak, typically 
well below about 10“^^’^ Wm~^Hz“^, whereas the Voyager threshold is 
near 10-^^ Wm-^Hz-^ The GMIR is in the inner heliosheath from 
about day 250 to day 400, primarily producing fp radiation, after which 
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the rapidly rising tone corresponds to fp emission from the heliopause 
density ramp. The fp radiation is predicted to increase in intensity by 
4 orders of magnitude, to values in excess of the Voyager threshold, 
when the GMIR is in the outer heliosheath. Moreover, this emission 
remains almost constant in frequency and lasts for approximately 150 
days, starting shortly after day 400. The GMIR enters the VLISM near 
day 550 and the emission then becomes very weak. 

The following results follow from Figure 15. (1) The GMIR radia- 
tion is predicted to be unobservable by the Voyager spacecraft when 
the GMIR is in the solar wind, the inner heliosheath, and the VLISM. 
(2) The radiation is predicted to turn on when the GMIR enters the 
primed outer heliosheath, because the radiation flux increases above the 
Voyager threshold. (3) The fp radiation predicted for the primed outer 
heliosheath closely resembles the 2 kHz component. Clearly, however, 
at present the theory cannot account for the existence and frequency 
properties of transient emissions. (4) No 2/p radiation from the outer 
heliosheath or any other region is expected to be observable above the 
Voyager threshold. (5) The timing and frequency of the radio event pre- 
dicted above the Voyager threshold are semi-quantitatively consistent 
with the observations. (In this simulation the radiation frequency, and 
so Tie in the outer heliosheath, are slightly high.) 

The predicted fluxes depend on the shock, plasma, and tail parame- 
ters Cairns et ah, 2004; Mitchell et ah, 2004. Figure 16 shows that the 
flux depends strongly on the shock speed U for U ~ 100 km s“^ Mitchell 
et ah, 2004. Since the 2-3 kHz emissions observed to date are at most 
a factor ^ 3 above the Voyager detection thresholds, it is clear that U 
is an important parameter that could determine whether a particular 
GMIR would produce observable emission. These and analagous calcu- 
lations for other shock, plasma and tail parameters show that increased 
emission is expected for faster and larger shock ripples (speciflcally the 
flux increases as i?^), larger plasma temperatures, lower Av, larger pickup 
ion number densities, and larger ring speeds Mitchell et ah, 2004. 

Figure 16 gives a possible reason why the 2003-2004 emission event 
is weaker than the 1983-84 and 1992-94 events. Speciflcally, the Figure 
predicts that the lower GMIR speed inferred for the 2003-2004 radiation 
event 560 km s“^) compared with the 1983-84 and 1992-94 events 
850 km s~^) should lead to a smaller radiation intensity by a factor 
2. This prediction is not inconsistent with the radio observations in 
Figure 2. 
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Figure 3.16 Predicted 
flux as a function of shock 
speed U for an observer 
located 50 AU from the 
Sun and just off the 
Sun-heliopause nose axis 
Mitchell et ah, 2004. The 
other ripple, plasma, and 
tail parameters are as in 
Table 3.1. 

0 200 400 600 800 
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6. Discussion and Conclusions 

The GMIR model of Gurnett et al. (1993), which involves the 2-3 
kHz emissions being generated at multiples of fp when a GMIR shock 
reaches the vicinity of the heliopause, is very attractive. Specifically, it 
can account for the correlation between GMIRs and radio events, the 
associated time-lags, and recent analyses of the source location which 
show the radiation starting in the close vicinity of the heliopause nose 
(based on direction finding, relative amplitudes, and inferred source dis- 
tances of order 130 — 160 AU) Gurnett et ah, 1993; Gurnett and Kurth, 
1996; Kurth and Gurnett, 2003. Major issues that the model does not 
explain include why and where the radiation turns on, how to explain 
the levels of radiation, why the radiation is at frequencies likely of order 
fp in the outer heliosheath, why harmonic structure is not observed, why 
the radiation source maps out a primarily linear structure parallel to the 
galactic plan, and why two classes of radiation events exist (the 2 kHz 
component and the transient events). 

The necessity for having two triggers for the radiation, a GMIR shock 
and a region primed to emit radiation when the GMIR shock enters, 
is clear from the event-GMIR correlation and the absence of detectable 
emission from the GMIR in the solar wind. Recently a Priming/GMIR 
theory has been developed Cairns and Zank, 2001; Cairns and Zank, 
2002; Cairns et ah, 2004; Mitchell et ah, 2004. The theory is semi- 
quantitative and analytic: it combines the detailed plasma microphysics 
of two theories into a macroscopic theory for the radiation, first a theory 
for fp and 2/p emission from the foreshock regions of shock waves Knock 
et ah, 2001; Knock et ah, 2003; Kuncic et ah, 2002a and, second, a theory 
for priming the outer heliosheath (Cairns and Zank, 2001, 2002). The 
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magnetic draping region of the outer heliosheath, near the heliopause 
nose, is primed with an enhanced superthermal electron tail that results 
from resonant acceleration by lower hybrid waves driven by pickup ion 
ring instabilities (LHD). The pickup ions result from charge-exchange of 
region 2 neutrals in the outer heliosheath and the priming is localized 
to the predicted region by the physics of the lower hybrid-drive. The 
radiation turns on when the GMIR shock enters the primed region and 
accelerates the electron tail, strongly enhancing the levels of fp and 2/p 
radiation produced in the GMIR foreshock (and the properties of the 
electron beams and associated Langmuir waves). Semi-quantitative the- 
oretical calculations show that the levels of fp radiation dominate those 
of 2/p radiation (by a factor > 10^) and are of order those observed by 
the Voyager spacecraft for nominal GMIR, plasma, and neutral param- 
eters. Moreover, the radiation does turn on at levels above the Voyager 
threshold when the GMIR reaches the primed region, with radiation 
fluxes predicted to be lower by about 4 orders of magnitude in the so- 
lar wind, inner heliosheath and VLISM. Finally, the predicted dynamic 
spectrum closely resembles that of the 2 kHz component. 

Thus the Priming/GMIR theory can resolve five of the seven issues 
raised two paragraphs above and provide a detailed theoretical basis for 
most of the observations available and for Gurnett et al.’s (1993) GMIR 
model. Of course, further work is required on a number of areas. 

First, why does the radiation source map out a linear band on the sky 
with time Kurth and Gurnett, 2003 and can the direction of Byljsm be 
inferred? A qualitative answer is that the priming region is where mag- 
netic draping occurs, and that draping results in a region with enhanced 
magnetic field which should be extended parallel to B and narrower 
transverse to B and the plasma flow. Thus, when viewed from the inner 
heliosphere, the draping region should take the form of a linear band 
aligned with B in the outer helioseath. Interpreting the radio data in 
this way, B in the outer heliosheath is parallel to the galactic plane in 
the plane of the sky. With the outer bow shock expected to be barely 
supersonic and superalfvenic, if it exists at all, the plane of the sky com- 
ponent of B in the outer heliosheath is expected to be close to that of 

Second, how does the radiation reach the inner heliosphere if it is 
produced near fp upstream of a shock, thereby being prevented from 
immediately propagating Sunwards? A qualitative answer is given by 
Gairns and Zank (2001): scattering by density irregularities diffuses the 
fp radiation around the sides of the GMIR shock until it reaches loca- 
tions where the GMIR shock has not reached the heliopause, thereafter 
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allowing immediate propagation across the shock (since f fp locally). 
Quantitative ray-tracing calculations are needed to test this idea. 

Third, how will shock slowing and the existence of multiple simultane- 
ously active shock ripples affect the predictions? Shock slowing is shown 
in Figure 16 to be potentially important, perhaps even explaining why 
the 2003-2004 radiation event is weaker than the previous major out- 
bursts. Shock slowing beyond the termination shock is likely to be of 
order 30% per plasma discontinuity Gurnett et ah, 1993; Story and Zank, 
1997; Zank et ah, 2001, thereby reducing the speed by a factor 2 from 
the distant solar wind to the outer heliosheath, and so the radiation flux 
by about a factor ~ 3. Another point is that having N identical, simulta- 
neously active ripples on the GMIR shock would increase the predicted 
radiation flux by a factor of N. Since N ^ (20AU/0.4AU)^ 2500, 

for a GMIR shock with a radius of curvature of 20 AU, this increase is 
large. However, propagation losses into the inner heliosphere (see above) 
are expected to be large, likely reducing the emission by a factor ~ 100. 
Accordingly, while the calculations for a single ripple yield reasonable 
agreement with the Voyager data, the preliminary discussion by Gairns 
et al. (2004) on the effects of multiple shock ripples, shock slowing, and 
propagation losses needs to be developed further and quantified. 

Fourth, how can transient emissions be explained? Recent simulations 
show that solar cycle variations of the solar wind ram pressure can inject 
density waves into the outer heliosheath Zank and Muller, 2003; Scherer 
and Fahr, 2003. As the GMIR shock rides up these density ramps, or 
others caused by interactions of the termination shock with interplane- 
tary shocks and other solar wind structures Zank et al., 1994, emissions 
with increasing frequency will be produced. 

Fifth, why are the major episodes of radio activity produced a few 
years after solar maximum? One possibility is that solar cycle variations 
in the solar wind ram pressure causes not only temporal variations in 
the location of the termination shock and heliopause and injection of 
density waves into the outer heliosheath Zank and Muller, 2003; Scherer 
and Fahr, 2003, but also spatio-temporal changes in the neutrals and 
locations of maximum charge-exchange in the outer heliosheath. If the 
rate of charge-exchange is relatively small in the magnetic draping region 
of the outer heliosheath at some phases of the solar cycle, then priming 
will be ineffective at these times. Preliminary calculations along these 
lines are encouraging (J.J. Mitchell, personal communication, 2004) and 
need to be extended. 

In conclusion, a detailed semi-quantitative theory exists for the 2-3 
kHz emissions, based on combining multiple pieces of plasma micro- 
physics into a macroscopic theory. This Priming/GMIR theory can ac- 
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count for many aspects of the observations, especially for the 2 kHz 
component, and provides a detailed theoretical basis for Gurnett et al.’s 
GMIR model. Further work remains to be done, however, including 
a detailed examination of propagation effects, multiple ripples, shock 
slowing, solar cycle effects, and the drifting pairwise nature of transient 
emissions. 
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Abstract One of the key space missions to contribute to our knowledge of the 
Sun and heliosphere as an integrated system is undoubtedly the joint 
ESA-NASA mission Ulysses. The spacecraft’s unique orbit, almost per- 
pendicular to the ecliptic plane, and the broad range of measurements 
being made, make it ideal for studying the global heliosphere in four 
dimensions: space and time. With high-latitude passes at solar min- 
imum and solar maximum, this mission profile has enabled a picture 
of the heliosphere between 1 and 5 AU to be built up that covers the 
full range of heliographic latitudes, and a wide range of solar activity 
conditions. In this review, we focus on the results obtained from the 
second set of high-latitude passes that occurred during the maximum 
phase of solar cycle 23. Among the major findings were the relatively 
simple dipolar nature of the heliospheric magnetic field, even at solar 
maximum; the compelling evidence for efficient transport of solar en- 
ergetic particles and cosmic rays in latitude and longitude, leading to 
low-energy particle reservoirs and minimal cosmic ray gradients; con- 
firmation of a fundamental relationship between solar wind speed and 
coronal electron temperature, leading to a new model for the origin of 
the fast and slow solar wind. 

Keywords: Ulysses; heliosphere; solar wind; magnetic field; cosmic rays; interstellar 
dust; energetic particles. 



1. Introduction 

The joint ESA-NASA collaborative space mission Ulysses, the first 
ever to fly over the poles of the Sun, has literally changed the way we 
view the heliosphere. The mission’s primary objective is to explore the 
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heliosphere in four dimensions: three spatial dimensions, and time (e.g., 
Wenzel et ah, 1992). The Ulysses spacecraft carries nine on-board in- 
vestigations that utilise scientific instruments measuring the solar wind, 
the heliospheric magnetic field, natural radio emission and plasma waves, 
energetic particles and cosmic rays, interplanetary and interstellar dust, 
neutral interstellar helium atoms, and cosmic gamma-ray bursts (Wenzel 
et ah, 1992; Balogh et ah, 2001b). The Ulysses science team is inter- 
national, with investigators from many European countries, the United 
States, and Canada. Ulysses was launched by the space shuttle Dis- 
covery on 6 October, 1990, using a combined lUS/PAM-S upper-stage 
to inject the probe into a direct Earth/ Jupiter transfer orbit. Arriv- 
ing at Jupiter in February 1992, the spacecraft executed a gravity- assist 
manoeuvre that placed it in its final Sun-centred, out-of-ecliptic orbit 
(Smith and Wenzel, 1993; Wenzel and Smith, 1993). With a period of 
6.2 years, the orbit, shown in Figure 1, is inclined at 80.2° to the solar 
equator, has a perihelion distance of 1.34 AU, and aphelion at 5.40 AU. 

Although Ulysses has made ground-breaking discoveries at many points 
along its unique trajectory, the segments above 70° heliographic (solar) 
latitude in either hemisphere (referred to as “polar passes”) have at- 
tracted special interest. The first such polar passes occurred in 1994 (in 
the south) and 1995 (north), as the Sun’s activity approached a mini- 
mum. The results from this phase of the mission (often referred to as 
the “First Solar Orbit”) have been described extensively (Balogh et ah, 
2001a; Marsden, 1995; Smith et ah, 1995; Marsden and Smith, 1996a,b; 
Marsden et ah, 1996). Ulysses arrived over the Sun’s south polar regions 
for the second time in November 2000, followed by the rapid transit from 
maximum southern to maximum northern helio-latitudes that was com- 
pleted in October 2001. Solar activity reached its maximum in April 
2000, so that Ulysses experienced a very different environment over the 
poles from the one it encountered during the first high-latitude passes. 
In addition to the general increase in the frequency of transient solar 
wind disturbances and particle events associated with flares and coronal 
mass ejections (CME) at solar maximum, the second set of high-latitude 
passes were characterised by the corresponding changes occurring in the 
polar coronal holes and the Sun’s polar magnetic fields (Harvey and Re- 
cely, 2002). The timing of the polarity reversal of the polar fields, and 
the associated effects on the propagation of charged particles in the he- 
liosphere, was of particular interest during this so-called “Ulysses Solar 
Maximum Mission”. The results of these and other studies conducted 
during the second set of high-latitude passes have been summarised by 
Smith and Marsden (2003) and Smith et al. (2003). Preliminary findings 
are reported in Marsden (2001). 




Ulysses at Solar Maximum 



93 



Ulysses 




^ pdsitnon Qfi C 1 -OT.2003 



Figure The Ulysses orbit viewed from 15 degrees above the ecliptic plane. Dots 
mark the start of each year. The position of the spacecraft on 1 July 2003 is shown 
(star). 



In section 2 of this review, we focus on some of the scientific highlights 
from the Ulysses Solar Maximum Mission that are particularly relevant 
to the theme “the Sun and heliosphere as an integrated system” . Section 
3 provides an overview of the future plans for the mission. 

2. Scientific Highlights at Solar Maximum 

It is beyond the scope of this overview to discuss all the new scientific 
insights that are being gained through the study of the unique data sets 
acquired by the Ulysses instruments. Instead, we will focus on a number 
of topics that are related to the large-scale structure of the heliosphere, 
its variation over the solar cycle, and its infiuence on the particle popu- 
lations that form part of the “integrated system” . Nonetheless, it should 
be noted that Ulysses is also making unique contributions in other areas, 
including studies of gamma-ray bursts (Hurley et ah, 1995, 1999), a wide 
variety of natural radio emissions (McDowall and Kellogg, 2001), and 
the interstellar medium that surrounds the heliosphere (and its evolu- 
tion since the formation of the solar system) (Gloeckler, Geiss and Fisk, 
2001). Key aspects in the mission’s success are the unprecedented level 
of data coverage (better than 95% on average throughout the 13-year 
mission to date), and the role that Ulysses plays in both the interplan- 
etary network of gamma-ray detectors, and especially within the fleet 
of solar and solar-terrestrial missions that includes SOHO, ACE, Wind, 
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Figure J^.2. Solar wind speed plotted as a function of heliographic latitude for Ulysses’ 
first orbit (top left panel), and second orbit (top right panel). Each trace runs anti- 
clockwise in time, and begins at aphelion (bottom left quadrant). Also shown (lower 
panels) is the averaged, smoothed Sunspot number. (From McComas et al. (2003). 
Reproduced by permission of AGU.) 



and Voyager 1 and 2. Many multi-spacecraft studies rely on Ulysses’ 
unique capabilities. 

In order to provide context for some of the other results, we first 
discuss the solar wind and magnetic field observations. 

2.1 Solar Wind 

The exploration of the latitude dependence of solar wind characteris- 
tics (speed, temperature, composition) during maximum solar activity 
has revealed an entirely different configuration of the 3-dimensional he- 
liosphere compared with that encountered near solar minimum. The 
variation in 3-dimensional structure over the solar cycle as observed by 
Ulysses is well illustrated in Figure 2, taken from McComas et al. (2003). 
At solar minimum, Ulysses found a heliosphere dominated by the fast 
wind from the southern and northern polar coronal holes. Slower, more 
variable, solar wind flows were confined to a relatively narrow latitudinal 
band ( 30°S to 30°N) around the equator (McComas et al., 1998; 2000). 
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Figure J^.S Radial dis- 
tance to the heliopause 
(normalised) derived from 
Ulysses solar wind momen- 
tum flux measurements 
in a plane normal to the 
LISM flow. Diamonds and 
open circles indicate data 
acquired before and after 
the maximum southern 
latitude, respectively. The 
dashed line is a semi-circle 
fitted to the pre-polar pass 
data. After Phillips et al. 
( 1996 ). 



In contrast, during solar maximum, the large polar coronal holes had 
disappeared, and the heliosphere appeared much more symmetric. The 
solar wind flows measured throughout the south polar pass, and much of 
the rapid transit from south to north, showed no systematic dependence 
on latitude. The wind itself was generally slower and much more vari- 
able than at solar minimum at all latitudes. Nevertheless, when Ulysses 
reached high northern latitudes in late 2001, it witnessed the formation 
and growth of a new polar coronal hole. This clearly marked the start 
of a return to more stable conditions following activity maximum. The 
solar wind recorded at Ulysses became commensurately faster and more 
uniform, resembling the flows seen over the poles at solar minimum. 
The two large peaks between 40° and 70° north that were encountered 
in mid-2001 (the north-west quadrant in the polar plot) are temporary 
entries into the fast polar cap flow. Ulysses’ soujourn in the relatively 
stable, fast solar wind at high latitudes was signiflcantly shorter than 
at solar minimum, however. By the end of 2001, regular excursions into 
variable, slower wind were once again taking place, even though Ulysses 
was still poleward of 60° latitude. The explanation for these differences 
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can be found in the fact that the Sun had only just begun its transi- 
tion to more stable conditions during the second northern polar pass, 
whereas solar minimum-like conditions were already well established in 
1994/95. 

Of interest in studies of the global configuration of the heliosphere 
are the observed temporal and latitudinal variations in the solar wind 
dynamic pressure, or equivalently, momentum flux. In combination with 
the state of the local interstellar medium, the solar wind dynamic pres- 
sure largely determines the overall size and shape of the heliosphere. 
Data acquired during Ulysses’ first rapid transit from high southern 
to high northern heliolatitudes, near solar minimum, led Phillips et al. 
(1996) to suggest that under these conditions, the heliopause would not 
be symmetric, but more like a figure-of-eight (illustrated in Figure 3). 
This conclusion was based on the finding that the measured momentum 
flux was lower during the northbound transit through low latitudes than 
at high southern or northern latitudes. Model calculations by Pauls and 
Zank (1996) supported this idea, showing a significant dependence of 
the shape of the heliopause on the equatorial ram pressure. The recent 
high-latitude observations, now at solar maximum, have allowed this 
finding to be placed in a broader context (McComas et ah, 2003). As 
can be seen in the top panel of Figure 4, taken from McComas et al. 
(2003), the solar wind dynamic pressure (scaled to 1 AU) showed a rapid 
increase by a factor of ~2 during 1991. This was followed by an over- 
all decrease from 1991 to 2001 that is much larger than the latitudinal 
variation in 1995. A similar trend was also seen at IMP-8 and Voyager 
2 (Richardson et al., 2001), and has been noted in previous solar cycles 
(Lazarus and McNutt, 1990). The implication is that, while the modest 
latitudinal variation seen by Ulysses during solar minimum is undoubt- 
edly present, the internal pressure of the heliosphere undergoes a factor 
of 2 change over a solar cycle independent of latitude (Richardson et 
al., 2001). Interestingly, the most recent observations from Ulysses dur- 
ing the 2000 solar maximum (McComas et al., 2003) indicate that the 
dynamic pressure once again showed an increase, however only at the 
-50% level. 

Solar wind observations from Ulysses have established a clear anti- 
correlation between the bulk flow speed and the coronal electron temper- 
ature derived from solar wind ionic charge states, as illustrated in Figure 
5 (Gloeckler et ah, 2003). The relationship is found to hold equally well 
for fast and slow solar wind streams, but not for Coronal Mass Ejection 
(CME)-related flows. As noted by Fisk (2003), the observed anticorre- 
lation is surprising, since solar wind models that rely on proton heating 
predict a direct correlation between proton speed and coronal electron 
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Figure 4-4- Mission plot of (from top to bottom): total dynamic pressure (momen- 
tum flux), fraction of alpha to proton pressure, spacecraft latitude, and Sunspot num- 
ber. Vertical lines in the second panel mark the times of CMEs at Ulysses. (From 
McComas et al. (2003). Reproduced by permission of AGU.) 



temperature (Hansteen et al., 1999). Furthermore, coronal electrons are 
not expected to play a direct role in the acceleration of the solar wind. 
In particular, their pressure is not adequate to accelerate the high-speed 
wind. The observed dependence can be explained, however, on the basis 
of a solar wind model put forward by Fisk (2003) that relies on reconnec- 
tion between open magnetic field lines in the corona and closed coronal 
loops to produce both the fast and slow solar wind. In this model, the 
fast wind originates in smaller, low-temperature loops that are found in 
coronal holes, while the slow wind comes from larger, hotter loops outside 
coronal holes. The Fisk model predicts a specific relationship between 
solar wind speed and electron temperature, namely that {Vsw)‘^ is pro- 
portional to I/T. The data presented by Gloeckler et al. (2003) are fully 
consistent with this functional dependence, lending convincing support 
to the model. The breakdown of the speed-temperature relationship in 
the case of CMEs is not fully understood, but if confirmed, could be 
employed to routinely detect CME-related flows in the solar wind data. 
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Figure J^.5. Plot showing the anticorrelation between solar wind speed (upper trace) 
and coronal electron temperature (lower trace, as derived from Ulysses ion composi- 
tion data) at solar maximum (top panel) and solar minimum (lower panel). (Courtesy 
of G. Gloeckler.) 



Although CMEs are known to be confined mainly to low- and middle 
solar latitudes, the occurrence of CMEs over the poles was one of the 
topics of interest during the recent polar passes at solar maximum. In- 
deed, Ulysses encountered CMEs up to 80° heliographic latitude in the 
southern hemisphere, all of which had similar properties to low-latitude 
events (Reisenfeld et ah, 2003). Five CMEs were encountered above 70° 
latitude in the northern hemisphere. In a study of these events, all of 
which occurred in fast solar wind flow from the newly formed northern 
polar coronal hole, Reisenfeld et al. (2003) found that two CMEs were 
of the over-expanding type first observed by Ulysses during the high- 
latitude pass in 1994 (Gosling et ah, 1998, and references therein). Of 
the remainder, two were fast CMEs (>800 kms~^) that drove strong 
shocks. These CMEs were also observed in the ecliptic at 1 AU, both 
in situ, and as halo events by the LASCO coronagraph on SOHO. One 
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of these events originated close to terrestrial subsolar point, implying 
significant lateral expansion (Reisenfeld et ah, 2003). A CME-driven 
shock wave that passed over Ulysses during the rapid transit from south 
to north in May 2001 was responsible for the most intense interplan- 
etary magnetic field, and highest solar wind density, observed by the 
spacecraft to date. 

2.2 Magnetic Field 

The development of the global solar wind characteristics discussed 
above was reflected in the Ulysses magnetic field observations. One of the 
key questions to be answered was how the high solar activity level would 
affect the structure and dynamics of the heliospheric magnetic field at 
high latitudes. As noted by Smith et al. (1997), the magnetic field near 
solar minimum as measured at Ulysses, possessed a relatively simple, 
dipole-like configuration. Above latitudes of in both hemispheres, 
the heliospheric fields were unipolar, the polarity coinciding with that 
of the respective polar cap field at the Sun’s surface. In 1994/95, the 
fields in the north were positive (outward), and in the south, negative 
(inward). The heliospheric current sheet (HCS) separating the two po- 
larities was relatively flat, and its axis was close to the solar rotation 
axis. Another striking feature of the heliospheric field during Ulysses’ 
first orbit was that the open magnetic flux (given by v^Br) was found to 
be independent of latitude (Smith et al., 1997). This was interpreted by 
Suess and Smith (1996) as implying a non-radial exansion of the solar 
wind at high latitudes near the solar surface, driven by excess magnetic 
pressure. 

Surprisingly, at solar maximum the magnetic field at Ulysses (~1.5- 
2.5 AU from the Sun) maintained its dipole-like structure, even though 
the solar magnetic field, corona and solar wind were highly variable 
(Balogh and Smith, 2001; Smith et al., 2001; Jones and Balogh, 2003). 
In contrast to the situation at solar minimum, however, the equivalent 
magnetic poles were located at low latitudes rather than in the polar 
caps. As seen at Ulysses, the field in the southern hemisphere exhibited 
a 2-sector pattern almost up to the pole, with a single (negative) polarity 
seen only for one rotation at the highest latitude. This observation 
suggests that the HCS was highly inclined with respect to the solar 
equator, and was not flat (Smith et al., 2001). The same situation 
was encountered in the north, although now, consistent with the solar 
wind observations, a unipolar field originating in the newly formed polar 
coronal hole was observed for several rotations at latitudes poleward of 
~70° (Jones and Balogh, 2003). 
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Figure 4-6. Heliospheric magnetic field polarity as measured by Ulysses, projected 
back to the Sun onto a spherical source surface at 2.5 Rs near solar minimum (top 
panel) and solar maximum (bottom panel). Views are shown from the northern and 
southern poles, as indicated. Time runs from bottom left to top right in each panel. 
Outward (positive) fields are shown in yellow, inward (negative fields in blue. Red 
indicates days for which the polarity was uncertain. (From Jones and Balogh (2003).) 



The polar passes at solar maximum also offered a unique opportunity 
to observe the polarity reversal of the Sun’s polar cap magnetic field 
from a high-latitude vantage point (Jones and Balogh, 2003; Smith and 
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Marsden, 2003; Smith et ah, 2003). In a study of polar coronal holes 
during solar cycles 22 and 23 using ground-based observations, Harvey 
and Recely (2002) found that the southern polar cap fields reversed 
between 2002.31 and 2002.46 (i.e., between late April and mid- June, 
2002), while the northern reversal occurred earlier, between 2001.19 and 
2001.34 (mid-March and early May, 2001). The Ulysses data, shown in 
Figure 6, are consisent with this, in that the heliospheric field measured 
at high latitudes in the south between September 2000 and January 
2001, still had the “old” (negative) polarity, whereas a year later, when 
Ulysses reached high northern latitudes in the second half of 2001, the 
heliospheric field had the “new” (also negative), polarity (Jones and 
Balogh, 2003). To zero order then, the Ulysses results support a model 
of the field reversal first proposed by Saito et al. (1978), in which the 
axis of the solar dipole simply rotates through 180° over the course of a 
solar cycle. As noted by Smith et al. (2003), however, the changes in the 
solar field are in reality much more complicated. Nevertheless, at solar 
maximum, the open fields that constitute the heliospheric magnetic field 
do exhibit a much simpler behaviour than the closed surface fields. As 
discussed above, during the solar minimum polar passes Ulysses found 
that the strength of the radial component of the heliospheric magnetic 
field, when corrected for radial distance effects, was independent of solar 
latitude. Perhaps surprisingly, as shown in Figure 7, this behaviour 
was found to be valid even in the more disturbed conditions at solar 
maximum (Smith and Balogh, 2003). Furthermore, the average value of 
was approximately the same in both phases of the solar cycle. This 
observed property of the distribution of open magnetic flux carried in the 
solar wind, its temporal invariance, has been explored in recent model 
by Fisk and Schwadron (2001). These authors argue that open flux of 
a given polarity can only be destroyed on the Sun by reconnection with 
open flux of the opposite polarity, a process that is rare given that open 
flux is ordered into regions of uniform polarity even at solar maximum. 
Effective invariance of open flux is thus expected. The model further 
treats the motion of open flux on the Sun as a diffusive process in which 
open flux reconnects with closed held loops, a process that can also 
explain the nature of the polarity reversal (Fisk and Schwadron, 2001). 
Here again, Ulysses observations have prompted a major step forward 
in our understanding of fundamental heliospheric processes. 

2.3 Energetic Particles 

One of the key discoveries made during the high-latitude passes at 
solar minimum was the unexpected ease with which energetic parti- 
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Figure 4-1. Plot of t^Br in outward (positive) and inward (negative) sectors aver- 
aged over successive solar rotations at solar maximum (top panel) and solar minimum 
(lower panel). Vertical bars show the standard error associated with each average. 
The solid lines show the means over the four transits between equator and pole. (From 
Smith et al. (2003). Reproduced with permission from AIR) 



cles, accelerated at low-to-middle latitudes, were able to gain access 
to the polar regions of the heliosphere (Kunow et ah, 1999, and refer- 
ences therein) . Recurrent increases in particle intensity, with a period of 
~26 days (i.e., close to the solar rotation period), were observed up to 
the highest latitudes even though the source of these particles, so-called 
Corotating Interaction Regions (CIRs), were confined to much lower lati- 
tudes (Sanderson et ah, 1994, 1995; Simnett et ah, 1994). This discovery 
prompted theorists to re-assess the role of perpendicular diffusion, and to 
reconsider the Parker model of the heliospheric magnetic field and depar- 
tures caused by polar coronal holes and differential rotation. Modelling 
based on the latter effects led ultimately to new suggestions regarding 
the source of the solar wind itself (Fisk, 1996; Fisk and Jokipii, 1999; 
Fisk et ah, 1999). An obvious question, then, when Ulysses returned to 
high latitudes at solar maximum, was: do energetic particles have the 
same easy access when the heliosphere is much more chaotic? 

The observations provided an unequivocal answer: yes (McKibben et 
ah, 2001). Indeed, the intensity profiles of energetic particles recorded 
at all latitudes were very similar to measurements made near the Earth, 
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Figure J^.8. Comparison of 175-315 KeV electron intensities measured at Ulysses (HI- 
SCALE -black traces) and ACE (EPAM - grey traces) for the solar maximum polar 
passes in the south (left panel) and north (right panel). (From Lario et al. (2003). 
Reproduced with permission from Elsevier.) 



close to the solar equator. Clearly, the source of energetic particles at 
solar maximum is not CIR-related, since the stable fast-slow solar wind 
stream structures that are responsible for CIRs do not exist during this 
phase of the solar cycle. As noted earlier, transient shock waves that are 
driven by fast CMEs give rise to the numerous large increases in particle 
flux that are characteristic of solar maximum. The Ulysses data from 
the recent high-latitude passes, in addition to confirming the presence of 
large fluxes of energetic particles over the poles, have revealed that the 
absolute intensity of these particles in the decay phase of many events 
is comparable to that measured simultaneously in the ecliptic near 1 
AU, despite large separations in latitude and longitude (McKibben et 
ah, 2001; Lario et al., 2003). An example is shown in Figure 8. This 
has led to the idea, originally proposed by Roelof et al. (1992), of the 
inner heliosphere near solar maximum acting as a “reservoir” for solar 
energetic particles. Further support for the existence of a particle reser- 
voir has been presented by Patterson and Armstrong (2003), who found 
a persistent foreground population of energetic protons permeating the 
inner heliosphere. The measured proton energy spectra are complex in 
form, leading Patterson and Armstrong (2003) to suggest that multiple 
acceleration sources are involved. 

The precise mechanism by which the particles are transported in lat- 
itude and longitude to All this reservoir is still being debated. The pro- 
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cess is certainly more complex than that in operation at solar minimum, 
where, as noted above, the prime candidates are enhanced perpendicular 
diffusion, and systematic changes to the underlying Parker spiral mag- 
netic field configuration. The absence of long-lasting, stable structures 
in the corona at solar maximum tend to rule out any systematic motions 
of the field, and the evidence for perpendicular diffusion (Zhang et ah, 
2003) is not universally accepted (Sanderson et ah, 2003). Alternatively, 
Neugebauer et ah, (2002) have shown that open fields can connect back 
to active regions, and this may play an important role. These questions 
are discussed in more detail in the accompanying article by Sanderson 
(2004). 



2.4 Cosmic Rays 

Cosmic ray modulation is one of the central themes of the Ulysses 
mission. Galactic cosmic ray ions and electrons propagating through 
the heliosphere are affected by a combination of processes that include 
diffusion through irregularities in the heliospheric magnetic field, and 
gradient and curvature drifts resulting from the large-scale pattern of 
field lines (Parker, 1965; Fisk et ah, 1998, and references therein). The 
direction of the drift motion is charge-dependent, and as such is also a 
function of the heliospheric magnetic field polarity. This in turn is re- 
lated to the polarity of the open magnetic fields at the Sun, as discussed 
above. In this respect, the physics of cosmic ray modulation is a clear 
example of how the Sun and heliosphere form an integrated system. At 
the time of the Ulysses solar minimum high-latitude passes, the Sun’s 
dipole field had positive polarity in the north. The predicted fiow direc- 
tion of positively charged cosmic ray nuclei entering the heliosphere was 
inward over the poles, and outward along the HCS. Conversely, electrons 
were expected to drift into the inner heliosphere mainly along the current 
sheet, and then outward via the polar regions. Indeed, Ulysses observed 
a positive latitudinal gradient in the fiux of both galactic cosmic ray nu- 
clei and the Anomalous Cosmic Ray (ACR) component, albeit smaller 
than predicted by most models (McKibben, 2001a,b). As in the case of 
the observations of lower energy particles accelerated at CIR and CME 
shocks, the cosmic ray data acquired near solar minimum suggested that 
transport across the average magnetic field is occurring on a much larger 
scale than previously thought. 

Given the dependence on the heliospheric magnetic field polarity of 
the cosmic-ray drift patterns discussed above, the effects of the polar 
cap field reversals that occurred between 2001 and 2002 (Harvey and 
Recely, 2002) are clearly of interest. In particular, the presence of drift- 
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Figure J^.9 Electron- 
to-proton ratio at 2.5 
GV measured along the 
Ulysses orbit from 1999- 
2003 (top panel). Also 
shown (lower panel) is 
the maximum extent of 
the heliospheric current 
sheet (a) shifted by 5 solar 
rotations to later times 
to account for the solar 
wind travel time to the 
heliopause. (Prom Heber 
et al. (2003). Reproduced 
by permission of AGU.) 



dominated propagation at a given epoch should be indicated by (a) a 
different latitudinal dependence for oppositely charged species, and (b) 
different temporal behaviour of oppositely charged species as a result of 
the variations in the HCS during the solar cycle (e.g., Potgieter et ah, 
1997). The expectation then is that, once the new polarity configura- 
tion has become established throughout the heliosphere, the transport 
of positively charged cosmic-ray nuclei will be inward along the HCS, 
and outward via the poles. This in turn should lead to negative latitu- 
dinal gradients for these particles, with lower fiuxes at high latitudes. 
As before, the opposite drift patterns should be observed in the case 
of electrons. The timing of the solar maximum polar passes was such 
that an observational test of this model prediction using Ulysses data 
proved to be difficult. The cosmic ray intensities recorded from pole to 
pole by the Ulysses instruments showed no measurable systematic vari- 
ations with latitude (McKibben et ah, 2003). This was presumably a 
result of the disordered state of the heliospheric magnetic field at that 
time, whereby a stable configuration with the new polarities had not yet 
been established. Data from the next solar minimum polar passes in 
2006-2008, if available, will provide a better test. 

As noted above, the drift motions of energetic electrons should be op- 
posite to those of positively charged nuclei in a given magnetic polarity 
configuration. Measurements of cosmic ray electrons on board Ulysses 
have been invaluable in investigating these differences experimentally, 
thereby providing important tests of modulation theory (e.g., Potgieter, 
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1997). In 1994/1995, when Ulysses was at high latitudes near solar 
minimum, cosmic ray electrons did not show any significant latitudinal 
gradient, even though a clear proton gradient was present (Ferrando et 
ah, 1996; Heber et ah, 1999). The resulting variation in the electron-to- 
proton (e/p) ratio measured along the Ulysses trajectory was therefore 
consistent with the predictions of modulation models including drift ef- 
fects, providing strong evidence for the importance of drifts in the mod- 
ulation process at solar minimum. At solar maximum, the electron time 
profiles exhibited the same diffusion-dominated behaviour as the cosmic 
ray nuclei (Heber et ah, 2003). As shown in Figure 8, between mid-2001 
and mid-2002, the e/p ratio remained effectively constant, even though 
the polar cap fields were undergoing their polarity reversal, and the HCS 
tilt was decreasing. Positive latitudinal gradients in the electron fluxes, 
to be expected if drifts are also important at solar maximum, were not 
observed. This is further evidence that the global heliosphere had not 
yet adjusted to the new polarity, and that the predicted gradients, and 
corresponding increase in the e/p ratio, will only be observed once a sta- 
ble configuration is achieved and drifts start to dominate again (Heber 
et ah, 2003). 

2.5 Interstellar Dust 

The motion of the Sun through the Local Interstellar Cloud (LIC) 
enables a fraction of the gas and dust in the LIC to reach the inner 
heliosphere (Witte et ah, 1993; Griin et ah, 1993). Interstellar ions 
and dust grains smaller than ~0.1 pm are excluded by the magnetised 
solar wind; however, larger grains, and neutral gas atoms, can flow into 
the heliosphere relatively unimpeded (Landgraf, 2000; Landgraf et ah, 
2003). As with other interstellar constituents, the flux of dust grains 
arriving at the heliospheric boundary is expected to remain relatively 
constant in time. Variations in the dust flux observed closer to the Sun, 
therefore, are assumed to be the result of processes occurring within 
the heliosphere. For example, the speed and direction of the grains 
are influenced by the Sun’s gravity, and solar radiation pressure. In 
addition, the grains become positively charged as a result of electron 
emission under the influence of solar UV photons and the solar wind 
plasma (Mukai, 1981). As a result, particles of diameter less than ~0.4 
pm are strongly affected by the Lorentz force of the heliospheric magnetic 
field that varies with the 22-year magnetic cycle of the Sun. For larger 
grains, the effect is reduced owing to their smaller charge-to-mass ratios. 
Interstellar dust particles were measured for the first time in situ by the 
dust instrument on board Ulysses (Griin et ah, 1993). Observations 
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Figure 4-^0 Interstellar 
dust flux as measured by 
the dust detector on board 
Ulysses. Shaded bars 
indicate the high-latitude 
passes at solar minimum 
and solar maximum. 
(Prom Landgraf et al. 
(2003). Reproduced by 
permission of AGU.) 



acquired over the course of the mission to date have revealed how large- 
scale changes in the heliospheric magnetic field over the solar cycle, affect 
the fiux of dust grains reaching the inner heliosphere (Landgraf, 2000; 
Landgraf et ah, 2003). 

The Ulysses dust measurements are shown in Figure 10. In mid-1996, 
a decrease in the interstellar dust fiux was observed (Landgraf et al., 
1999). This was attributed to the increased filtering effect (defocusing) 
of the heliospheric magnetic field configuration encountered by the dust 
grains during the last solar minimum (Landgraf, 2000). The model of 
Landgraf (2000) predicted that the fiux would remain low until 2005, 
at which time the focusing effect of the polarity reversal that occurred 
in 2000-2002 would become apparent. Starting already in 2000, how- 
ever, an increase in the interstellar dust fiux has been observed (Land- 
graf et al., 2003). Recent modeling (Landgraf et al., 2003), in which 
a distribution of grain sizes ranging from 0.1 to 0.4 /im in radius was 
simulated, indicates that the Ulysses data covering the period 1992 to 
2002 are best fit by a fiux in which particles of effective radius 0.3 /xm 
(having a charge-to-mass ratio of 0.6 Ckg~^) form the dominant con- 
tribution, with a minor contribution from 0.4 ^m grains. Even with this 
new model, the fiux values measured between 1998 and 2000 are still 
higher than predicted, however. The cause of the earlier-than-expected 
rebound, therefore, remains to be understood. 

3. The Future of Ulysses 

The Ulysses mission was originally foreseen to end in October, 1995. 
Owing to the outstanding scientific success, and equally, to the robust- 
ness of the spacecraft and its scientific payload, ESA and NASA recently 
agreed to continue the mission until March, 2008. This latest extension, 
the third in the history of the mission, will enable Ulysses to collect data 
during a third set of polar passes in 2007/2008. Conditions will be simi- 
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Figure 4 .II. Top: Climax, Colorado cosmic ray intensity (black), and intensity 
shifted to the right by 22 years (blue). Middle: Ulysses orbital latitude (black) 
and radius (red) and launch dates for SOHO, Wind, ACE, Solar-B, STEREO, and 
SDO. Bottom: Solar Sunspot number and predicted Sunspot number through 2008. 
Schematics are of the typical corona at indicated times in the solar cycle. Vertical 
lavender bars mark the beginning of each Ulysses fast latitude scan. (Courtesy of S. 
Suess.) 



lar to those in 1994/1995 when Ulysses first visited the Sun’s poles. This 
time, however, the magnetic field of the Sun will be reversed in polarity, 
allowing Ulysses to search for differences in behaviour of the interplan- 
etary medium related to the magnetic field reversal. Another difference 
between the solar minimum passes in 2007/2008 and those in 1994/1995, 
illustrated in Figure 11, is that Ulysses will have the additional benefit 
of being part of a fleet of solar and heliospheric spacecraft that includes 
ESA’s SOHO and Cluster, and NASA’s ACE and Cassini. New mis- 
sions like NASA’s dual-spacecraft STEREO, and the Solar Dynamics 
Observatory, will add a further dimension over the next few years. 

What of the era beyond Ulysses? Numerous questions will undoubt- 
edly remain to be answered concerning the heliosphere and its many 
constituents. Plans for follow-up missions to Ulysses are currently be- 
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ing developed. One such mission is ESA’s Solar Orbiter. With a likely 
launch date no earlier than 2014, Solar Orbiter will extend the range of 
out-of-ecliptic measurements to include imaging and spectroscopy of the 
Sun’s polar regions, but from lower latitudes than Ulysses. On the NASA 
side, a mission called Telemachus (son of Ulysses) is being studied, that 
will also carry remote-sensing instruments, and will use the same Jupiter 
flyby technique as Ulysses to reach the highest latitudes, but with peri- 
helion much closer to the Sun (0.2 AU). Even if approved, Telemachus is 
unlikely to be launched before Solar Orbiter. In the meantime, Ulysses 
remains the only spacecraft able to sample the Sun’s environment away 
from the ecliptic plane. 
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Abstract We present observations of energetic particles in the energy range 

MeV to ~100 MeV made by the COSPIN instrument on board the 
Ulysses spacecraft during the recent second northern polar pass. For 
a short time during this pass the Ulysses spacecraft was at high helio- 
graphic latitude, above the current sheet, and immersed in high-speed 
solar- wind flow coming from the northern polar coronal hole. Four large 
solar energetic particle events were observed. We discuss the solar con- 
ditions prevalent during the Ulysses mission, and in particular the con- 
ditions during this polar pass. We discuss the rise to maximum of these 
events and examine the onset time and the anisotropy of the energetic 
particles. We And that during these events the particle angular distri- 
butions were almost isotropic, but with a net outward flow along the 
magnetic field lines. We conclude that particles reached these high lat- 
itudes travelling along the magnetic field lines. 

Keywords: Ulysses, energetic particles, propagation, magnetic field, solar wind, 
coronal mass ejection, anisotropy 



1. Introduction 

Ulysses was launched in 1990. It has now completed two orbits around 
the Sun. Conditions during both of these orbits were very different. This 
chapter summarises the conditions on the Sun and in the heliosphere 
which influenced the characteristics of the energetic particles observed. 
The particle observations of each orbit are discussed, and related to the 
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conditions on the Sun, and then the unique observations of energetic 
particles over the pole of the Sun observed for the first time during 
the recent northern polar pass of the second orbit are presented and 
discussed. 

In February 1992 Ulysses used an encounter with the planet Jupiter 
to begin its first out of the ecliptic orbit around the Sun, completing it 
in April 1998. This orbit began as the level of solar activity was falling. 
Most of the time when the spacecraft was over the south and then over 
the north pole of the Sun was close to the time of minimum of solar 
activity of solar cycle 22. At this time the axis of the dipolar component 
of the coronal magnetic field was nearly parallel to the Sun’s spin axis, 
and the current sheet was almost fiat, giving rise to a streamer belt 
which was more or less in the plane of the ecliptic. Large coronal holes 
were observed over the poles, giving rise to high-speed solar wind flow in 
the high latitude polar regions of the heliosphere. Figure la, after Suess 
et al. (1998) shows this configuration. 




(a) First polar pass 





(b) Second southern polar pass (c) Second northern polar pass 



Figure 5.1. Cartoon showing the coronal magnetic field observed during, from left 
to right, (a) the first polar passses, (b) the second southern polar pass and (c) the 
second northern polar pass (Suess et ah, 1998). 

As this was a period close to solar minimum, very few particle in- 
creases due to either Coronal Mass Ejections (CME) or Co-Rotating 
Interaction Regions (CIR) were observed in the polar regions during 
these passes. At mid-latitudes, significant increases due to CIRs were 
observed for a substantial fraction of the time that the spacecraft was 
above the current sheet, but again at the very highest latitudes very few, 
if any, increases due to CIRs or CMEs were observed. 

The second orbit around the Sun began in April 1998 as the level 
of solar activity of solar cycle 23 was increasing. The second orbit was 
considerably different from the first. During most of the orbit, the he- 
liosphere was dominated by the presence of CMEs as the level of solar 
activity increased, the spacecraft passing over the south and then the 
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north poles of the Sun during the time around the maximum of solar 
activity of solar cycle 23. A summary of Ulysses observations during the 
maximum of cycle 23 can be found elsewhere in this volume (Marsden, 
2004). 

Conditions on the Sun were very different for the southern and the 
northern polar passes. During the southern pass, the dipole axis was 
oriented at around 135 degrees to the spin axis and the field had a sig- 
nificant quadrupole component. The current sheet reached up to very 
high latitudes, and there was no polar coronal hole over the southern 
pole, typical of that expected around solar maximum. So, Ulysses re- 
mained in slow solar wind flow as it passed over the pole. Figure lb 
shows this configuration. 

Over the northern pole the situation was quite different. The tilt 
of the dipole was similar. The dipole strength had increased, and the 
quadrupole term of the coronal field had diminished. The field was 
therefore much more dipolar, and so the current sheet only reached up 
to mid latitudes. A polar coronal hole had started to develop, and by 
the time Ulysses reached the highest northern latitudes it was immersed 
in fast solar wind. Figure Ic shows this configuration. Although the 
northern pass was still close to solar maximum, the configuration of the 
Sun was beginning to look more like that close to solar minimum. 

Solar activity was still high, and so perhaps not surprisingly, CMEs 
and substantial particle increases were observed at the highest latitudes 
as the spacecraft passed over the northern pole of the Sun. Four large 
SEP events were observed at high latitude and in the fast solar wind. 
These events were unusual in that they were the only CME-related par- 
ticle increases observed so far by Ulysses at high latitudes and in the fast 
solar wind. They were also unusual in that the onsets at high energies 
were delayed considerably, and the angular distributions at onset were 
almost isotropic. 

In this chapter, we first discuss the solar conditions prevailing at the 
time of the Ulysses mission, and in particular at the time of the polar 
passes. We then discuss the propagation of energetic particles to high 
heliographic latitudes as observed when Ulysses was over the northern 
pole and immersed in the fast solar wind, and compare them with events 
observed in the slow solar wind over the southern pole. 

2. Solar Conditions 

2.1 Influence of the Sun on the Heliosphere 

The coronal magnetic field controls the configuration of the helio- 
sphere. In the corona, the current sheet winds its way around the pos- 
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itive and negative poles of the magnetic field, delineating the positive 
coronal magnetic field from the negative. The magnetic field propagates 
out into the heliosphere in the solar wind, and as it does so, the current 
sheet divides up the heliosphere into a region of positive magnetic field 
polarity (with outward pointing field) and a region of negative polarity 
(with inward pointing magnetic field). At solar minimum this is a simple 
configuration, but becomes more complicated at solar maximum. 

The coronal holes follow the motion of the poles of the magnetic field 
as they move across the disc of the Sun in the course of the solar cycle. At 
solar minimum, large polar coronal holes exist over the poles. The coro- 
nal holes, the source of high speed fiow, move equatorward during the 
course of the solar cycle, and break up into smaller mid-latitude coronal 
holes at solar maximum. At solar minimum, most of the high latitude 
region is filled with high speed solar wind fiow. At solar maximum, only 
a few small low-latitude fast solar wind streams exist. 

For the study of particle propagation, it is important to differentiate 
between propagation in the slow solar wind and the fast solar wind. The 
magnetic field in the fast solar wind is much more turbulent than in the 
slow solar wind, so propagation in the fast solar wind should be much 
more difficult. 

However, the magnetic field in the slow solar wind tends to be full 
of discontinuities, channels, and other features, all of which, depending 
on the size and thickness of the discontinuities and the energy of the 
particles, affect propagation in different ways, whereas the field in the 
fast solar wind tends mainly to be homogeneous, and devoid of large 
scale discontinuities. 

The slow solar wind more often than not contains magnetic field struc- 
tures such as CIRs, and their associated forward and reverse shocks, and 
CMEs, with their associated interplanetary shocks, all of which again af- 
fect the propagation, and even acceleration of the particles. 

All of the above has to be taken into account when considering the 
propagation of particles in the three-dimensional heliosphere. 

2.2 Coronal Magnetic Field During a 22-year 
Solar Cycle 

The starting point for the observations of the Sun presented here are 
two data sets based on daily observations of the Sun, one which covers 
the last ~28 years, and the other which covers the last ^^15 years. 

Figure 2 is an example from the first data set. This is a source surface 
map of the coronal magnetic field for one Carrington Rotation, computed 
using a potential field model. It is derived from daily large-scale photo- 
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Figure 5.2 Wilcox Solar 
Observatory computed ra- 
dial magnetic field at the 
source surface for Novem- 
ber 2000, Carrington Rota- 
tion 1969. 
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Figure 5.3 The bound- 
aries of coronal holes 
derived from the Kitt 
Peak/NSO He I 1083 
Coronal Hole spectro- 
heliogram observations 
for November 2000, 
Carrington Rotation 1969. 



spheric magnetic field observations made by the Wilcox Solar Observa- 
tory. A complete description of the method used to derive the parame- 
ters with which to describe the Sun’s coronal field can be found in Hoek- 
sema (1984) and at http://quake.stanford.edu/~wso/Description.ps. 

The second data set is shown in Figure 3. This is a plot showing the 
location of the boundaries of the coronal holes derived from observations 
taken in the He I 1083nm line by the spectromagnetograph of the Na- 
tional Solar Observatory /Kitt Peak (Jones et ah, 1992). A description 
of these observations can be found in Harvey and Recely (2002). 

Figure 4 shows the long term behaviour of the Sun’s coronal magnetic 
field as observed by the Wilcox Solar Observatory during the 28-year 
period starting in 1976, taken from Sanderson et al. (2003a). This 
corresponds to nearly three 11-year cycles, or one and one half 22-year 
cycles. This shows from bottom to top, the position of the Sun’s source 
surface neutral line together with the spacecraft heliographic latitude, 
the sunspot number, dipole strength, quadrupole strength, and the angle 
between the dipole axis and the Sun’s spin axis. 

The position of the source surface neutral line is taken from the Car- 
rington Rotation plots such as the one shown in Figure 2. The dipole 
and quadrupole strengths and the dipole axis direction are computed 
from the coefficients of the multipole expansion stored on the WSO 
home page. Here we used the WSO 9-order potential field model clas- 
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Figure 5.1 Latitude of the 
source surface neutral line 
together with the space- 
craft heliographic latitude, 
sunspot number, dipole 
and quadruple strength 
and dipole axis direction 
for the 28 year period 
starting on 1 January 
1976. 



sical fit with a source surface at 2.5 Rs (Hoeksema, 1984). This gives 
the best overall agreement with the polarity pattern observed at Earth 
(http: / / quake.stanford.edu/~wso / coronal.html) . 

In 1976 the sunspot number was at a minimum (cycle 20/21). The 
magnetic field was mainly dipolar, as the dipole strength was much 
higher than the quadrupole strength. The dipole axis was oriented along 
the Sun’s spin axis, which meant that the current sheet was almost fiat 
and in the ecliptic plane. 

As the cycle progressed, the sunspot number increased, the quadrupole 
strength increased and the field became more quadrupolar. The dipole 
axis slowly tilted away from the Sun’s axis until around solar maximum 
it was perpendicular to the spin axis, meaning that the current sheet 
was no longer fiat, but was highly inclined, and reached up almost to 
the poles. 

As the cycle progressed past maximum, the dipole rotated past the 
perpendicular and the polarity reversed. The sunspot number started 
to decrease, the quadrupole strength diminished and the field became 
more dipolar. As the dipole continued rotating, the current sheet became 
flatter until at the minimum in around 1986 the dipole axis was aligned 
anti-parallel to the spin axis, and the current sheet was fiat and in the 
ecliptic plane again. 
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The whole process continued on until the minimum between cycle 22 
and 23 in 1996 when the axis was parallel again, with the magnetic field 
positive again, so completing a complete rotation. 

2.3 Coronal Magnetic Field and Coronal Holes 
During the Ulysses Mission 

Figure 5 shows the same quantities again, together with the position 
of the spacecraft, but this time for the 14-year period starting in 1990, 
the year when Ulysses was launched. Vertical lines show the times of 
the four polar passes, the first southern, first northern, second southern 
and second northern passes. 

The first southern and northern passes were close to the minimum in 
solar activity of cycle 22, with a very low sunspot number. The dipole 
strength was much higher than the quadrupole strength, so that the field 
was mainly dipolar. The axis of the dipolar component of the coronal 
magnetic field was nearly parallel to the Sun’s spin axis, and the current 
sheet was more or less fiat, giving rise to a streamer belt which was more 
or less in the plane of the ecliptic. 

The second southern pass began close to the maximum phase of solar 
cycle 23, when the sunspot number was high. The quadrupole strength 
was higher than the dipole strength, implying that the field was some- 
what quadrupolar. The dipole axis was oriented at around 135 degrees to 
the spin axis and the current sheet reached up to high latitudes, but not 
as high as the highest latitude reached by Ulysses. This implied that the 
spacecraft would be in a uni-polar field, but this was not observed (Har- 
vey and Recely, 2002, Jones et ah, 2003), although one cannot expect 
observations of the Sun’s current sheet at high latitudes to correspond 
exactly to conditions at Ulysses. There was no polar coronal hole over 
the southern pole, typical of that expected around solar maximum. So, 
Ulysses remained in slow-speed solar wind fiow as it passed over the 
pole. 

Over the northern pole the situation was quite different. The tilt of 
the dipole was similar, but the dipole strength had increased, and the 
quadrupole term of the coronal field had diminished. The field was there- 
fore much more dipolar. The current sheet again reached up to mod- 
erately high latitudes. But now a large polar coronal hole had started 
to develop over the northern pole, and by the time Ulysses reached the 
highest northern latitudes it became immersed in the fast solar wind. 

The overriding difference between the second southern and second 
northern polar passes was the presence of a large coronal hole over the 
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Figure 5.5 Latitude of 
the source surface neutral 
line together with the 
spacecraft heliographic 
latitude, sunspot number, 
dipole and quadruple 
strength and dipole axis 
direction for the 14 year 
period covering the Ulysses 
mission. 



northern pole and the absence of a polar coronal hole over the southern 
pole. 

Although the northern pass was still close to solar maximum, from the 
point of view of the dipole and quadrupole, conditions on the Sun were 
beginning to look more like conditions close to solar minimum. However, 
the Sun was still active, and during the period when Ulysses was over 
the northern pole, four large CMEs were observed whilst the spacecraft 
was in the fast solar wind (Reisenfeld et ah, 2003) 

3. The First Orbit 

In Figure 6 we show combined observations of the magnetic field and 
coronal hole configuration on the Sun at the time of the first northern and 
first southern polar passes (which corresponds to Carrington rotations 
1887 and 1898), derived from data such as are shown in Figure 2 and 
Figure 3 (Sanderson et al. (2003a)). 
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At the top are synoptic plots of the coronal magnetic field similar to 
the ones produced by the Wilcox Solar Observatory, with the contours 
enhanced and with the location of the edges of the coronal holes super- 
imposed on top. At the bottom is the same data, but now plotted in a 
stereographic projection. 

The panels at the left correspond to the first southern polar pass, 
whilst the right panels correspond to the first northern polar pass. Dur- 
ing both passes, the axis of the dipolar component of the coronal mag- 
netic field was nearly parallel to the Sun’s spin axis. The current sheet 
was almost fiat, giving rise to a streamer belt which was more or less in 
the plane of the ecliptic. Large coronal holes were observed over both 
the southern and northern poles, giving rise to fast solar wind in the high 
latitude polar regions of the heliosphere. During both the first southern 
and the first northern polar passes, the Ulysses spacecraft was immersed 
in the fast solar wind from these polar coronal holes. 

In Figure 7 we show seven years of particle and plasma data covering 
the first out-of-the-ecliptic orbit of the Ulysses spacecraft, starting in 
1992 and ending at the end of 1998 (The nominal start was February 
1992 when the spacecraft passed Jupiter, and the nominal end was April 
1998). 

Particle observations presented here were made with the Low-Energy 
Telescope (LET) and the High-Energy Telescope (HET) of the COSPIN 
instrument (Simpson et ah, 1992). Both the LET and HET are mounted 
perpendicular to the spacecraft spin axis. The spin axis always points to 
the Earth, so that the anisotropy observations are from a plane perpen- 
dicular to the Earth-spacecraft line. Magnetic field observations were 
made with the Ulysses magnetometer (Balogh et ah, 1992), while solar 
wind measurements were made with the Ulysses Solar Wind experiment 
(Bame et ah, 1992). 

In Figure 7 we plot, starting from the bottom, position of the Sun’s 
source surface neutral line together with the heliographic latitude of the 
spacecraft, the solar wind speed, the magnetic field magnitude, magnetic 
field azimuth, the 8.4 - 19.0 MeV/n alpha particle intensity and the 1.2 - 
3.0 MeV proton intensity. The 8.4 - 19.0 MeV/n alpha particle intensity 
is reasonably representative of SEPs accelerated close to the Sun, either 
by the flare, or by the CME when close to the Sun, whereas the 1.2 - 3.0 
MeV proton intensity is usually a mixture of SEP particles and particles 
accelerated locally, either by CIRs or by CMEs. 

Already in 1990 and 1991, whilst the Ulysses spacecraft was at low 
latitudes and was still on its way to Jupiter there was a hint of the 
regular CIRs to come (Marsden et ah, 1993) together with periods of 
elevated solar activity, culminating in the March 1991 and the July 1991 
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(a) First Southern Polar Pass, Carrington 1 887 (b) First Northern Polar Pass, Carrington 1 898 

Figure 5. 6. Contours of computed radial magnetic field at the source surface together 
with the boundaries of the coronal holes for (a) the first southern polar pass (Car- 
rington Rotations 1887) and (b) the first northern polar pass (Carrington Rotation 
1898). 



series of events (Sanderson et al., 1992 and Roelof et al., 1992). The first 
out-of-the-ecliptic orbit began in 1992 with the spacecraft at low latitude 
at the position of Jupiter, immersed in the slow solar-wind. Within the 
slow solar wind there were many irregular compression regions and solar 
activity was moderately high, such that intensity increases at ~1 MeV 
were a mix of SEP and CIR accelerated particles. 

In mid 1992, as the spacecraft started to climb to high southern lati- 
tudes, a series of regular particle increases (Sanderson et al., 1994, Sim- 
nett et al., 1994) due the presence of persistent pattern of CIR structures 
(Bame et al., 1993, Smith et al., 1993) were observed. Increases contin- 
ued to be observed beyond mid- 1993 when the spacecraft was continu- 
ally immersed in high speed flow coming from the polar coronal hole, 
but only due to CIRs. From this time on until 1998 no solar energetic 
particle increases (such as are seen in the high energy alpha channel), 
were observed. Increases due to CIRs continued to be observed up to 
mid- 1994, when the spacecraft was at a latitude of around 70 degrees 
south, well beyond the latitude that the forward-reverse shocks and the 
compression regions of the CIRs were observed. 

Particle increases due to CIRs were again observed during the Fast 
Latitude Scan in early 1995 as the spacecraft quickly crossed through 
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Figure 5.7. Seven-year plot starting on 1 January 1992 showing data for the first 
out-of-ecliptic orbit. 



the ecliptic (Sanderson et ah, 1995), but again, over the northern poles, 
no increases were observed. 

Particle increases associated with CIRs (Roelof et ah, 1997 and Sander- 
son et ah, 1999) were again seen in 1996 as the spacecraft descended 
slowly down to low latitudes, though this time with not the same regular- 
ity as during the period in 1992 and 1993. Most of 1997 was dominated 
by CIR associated particle increases (Lario et ah, 2000a), whilst most of 
1998 was dominated by CME-associated particle increases (Lario et ah. 
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2000b) as the level of activity of the Sun began to increase as solar cycle 
23 started to pick up again. 

4. The Second Orbit 

In Figure 8 we show observations of the magnetic field and coronal 
hole configuration on the Sun at the time of the second northern and 
second southern polar passes (which corresponds to Carrington rotations 
1969 and 1975 respectively), similar to Figure 6. 

Conditions on the Sun were very different for the southern and the 
northern polar passes. During the southern pass (left panels), the dipole 
axis was oriented at around 135 degrees to the spin axis and the field 
had a significant quadrupole component. The current sheet reached up 
to high latitudes, and there were no polar coronal holes, typical of that 
expected around solar maximum. Ulysses never left the slow solar wind 
as it passed over the pole. 

Over the northern pole the situation was quite different (right panels). 
The tilt of the dipole was similar. The dipole strength had increased, and 
the quadrupole term of the coronal field had diminished. The field was 
much more dipolar, and the current sheet still reached up to moderately 
high latitudes. A polar coronal hole had started to develop, and by the 
time Ulysses reached the highest northern latitudes it was immersed in 
high speed solar wind flow from this coronal hole. Although the northern 
pass was still close to solar maximum, the conditions on the Sun were 
beginning to look more like conditions close to solar minimum. 

In Figure 9 we show particle and plasma data from the second orbit, 
starting on 1 January 1998. It can be seen immediately that the particle 
properties during this orbit differs considerably from the previous one. 
During the early part of the orbit, the high energy particle flux was 
dominated by the background cosmic ray flux, which slowly dropped 
during the course of the period 1998 to early 2000. From mid-2000 
onwards, there were many intense increases in the 8.4 - 19 MeV/n Alpha 
particle intensity, the result of an increase in flare and CME activity on 
the Sun as solar maximum was approached. This activity peaked during 
2001 and 2002. Activity increased again for a short period towards the 
end of 2003, coincident with the October/November 2003 events on the 
Sun. 

Many more energetic particles, both high energy SEP particles and 
locally accelerated low-energy particles, were observed over the poles. 
Compare this with the lack of low-energy particles over the poles during 
the first orbit. 
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(a) Second Southern Polar Pass, Carrington 1 969 (b) Second Northern Polar Pass, Carrington 1 975 



Figure 5.8. Contours of computed radial magnetic field at the source surface together 
with the boundaries of the coronal holes for (a) the second southern polar pass, 
(Carrington Rotation 1969) and (b) the second northern polar pass, (Carrington 
Rotation 1975). 



For most of the orbit, the solar wind speed was low, except for a short 
3-4 month period at the end of 2001. Over the poles, the magnetic field 
was much more disturbed than during the first orbit. 

4.1 The Second Polar Passes 

In Figure 10, taken from Sanderson et al. (2003b), we show particle 
and plasma data taken during the second polar passes. This shows the 
second southern and northern polar passes, and the second fast latitude 
scan, with, from top to bottom the ~1 MeV proton and ~10 MeV/n 
alpha particle intensities, the magnetic field azimuth, solar-wind speed, 
and the position of the current sheet and the spacecraft for the 2-year 
period starting on 1 July 2000 and ending on 30 June 2002. 

For the southern polar pass the current sheet was highly inclined, and 
although Ulysses was just above the projected position of the current 
sheet, the sector structure was still continually observed, and the polar 
coronal hole over the southern pole had disappeared. So, Ulysses never 
entered the fast solar wind, even if any was present over the pole. 

The northern polar coronal hole was just beginning to re-form as 
Ulysses approached the northern pole. At the same time the inclination 
of the current sheet had decreased, so that as Ulysses reached the highest 
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Figure 5.9. Data for the second out-of-ecliptic orbit. Seven year plot starting on 1 
January 1998. 



northern polar latitudes, it climbed for the first time during the second 
orbit into the region containing high-speed solar wind flow. 

The alpha particle increases were mainly increases due to energetic 
particles which were accelerated at the Sun. The lower energy proton 
increases were due to either the passage of short-lived Stream Interaction 
Regions (SIR) or CIRs, lasting just two or three rotations or transient 
CMEs. 

The largest increases seen during this period were due to the CMEs 
observed during the 3 month period around the middle of 2001, e.g. 
event 3 of Figure 10, when Ulysses was passing through the ecliptic. 
The events observed at high latitudes, which was also when Ulysses was 
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Figure 5.10. Summary plot of the second polar pass, from top to bottom, MeV 
proton and ~10 MeV/n alpha intensity, azimuth of the magnetic field, solar- wind 
speed, and the current sheet position on the Sun together with the spacecraft latitude. 



at a greater radial distance, were approximately one order of magnitude 
less in both the proton and the alpha particle intensity. 

During the 4-month period in late 2001 and early 2002 Ulysses was 
at high latitudes, above the current sheet (panel 4), immersed in high- 
speed solar-wind flow (panel 3) and in a unipolar magnetic field (panel 
2). During this time four events, events 4 to 7 of Figure 10 were observed. 
These were the only events observed so far in the mission under these 
unique conditions. One of these, event 4, will be discussed later in more 
detail. 

In Figure 11 we show a summary of the high energy particle data for 
the same period. This Figure, taken from McKibben et al. (2003) shows 
Ulysses high energy particle data (~35-70 MeV and 70-95 MeV pro- 
ton intensity), and the corresponding data from IMP-8 at 1 AU for the 
full polar pass, which includes the southern polar pass, the fast latitude 
scan, and the northern polar pass. According to this paper, all events 
observed at IMP-8 produced comparable intensity increases at Ulysses, 
independent of the connection footprint on the Sun of the field lines 
which passed through the spacecraft, from which the authors concluded 
that either the acceleration took place over a near global range of lati- 
tudes and longitudes, or that some mechanisms exists which transports 
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Figure 5.11. High energy particle intensity from IMP at 1 AU and Ulysses for the 
period early 2000 to early 2002 (Taken from McKibben et al. (2003)). 



particles accelerated at a CME front throughout the heliosphere, both 
along and across mean magnetic field lines. 

This is the so-called Reservoir Effect, first noted by McKibben (1972) 
and more recently discussed by many authors, e.g. Roelof et al. (1992). 
This effect is particularly noticeable during the decay phase. McKibben 
at al. (2003) concluded that within 3-4 days after almost every large 
event, the proton fluxes observed at energies between 10 and 100 MeV 
near Earth and at Ulysses remained nearly equal for the rest of the 
decay of the event. Note that at the onset of each event this is not 
so, the difference between IMP and Ulysses often being 1-2 orders 
of magnitude. This conclusion used the simultaneous observations at 
Ulysses and IMP-8. IMP-8 coverage stopped just after the observation 
of the first high latitude event seen over the northern pole, so that most of 
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these conclusions were based on observations of Ulysses at high latitudes, 
but only within the slow-speed solar-wind flow. 

5. Discussion 

5,1 The Second Northern Polar Pass 

We begin by discussing the second northern polar pass. In Figure 
12 we show low-energy particle data for the period when Ulysses was 
over the northern pole and in high speed solar wind flow. This plot, 
taken from Lario et al. (2004) shows data from the HISC ALE/LEMS 
instrument on Ulysses. 

This shows the intensity increases observed at Ulysses associated with 
the four large high latitude CMEs identifled by Reisenfeld et al. (2003). 
At high energies, each particle event commenced with a rapid increase 
just a few hours after the time of release of the CME on the Sun. A small 
additional increase was observed a few days later, coincident with the 
arrival of the CME. Thereafter, the events decayed slowly to background 
level over a period of 10 - 20 days. At lower energies, the increases due 
to the CME were much larger, the largest intensities observed in the 
event being seen as the CME passed over. 

Events 1, 3 and 5 were the largest, and were of similar magnitude. 
The proflle of event 1 was much smoother, which according to Sanderson 
et al. (2003b) was due to the lack of any structure in the solar wind at 
Ulysses during the onset of the event. During events 3 and 5, small 
magnetic held structures were present during the onset of the event, 
modifying the time-intensity profiles of the particles. 

In Figure 13 we show summary plots of the events number 2, 3 and 
4 of Sanderson et al. (2003b), as numbered in Figure 10. (Event 4 
corresponds to Event 1 of Lario et al. (2004) as shown in Figure 12). 
An additional event. Event 1, is included as a typical event observed 
close to the Earth. 

Each plot covers 16 days. Each is split into three panels. In the 
bottom panel we show particle intensities from two electron channels 
ranging from bottom to top, from 10 to 1 MeV, in the next, from 5 
proton channels ranging from 100 MeV to 20 MeV, and in the top panel, 
from 6 proton channels ranging from 20 MeV to 1 MeV. 

Event 1 was observed shortly after Ulysses had been launched and 
was on its way to Jupiter, being at a radial distance of 1.07 AU and 
heliographic latitude of just 4° and is included here as an example of a 
^typical’ 1 AU event. Note the rapid onset, typical of events like this at 
1 AU. 
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Figure 5.12. Summary of low-energy observations from Ulysses for the period day 
265 2001 to day 343 day 2002 (Figure 4 of Lario et al. ( 2004)), showing low-energy 
data from the HI-SC ALE/LEMS instrument. Vertical lines show the times of shock 
passage, and gray bars the times of CME passage. 



Event 2 is the Bastille-day event, observed at mid-latitudes and in the 
slow solar wind. The onset and decay profiles in the electron channels 
and at high proton energies were relatively smooth (bottom and middle 
panel). A high background masked the onset of the event at low proton 
energies (top panel). 

Event 3 is typical of the many low-latitude events, where the event 
occurs at the same time as a structure in the magnetic field such as a 
CIR or SIR passes the spacecraft during the onset. The time intensity 
profile during the first onset was disturbed considerably by the presence 
of the structure, parts of which acted as channels to allow the lower 
energy protons rapid access to the position of the spacecraft, and other 
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Figure 5.13. 16-day summary plots for events 1, 2, 3, and 4. The bottom panel of 
each plot shows particle intensities from 2 electron channels ranging from 10 to 1 
MeV, in the next, from 5 proton channels ranging from 100 MeV to 20 MeV, and in 
the top panel, from 6 proton channels ranging from 20 MeV to IMeV. 



parts of which acted as sources of local acceleration. This gave rise to 
complicated intensity and anisotropy versus time profiles. This is the 
most often seen type of event at Ulysses. 
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Figure 5.14 Onset time 
versus c/v for 1 AU and 
Ulysses observations for 
events 1 to 9 of Dalla et al. 
(2003a.) 



Event 4 is one of only four large high-latitude events observed in the 
fast solar wind during the Ulysses mission, observed during the second 
high-latitude pass. This event had a relatively slow onset (compared 
with 1 AU in-ecliptic events) and during the first few days, a smooth 
time-intensity profile. The CME which followed a few days after the 
onset showed up as an increase lasting around 1-2 days in the low- 
energy particle intensity. 
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Figure 5.15. Time to maximum as a function of latitude, great circle angle and radial 
distance from the Ulysses to the Sun (Figure 3 of Dalla et al. (2003b). 



Figure 14, reproduced from Dalla et al. (2003a) shows the onset 
time behaviour for 9 high-latitude events observed during the period 
2000 to 2002. The first three of these were observed during the second 
polar pass over the southern pole, the next five were observed over the 
northern pole, whilst the remaining one was observed at a moderately 
high latitude as the spacecraft returned to low latitudes. Event 1 was 
the Bastille Day event. The first three and the last were observed while 
Ulysses was in low-speed flow, while the remaining five were observed 
in the fast solar wind. The top trace in each plot shows Ulysses onset 
times calculated for a wide range proton and electron velocities, while 
the lower trace shows observations at 1 AU taken from Soho and Wind. 
From these plots it is possible to calculate both the path length travelled 
by the particles, and the delay in releasing them at the Sun. 

In Figure 15 we show results of another analysis by Dalla et al. (2003b) 
again using the same events, which show the correlation between times 
to maximum of the events versus latitude, great circle angle, and radial 
distance from Ulysses to the Sun. 

Larger than expected delays in onset times were observed, correspond- 
ing typically to 120 to 350 minutes from the flare onset. These delay 
times and the path lengths were correlated against several variables. 
The best correlation was found with difference in latitude between the 
flare site and the latitude of Ulysses, this correlation being surprisingly 
better than the correlation with the angular separation between the site 
and Ulysses. This implies a very effective longitudinal transport of the 
particles, but a very inefficient transport latitudinally, which the authors 
concluded meant that cross field diffusion was the fundamental mech- 
anism in getting the particles to high latitudes, in agreement with the 
suggestion by Zhang et al. (2003) for the Bastille Day event. However, 







134 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



they did not rule out the possibility that the delay was due to the time 
taken for the CME to reach the field lines connected to the spacecraft. 

In Figures 16 and 17 we show particle intensity profiles and anisotropy 
parameters for two events, taken from Sanderson et al. (2003b). Event 
1 is a 1 AU baseline event, and Event 4 is an event observed at high lat- 
itude and in the fast solar wind. Here we show, from top to bottom, the 
following: low-energy proton intensities, 1.8 - 3.8 MeV first order per- 
pendicular anisotropy, first order parallel anisotropy, high energy proton 
intensities, 34 - 68 MeV first order perpendicular anisotropy, first or- 
der parallel anisotropy, magnetic field azimuth, elevation (in spacecraft 
coordinates), and magnitude. The particle instruments scan in a plane 
perpendicular to the spacecraft spin axis (z-axis), where the z-axis al- 
ways points to the Earth. After rotating the x-axis to the direction 
of the magnetic field projected onto the scan plane, the sectored count 
rates in this frame of reference are Fourier analysed. In this way, the 
2-dimensional parallel and perpendicular anisotropy amplitudes in the 
scan plane are derived. Anisotropies presented here are the ratios of the 
amplitude of the first order component (either parallel or perpendicu- 
lar to the projected field direction) to the amplitude of the zero order 
component. The vertical line shows the arrival time of the shock. 

Figure 16 is a 3-day plot showing the onset of event 1, observed on 11 
November (day 315), 1990, the 1 AU baseline event. This event has a 
profile similar to profiles described in many models of propagation, but 
in fact was one of the rare occasions when we observed an onset without 
the disturbing effect of the presence of a magnetic field structure such 
as a CIR, SIR, or CME at the spacecraft. 

Note how rapidly the onset took place, the higher energies arriving 
first, and all energies reaching maximum within only a few hours of each 
other. 

The 34 - 68 MeV parallel anisotropy suddenly increased at the time the 
34 - 68 MeV intensity started to rise, and dropped to zero within a few 
hours of the onset. Similarly, the 1.8 - 3.8 MeV anisotropy rose and fell, 
starting one or two hours after the 34 - 68 MeV particles. In both cases, 
during the rise to maximum, and for a few hours thereafter, there was 
a finite parallel anisotropy and a perpendicular component which was 
essentially zero, signifying that the particles were always field- aligned. 
The small fluctuations were mainly due to the limited counting statistics. 

Compare this with the high-latitude, fast solar wind event in Figure 
17. This shows in detail the September 2001 event. This is a 6-day 
plot, starting on 24 September (day 267), 2001. At high energies, the 
increase was about one order of magnitude less than the low latitude 
events. The event was most likely initiated by an X2.6 flare at 09:36 
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on 24 September, day 267, at S16 E23. This event has a moderately 
rapid increase at ^--^50 MeV. Three and one half days after the onset, 
an over-expanding CME (start and stop times shown by the dashed 
lines) (Reisenfeld et ah, 2003), preceded by a forward shock (shown by 
the solid line), passed the spacecraft, causing an additional increase of 
around one order of magnitude in the particle intensity at around ~1 
MeV. The event slowly decayed to background level after about 15 days. 

The event was typical of the four large events seen in 2001 and 2002 
when Ulysses was in high-speed solar-wind flow and at high northern 
latitudes. The events observed in the fast solar wind (events 4 to 7) 
had a much smoother profile than the events observed in the slow solar 
wind, due to the absence of magnetic held structures. Most low latitude 
particle events in the slow solar wind, such as event 3, had a much more 
ragged profile than the high-latitude high-speed flow events, because of 
the presence of an SIR, CIR or discontinuities. 

One of the features of the events propagating in the high-latitude fast 
solar wind is that this medium is remarkably homogeneous and usually 
devoid of large scale structures such as CIRs, SIRs, CMEs and large 
scale discontinuities not related to the event being studied, which would 
otherwise add to the complication of the study of the propagation. 

In general, the duration of the events observed in the slow solar- wind 
events were shorter than the fast solar wind events, a typical slow solar- 
wind event lasting 7-10 days, and a typical fast solar-wind event last- 
ing 15 days. Onsets at high latitude and in the fast solar-wind tended 
to be smooth and rapid, lasting typically one day. Surprisingly the 
anisotropies associated with the onset were very small. 

Comparing event 1, the baseline 1 AU event with event 4, the high- 
latitude, high-speed flow event, we see immediately the large difference 
between the two. The 1 AU event rose to a maximum in around 3 
hours. The intensity during the high-latitude event rose in around 2 
days, a factor ~16 slower than the 1 AU event, which was located only 
a factor ~2 closer to the Sun (measured along the held line). 

The anisotropy in the high-latitude event was very small. Note that 
the scales of the anisotropy panels are the same. In the 34 - 68 MeV 
channel, the component of the anisotropy perpendicular to the held 
fluctuated back and forth around zero. There was a small but finite 
anisotropy which persisted for around one day after the onset in the 34 

- 68 MeV proton channel, signifying that the particles were propagat- 
ing outwards from the Sun (the held direction at this time was inward) . 
This anisotropy persisted until around the time of maximum of the 34 

- 68 MeV channel, and then remained around zero for the next couple 
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Figure 5.16 November 11 
1990 event, from top to 
bottom, proton intensity 
from the 1.8 - 3.8, 3.8 - 8.0 
and 8.0 - 19.0 MeV chan- 
nels, 1.8 - 3.8 MeV first 
order anisotropy amplitude 
resolved perpendicular to 
the component of the mag- 
netic field in the scan plane 
of the instrument, first or- 
der anisotropy amplitude 
resolved parallel to the 
component of the magnetic 
field in the scan plane of 
the instrument, proton in- 
tensity from the 24 - 31, 
34 - 68 and 68 - 92 MeV 
channels, 34 - 68 MeV first 
order anisotropy amplitude 
resolved perpendicular to 
the component of the mag- 
netic field in the scan 
plane of the instrument, 
first order anisotropy am- 
plitude resolved parallel to 
the component of the mag- 
netic field in the scan plane 
of the instrument, mag- 
netic field azimuth, eleva- 
tion (in spacecraft coordi- 
nates), and magnitude. 



of days. All along, the perpendicular component remained around zero, 
indicating that there was no net flow across the field. 

In the 1.8 - 8.0 MeV channel, the component of the anisotropy perpen- 
dicular to the field again fluctuated back and forth around zero. There 
was a larger negative parallel anisotropy which persisted for around half 
a day after the onset in the 1.8 - 3.8 MeV channel, again signifying that 
the particles were propagating outwards from the Sun. A small field 
aligned anisotropy persisted during the next couple of days. Again, all 
along, the perpendicular component remained around zero, indicating 
that the net flow was field aligned. 

The measured anisotropies were very small. Within the limits of ac- 
curacy of measurement of the anisotropy, when there was a net flow. 
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Figure 5.17 The Septem- 
ber 2001 Event, plotted 
with the same parameters 
as in Figure 16). 



the anisotropy directions were coincident with the magnetic field direc- 
tion, projected onto the plane within which the anisotropy measurements 
are made. This meant that the fiow was field aligned, and that parti- 
cles reached high latitudes travelling along the field lines, and not by 
crossing over them. The particles were scattered significantly as they 
propagate outwards, which explains their relatively slow onset and their 
small anisotropy, but despite this, any net fiow direction was still along 
the local magnetic field line direction. 

In Figure 18 we show a drawing of the cross section in the meridian 
plane of an over-expanding CME. This plot, adapted from Gosling et 
al. (1994) and Forsyth and Gosling (2001), has been inverted so as 
to apply to the northern hemisphere. Drawn on top of this is a line 
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Figure 5.18 Cartoon 
of the configuration of 
the heliosphere during 
the September 2001 
particle event, which 
was associated with an 
over-expanding CME 

(after Gosling at ah, 1994 
and Forsyth and Gosling 
( 2001 ). 



showing the latitude of the spacecraft. Since the original diagram did 
not quite extend to the latitude of observation, we have drawn the line 
at lower latitude. At the onset of this event, the CME responsible for 
accelerating the particles was still travelling on its way from the Sun, and 
still some considerable distance away. Ulysses was in the fast solar wind, 
so that the particles accelerated at the shock front closer to the Sun were 
travelling along the field lines in the fast solar wind. The CME which 
subsequently arrived at Ulysses was an over-expanding CME (Reisenfeld, 
2003), preceded by a forward wave, and followed by a reverse shock, 
similar to the events observed by Gosling et al. (1994). 

5.2 Comparison with the Second Southern Polar 
Pass 

At high latitudes (70 - 80°N) and in the fast solar wind we found 
no evidence for any substantial net flow across the field lines, whereas 
at moderately high latitudes (62°S) in the slow solar wind Zhang et al. 
(2003) found evidence for cross-field flow. 

In Figure 19 we show data from the Bastille-day event, using the 
same format as in Figure 16. This event has some similarities to the 
high-speed, high-latitude events. Events 4 to 7. However, the Bastille 
event was observed in the slow solar wind and is more like a low latitude 
event (such as shown in Figure 16) than a high latitude one. At Ulysses, 
the Bastille Day event was an unexceptional event. The increase dis- 
cussed here was a secondary event sometime after the main event. It 
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Figure 5.19 The Bastille 
day event, plotted with the 
same parameters as in Fig- 
ure 15. 



2000 



was observed at 3.17 AU, and at 62° S, which was around the same south- 
ern latitude as the southern- most extent of the current sheet, whereas 
Events 4, 5, 6 and 7 were observed at 2 AU and latitudes between 70° 
and 80°N, which at the time was ~20° higher than the northern-most 
extent of the current sheet, as can be seen in Figure 10. 

The main event began with an onset at high energies at Ulysses on 
day 193. The second, more substantial onset occurred at around 1600 
UT on day 197. The anisotropy of the high energy particles suddenly 




140 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



increased at the time of onset, the particles streaming outwards along 
the field past the spacecraft. The anisotropy amplitude then started to 
decrease. At the beginning of day 197, a CME arrived at the position 
of Ulysses. The magnetic field direction in the spacecraft frame of ref- 
erence changed as the spacecraft entered the CME, reversing the sign 
of the anisotropy amplitude. The anisotropy amplitude continued to 
decrease as the spacecraft entered the CME, whilst at the same time a 
comparable, but small, perpendicular component of the anisotropy (mea- 
sured in the scan plane) was observed. Half way through the passage 
of the CME, the anisotropy had dropped essentially to zero. Although 
at a moderately high latitude, this event was observed in the slow solar 
wind, and has some similarities to the 1 AU event shown in Figure 16. 
Upstream of the CME was a region lasting around 6 hours within which 
the high-energy anisotropy was high. The perpendicular component was 
considerably smaller, which implies that the flow was essentially field 
aligned. Immediately after the onset, particles travelling along the field 
lines with a moderately substantial parallel anisotropy and essentially 
no perpendicular anisotropy were observed. The anisotropy amplitude 
then started to decay slowly, just like the 1 AU in-ecliptic event, except 
the time and magnitude scales were considerably different. 

Approximately 10 hours after the onset, the spacecraft entered the 
previously-existing CME, quite unrelated to the CME, which was re- 
sponsible for this event. The parallel anisotropy amplitude continued to 
decrease, but from this time on a perpendicular component of similar 
magnitude was observed. Both the perpendicular and parallel compo- 
nent amplitudes continued to decrease until both were zero at a time 
half way through the passage of the CME. This could imply that parti- 
cles were crossing field lines within the CME, as suggested by Zhang et 
al. (2003) although this is probably unlikely, as the field is usually very 
quiet inside a CME, so scattering across the field lines is not to be ex- 
pected. A more likely explanation is that inside the previously existing 
CME there was a substantial un-measurable field aligned component, 
as at this time the magnetic field in the spacecraft frame of reference 
was almost perpendicular to the scan plane. This signature could also 
possibly be due to the existence of a gradient, but the duration of this 
anisotropy is probably too long for this to be true. 

In Figure 20 we show another drawing, this time based on Figure 1 of 
Gosling (1991), of the cross section of this pre-existing CME. This time 
the CME is immersed in slow solar wind. Drawn on this is a line showing 
the latitude of the spacecraft. Again, since the diagram does not extend 
up to any higher latitudes, we have drawn the line at a lower latitude. 
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SHOCK 2 




The CME which accelerated the particles which we were observing, was 
still much closer to the Sun. 

At position 1, the onset of the event, the local magnetic field is un- 
aware of the pending arrival of the pre-existing CME, which again, we 
repeat, is not the CME which accelerated the particles closer to the Sun. 
This CME was in between Ulysses and the acceleration site. Most likely, 
the particles travelled around the CME on their way to the spacecraft. 

At position 2, just inside the CME, the field has deflected northward, 
and then at position 3, just before leaving the CME, the held is deflected 
southward. Within the CME, the particles should follow the held lines 
and continue to be held aligned. However, given sufficient scattering 
within the CME, the particles could cross the held lines. A more likely 
explanation is that there is a gradient within the CME. In this event, 
the draping of the field lines provided a distortion of the held lines as 
the CME passed over the spacecraft. There is obviously easy access in 
and out of the CME, as the particle intensities remained the same as 
the boundary of the CME passed the spacecraft. 

6. Summary and Conclusions 

The coronal magnetic held controls the configuration of the helio- 
sphere. In the corona, the current sheet winds its way around and be- 
tween the positive and negative poles of the magnetic held, delineating 
the positive coronal magnetic held from the negative. 

The positive and negative polarity magnetic held propagates out into 
the heliosphere, frozen in the solar wind. As it does so, the current 
sheet divides up the heliosphere into a region of positive magnetic held 
polarity (with outward pointing field) and a region of negative polarity 
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(with inward pointing magnetic field). At solar minimum this is a simple 
configuration, but at solar maximum it becomes much more complicated. 

The coronal holes follow the motion of the poles of the magnetic field 
as they move across the disc of the Sun during the course of the solar 
cycle. At solar minimum, the poles of the dipole are located at the 
heliographic poles, and there is a large polar coronal holes at each pole. 
The coronal holes are the source of the fast solar wind. They move 
equatorward during the course of the solar cycle, following the dipole 
poles, and, as the quadrupole strength increases around solar maximum, 
break up into smaller mid-latitude coronal holes roughly co-located with 
the quadrupole poles. 

At solar minimum, most of the high latitude region is filled with fast 
solar wind. At solar maximum, only a few small low-latitude fast solar 
wind streams exist. 

For the study of particle propagation at high latitudes, it is important 
to differentiate between propagation in slow and fast solar wind, as the 
characteristics of the propagation differ considerably between the two. 

During the highest northern-latitude parts of the second polar pass, 
Ulysses was immersed in the fast solar wind. The fast solar wind tends 
mainly to be homogeneous, and devoid of large scale discontinuities, 
but is much more turbulent than the slow solar wind, and so particles 
propagate to high latitudes in high-speed solar wind with some difficulty. 

Energetic particle events observed during the part of the northern 
polar pass where Ulysses was at its highest latitude and in the fast solar 
wind had smooth time intensity profiles, near-isotropic particle angular 
distributions at all energies at the onset, flow directions during the rising 
phase of the events along the held, and no evidence for any net flow across 
the held lines. These particles propagated to the highest heliographic 
latitudes travelling along magnetic held lines and not across them. 

Our observations do not allow us to draw conclusions about propa- 
gation closer to the Sun, but most likely, to reach the high latitudes, 
particles must either diffuse across held lines closer to the Sun, or else 
there was some large scale distortion of the magnetic held lines. 

During the second southern polar pass, the spacecraft was continually 
in the slow solar wind. Most of the particle events observed at this time 
occurred at the same time as some other pre-existing and unrelated 
structure, such as a CME from a previous solar flare, or a CIR, passed 
over the spacecraft. Particle propagation was dominated by the presence 
of these structures, the frequent occurrence of which meant that it was 
quite rare to And an event where the event was unaffected by one. 

The forward and reverse shocks and the stream interfaces of the CIRs, 
and interplanetary shocks and magnetic clouds of the CMEs all affected 
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the particle propagation, sometimes even accelerating the lower energy 
particles locally. These structures tended to be full of discontinuities, 
which again affected the propagation, the effect depending on the size 
and thickness of the discontinuities and the energy of the particles. 

During the southern polar pass, where structures were present we 
observed events with irregular time-intensity profiles, onset times and 
velocity dispersion modified by the presence or the lack of structures 
and discontinuities and field aligned flow. In between the shocks and 
discontinuities, the field tended to be relatively quiet and channelling 
could be observed. Occasionally, close to a boundary or interface, we 
observe a short period of non field-aligned flow. 

On the rare occasions in low-speed flow when no structures were 
present, we observed a smoother time-intensity profile, a rapid onset 
with velocity dispersion and moderately high field aligned anisotropies 
at the onset, diminishing with time. 

Finally we conclude with a summary table showing the energetic par- 
ticle and the plasma characteristics of the two different high-latitude 
regions, the slow solar wind region observed during the second south- 
ern polar pass, and the fast solar wind region observed during second 
northern polar pass. 

Table 5.1. Summary of observations during the second polar passes 



Characteristic 
Solar wind 

Time intensity profiles 
Structures at onset 
Event onset times 
High latitude Propagation 
Anisotropy at onsets 
Particles inside CME 
Particle flow directions 



Southern Polar Pass 

Slow 

Irregular 

Frequent 

Rapid 

Modified by draping 
Large 

Intensities depressed 
Field aligned 



Northern Polar Pass 

Fast 

Smooth 

Rare 

Delayed 

Direct along field 
Nearly isotropic 
Intensities elevated 
Field aligned (non- field 
aligned near structures) 
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Abstract Since Hewish et al. (1964) discovered the interplanetary scintillation 
(IPS) phenomena, the IPS method has been used as one of the few 
devices which can be used to observe solar wind in three-dimensional 
space. However because of the line-of-sight integration effect of IPS, 
solar wind had to be studied with blurred images. In the late 1990s 
new methods of IPS observation and analysis which can deconvolve the 
line-of-sight integration effect were developed independently by a group 
at University California at San Diego {Grail et al, 1996) and a group at 
the Solar- Terrestrial Environment Laboratory, Nagoya University {Asai 
et al, 1998; Kojima et al, 1998; Jackson et al, 1998). Today we can 
obtain unbiased solar wind images with high spatial resolution from 
IPS observations. The Ulysses spacecraft has been observing detailed 
structures of solar wind in three dimensions since its launch in 1990. 
However, Ulysses takes ten months even to make a rapid latitudinal 
scan from the south to north poles. IPS measurements have several 
advantages in comparison with spacecraft measurements. It can observe 
three-dimensional solar wind in a short time, and the observations can 
be carried out consistently over a solar cycle. Making use of these 
advantages of IPS, we have been studying several interesting solar wind 
features observed by Ulysses; namely, whether they are stable structures 
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and how they depend on the solar cycle. We introduce these studies and 
propose a model to determine the solar wind velocity structure. 

Keywords: Solar wind, interplanetary scintillation, tomography, fast wind, slow 
wind, latitudinal structure, bimodal structure, coronal magnetic field 



1. Introduction 

The solar corona changes its structure dramatically with solar activity. 
As a consequence of this change, solar wind also changes dynamically. 
Solar wind has been observed in three dimensions with the interplan- 
etary scintillation method (IPS). Coles et al (1980) first showed how 
the latitudinal structure of solar wind changes over a solar cycle and 
compared it with the change of the polar coronal hole size. Kojima and 
Kakinuma (1987, 1990) introduced synoptic velocity maps with which it 
can be easily seen how the velocity structure of solar wind changes, and 
showed that low-speed wind tends to concentrate along a potential field 
neutral line on the source surface. Rickett and Coles (1991) analyzed 
solar wind structure changes over 16 years and compared this with coro- 
nal density and magnetic field structures. These IPS observations were 
confirmed by Ulysses’ in situ observations (e.g., Phillips et al, 1995; 
Coldstein et a/., 1996; Woch et a/., 1997; McComas et al, 2000). 

Ulysses observed that the velocity of high-latitude fast solar wind is 
in the range of 700-800 kms“^ and that, within a coronal hole, there is 
a small but noticeable gradual increase in velocity towards higher lat- 
itudes {Woch et al.^ 1997). Velocity asymmetry was also observed in 
the high-latitude fast wind between the northern and southern hemi- 
spheres {Goldstein et a/., 1996). Ulysses {Woch et al.^ 1997) confirmed 
the bimodal velocity structure which had been revealed by the IPS ob- 
servations {Kakinuma^ 1977). Since it took about ten months for Ulysses 
to observe these solar wind features at all the latitudes from the south 
to north poles, quicker measurements of solar wind in the full latitudinal 
range are both interesting and important in terms of finding out whether 
the solar wind structures observed by Ulysses are stable structures and 
how they change with solar activity. These solar wind properties have 
been studied using IPS observations by Fujiki et al. (2003a), and we 
introduce them in the following sections. 

Since IPS measurements of solar wind properties integrate over the 
line of sight, the solar wind structures studied using the IPS method 
were sketchy except for those in the work of Kakinuma (1977), who an- 
alyzed the latitudinal velocity structure using a model fitting method 
to remove the line-of-sight integration effects. Nowadays, to study the 
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three-dimensional solar wind structure we can use computer-assisted to- 
mography (CAT) which was developed by Asai et al (1998), Jackson 
et al (1998), and Kojima et al (1998) to analyze the IPS observations. 
In section 2 we introduce the IPS CAT method. In section 3 synop- 
tic velocity maps are derived from the IPS CAT analysis, and the solar 
cycle dependence of the solar wind structures is briefly discussed. Sec- 
tion 3 also describes the IPS data used in the analyses and the analysis 
method to compare observations made at different heliocentric distances. 
Section 4 discusses the reliability and accuracy in retrieving solar wind 
properties from IPS measurements using the tomographic method. In 
section 5 we analyze the coronal hole size dependence of the wind ve- 
locity in polar regions. Since the coronal hole is a source of high-speed 
wind (>750 kms“^) as well as low-speed wind (<400 kms~^), in sec- 
tion 6 we also discuss the low-speed wind from a small coronal hole. In 
sections 7-9, the N-S asymmetry, the latitudinal velocity gradient and 
the bimodal structure observed by Ulysses are discussed in relation to 
their solar cycle dependence. In section 10, we summarize how the solar 
wind structure changes with the solar cycle. 

Coronal holes play important role in determining the solar wind struc- 
ture. A large-scale polar coronal hole is a source of fast solar wind, 
and medium and slow speed streams originate in smaller coronal holes 
{Neugebauer et a/., 1998). The velocity depends on the coronal hole 
scale size in a linear fashion {Nolte et a/., 1976). Not only the coronal 
hole scale size but also the flux expansion rate ( Wang and Sheeley^ 1990; 
Sheeley et a/., 1991) and energy supplied from the photosphere {Fisk et 
a/., 1999) determine the wind velocity. Hirano et al (2003) found that a 
new physical parameter, which is the combination of the flux expansion 
rate and energy supply, can well determine the solar wind velocities from 
various kinds of coronal holes. This is illustrated in section 11. 

2. Interplanetary Scintillation Measurements 

Radio waves from a compact radio source are scattered by electron 
density irregularities in solar wind, and the scattered radio waves inter- 
fere with each other as they propagate to the Earth, producing diffrac- 
tion patterns on an observer’s plane. This phenomenon is called inter- 
planetary scintillation {Hewish et al, 1964). We use IPS observations 
to study the three-dimensional solar wind structure, because they have 
several advantages over in situ spacecraft measurements. They can be 
used consistently for a long-term study of the solar cycle dependence 
of the solar wind structure. In addition, since a large number of IPS 
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sources are available, vast regions of interplanetary space can be probed 
in a relatively short time. 

Solar wind velocity is estimated by measuring the drift velocity of the 
diffraction pattern. It has been assumed that the velocity derived from 
the IPS observation represents the solar wind velocity around the point 
closest to the Sun on a line of sight (P-point assumption). Although 
the P-point assumption is approximately valid, especially for low-speed 
wind {Watanabe and Kakinuma^ 1972; Coles et a/., 1978; Coles and 
Kaufman^ 1978), the flow velocity obtained from the IPS measurement 
is a weighted integration along a line of sight of the velocity component 
perpendicular to the line of sight. Consequently, the IPS measurement 
leads to large underestimation of the velocity of fast solar wind and to 
blurred spatial resolution. 

Two methods that can deconvolve the line-of-sight integration have 
been developed to improve the spatial resolution and retrieve the intrin- 
sic velocity from IPS observations. One method uses remotely separated 
multi antennas with a baseline longer than a Fresnel radius, and the 
other employs the CAT method. 

IPS observations made using widely separated antennas can resolve 
the line-of-sight integration into two components when bimodal solar 
wind is observed {Grail et a/., 1996). When the baseline is long enough, 
the cross-correlation function has two clearly separated peaks; one peak 
corresponds to high-speed wind, and the other to low-speed wind. How- 
ever, use of this method is restricted to special observational conditions: 
the baseline length has to be a few times longer than the Fresnel ra- 
dius, and the baseline should be parallel to the projected solar wind 
flow direction. 

Another method which uses the CAT technique was developed by Asai 
et al. (1998), Jackson et al (1998) and Kojima et al (1998). With IPS 
observations made while the Sun rotates, both the solar rotation and 
solar wind outward motion give perspective views of three dimensional 
solar wind structures at various different view angles. These situations 
make it possible to use the CAT technique for the IPS analysis, and this 
technique can retrieve not only unbiased solar wind parameters but also 
provide high spatial resolution. 

2.1 Tomographic Analysis of IPS Observations 

In the tomographic analysis, an initial model of wind velocity distri- 
bution is first introduced on the reference sphere and then expanded 
radially outward with a constant velocity to make a three-dimensional 
solar wind model. IPS observations are simulated in this solar wind 
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model for actually observed geometries of lines of sight and then com- 
pared with the observed IPS velocity (Figure 6.1). The discrepancy AV 
between the simulated and observed velocity is distributed on the ref- 
erence sphere along a projected line of sight with a weighting factor to 
modify the velocity distribution model on the reference sphere. After 
completing the simulations for all observations, the initial solar wind 
model is modified and the IPS simulations are restarted. This process is 
iterated until the residuals become small enough. Usually this process 
converges after several iterations. It should be noted that the result from 
the tomographic analysis does not depend on the initial model given on 
the reference sphere to start the iteration process; that is, the tomo- 
graphic iteration can be started from a structureless solar wind model. 
For a full description of the CAT analysis method, we refer the reader 
to Asai et al (1998) and Kojima et al (1998). 

Figure 6.2 demonstrates how the IPS CAT can improve the velocity 
map. The upper map is derived from the IPS data obtained during 
Carrington rotations (CR) 1909-1913 (April - September 1996) using 
the previously used P-point assumption. Although the analyzed period 
is in the solar minimum phase, the velocities at high latitudes are lower 
than 700 kms“^, and the separation between low-speed and high-speed 
regions is not sharp. The lower panel in the figure gives the results of the 
CAT analysis applied to the same IPS data used for the upper map. We 
can see that the map has a higher resolution and velocities higher than 
700 kms~^ emanate from the high latitude region. These features agree 
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Figure 6.1 IPS CAT anal- 
ysis method. IPS observa- 
tions are simulated for the 
actual geometry of lines 
of sight in the solar wind 
model and compared with 
the observed IPS velocities. 
Using the residual between 
velocities obtained by sim- 
ulation and observations, 
the solar wind model is 
modified. 
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Figure 6.2 Demonstration 
of the result of the IPS 
CAT analysis. The upper 
velocity map is derived us- 
ing the previously used as- 
sumption that the IPS ob- 
serves the solar wind at the 
point closest to the Sun on 
a line of sight. The lower 
map is the results from the 
CAT analysis. 




2001 

1978 1977 



,^800 
O400 
^ 0 



250 200 150 

Utysses observation time (DOY) 



cu 

■O 



1976 



1975 



km/s 

1700 



CASRIMGTON LONGITUDE (deg) 

CR1981 1980 1979 



90 

0 



Figure 6.3. Comparison between the velocities derived by the IPS CAT analysis and 
the Ulysses observations. The velocity map is derived at a heliocentric distance 2.b Rs 
by the IPS CAT, and the Ulysses trajectory is mapped on it. Velocities are sampled 
from the map along the Ulysses trajectory and are plotted with a thin line in the 
lower panel. Error bars (Tier) are shown on the velocity plot, but they are small 
except for those in the polar region where there were not enough IPS observations. 
The thick line is the Ulysses measurements. The structure between marks a and h is 
similar to the mesa-like steep structure of the fast stream observed by Helios around 
0.3 AU {Rosenbauer et a/., 1977) which will be discussed in section 9. Ulysses entered 
into a polar high-speed region around DOY 245 (marked by c) with a steep velocity 
jump. 



well with the solar wind structure obtained by the first Ulysses’ rapid 
latitudinal scan in 1994 and 1995 (e.g., Phillips et al.^ 1995; Goldstein 
et al.^ 1996; Woch et a/., 1997). 

Figure 6.3 compares IPS CAT velocities with Ulysses measurements in 
the solar maximum phase. The upper panel shows velocity distribution 
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maps for CR1975-1981 (April - October 2001) derived by the IPS CAT 
analysis {Fujiki et al.^ 2003b). In that year Ulysses made the second 
rapid latitudinal scan, and its trajectory is mapped back on the velocity 
map with gray colored circles. Velocities were sampled in the map along 
the Ulysses trajectory and compared with Ulysses observations in the 
lower panel. The thick line is the Ulysses observations and the thin 
line is the IPS observations. We find good agreement even though the 
observations were made in the solar maximum phase when the solar wind 
structure is not stable over a long time. 

3, Synoptic Velocity Maps 

From 13 years’ observation during 1986-1998 we derived 21 solar wind 
velocity maps in heliographic latitude and Carrington longitude, and 
some of them are shown in Figure 6.4. These maps were derived from 
the IPS data obtained at the Solar- Terrestrial Environment Laboratory 
(STELab) using a four-antenna system operated at 327 MHz {Asai et 
al.^ 1995). We used IPS data observed in an elongation range of 12^-64°; 
thus, the closest distance of a line of sight to the Sun is 0.2 to 0.9 AU 
where the solar wind has a steady cruising speed and radio scattering 
is weak at a frequency of 327 MHz. For this analysis, we selected those 
Carrington rotations over which the evolution of solar wind structures 
was minimal, and each map was derived from observations during two 
or three Carrington rotations so that there are a sufficient number of 
lines of sight traversing the polar regions. 

In order to compare the synoptic velocity maps, which were derived 
from the IPS observations at 0.2-0. 9 AU, with other observations at dif- 
ferent heliocentric distances such as Ulysses data beyond 1.5 AU, those 
data are mapped back onto the source surface at 2.5 Rg based on an 
assumption of radial constant velocity. In order to examine coronal ob- 
servations, such as magnetic filed, and interplanetary observations, in- 
terplanetary observations are mapped back onto the source surface, and 
coronal observations are traced on to the source surface along potential 
field magnetic field lines. 

Schwenn et al (1981) analyzed a solar wind acceleration rate at dis- 
tances of 0.3- lAU using Helios observations and obtained an accelera- 
tion rate of 7 ± 16 kms~^ AU“^ for fast wind and 52 ± 11 kms“^ AU“^ 
for slow wind. If we take into account these accelerations at distances 
where IPS observations were made, mapping back error in longitude is 
less than 5° in case of the slow wind. This acceleration may continue 
beyond 1 AU but may become less at further distances of Ulysses’ orbit. 
Therefore, although the solar wind observed by Ulysses traveled a longer 
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Figure 6.4- Velocity maps derived from the IPS CAT analysis. Each map was derived 
using data obtained during Carrington rotations shown below the year label. 



distance under acceleration than the solar wind observed by the IPS, the 
mapping back error caused from the solar wind acceleration at distances 
beyond 0.3 AU is negligible. Even if the acceleration of the solar wind 
continues considerably beyond the source surface, this acceleration ef- 
fect is cancelled in mapping back IPS and Ulysses observations because 
the solar winds observed at different distances equally experienced this 
acceleration. 
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3.1 Solar Cycle Dependence of Solar Wind 
Velocity Structure 

Comparing Figure 6.4 with velocity maps which were derived earlier 
by Kojima and Kakinuma (1987, 1990) without using the CAT, we find 
that these new maps show sharp structures as well as several fine fea- 
tures such as compact slower speed regions. Here we briefiy discuss the 
solar cycle dependence of the solar wind velocity structures, and detail 
structures are analyzed in the later sections. 

In the solar minimum phase, the low-speed region distributes in a nar- 
row belt along the solar equator separated from the high-speed region 
by a steep velocity gradient. As the solar activity increases, the low- 
speed region comes to have a wavy structure with a larger amplitude 
and wider distribution, while the high-speed region shrinks to the polar 
region and disappears at the maximum. Although the low-speed region 
tends to distribute along a potential field neutral line on the source sur- 
face (e.g., Kojima and Kakinuma] 1987, 1990), there is also a tendency 
for the lowest speed locus to deviate from the neutral line {Crooker et 
a/., 1997). This deviation has been explained by Kojima et al. (1999), 
and is illustrated in section 6. Using these velocity maps, we proceed to 
discuss the solar cycle dependence of the solar wind structure. 

4. Correction Factor for CAT Analysis Results 

The CAT analysis is made using a limited number of line-of-sight 
data, and the data have some observational errors. Kojima et al. (1998, 
1999, 2001) have shown that the IPS CAT has sufficient reliability and 
sensitivity in determining solar wind velocity structure. Here we make 
numerical evaluation of the accuracy of the CAT analysis and obtain 
numerical correction factors which will be used in the later sections. 
The evaluations are made as follows. 

Velocity maps in the second row of Figure 6.5 are derived from actual 
IPS observations using the CAT analysis. From these maps we obtained 
the lower latitudinal boundary of the high-speed region, and their yearly 
variations are plotted in the top panel with a dotted line. Maps in 
the third row are used as models for observations. They have a steep 
velocity gradient between low (400 kms“^) and high (750 kms~^) speed 
regions. With these solar wind models we simulated IPS observations 
and then applied the CAT analysis to the synthetic IPS observations. 
Thus we obtained the CAT results that are shown at the bottom. By 
comparing the velocities of the model with the CAT results, we evaluated 
the accuracy of the CAT analysis for the high-latitude high- speed wind. 
Figure 6.6 shows the ratio of the model velocities to the CAT results 
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for the high-latitude, high-speed wind. The abscissa gives the latitude 
of the lower boundary of the high speed region; the ratio of the high 
speed area to the surface area is also shown. The figure shows that 
CAT results are noticeably biased when the high- speed region shrinks 
to latitudes higher than 60°. Therefore, we exclude three years around 
the maximum phase from the analysis. The velocity ratio will be used as 
a speed reduction factor in the later analysis to correct the CAT results. 

Another evaluation analysis was made for spatial resolution. The 
above solar wind models have a steep velocity gradient between the low- 
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Figure 6.5. Evaluation of the IPS CAT analysis. The velocity maps in the second 
row are derived from the IPS observations using the CAT method. From these maps 
the lower latitude boundaries of the high-latitude high-speed region are obtained and 
plotted in the top panel with a dotted line. The maps in the third row are solar wind 
models simplified for the above observations. The bottom panels are derived using 
the CAT method from the synthetic IPS observations which were simulated in the 
above solar wind model. 
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Figure 6. 6 Speed re- 
duction factor in the 
CAT analysis for the 
high-latitude high-speed 
wind measurement. The 
velocities at high latitudes 
in the solar wind model 
(maps in the third row 
of Figure 6.5) have been 
compared with those in 
the velocity map derived 
by CAT analysis from the 
synthetic IPS observations 
(maps at the bottom). 
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Figure 6 . 7 Blurring fac- 
tor of spatial resolution of 
the CAT analysis. Area 
of medium-speed (450-700 
kms“^) region in the ve- 
locity map is calculated in 
both the solar wind model 
(maps at the third row in 
Figure 6.5) and the veloc- 
ity map derived by CAT 
analysis from the synthetic 
IPS observations (maps at 
the bottom). The ratio of 
these two areas is used to 
evaluate the spatial resolu- 
tion of the CAT analysis as 
a blurring factor. 



speed and high-speed regions. We examine how this steep structure can 
be analyzed by the CAT method. The CAT results in the bottom row of 
Figure 6.5 show that the steep structure cannot be retrieved well when 
the high-speed region becomes small. To evaluate this numerically, the 
area occupied by the medium-speed (450-700 kms“^) region in the map 
is calculated for the model and the CAT result, respectively, and the 
areas are compared by obtaining a ratio. The thus obtained ratio is 
shown as a blurring factor in Figure 6.7. This factor will be used in 
section 9 as a correction factor. 
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Figure 6.8. Mean velocities in the latitude range of 80°-90° in the velocity maps 
derived with the IPS CAT analysis. Velocities in the northern and southern polar 
regions were averaged. The total average through the analysis period is shown by the 
broken line with the gray belt having a range of Tier. 



5. Coronal Hole Size Dependence of Solar Wind 
Velocity 

From data analysis in the Skylab era, Nolle et al (1976) reported 
that there is a high correlation between solar wind velocity and the 
size of a coronal hole; that is, slower solar winds originate from smaller 
coronal holes. Several works provide evidence that small coronal holes 
are sources of the slow (<400 kms“^) solar wind. They are reviewed in 
section 6. However, studies of the change of the polar wind speed as a 
function of the polar coronal hole size over a solar cycle are still missing. 

We calculate a mean velocity in the latitude range of 80°-90° in the 
velocity maps derived with the IPS CAT analysis. The latitude of the 
lower boundary of the high-speed region changed from 30° to 60° dur- 
ing the time interval we analyzed, and the CAT analysis can retrieve 
the actual velocities with an accuracy of more than 90 % as shown in 
Figure 6.6. The velocities, which were corrected with the reduction fac- 
tor, are shown in Figure 6.8 with a iblcr error bar. The mean value 
calculated over the analysis period except for three years around the 
solar maximum is 789 ± 68 kms~\ which agrees with the velocity es- 
timated by extrapolating the Ulysses observations to the polar region. 
The figure shows no obvious systematic velocity change associated with 
the latitudinal change of the high-speed region. 

During the time interval we examined the latitudinal boundary of 
the polar coronal hole varied in between 60° and 80°, and the coronal 
hole area varied in between 5 x 10^^ and 40 x 10^^ km^. Coronal holes 
with these sizes were not analyzed by Nolle el al (1976) because they 
investigated coronal holes within 10° of the ecliptic plane. The mean 
velocity obtained from this study is shown in Figure 6.9 together with 
the data of Nolle el al. This figure indicates that the coronal hole has 
a critical scale size around 5 x 10^^ km^ beyond which the fiow speed 
becomes independent of the coronal hole scale size. Since, however. 
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this figure is the combination of the measurements for the equatorial 
and polar coronal holes, it is important to investigate whether the polar 
coronal hole turns to be the source of the slow solar wind when it becomes 
smaller than the critical scale size. 



6. Slow Solar Wind from a Small Coronal Hole 



In velocity maps low-speed regions are often observed to cluster into a 
compact area associated with active regions {Kojima et a/., 1992; Watan- 
abe et al.^ 1995). From correlation analyses among an interplanetary 
parameter (density turbulence level with scale size around 100 km mea- 
sured by the IPS), coronal parameters (Soft X-ray (SX) and FeXIV in- 
tensities), and a source surface parameter (potential-field Br at 2.5 i?s). 
Hick and Jackson (1995) and Hick et al. (1995) reported that enhanced 
density-turbulent regions tend to be mapped back to high-intensity re- 
gions of Fe XIV and SX rather than to a current sheet on the source sur- 
face. From the analysis of spacecraft observations and coronal magnetic 
field configuration, Neugebauer et al (1998) suggested that medium and 
slow speed streams originate not only from open field regions just out- 
side coronal hole boundaries but also from small coronal holes at low 
latitudes. Arge et al (2003) also found that a narrow coronal hole ob- 
served in Yohkoh soft X-ray images was the source of slow solar wind. 
These low-speed regions tend to deviate from a potential-field neutral 
line on the source surface. In this section we examine the properties of 
two kinds of slow solar wind emanating from small coronal holes, one 
from a polar coronal hole and the other from an equatorial coronal hole. 

Compact low-speed streams which appeared in the solar minimum 
phase near the solar equator were studied by Kojima et al (1999). One 
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Figure 6.9 The relation 
between coronal hole size 
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of them is shown in Figure 6.10, which gives the velocity distribution on 
the source surface at 2.5 R^, Kitt Peak photospheric magnetic field, and 
coronal potential magnetic field lines. The data is for CR1900 (August 
- September 1995). The field lines connecting the photosphere and the 
source surface are those with fiux expansion factors larger than 2,000, 
which is defined by the ratio between the magnetic field intensity on the 
photosphere and that on the source surface, and their intersection with 
the source surface is labeled by white dots. Closed loops in the corona 
represent field lines with intensity >15 gauss on the photosphere. On 
the source surface, black areas are for velocities of <370 kms“^ In 
this figure the slowest speed region is not located right above the closed 
loops (helmet structure), but is shifted away from them and connected 
to the open field regions (coronal hole) in the vicinity of the closed 
loops. Therefore, this compact stream is magnetically unipolar and con- 
sequently a neutral line does not traverse through it. This is the reason 
why the lowest speed locus tends to deviate from the neutral line. 




Figure 6.10 Magnetic flux 
tubes connecting the low- 
speed regions on the source 
surface and the coronal 
hole in the vicinity of ac- 
tive regions. Data are for 
CR1900. The magnetic 
field lines are for flux ex- 
pansion factor larger than 
2,000, which is defined by 
the ratio between the mag- 
netic field intensity on the 
photosphere and that on 
the source surface, and the 
magnetic field in the closed 
loops shown in the figure 
is >15 gauss on the pho- 
tosphere. The expansion 
factor was calculated for 
photospheric location with 
longitude and latitude bin- 
ning size of 1° X 1°. On 
the source surface, black 
areas are for velocities of 
< 370 kms“^. White 
spots are the locations of 
the flux-expansion factors 
of > 2,000. Adapted from 
Kojima et al. (1999). 
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Table 6.1. Comparison of the physical properties of solar winds in a heliospheric 
plasma sheet (HPS), from a small equatorial coronal hole (seCH) and from a large 
equatorial coronal hole (leCH). Adapted from Ohmi et al. (2004). 



Slow (HPS) Slow (seCH) Fast (leCH) 



Vp [kms 


343 


di 


12 


323 




9 


673 


zb 


14 


Np [cm“^] 


11.7 


zb 


3.3 


10.2 


± 


0.6 


3.2 


zb 


0.5 


Tp [lO^K] 


0.39 


zb 


0.14 


0.55 


zb 


0.11 


2.20 


zb 


0.39 


To [10®K] 


1.85 


zb 


0.24 


1.99 


± 


0.19 


1.42 


± 


0.13 


Na/Np 


0.009 


zb 


0.003 


0.031 


zb 


0.008 


0.039 


zb 


0.004 



Physical properties of one of these low-speed streams were investi- 
gated by Ohmi et al. (2004) using WIND spacecraft observations. The 
top panel in Figure 6.11 (adapted from Ohmi et al. (2004)) shows the 
velocity distribution on a sphere at 1 AU, and other panels give parame- 
ters from WIND in situ observations. The bottom panel is an azimuthal 
angle of interplanetary magnetic field showing polarity change. Veloci- 
ties measured by the IPS CAT analysis along the WIND trajectory are 
shown with a solid thick line in the second panel to evaluate the reliabil- 
ity of the IPS CAT analysis. WIND traversed a slow solar wind region 
at longitude 300°- 340° where the magnetic field did not change polarity 
(indicated by light gray) . The physical properties of this slow solar wind 
(between two vertical lines) are listed in Table 6.1, and compared with 
those of a fast solar wind from a large equatorial coronal hole (leCH) 
observed around the longitude of 260° and a slow solar wind in a helio- 
spheric plasma sheet (HPS) around the longitude of 0-120°. Velocity 
proton density Vp, proton temperature Tp, and freeze-in temperature To 
are all similar to those of the slow wind in an HPS. However, the helium 
to proton density ratio Na/Np is as large as the fast wind from a leCH, 
and, interestingly, the variance of Np is as small as the leCH fast wind. 
The intensity of the photospheric magnetic field of this equatorial small 
coronal hole was 18 gauss, stronger than that in quiet regions. 

Another source of slow wind was found in the polar region at the solar 
maximum in 1990 (CR 1829) and 1999 (CR 1955) by Ohmi et al. (2001, 
2003). Figure 6.12 shows the velocity distribution on the source surface 
derived from the IPS CAT analysis and coronal potential magnetic fields. 
At the northern pole, a compact low-speed region was observed with a 
speed of 316±13 kms“^ for CR1829 and 290d=39 kms“^ for CR1955. 
The magnetic neutral line (black solid line) does not traverse the slow 
speed region and open field lines connect the slow speed region to a small 
polar coronal hole. These open fields are surrounded by closed loops from 
mid latitudes, forming a large sea anemone structure. This structure is 
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Figure 6.11. The top panel is the velocity distribution at lAU derived from the IPS 
CAT analysis, and lower panels are measurements of the WIND spacecraft. The 
bottom panel is an azimuthal angle of interplanetary magnetic field showing polarity 
change. The trajectory of the WIND spacecraft is projected on the velocity map 
with a thick belt near the equator. In the second panel the velocities obtained by 
IPS CAT analysis (solid thick smooth line) are compared with WIND observations. 
WIND observed slow solar wind with a unipolar magnetic field in the gray colored 
region. The solar wind properties for the time interval between the vertical dashed 
lines are discussed in the text. Adapted from Ohmi et al. (2004). 
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similar to that of the open field region from a small coronal hole in the 
vicinity of active regions. The average magnetic field intensity of the 
small polar coronal hole observed at CR1955 is about 4-6 gauss, which 
is weaker than that in a large polar coronal hole (~10 gauss) observed 
in the solar minimum phase {Wang and Sheeley^ 1995), because this 
is a polar coronal hole remnant about to disappear. This magnetic 
field intensity is also different from that in the equatorial small coronal 
hole. For the later discussion, these magnetic field intensities should 
be remembered. Although the small coronal holes at the pole and in 
the equatorial region have different magnetic field intensities, both were 
sources of low-speed wind. 

7. N-S Asymmetry of High-Latitude Fast Solar 
Wind 

Ulysses observed in its first rapid latitudinal scan that the solar wind 
at mid-latitudes had a modest north-south asymmetry in velocity ( Gold- 
stein et a/., 1996); typically 15- 20 kms“^ faster velocities were observed 
in the northern hemisphere than in the southern hemisphere, and the 
velocity diflFerence decreased with latitude from 24 kms“^ at 40° to 
13 kms“^ at 80°. These velocity features were observed not only in 
the first latitudinal scan but also in its full polar orbit during the years 
of 1993-1997 {McComas et aZ., 2000). Since, however, the Ulysses rapid 



CR1955 CR1829 




Figure 6.12. Low-speed solar wind from a small polar coronal hole at the solar max- 
imum. Solar wind velocity distribution is depicted on the sphere at 2.5 Rs. The 
black thick line is the magnetic neutral line from the potential field model. Coronal 
magnetic field lines are originating from 5° x 5° grids on the photosphere in the range 
of 5-250 gauss. The gray area is negative polarity and the white region is positive. 
The speeds in the polar low-speed region are 316±13 kms“^ for CR1829 and 290±39 
kms“^ for CR1955. Figures for CR1829 and CR1955 are adapted from Ohmi et al. 
(2001) and (2003), respectively. 
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Lat 70—80 deg. 





Figure 6.13 Average wind 
speed in the 70° to 80° lat- 
itude interval in the north- 
ern and southern hemi- 
sphere. The top panel 
shows velocity for each 
hemisphere separately, and 
the bottom panel gives 
the difference between the 
two hemispheres. North- 
south asymmetry observed 
by Ulysses in its first rapid 
latitudinal scan at latitude 
80° is shown for reference 
with a dotted line (Gold- 
stein et al.^ 1996). 



scan took about ten months to observe all the latitudes, the north-south 
asymmetry could be due to temporal variation of the solar wind. There- 
fore, we investigated whether this asymmetry was a stable structure 
lasting several years or much longer, and whether there was any solar 
cycle dependence. We made these investigations using the IPS CAT 
analysis. 

We compared the velocities of northern and southern high latitudes. 
For this comparison we calculated the mean velocity over the range of 
latitudes of 70°- 80°, for which there are more IPS observations than for 
polar regions. The top panel in Figure 6.13 shows the average velocities 
in the northern and southern hemispheres, and the lower panel indicates 
the difference between the two hemispheres. The velocity difference 
observed by Ulysses in 1994-1995 is shown by a dotted line for reference. 

IPS and Ulysses observed the same asymmetry: that is, the speed 
was higher in the northern hemisphere than in the southern hemisphere. 
The asymmetry persisted over the solar cycle, apart from the 1992 and 
1997 data points, and did not change when polarity of the solar dipole 
field reversed at the maximum. 

It is important to note here that the IPS observed the asymmetry at 
distances within 0.9 AU. This means that the asymmetry was formed 
somewhere within 0.9 AU. McComas et al. (2000) suggested reverse 
waves from a stream-stream interaction region {Gosling, 1996) as an 
effect contributing to the asymmetry, though they did not consider it 
to be the major effect because no reverse waves were observed above 
60° and the bulk solar wind parameters were nearly identical in the two 
hemispheres at the highest latitudes. We agree that the reverse waves 
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are not the major cause, because the asymmetry is formed somewhere 
within 0.9 AU where the stream- stream interaction is not strongly de- 
veloped. McComas et al. (2000) attributed the observed asymmetry to 
real temporal differences in solar wind such as that from the polar coro- 
nal hole, high-latitude CMEs, and reverse waves and shocks, because 
the observations in the southern hemisphere were made in the declining 
phase (1992-1995) while the northern hemisphere was observed in the 
minimum phase (1995-1996). However, the IPS observations have re- 
vealed that the asymmetry is a stable real structure which is not caused 
by temporal change of the solar wind condition. 

Goldstein et al (1996) and Kojima et al. (2001) compared the ve- 
locity asymmetry with that of a magnetic flux expansion factor in the 
corona. Goldstein et al. analyzed the Ulysses data observed in the first 
rapid latitudinal scan, and Kojima et al. analyzed the IPS data observed 
in 1996, one year after the Ulysses rapid latitudinal scan. They obtained 
qualitatively good agreement in terms of the empirical inverse relation 
between velocity and a magnetic flux tube expansion factor which was 
found by Wang and Sheeley (1990); that is, the expansion factor in the 
northern hemisphere is smaller than in the southern hemisphere. 



8. Velocity Gradient in High-Speed Region 

In Ulysses’ first rapid latitudinal scan, Woch et al. (1997) found that 
the solar wind from the polar coronal hole increased in velocity gradually 
with latitude, and Kojima et al. (2001) confirmed this with the IPS 
CAT analysis using data obtained during CR1894 to CR1896 (April - 
June 1995) (Figure 6.14). Mapping the solar wind velocity observed by 
Ulysses back to the source surface, Neugebauer et al. (1998) found that 
the solar wind from the inner most region in the polar hole was faster. 
Goldstein et al. (1996) and Kojima et al. (2001) pointed out that the 




Figure 6.14 Velocity gra- 
dient observed by Ulysses 
(solid line) and the IPS 
CAT analysis (dotted line). 
The IPS velocities were 
sampled in the velocity 
map, which was derived 
by the IPS CAT analysis, 
along the Ulysses trajec- 
tory. 
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Figure 6.15. Process to analyze the latitudinal velocity gradient. First we analyze 
velocity distribution at each latitude along a longitude, and then calculate a mean 
value. Next step is to search the mode in a velocity distribution range larger than 
the mean value. If there is a low-speed region in the longitudinal scan, it will make a 
hump in the distribution function and cause the mean value to be underestimated. 



latitudinal dependence of the velocity is a consequence of the empirical 
inverse relationship between speed and expansion factor. 

Using velocity maps, we investigate how the velocity gradient changes 
with coronal hole scale size. Since the velocity maps are not uniform in 
high latitudes but have several fine structures such as low speed islands 
and abnormally high-speed regions, the analysis was made after remov- 
ing these fine structures (Figure 6.15). First we obtain a velocity distri- 
bution function in longitude at each latitude, and then calculate a mean 
value. In the next step we search the mode in a distribution range larger 
than the mean value, which is the velocity obtained with the greatest 
frequency in the range. Since abnormally high-speed bins in the map 
contribute to a higher velocity tail in the distribution function and low 
speed islands cause the mean value to be underestimated, we do not use 
the mean but use the mode as the representative of the velocity at each 
latitude. The gradients of the velocity with latitude derived with this 
technique are plotted in Figure 6.16. The velocity gradient observed by 
Ulysses in 1994-1995 {Woch et al.^ 1997) is shown by a dotted line for 
reference, with which the IPS observations show good agreement. The 
figure indicates that the velocity gradient tends to be small at the solar 
minimum and increases with the solar activity. 
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Figure 6.16 Yearly varia- 
tion of the latitudinal ve- 
locity gradient of the high- 
speed wind. The gradient 
observed by Ulysses in its 
first rapid latitudinal scan 
is shown by a dotted line 
{Goldstein et al, 1996) . 



9. Bimodal Structure of Solar Wind Velocity 



Helios spacecraft revealed that fast streams have a mesa-like struc- 
ture in longitude with steep edges at a heliocentric distance of 0.3 AU 
{Rosenbauer et a/., 1977). Kakinuma (1977) and Kojima and Kakinuma 
(1990) had revealed long before Ulysses’ in situ observations that the 
solar wind in the minimum phase has a bimodal latitudinal distribution, 
in which the solar wind latitudinal structure mainly consists of a low- 
speed and a high-speed component separated by a steep gradient. For 
solar wind in 1974 Kakinuma (1977) derived aV vs. 9 profile of 



V = 5OOsin^(20) + 300 for |0| < 45°, 
= 800 for \e\ > 45°, 



and for solar wind in 1985 Kojima and Kakinuma (1990) derived a much 
steeper gradient and N-S asymmetry of 

V = 400 sin^(3(0 + 2)) + 400 for 28° > 6 > -2°, 

= 800 for0>28°, 

V = 35Osin4(3(0 + 2)) + 4OO for - 2° > ^ > -32°, 

= 750 for 9 < -32°. 



Thus, Helios and IPS observations revealed that the fast wind has steep 
velocity edges in longitude and latitude. Newkirk and Fisk (1985) ana- 
lyzed the solar cycle dependence of the solar wind latitudinal structure 
by fitting a Gaussian function to spacecraft data. Their analysis shows 
that velocities of low-speed and high-speed winds do not change with the 
solar cycle, but the Gaussian half width does change. In the previous 
section we also showed that the polar high-speed wind did not change 
in speed when its lower latitudinal boundary changed from 30° to 60°. 
The results of these studies indicate that the velocities of slow and fast 
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winds do not change with the solar activity. The question, then, is what 
the change in the Gaussian half width indicates. Does the boundary 
between low-speed and high-speed regions become less steep or does the 
low-speed region simply expand? 

We analyzed how much of the fractional area in the map is occupied 
by low-, medium- and high-speed regions, respectively, and the results 
are shown as a histogram in Figure 6.17. The lower panel shows the his- 
togram of the medium-speed region only. The low-speed (< 450 kms“^) 
region increased in area from 10 % at the solar minimum to 60 % at the 
solar maximum, while the high-speed (> 700 kms~^) region decreased 
in area from 50 % at the minimum phase to a few % at the maximum 
phase. There were no systematic changes in the medium-speed (450- 
700 kms“^) area with the solar cycle. The variance of each velocity area 
throughout the analysis period except for the three years of 1989-1991 
was calculated. Variances of the high- and low-speed areas are about 10 
%, while variance of each medium-speed area is less than half of that. 

Yearly change of the fractional area of the medium-speed region is 
shown in Figure 6.18. Square symbols are from the histogram, while 
diamonds show the values corrected using the blurring factor obtained 
in section 4. This figure shows that the medium-speed regions occupied 
a quite small area (< 25 %) consistently throughout the solar cycle, in 
other words, the solar wind structure was bimodal throughout the solar 
cycle. 

In 2001 Ulysses reached the northern high latitude and its trajectory 
is mapped back on the velocity map in Figure 6.3 which has been built 
assuming a radial constant velocity. Although there is a data gap in 
IPS observations for one Carrington rotation, we can guess the veloc- 
ity distribution in this rotation by interpolating it from observations in 
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Figure 6.17 Fractional 
area in the velocity map 
occupied by each velocity 
bin for years 1986-1998. 
The lower panel shows 
only medium-speed region 
(450-700 kms“^), and 

the mean fractional area 
is 48 ± 7%, shown by a 
broken line. 
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Figure 6.18 Yearly varia- 
tion of the fractional area 
occupied by the medium- 
speed region (450-700 
km s “ ^ . Square symbols 
are from Figure 6.17, 
and diamond symbols 
are corrected for deficient 
CAT analysis using the 
blurring factor shown in 
Figure 6.7. 
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Figure 6.19 Solar cycle 
dependence of latitudinal 
velocity structure. In the 
ascending (from the year 
1996 to 1998) /descending 
phase, the latitudinal 
width of the low-speed 
region extends /shrinks , 

and the velocity gradi- 
ent in the high-latitude 
high-speed region becomes 
steeper/gradual. On the 
other hand, the velocities 
in the polar region and the 
velocity gradient between 
low-speed and high-speed 
regions do not change. 
When, at solar maximum, 
the polar coronal hole 
area shrinks and nearly 
vanishes, the velocity in 
the polar region decreases. 



CR1978 and CR1980. Ulysses’ repeated entrance and exit in/out of the 
high-speed bay structure extended to mid-latitudes from the polar region 
during days 190-240 (CR1978-1979). As we mentioned, the structure 
marked a and b in the figure is similar to the mesa-like steep structure 
of the fast stream observed by Helios around 0.3 AU {Rosenbauer et a/., 
1977). Around day 245 (marked c) Ulysses entered the polar high-speed 
region with a steep velocity jump. These findings indicate that the polar 
high-speed stream has steep edges even in the solar maximum phase. 
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10. Summary of Solar Cycle Dependence 

We have studied the solar cycle dependence of solar wind properties 
using IPS data obtained at STELab during the years of 1986-1998. The 
mean velocity at the polar region was 789 ± 68 kms“^ throughout the 
analysis period except for the three years 1989-1991 around the solar 
maximum, and there was no systematic change in velocities when the 
latitudinal lower boundary of the polar coronal hole changed from 60° to 
80°. This means that the speed of the polar solar wind is independent of 
the solar cycle except for the maximum phase. When the polar coronal 
hole shrank to a size smaller than a critical scale size of about 5 x 10^^ 
km^ in the solar maximum phase, it became the source of the slow solar 
wind. The fast and slow solar wind are separated by a steep velocity 
gradient, even if the scale of the high-speed region changes. The high- 
latitude fast wind shows a N-S asymmetry in velocity: this was a stable 
characteristic that lasted throughout the whole solar cycle we analyzed. 

A resume of these results is given in Figure 6.19, which illustrates how 
the latitudinal structure changes with the solar activity. In the descend- 
ing and ascending phases of solar activity, the velocities of low-speed 
wind and high-speed wind do not change, and the boundary between 
the low-speed and high-speed regions is always steep. What varies is 
the latitudinal width of the low-speed region and the latitudinal velocity 
gradient in the high-speed region. When a polar coronal hole shrinks 
and its size becomes very small at the solar maximum, the flow from it 
becomes slow. 

11. Solar Wind Velocity and Physical Condition 
in Corona 

Coronal properties determine the solar wind velocity structure. One 
is the coronal hole scale size (see section 5). A coronal hole is not only 
the source of high- speed wind but also the source of low-speed wind 
if it is small, and there is a linear relation between solar wind velocity 
and coronal hole size {Nolle el al.^ 1976). However this linear relation 
does not hold for a large-scale coronal hole. In this study we showed 
that there is a critical scale size in the coronal hole over which the 
wind velocity becomes independent of the scale size. Another coronal 
property is a flux expansion rate, which has good relation with wind 
velocity ( Wang and Sheeley^ 1990), and the third is the magnetic energy 
released by reconnection at the lower corona {Fisk et al.^ 1999). In 
order to model the solar wind acceleration it is important to And a 
relation between the global properties of the solar wind and corona. 
However most coronal holes are at high latitudes where spacecraft cannot 
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access, with the exception of the Ulysses. In this study, using the IPS 
CAT, which can derive an unbiased solar wind velocity map over all 
latitudinal ranges, we identify the relation between the wind velocity 
and the coronal magnetic condition. 

11.1 Data 

Three data sets are used in this analysis: 1) velocity maps derived 
on the source surface from the IPS CAT analysis using STELab data, 
2) photospheric coronal hole structures inferred from the Hel absorp- 
tion line measured at Kitt Peak National Solar Observatory, 3) coronal 
magnetic fields extrapolated via a potential field source surface model 
{Hakamada and Kojima^ 1999) from photospheric fields measured at Kitt 
Peak National Solar Observatory. We analyze data obtained during a 
period of CR1896-1914 (May 1995 - October 1996) which were in the 
last solar minimum phase. 

In the following coronal holes are identified by different labels; more 
precisely (Figure 6.20): (a and e) polar coronal holes, (b and c) distinct 
equatorial and mid-latitude coronal holes, and (d) low-latitude polar 
coronal hole extension. Although the polar coronal hole extended to 
latitudes < 60°, we examine the coronal hole area at latitudes higher 
than 60° because the boundary region has a complex structure. If there 
is a extension from a polar coronal hole toward the equator beyond a 
latitude of 40°, it is treated as an independent mid-latitude coronal hole. 
Since a Hel coronal hole and an open magnetic field region do not exactly 
overlap, we analyze only the area in which the Hel coronal hole overlaps 
with the open magnetic field region (Figure 6.21). Thus, a total of 43 
coronal holes have been analyzed. 




Figure 6.20. Coronal hole classification, (a, e) polar coronal hole, (b) mid-latitude 
coronal hole, (c) equatorial coronal hole, and (d) low-latitude polar coronal hole ex- 
tension. 
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Figure 6.21 The area 
where open magnetic field 
region overlaps with a Hel 
coronal hole is analyzed. 
A flux expansion rate is 
defined by the area ratio 
of an open flux tube on 
the photosphere Aph and 
on the source surface Ass 
normalized by R^ / R^s 5 
where Rs is a solar radius 
and Rss is a radius of the 
source surface. 



Although a flux expansion rate / is generally deflned by the ratio be- 
tween the magnetic held intensity on the photosphere and that on the 
source surface, in this study we use the ratio of the area of an open flux 
tube on the photosphere Ap^ and that on the source surface Ags normal- 
ized by where Rg is the solar radius and Rgs is the radius of the 

source surface. In the analysis we use a mean velocity V averaged over 
the area Ags on the source surface and a mean photospheric magnetic 
held intensity B averaged over Aph on the photosphere. 

11.2 Cross-Correlation Analysis 

The velocity V has been cross correlated with a) the inverse of an 
expansion rate 1//, b) photospheric magnetic held intensity and 
c) the ratio between these two parameters B/ f. Results are given in 
Figures 6.22, 6.23 and 6.24. In these figures we focus on the following 
three kinds of coronal holes, which have different properties (Table 6.2): 
equatorial coronal holes (triangles, CHeg) associated with active regions 
which have a large flux expansion rate and relatively strong magnetic 
field, isolated mid-latitude coronal holes (boxes, CH^/) which have a 
medium expansion rate and weaker magnetic held, and polar coronal 
hole extensions (diamonds, CBce) which have a smaller expansion rate 
and weaker magnetic held. 

Figure 6.22 is the correlation diagram for the flux expansion rate. 
Wind velocity V and the inverse of the flux expansion rate 1/f are 
well correlated with a correlation coefficient of 0.56. This verifies the 
empirical relation proposed by Wang and Sheeley (1990). However, there 
are four isolated data points which refer to two high- speed solar winds 
from polar coronal hole extensions (CHce-1, 2 (diamonds)) and two low- 
speed solar winds from isolated mid-latitude coronal holes (CH^/-1, 2 
(boxes)), which do not fit in the behavior of data points with a relatively 
small expansion rate. 




Solar Wind Properties from IPS Observations 



173 




0 0,05 0,1 015 0.2 0.25 0.3 0.35 



1/f 



Figure 6.22 Correlation 
diagram between velocity 
and the inverse value of a 
flux expansion rate. CWq 
(triangle) is the equatorial 
coronal hole associated 
with active regions with 
a large flux expansion 
rate and relatively strong 
magnetic fleld, CB.rni 
(box) is the isolated 
mid-latitude coronal hole 
with a medium expansion 
rate and weaker magnetic 
fleld, and CHce (diamond) 
is a polar coronal hole 
extension with a smaller 
expansion rate and weaker 
magnetic fleld. The corre- 
lation coefficient is 0.56. 
Two lines in the diagram 
are regression lines for V 
from 1/f and for l/f from 
V, respectively 



Figure 6.23 gives the correlation between the velocity V and the pho- 
tospheric magnetic field intensity B. This is a test of the model proposed 
by Fisk et al (1999). Since we do not have direct measurements of mag- 
netic field energy released by reconnection, we assume it is proportional 
to the power of magnetic field intensity We did not find a good cor- 
relation between V and B^ for any 0.5 < /? < 2. Data distribute around 
the magnetic field intensity of 5-10 gauss except for two low-speed winds 
from equatorial coronal holes (CHe^-l, 2 (triangles)). These two regions 
have relatively strong magnetic field intensity, and we can find them in 
Figure 6.22, with a large fiux expansion rate. In this correlation diagram 



cc=0.07 



Figure 6.23 Correlation 
diagram between velocity 
and photospheric magnetic 
intensity. Coronal holes 
marked with CHeq, CHmZ 
and CHce are the same 
coronal holes in Fig- 
ure 6.22. The correlation 
^ 5 to 15 20 25 coefficient is 0.07. 

B {gauss] 







174 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 

we find that the wind from the four regions (CHce (diamonds), CH^/ 
(boxes)), which deviated from the correlated data group in Figure 6.22, 
originated from weaker magnetic field regions. 

In Figure 6.24 we tested the model which combines the flux expan- 
sion rate and the magnetic field intensity in the ratio B/f, This figure 
shows that the velocity V and B/f have a remarkably high correlation 
with a coefficient 0.88, and interestingly, three of the data points (CBeq 
(triangle), CHce (diamond), (box)) which deviated from the major 

data group in the correlation diagrams of other two models fall on the 
regression line, the only exception being the coronal hole CHce2. 

Table 6.2. Properties of the coronal holes marked with CHeq, CHmZ and CHce in 
Figures 6.22, 6.23, and 6.24. 



Coronal hole 


magnetic field intensity 


fiux expansion rate 


speed 


Equatorial coronal hole 


strong 


large 


slow 


Polar coronal hole extension 


weak 


small 


fast 


Mid-latitude coronal hole 


weak 


medium 


slow 



12. Conclusion 

We investigated the relation between the solar wind velocity and the 
coronal magnetic condition for various kinds of coronal holes, which have 
different magnetic field intensity B and flux expansion rate /. From 
cross-correlation analysis, we revealed that the parameter B/f is ex- 
tremely well correlated with the wind velocity. It is interesting to note 
that this correlation holds for solar winds of various speeds from various 
kinds of coronal holes, as shown in Table 6.2. 

The physical meaning of the parameter B/f can be understood by 
combining Wang and Sheeley (1990) and Fisk et al. (1999) models. 
The model of Fisk et al.^ which employs 5, is based on the energy 

cc=0.8S 



Figure 6.24 Correlation 
diagram between velocity 
and B/f. Coronal holes 
marked with CHeq, CHmZ 
and CHce are the same 
coronal holes as in Fig- 
ures 6.22 and 6.23. The 
correlation coefficient is 
0 0.2 04 06 oa 1 t2 14 16 0.88. 

B/ f (gauss) 
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supply to the solar wind from magnetic field reconnection in the low 
coronal, while Wang and Sheeley model, which employs 1//, shows how 
the reconnection energy is deposited efficiently in an expanding flux tube 
and accelerates the solar wind {Wang and Sheeley^ 1991). The physics 
of this process is theoretically explained by Suzuki (2004) who invokes a 
dissipation mechanism of fast and slow MHD waves through MHD shock 
process. 

At a different solar activity phase, coronal holes with different proper- 
ties appear and different kinds of solar winds are produced. These form 
the three-dimensional solar wind structure which changes with solar ac- 
tivity. These solar wind properties will be explained by two physical 
parameters in the corona and on the photosphere, that is, B/ f. Since 
the B/f parameter was tested in this study for solar wind in the solar 
minimum phase, it will be necessary to analyze the solar wind through 
the whole solar cycle in order to make this result universal. 
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Chapter 7 



COMPONENTS OF THE DYNAMICALLY 
COUPLED HELIOSPHERE: 

New Pickup Ion and ACR Populations, Acceleration, 
and Magnetic Field Structures 



Nathan Schwadron 

Southwest Research Institute, San Antonio, TX, 78238 



Abstract The description of the heliosphere as a system has emerged recently 
due to a deeper understanding of the heliosphere’s numerous interlinked 
components. The call for a system view is illustrated by several areas of 
discovery involving the sources and acceleration of energetic particles, 
the links between particle acceleration and magnetic field structure, and 
the dynamic solar sources of heliospheric magnetic field meso-scale and 
micro-scale structure. These research areas have seeded the discovery 
of the inner and outer pickup ion sources; the discovery of the outer 
source of anomalous cosmic rays; the discovery that nearly radial mag- 
netic fields in co-rotating rarefaction regions and associated energetic 
particle dwells are caused by the motions of open magnetic field foot- 
points across coronal hole boundaries; the relevance of these footpoint 
motions for ubiquitous statistical acceleration in slow solar wind and 
for Favored Acceleration Locations at the Termination Shock (FALTS); 
and the Ulysses discoveries of multiple unplanned crossings of the dis- 
tant comet ary tails of Hyakutake and McNaught-Hartley. Here, we 
review these emerging areas of heliospheric research and discuss how 
they are leading to a deeper understanding of our intrinsically dynamic 
and interlinked heliosphere. 



1. Introduction 

Both remote and in-situ observations reveal that the Sun’s magnetic 
fields are inherently dynamic, which on heliospheric scales, causes con- 
tinuous reorganization of the open magnetic fields that are carried out 
by the solar wind to fill the heliosphere. In more precise terms, the 
footpoints of open magnetic fieldlines most likely execute organized and 
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systematic motions over the surface of the Sun (Fisk, 1996; Fisk et ah, 
1999; Fisk and Schwadron, 2001). As we will discuss in sections 4, 
5 and 6, these organized footpoint motions coupled with the intrinsic 
speed gradients of the solar wind have important implications for the 
structure of the heliospheric magnetic field and for particle acceleration 
throughout the heliosphere. 

Anomalous Cosmic Rays (ACRs) are among the most energetic par- 
ticles generated within the heliosphere. For years they have thought to 
arise only from neutral atoms in the interstellar medium (Fisk et ah, 
1974) that drift freely into the heliosphere through a process that has 
four essential steps: first, there is a source of neutral particles, tradi- 
tionally thought to be only interstellar neutral atoms that stream into 
the heliosphere (see sections 2, 3 and 4); second, the neutrals are con- 
verted into ions, called pickup ions since they are picked up and swept 
out by the solar wind; third, pickup ions are pre-accelerated by shocks 
and waves in the solar wind (see also sections 5, Schwadron et ah, 1996); 
and finally, they are accelerated to their final energies at the termina- 
tion shock (Pesses et ah, 1981). This last step cannot occur by diffusive 
acceleration alone (see section 7); there is a lower energy threshold, or 
injection energy, above which particles are accelerated through diffusive 
acceleration, and below which the processes responsible for particle ac- 
celeration are a matter of debate. Easily ionized elements such as C, Si, 
and Fe are expected to be strongly depleted in ACRs since such elements 
are not neutral in the interstellar medium and therefore cannot drift into 
the heliosphere. 

Due to instruments like SWIGS on Ulysses, we have been able to de- 
tect pickup ions directly, and due to ongoing measurements by cosmic ray 
detectors on spacecraft such as Voyager and Wind, researchers have been 
able to detect non-traditional components ACRs (Reames, 1999; Mazur 
et ah, 2000; Cummings et ah, 2002). There is a growing understanding 
that, in addition to the traditional interstellar source, grains produce 
pickup ions throughout the heliosphere: grains near the Sun produce an 
“inner source” of pickup ions (section 2), and grains from the Kuiper 
Belt provide an “outer” source of pickup ions and anomalous cosmic 
rays (section 3). 

Comets are also a source of pickup ions the heliosphere. Until recently 
it was thought that the only way to observe cometary pickup ions is to 
send spacecraft to sample cometary matter directly. However, Ulysses 
has now had two unplanned crossings of distant cometary tails (Gloeck- 
ler et ah, 2000; Gloeckler et ah, 2004). Comets were formed during the 
birth of our solar system and provide important primordial samples of 
matter. The two unplanned crossings of cometary tails by Ulysses sug- 
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Figure 7.1. An illustration of ACR production (Schwadron et aL, 2002). Yellow 
curves apply to the known interstellar source ACRs (adapted from Jokipii and Mc- 
Donald, 1995), while blue curves apply to the outer source, described later in the 
paper. 

gest an entirely new way to observe comets through detection of distant 
cometary tails. 

2. Inner Source of Pickup Ions 

The tell-tale signature of interstellar pickup ions, as seen for H“^ in 
Figure 7.2, is a cutoff in the distribution at ion speeds twice that of 
the solar wind in the spacecraft reference frame. This cutoff is exactly 
what we would expect since interstellar ions are initially nearly station- 
ary in the spacecraft reference frame and subsequently change direction, 
but not energy, in the solar wind reference frame due to wave-particle 
interactions and gyration, thereby causing them to be distributed over 
a range of speeds between zero and twice the solar wind speed in the 
spacecraft frame. 

By comparison to the interstellar pickup ion distributions, the C“^ 
and distributions in Figure 7.2 are puzzling. There is no cutoff at 
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twice the solar wind speed, and as opposed to being flat for ion speeds 
near the solar wind speed, there is a peak. The fact that the ions are 
singly charged precludes them from having been emitted directly by the 
Sun; if this were the case, they would be much more highly charged, 
e.g., and each common solar wind heavy ions. The and 0“^ 
distributions in Figure 7.2 are consistent with a pickup ion source close to 
the Sun. As the ions travel out in the solar wind, they cool adiabatically 
in the solar wind reference frame, and as opposed to having a distribution 
that cuts off at twice the solar wind speed in the spacecraft reference 
frame, they have a peak near the solar wind speed. The solid curve that 
goes through the and data points is based on a transport model 
(Schwadron, 1998; Schwadron et ah, 2000) for ions picked up close to 
the Sun, thereby proving the source. 

Based on data like those presented in Figure 7.2, Geiss et ah, 1995, 
Gloeckler and Geiss, 1998, Gloeckler et ah, 2000 and Schwadron et ah, 
2000 concluded that there was evidence for a pickup ion source in addi- 
tion to interstellar neutrals. Since the source was peaked near the Sun 
like interplanetary grains, it was concluded that grains were associated 
with the source. 

Based on a grain source, a naive expectation was that the inner source 
composition would resemble that of grains, i.e., enhancements of carbon 
and oxygen and strong depletions of noble elements such as neon were 
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expected. However, the composition strongly resembled that of the solar 
wind (Gloeckler et ah, 2000). This conundrum was resolved by assum- 
ing a production mechanism whereby solar wind ions become embedded 
within grains and subsequently reemitted as neutrals. Remarkably, the 
existence of the inner source was hypothesized (Banks, 1971) many years 
prior to its discovery. 

The concept that the inner source is generated due to neutralization 
of solar wind requires that sputtered atoms do not strongly contribute 
to the source. However, for grains larger than a micron or so, sput- 
tering yields are much larger than the yields of neutralized solar wind 
(Wimmer-Schweingruber and Bochsler, 2003). This suggests that the 
grains that give rise to the inner source are extremely small (hundreds 
of angstroms). A small grain population generated through catastrophic 
collisions of larger interplanetary grains would also yield a very large fill- 
ing factor^ which is consistent with observations of the inner source that 
require a net geometric cross-section typically 100 times larger than that 
inferred from zodiacal light observations (Schwadron et ah, 2000). The 
very small grains act effectively as ultrathin foils for neutralizing solar 
wind (e.g., Funsten et ah, 1993), but are not effective for scattering light 
owing to their very small size. The implications of this suggestion are 
striking: the inner source may come from a large population of very small 
grains near the Sun generated through catastrophic collisions of larger 
interplanetary grains (Wimmer-Schweingruber and Bochsler, 2003). 

3. Distant Cometary Tails 

Direct sampling (von Rosenvinge et ah, 1986; Nature, 1986) and re- 
mote sensing observations (Crovisier and Bockelee-Morvan, 1999; Hueb- 
ner and Benkhoff, 1999) of material from a few comets have estab- 
lished the characteristic composition of cometary gas. Direct detection 
of cometary matter requires spacecraft on trajectories that take them 
close to targeted comets (von Rosenvinge et ah, 1986; Nature, 1986). 
Two unplanned crossings of cometary tails by Ulysses (Gloeckler et ah, 
2000; Gloeckler et ah, 2004) have shown that it is also possible to di- 
rectly sample cometary ions with spacecraft that are not only far away 
but also at relatively large angular separation from the comet. 

As a comet approaches the Sun it emits at an increasing rate volatile 
material consisting mainly of water group molecules. This neutral gas, 
evaporated from the comet’s surface, moves out in roughly all directions 
at typical speeds of ~ 1 km/s and is then quickly dissociated and ionized 
by solar radiation and the solar wind. Immediately after being ionized 
the predominantly singly-charged cometary pickup ions are picked up 
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Figure 7.3 (a) Pickup 
density observed during 
the Hyakutake event 
shown in red. The blue 
dashed curve represents 
the distance of Ulysses 
from the Sun-comet line. 
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represent pickup ion 
distributions from a simple 
propagation model. (b) 
Abundances of various 
pickup ion species are 
derived from fitting counts 
binned according to the 
pickup ion mass-per- 
charge. These figures are 
reproduced from Gloeckler 
et ah, 2000. 



and swept away from the Sun by the solar wind, forming a thin, long 
ion tail that extends radially outward to distances of at least several AU. 
Pickup ions have a characteristic velocity spectrum with a sharp drop 
in density at a well defined cutoff speed which is related to the radial 
distance from where the gas was first ionized to the location where the 
pickup ions were observed. 

The first unplanned comet tail crossing occurred in 1996 when comet 
Hyakutake was at 0.35 AU and Ulysses was at 3.7 AU (Gloeckler et al., 
2000). In this case there was a nearly precise radial alignment between 
the comet and Ulysses. Figure 7.3 shows measurements from the SWIGS 
instrument on Ulysses. The top panel shows the density of pickup 
as a function of the distance between Ulysses and the Sun-comet line. 
The second panel shows abundances inferred from the pickup ion obser- 
vations. 

The second unexpected comet tail crossing by Ulysses (Gloeckler 
et ah, 2004) involved detection of ions from comet C/1999 Tl, named 
McNaught-Hartley (lAU Circ., 1999, 7273), and perhaps comet C/2000 
S5 (SOHO). Unlike the case of comet Hyakutake (Gloeckler et ah, 2000; 
Jones et ah, 2000), these comets were at large angular separations from 
the Ulysses spacecraft. The positions of Ulysses and comet McNaught- 
Hartley relative to the Sun and orbit of Earth are shown in Figure 10.6. 
While both Ulysses and McNaught-Hartley had almost the same lati- 
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Figure 7.4- Relative positions of the Sun, Ulysses spacecraft, and comet McNaught- 
Hartley. The orbit of Earth is shown for reference. A Coronal Mass Ejection erupted 
from the Sun on 2000 October 6, (SOHO LASCO C2 and 195A EIT images of release). 
The coronal mass ejection, represented by the light-blue, drop-shaped region, crossed 
the pickup ion tail of comet McNaught- Hart ley shown in red on 2000 October 14. 
The CME reached the Ulysses spacecraft on 2000 October 18. The red arrowed arcs 
indicate the diffusive spread of the pickup ions along a magnetic flux tube (blue loop) 
as it is dragged by the solar wind first intercepting the comet close to its nucleus and 
then, about 4.5 days later, the Ulysses spacecraft. Photograph of comet McNaught- 
Hartley is courtesy of Maurice Clark. This figure is reproduced from Gloeckler et ah, 
2004 



tude 70° south) they were separated in longitude by ~ 35° as shown 
in the figure. The minimum distance of McNaught-Hartley (at 1.492 AU 
from the Sun) to a line connecting the Sun and Ulysses’ position (at 2.55 
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AU) ~ 4.5 days later (the impact parameter) reached its lowest value 
of ^ 0.318 AU or 4.77 x 10^ km on day 293, when the maximum rate 
of O"^ was observed. The detection of these cometary ions was possible 
due to a coronal mass ejection (CME) that mixed and distorted the he- 
liospheric magnetic field sufficiently to guide pickup ions produced near 
(< 1 million km) the comets to the Ulysses spacecraft located more than 
150 million km from the comets. The ability of CMEs to carry cometary 
ions far from their radial paths significantly increases the probability of 
detecting these ions. 

In many respects, the first unplanned comet- tail crossing by Ulysses 
was seen as an anomaly. However, the second crossing shows that chance 
detection of comet tails is more likely than we thought. Clearly, the 
presence of a CME increases the odds of an event. More importantly, 
however, these events suggest that a mission equipped with improved 
pickup ion instrumentation (e.g., with factor 100 times the observing 
power of Ulysses/SWICS) would be capable of observing many cometary 
tails, and may significantly enhance our knowledge of comet ary compo- 
sition. It would also enhance the prospects of detecting pickup ions from 
a sungrazing comet destroyed near the Sun. The observation of such an 
event may be very valuable since the observed pickup ions would provide 
a measure of the net compositional inventory of the destroyed comet. 

4. Outer Source of Pickup Ions and Anomalous 
Cosmic Rays 

Recent observations from the Voyager and Wind spacecraft have re- 
solved ACR components comprised of easily ionized elements (such as 
Si, C, Mg, S, and Fe; Reames, 1999; Mazur et ah, 2000; Cummings 
et ah, 2002). An interstellar source for these “additional” ACRs, other 
than a possible interstellar contribution to C, is not possible (Cummings 
et ah, 2002). Thus, the source for these ACRs must reside within the 
heliosphere. There are a number of potential ACRs sources within the 
heliosphere (see Schwadron et ah, 2002). The solar wind particles are 
easily ruled out as a source since they are highly ionized, whereas ACRs 
are predominantly singly charged. Discrete sources such as planets are 
also easily ruled out since their source rate is not sufficient to generate 
the needed amounts of pickup ions. Another potential source is from 
comets. The net cometary source rate is sufficiently large only inside 
1.5 AU, a location so close to the Sun that the generated pickup ions 
are likely to be strongly cooled by the time they reach the termination 
shock, making injection into diffusive shock acceleration extremely dif- 
ficult. Moreover, a cometary source would naturally be rich in C, which 
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is not consistent with the compositional observations of easily ionized 
ACRs. 

The inner source (discussed in the preceding section) is another pos- 
sibility, but again, adiabatic cooling poses a significant problem since 
these particles are picked up so close to the Sun. It has been suggested 
that the inner source may be substantially pre-accelerated in the inner 
heliosphere, thereby overcoming the effects of adiabatic cooling. Con- 
tradicting this suggestion, however, inner source observations in slow 
solar wind show clearly the pronounced effects of adiabatic cooling ( 
Schwadron et al., 1999) and charge-state observations of energetic parti- 
cles near 1 AU indicate no evidence for acceleration of the inner source 
(Mazur et ah, 2002). It appears that the additional population of ACRs 
requires a large source of pickup ions inside the heliosphere that is pro- 
duced beyond 1 AU. 

Schwadron et al., 2002 suggest that there exists a strong outer helio- 
spheric source of pickup ions that explains the presence of easily ionized 
ACRs. The source is material extracted from the Kuiper belt through a 
series of processes (shown schematically by the blue lines in Figure 7.1): 
First, micron-sized grains are produced due to collisions of objects within 
the Kuiper Belt; grains spiral in toward the Sun due to the Poynting- 
Robertson effect; neutral atoms are produced by sputtering and are con- 
verted into pickup ions when they become ionized; the pickup ions are 
transported by the solar wind to the termination shock and, as they are 
convected, are pre-accelerated due to interaction with shocks and due 
to wave-particle interactions; finally, they are injected into an acceler- 
ation process at the termination shock to achieve ACR energies. The 
predicted abundances are all within a factor of two of observed values, 
providing strong validation of this scenario. See Schwadron et al., 2002 
for a detailed presentation of these points. 

5. Ubiquitous Statistical Acceleration 

Particles with energies of order 1 MeV per nucleon can be accelerated 
at the forward and reverse shocks which surround Co-rotating Interac- 
tion Regions (CIR’s), where high and low speed streams interact in the 
solar wind (e.g., Barnes and Simpson, 1976; McDonald et al., 1976; Fisk 
and Lee, 1980). Gloeckler et al., 1994 and Schwadron et al., 1996 have 
suggested a two step acceleration process is called for. In the first step, 
pickup ions born with random speeds up to twice that of the solar wind 
are accelerated by transit-time damping of fiuctuations in the magnetic 
field magnitude within CIRs, achieving random speeds between four 
and six times that of the solar wind. In the second step, these already 
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Figure 1. 5 Distributions 
of interstellar pickup 
He+ in high- latitude fast 
solar wind (black) and 
in-ecliptic slower solar 
wind (grey) observed 
by Ulysses/SWICS ( 
Gloeckler, 1999). 



pre-accelerated ions may efficiently move along magnetic field lines and 
are thereby injected into diffusive shock acceleration at the shocks that 
bound CIRs. Schwadron et ah, 1996 found strong observational support 
for this two step acceleration process: a strong correlation was found 
between the presence of tails of accelerated pickup ions and the presence 
of fluctuations in the magnetic field magnitude that may be transit-time 
damped by pickup ions. Less than 10% of the pickup ion data with 
strong accelerated tails were within one day of a shock. 

Gloeckler and Geiss, 1998 and Gloeckler, 2003 show the remarkable 
ubiquity (in slow solar wind) of suprathermal ion tails caused by sta- 
tistical acceleration of pickup ions and solar wind ions (see Figure 7.5). 
Observations also show that these tails are much stronger in slow than in 
fast solar wind (Gloeckler et ah, 1994; Gollier et ah, 1996; Gloeckler and 
Geiss, 1998; Ghotoo et ah, 2000; Gloeckler, 2003). These observations 
beg the question: what are the properties intrinsic to slow solar wind 
that cause the ubiquitous statistical acceleration of solar wind ions and 
pickup ions? 

The answer may well be transit time damping. As already discussed, 
Schwadron et ah, 1996 found a strong correlation between pickup ion 
tails and fluctuations in the magnetic field intensity that are the cause 
of transit time damping. Statistical acceleration through transit time 
damping was overviewed recently by Fisk et ah, 2000. The close parallel 
was made to a magnetic pump which can be treated in a very straight- 
forward manner. 

Gonsider an ion that propagates along a field line in which the field 
magnitude varies. In the frame of reference of a compressive fluctua- 
tion (moving along the mean magnetic field) the ion’s first adiabatic 
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invariant is preserved. A fluctuation of field magnitude, with amplitude 
{6\B\)/\B\^ results in a change of the perpendicular ion speed, u_l, given 
by {Sv±_)/v± = {6\B\)/{2\B\). Since we are dealing here with compres- 
sive magnetosonic waves which propagate at an angle with respect to the 
mean magnetic field, the component of wave propagation parallel to the 
mean magnetic field with speed is UphA||/A^, where Uph is the phase speed 
of the wave and Ay and A^ are the parallel and perpendicular correlation 
lengths, respectively. Energy is conserved in the frame moving along the 
mean field with the fluctuation so that v_\_6v± = “('^11 ~ '^phAy/A 
where uy is the ion speed parallel to the mean magnetic field in the 
plasma frame. This also yields an energy change in the plasma frame 
given by 6E = p5p/m = m5uyUphAy/A_L. Given also that the interaction 
time is 5t — Ay/|uy — UphAy/A_L|, the diffusion coefficient in momentum 
(or equivalently, speed) is 

^PP ^ ^11 

\ p^^St / \ V J |u|| - '?;phAy/Aj_| 4 

Detailed quasi-linear calculations of this effect were performed by, e.g., 
Fisk, 1976 and Schwadron et al., 1996, and Schwadron, 1996. The form 
for the coefficient of momentum diffusion depends critically on the ion 
gyroradius and on the nature of the compressive turbulence. Schwadron 
et al., 1996 found that they could account for observed pickup ion tails 
in slow solar wind if they assumed the turbulence was highly elongated 
(with parallel correlation lengths 30 times those of perpendicular corre- 
lation lengths). Correlation lengths perpendicular to the mean magnetic 
field of 0.01 AU were used and are typical of interplanetary turbulence. 

6. Magnetic Footpoint Motions Through Speed 
Transitions and Resulting Particle 
Acceleration 

Shearing of the magnetic field by the solar wind is inherent to the 
boundaries between faster and slower streams if there is an organized 
motion of open magnetic field footpoints on the Sun through these 
boundaries. More generally, shearing of the magnetic field may be an 
inherent property of slow solar wind, particularly on small spatial scales. 
The effect continuously transfers energy from the solar wind flow into 
compression and rarefaction regions. On small spatial scales, the effect 
helps to explain the general presence of compressive waves in slow solar 
wind (Schwadron, 2003). On large spatial scales, it suggests a new and 
different structure of the boundaries between fast and slow solar wind; 




190 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 




Figure 1. 6 The orien- 
tation of the magnetic 
field in rarefaction regions 
under the influence of 
shearing and footpoint 
motion (Schwadron, 2002). 
Streamlines are shown 
by the solid spiral lines 
(black) , and segments 
(grey) show the field 
orientation in the rarefac- 
tion regions. The speed 
gradient is given by a 300 
km/s speed change over a 
5 degree transition region. 



structures that are quite favorable for particle acceleration, especially in 
the distant heliosphere (Schwadron and McComas, 2003). 

Schwadron, 2002 considered the shearing effect in co-rotating rarefac- 
tion regions (CRRs) which are mapped out from the trailing edges of 
coronal holes. In CRRs, the heliospheric magnetic field is strongly un- 
derwound if drifts of open magnetic field footpoints through the coronal 
hole boundary are present. The underwinding is caused by solar wind 
shearing since the faster portions of the stream draw out the magnetic 
field more quickly than the slower portions (see Figure 7.6). The effect 
has been confirmed by observations of the heliospheric magnetic field ( 
Murphy et ah, 2002). 

In the case of compression (rarefaction) regions, the shearing effect 
of solar wind speed gradients causes an increased (reduced) field mag- 
nitude. These magnitude changes are due to more than the mere ex- 
pansion or compression of the plasma. This is exemplified by consider- 
ing the magnetic field generated in heliospheric space when footpoints 
move across a latitudinal transition in the wind speed. Consider that 
the wind speed, F, is given as a function of co-latitude, 9\ V = V{9). 
In this case, the magnetic field can be solved exactly (Schwadron and 
McComas, 2003) 



B 






rme 

V 






^ ruedV' 

LV 

{CIq + u,f,)r sin 6 






V 



(7.2) 
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where (jJq and U(j) denote the angular rates (in a frame rotating with the 
Sun at the equatorial rotation rate) that footpoints move in co-latitude 
and longitude, and fi© is the equatorial rotation rate of the Sun. Here e^-, 
e^, and are the unit vectors in the radial, co-latitude and azimuthal 
directions, respectively, and the heliocentric distance is r. The field 
strength Bss is on the source surface at radial distance Rss where the 
solar wind expansion first becomes radial. Note also the requirement 
that the footpoint motions are divergence free: 



1 d 



{ujQ sin 6) + 



1 dUcfy 

sin 9 d(j) 



-0 



(7.3) 



The term in equation (7.2) caused by shearing, 

{dV/d9)er^ leads to an additional component of the field in the radial 
direction which may either add to or subtract from the nominal radial 
component (depending on the direction of the speed gradient relative to 
the direction of footpoint motions). In this case, the plasma itself ex- 
periences no expansion or compression since the speed transitions occur 
over latitude. The fiuctuations in magnitude arise purely from shearing. 

The effects of shearing have been applied above to large-scale regions, 
but they apply on small spatial scales as well. As an example, we may 
consider a solar wind speed that varies on small spatial scales as a func- 
tion of latitude in the presence of a large-scale footpoint drift in the 
latitudinal direction. Equation (7.2) may be used to solve for mean en- 
ergy in compressive magnetic field fiuctuations. The results show that 
modest 1% variations in solar wind speed lead to compressions of the 
field intensity that increase with distance from the Sun. By several 
AU, these intensity variations become larger than 10% of the mean field 
strength (Schwadron, 2003). 

Small-scale speed fiuctuations are observed to be larger in slow than in 
fast solar wind. This may be a natural consequence of forming slow solar 
wind from material stored and subsequently released by large coronal 
loops with highly variable properties (e.g., Schwadron et ah, 1999; Fisk 
et ah, 1999). This source for slow solar wind follows from the sporadic 
reconnection between open field lines and closed loops which is inherently 
tied to the dynamic organization and continuous reconfiguration of open 
magnetic fiux on the Sun. Hence, the formation of slow solar wind from 
large loops and the global drift of open field footpoints naturally causes 
a state of slow solar wind in which shearing of the magnetic field (on 
small spatial scales) continuously feeds energy into fiuctuations in the 
field strength - the required source of energy for the ubiquitous statistical 
acceleration of pickup ions observed in slow solar wind (e.g., Schwadron 
et ah, 1996; Gloeckler and Geiss, 1998; Fisk et ah, 2000; Gloeckler, 2003). 
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Figure 1. 7. The three dimensional configurations of the magnetic fields in the distant 
interaction bands are indicated in the lower panels by black lines. The left (right) 
lower panel applies for foot point motions from fast (slow) wind into the slow (fast) 
solar wind. The streamline in slow wind is indicated by the red curve, and the 
streamline in fast wind is indicated by the blue curve. The upper panel indicates the 
sense of footpoint motions and solar wind speeds measured by Ulysses as a function 
of latitude. 



7. FALTS 

In order for pickup ions to undergo diffusive acceleration at the ter- 
mination shock, they must propagate upstream against the solar wind 
flow, allowing them to travel back across the TS after being convected 
through it by the solar wind. This second crossing can be quite difficult 
since wrapping up of the interplanetary magnetic field spiral is thought 
to produce a quasi-perpendicular shock (the magnetic field is essentially 
perpendicular to the normal of the TS). There are regions where the field 
configuration is drastically non-spiral due to large-scale variations of the 
solar wind speed combined with magnetic footpoint motions back at the 
Sun (Schwadron, 2002; Schwadron and McComas, 2003). These regions 
naturally produce Favored Acceleration Locations at the Termination 
Shock - FALTS (Schwadron and McComas, 2003). 

FALTS are generated by the coupled effects of large-scale latitudinal 
speed gradients of the solar wind coupled with motions of footpoints 
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back at the Sun between regions of fast and slow solar wind. Large-scale 
latitudinal speed gradients of the solar wind are caused by the tilt of 
the heliomagnetic axis with respect to the Sun’s rotation axis, which 
creates latitudinal bands in which fast and slow solar wind interact ( 
Burlaga, 1974; Hundhausen and Burlaga, 1975; Siscoe, 1976; Gosling 
et ah, 1978; Pizzo, 1989). Slow solar wind is emitted at low heliomag- 
netic latitudes and fast solar wind is emitted at higher heliomagnetic 
latitudes. When the Sun’s magnetic axis is tilted, interaction regions 
form over the range of heliolatitudes where both fast and slow wind are 
emitted. This structure rotates with the Sun, and at a fixed location the 
solar wind varies between low and high speeds with each rotation. As 
these streams propagate outward, the fast wind overtakes the slow wind, 
forming compression regions and, typically within 2-3 AU of the Sun, 
co-rotating shocks. These structures are called co-rotating interaction 
regions or CIRs. Ulysses/ SWOOPS observations compared the latitudi- 
nal bands of CIRs observed over Ulysses first orbit with the irregularly 
structured wind observed approaching solar maximum (McComas et al., 
2000). During 1996, for example, these interaction regions extended 
from about 10° to 30° latitude. As the CIRs move into the outer helio- 
sphere, the fast and slow streams continue to interact until their speed 
differences wear down, resulting in the formation of a large-scale bands 
of intermediate speeds, referred to here as interaction bands. A large 
distances, the speed in these interaction bands should change relatively 
smoothly from a slow solar wind speed at the low latitude boundary to 
a fast solar wind speed at the high latitude boundary. This monotonic 
transition in speed is expected since fast solar wind is emitted during 
a larger fraction of the rotation at high latitudes than at low latitudes 
within the interaction band. 

The second ingredient of FALTS is the motion of open magnetic foot- 
points between regions of fast and slow solar wind, for which there is 
strong theoretical and growing observational support, as already dis- 
cussed. As expressed by equation (7.2), the coupled effects of latitudinal 
speed gradients and footpoint motions lead to a field configuration in 
which a strong radial field component is generated by solar wind shear- 
ing. Figure 7.7 shows the three dimensional configuration of magnetic 
field lines in the distant interaction bands (Schwadron and McComas, 
2003). The field lines were drawn in this figure for an average value^ of 
\uj 0 \ = O.lSr^s, for an interaction region between a latitude Ag = 15° and 
Xf = 35°, and for solar wind speeds between 450 km/s and 750 km/s. 
The upper panel in the figure shows a polar plot of solar wind speed as 
a function of latitude observed by Ulysses. The bottom panels show the 
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Figure 7.8. On the left (grey) is the FALTS topology when a footpoint moves from 
fast solar wind into slow solar wind leading to stretched fields in the interaction band 
with a polarity that agrees with the dominant polarity of the hemisphere. The line 
shows only the topology of this configuration, it does not represent a true 3D field 
line. On the right (dark grey) is the FALTS topology when foot points move from 
the slow into fast solar wind. On the grey portion of this field line, the intersections 
with the TS act as converging mirror points, providing additional first-order Fermi 
acceleration. 



3D field configurations in the interaction bands for two simple cases of 
footpoint motions: up and down in latitude. 

The field configurations in the interaction bands have significant ra- 
dial components. For the simplified case of a spherical TS, the normal is 
also directed radially, thus leading to significant field components par- 
allel to the TS. Schwadron and McComas, 2003 show that these strong 
parallel components of the field significantly lower the energies required 
for particles to be injected into acceleration at the termination shock. 
These authors showed that the injection energy is lowered by almost two 
orders of magnitude at FALTS, and the flux of injected ions is increased 
by more than two orders of magnitude. 

In addition to easier injection into diffusive shock acceleration along 
more radial fields, footpoint motions from slow into fast solar wind pro- 
duce field configurations with local polarity inversions and introduce new 
large-scale current sheets in the outer heliosphere (Figure 7.8). This 
leads to severe modification of cosmic ray drifts in these region. This 
configuration also provides field lines that are connected to the termina- 
tion shock at multiple locations. Particles on these field lines experience 
the termination shock intercepts as converging mirrors, and therefore ex- 
perience additional first-order Fermi acceleration that may be stronger 
than diffusive acceleration (such topologies may also be associated on 
small-scales with turbulence, and may be important for accelerating low- 
energy particles). 
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8. Summary 

In this paper we have reviewed several important emerging areas in 
heliospheric physics: 

■ The Inner Source of pickup ions has been observed and appears 
to be caused by interactions between a very small grain population 
near the Sun and the solar wind (Geiss et ah, 1995; Gloeckler and 
Geiss, 1998; Schwadron et ah, 2000; Wimmer-Schweingruber and 
Bochsler, 2003). The discovery of the inner source suggests the 
important role played by grains in the production of heliospheric 
pickup ion populations. 

■ Distant comet tails have now been observed at least two times 
by the Ulysses: the first tail extended from comet Hyakutake ( 
Gloeckler et al., 2000), and the second from comet McNaught- 
Hartley (Gloeckler et al., 2004). The odds of detecting distant 
comet tails are clearly much higher than once thought, suggest- 
ing that the properly designed pickup ion instrument may be able 
to sample and study cometary material through detection of tails 
from a variety of different comets. It also suggests the exciting 
possibility of detecting pickup ions from a sun-grazing comet de- 
stroyed during its approach close to the Sun; such pickup ions 
would provide a measure of the net compositional inventory of the 
destroyed sun- grazing comet. 

■ The Outer Source of pickup ions is generated due to sput- 
tering of grains produced in the Kuiper Belt (Schwadron et al., 
2002). The pickup ions are generated far from the Sun in regions 
where pre-acceleration within the heliosphere is natural (i.e., at co- 
rotating shocks and in the slow solar wind). Hence, outer source 
pickup ions are likely to have high energy tails at the termination 
and therefore may be efficiently injected into diffusive accelera- 
tion. The abundance and source location of outer source pickup 
ions suggest that they may contribute substantially to the anoma- 
lous cosmic rays, thereby explaining an additional population of 
easily ionized AGRs that cannot be accounted for with traditional 
heliospheric populations. 

■ The dynamic nature of the Sun’s open magnetic field has 

far reaching effects in the heliosphere (Fisk, 1996; Fisk et al., 1999; 
Schwadron et al., 1999; Fisk and Schwadron, 2001; Schwadron, 
2002; Schwadron and McGomas, 2003). Footpoint motions across 
coronal hole boundaries produce nearly radial magnetic fields in 
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co-rotating rarefaction regions which are related to energetic par- 
ticle particle dwells (Schwadron, 2002). The motion of footpoints 
across random speed gradients in slow solar wind wind cause the 
development of strong magnetic field intensity variations and sub- 
sequent statistical acceleration (Schwadron, 2003). 

■ Favored Acceleration Locations at the Termination Shock 
(FALTS) are created by footpoint motions on the Sun coupled 
with large-scale solar wind speed variations as a function of he- 
liolatitude (Schwadron and McComas, 2003). These coupled ef- 
fects lead to the formation of highly distorted field structures with 
strong radial field components, providing relatively low speed ions 
with the ability to move back upstream in the solar wind. FALTS 
therefore allow for relatively low energy injection, and thus higher 
efficiency of injecting ions into diffusive shock acceleration at the 
TS. In addition, footpoint motions from slow into fast solar wind 
produce field configurations with local polarity inversions and in- 
troduce new large-scale current sheets in the outer heliosphere. 
This leads to severe modification of cosmic ray drifts in these re- 
gions. This configuration also provides field lines that are con- 
nected to the termination shock at multiple locations. Particles 
on these field lines experience the termination shock intercepts as 
converging mirrors, and therefore experience additional first-order 
Fermi acceleration. 

The emergence of these new areas in heliospheric physics make the 
prospects of humankind’s investigations of the inner and outer helio- 
sphere richer than ever. Our Sun is capable of dynamism on even its 
largest scales, and this dynamism is essential to the particles and fields 
that comprise the system. There are important sources of energetic 
particles and anomalous cosmic rays both within and beyond our he- 
liosphere. The heliosphere is a system composed of many interacting 
components. Comets, dust, pickup ions, energetic particles, the helio- 
spheric magnetic field, and the evolution of magnetic fields at the Sun 
are intrinsically linked components of the heliospheric complex. As we 
resolve these links more clearly, the fabric of our heliosphere unfolds, re- 
vealing complexity and dynamism on all scales, but also an organization 
manifest in all its components. 
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Notes 

1. the filling factor is the net area of the sky filled in by grains divided by the net area 
of the sky over which they are distributed; so, for example, a large solid object would have a 
filling factor of 1, whereas a finite set of points would have a filling factor of 0. 

2. to satisfy the divergence-free condition for footpoint motions there is some small lati- 
tude dependence across the interaction band, uje oc l/sin0 
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A GLOBAL PICTURE OF CMES IN THE 
INNER HELIOSPHERE 



N. Gopalswamy 

Laboratory for Extraterrestrial Physics, NASA/GSFC, Greenhelt, MD 20771 , USA 



Abstract This is an overview of Coronal mass ejections (CMEs) in the helio- 
sphere with an observational bias towards remote sensing by corona- 
graphs. Particular emphasis will be placed on the results from the Solar 
and Heliospheric Observatory (SOHO) mission which has produced high 
quality CME data uniform and continuos over the longest stretch ever. 
After summarizing the morphological, physical, and statistical proper- 
ties of CMEs, a discussion on the phenomena associated with them is 
presented. These are the various manifestations of CMEs observed at 
different wavelengths and the accompanying phenomena such as shocks 
and solar energetic particles that provide information to build a com- 
plete picture of CMEs. Implications of CMEs for the evolution of the 
global solar magnetic field are presented. CMEs in the heliosphere are 
then discussed including out-of-the-ecliptic observations from Ulysses 
and the possibility of a 22-year cycle of cosmic ray modulation by CMEs. 
After outlining some of the outstanding questions, a summary of the 
chapter is provided. 



1. Introduction 

The white-light coronagraph on board NASA’s seventh Orbiting Solar 
Observatory (OSO-7) detected the first “modern” coronal mass ejection 
(CME) on December 14, 1971 (Tousey, 1973). Just over an year be- 
fore this detection, Hansen et al. (1971) observed the “rapid decay of 
the transient coronal condensation” using the Mauna Loa Coronal Ac- 
tivity Monitor during 1970 August 11-12, which is essentially a CME 
detection. They had also found temporal and spatial association of fast 
(1000 km s~^) radio sources with the white-light transient feature. In 
fact, the concept of mass ejections existed as prominence eruptions (ac- 
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tive and eruptive) since the first scientific observations of Secchi and de 
la Rue in the late 1800’s (see, e.g., Tandberg-Hanssen, 1995): We now 
know that eruptive prominences form the inner core of many CMEs (see, 
e. g.. House et ah, 1981). Mass motions with speeds in the range 500- 
840 km s~^ were inferred from type II radio bursts (Payne-Scott et ah, 
1947). Moving type IV bursts, indicative of moving magnetized plasma 
structures in the corona with speeds of several hundred km s“^, were 
discovered long ago (Boischot, 1957). Slow (< 10 km s“^) and fast ((> 
100 km s“^) coronal green line transients were also known before the 
discovery of CMEs (DeMastus et ah, 1973). At least two CMEs have 
been identified in eclipse pictures: during the Spanish eclipse on 1860 
July 18 (see Eddy, 1974) and during the Indian eclipse on 1980 February 
16 (Rusin et ah, 1983). The concept of mass ejection from the Sun was 
very much in use for explaining geomagnetic storms (Lindemann, 1919). 
The idea that these plasma ejections might drive shocks (Gold, 1955) 
was soon confirmed by in situ observations (Sonett, 1964; Gosling, et 
ah, 1968). Interplanetary disturbances were estimated to have a mass 
of 10^^ g and an energy of 10^^ erg (Hundhausen et ah, 1970), which we 
now know are typical of CMEs. 

Given the rapid explosion of knowledge on CMEs over the past four 
decades, it is impossible to review all the published material here. How- 
ever, complementary reviews include Wagner (1984); Schwenn (1986), 
Hundhausen (1987), Kahler (1987), Gosling (1997), Howard et al. (1997), 
Low (1997), Hundhausen (1999), Webb (2002), St. Cyr et al. (2000), 
Gopalswamy et al. (2003b). In this chapter, we provide an overview of 
the new developments in CME research, drawing heavily on the results 
from the Solar and Heliospheric Observatory (SOHO) mission, which 
has made a significant impact on our current understanding of CMEs. 
Some of the results to be discussed in this chapter are: (i) Basic sta- 
tistical properties of CMEs and their solar cycle variation, (ii) special 
populations such as halo and fast and wide CMEs, (iii) acceleration and 
deceleration CMEs in the inner heliosphere, (iv) CME-associated erup- 
tive activities, (v) CME-CME interaction, (vi) CMEs in the heliosphere, 
(vii) role of high-latitude CMEs in solar polar magnetic reversals, (viii) 
the role of CMEs in modulating the galactic cosmic rays, and (ix) out- 
standing questions. 

2. Solar Source of CMEs 

From the early days of CME studies, it is known that CMEs are as- 
sociated with flares and prominence eruptions (see, e.g. Munro et al., 
1979). This means CMEs originate wherever flares and prominences oc- 
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cur. Flares occur in active regions, which contain high magnetic field 
with or without sunspots. Active regions consisting of sunspots of op- 
posite polarity seem to produce the most energetic CMEs. Regions on 
the solar surface where cool prominences are suspended in the corona 
also contain closed magnetic field structures and they produce spectac- 
ular CMEs that carry the prominences out into the interplanetary (IP) 
medium. Prominences also reside along neutral lines in active regions. 
Even tiny bipoles observed as bright points in X-rays contain closed 
field structure producing small jet-like ejections (Shibata et ah, 1992), 
although these are not typically counted as CMEs. CMEs observed at 1 
AU by multiple spacecraft have revealed that the “legs of the CME” are 
probably connected to the Sun, with their feet anchored on either side 
of the magnetic neutral lines (Burlaga et ah, 1981). There was an alter- 
native suggestion that CMEs originated from low-latitude coronal holes 
(Hewish et ah, 1985), but now it is fully established that CMEs origi- 
nate from closed magnetic field regions on the Sun (see, e.g. Harrison, 
1990). However, filaments near coronal holes seem to have a proclivity 
for eruption (Webb et ah, 1978; Bhatnagar, 1996), which suggests that 
such eruptions can be mistakenly associated with coronal holes. Closed 
magnetic structure, thus, seems to be the basic characteristic of CME- 
producing regions on the Sun, which means the energy needed to carry 
billions of tons of ionized plasma in to the heliosphere must ultimately 
come from the magnetic field itself. How this energy is stored in the 
coronal magnetic fields and what triggers the energy release are topics 
of current research and debate. 

3. CME Morphology 

The general appearance of a CME is shown in Fig. 1. The earliest 
activity observed on the Sun was a prominence eruption observed in 
microwaves from the southeast quadrant of the Sun. The prominence 
eruption was also observed by the Extreme-ultraviolet imaging telescope 
(EIT, ) on board SOHO. In running difference images, a faint depletion 
can be seen surrounding the prominence. There are two dimming regions 
(D), one on each side of the neutral line, that mark the pre-eruption lo- 
cation of the prominence. After the eruption, a post eruption arcade 
forms (denoted by AF) with its individual loops roughly perpendicular 
to the neutral line. The dimming regions are located just outside the 
arcade, but at the opposite ends of the arcade axis. “Coronal dimming” 
represents the reduction in brightness in a certain region of the corona 
as compared to an earlier period, typically on either side of the polar- 
ity inversion line underlying the CME (see Sterling, 2003 for a review). 
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Dimming is a change in the physical conditions (density and temper- 
ature) of the emitting plasma, typically observed in X-rays (Hudson, 
1999), EUV (Gopalswamy and Thompson 2000) and occasionally in mi- 
crowaves (Gopalswamy, 2003b). 

The white-light GME first appears an hour later above the occulting 
disk of the Large Angle and Spectrometric Goronagraph (LASCO) in 
the same position angle as the eruptive prominence. The bright frontal 
structure is loop-shaped, inside of which there is a bright core. Erom the 
morphological, position angle, and temporal coincidences, it is clear that 
the core seen in white light is nothing but the prominence. The EUV 
and microwave data alone give a speed of ^ 97 km s~^ that became 
higher by the time the GME entered the LASGO field of view. The legs 
of the frontal structure are thought to extend below the occulting disk 
with the feet located on either side of AF. There is a conspicuous void 
that separates the prominence core and the frontal structure, commonly 
referred to as cavity containing less coronal material and strong magnetic 
field. The cavity is also thought to have a flux-rope magnetic structure 
with the legs of the rope anchored on either side of the neutral line. The 
core and the frontal structure was about 5 Rq by the time the GME 
left LASGO FOV. The average speed of the GME was 770 km s~^. This 
GME could be thought of as a typical three-part structure GME. The 
classical three-part structure (Hundhausen et ah, 1988) is well observed 
only in CMEs that are associated with prominences erupting from quiet 
regions. When prominences erupt from active regions, it is often difficult 
to discern the three-part structure. Prominences in active regions are 
thin and low-lying and may be heated and ionized before arriving in the 
coronagraph field of view. 

Figure 2 shows another GME, in which the three-part structure is not 
very clear. This GME originated from an active region slightly behind 
the southwest limb. The white light GME was highly structured, but not 
similar to the one in Fig. 1. The GME was very dense with a compact 
internal structure that moved behind the frontal structure. The frontal 
structure was also flat-topped. The front moved with speed of ~ 2500 
km s“^, while the inner core had a speed of 1500 km s“^. The core was 
much smaller within the overall volume of the GME. The main body of 
the GME is seen distinct from the two streamer displacements on either 
side of the GME. These disturbances are also likely to be present away 
from the plane of the sky. 

From the above examples one can infer that a white-light GME is 
highly structured and is three-dimensional. Stereoscopic observation of 
a few CMEs by the Helios photometer and the Solwind coronagraph 
essentially demonstrated the 3D nature of CMEs (Jackson, 1985), and 
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Figure 8.1. Morphology of a three-part CME and the associated solar surface activ- 
ities: (a-d) prominence eruption in microwaves, (e-h) SOHO/EIT difference images 
showing the prominence eruption in EUV with dimming (D) and arcade formation 
(AF), (i-1): SOHO/LASCO images showing the core, void and frontal structure of the 
CME, and (m) height-time plots of the frontal structure (’plus’ symbols, white-light) 
and the prominence from various sources (EUV -triangles; microwave - diamonds and 
white light -squares). 



this was confirmed by numerical simulations (e. g., Crifo et ah, 1983). 
LASCO has observed a number of different morphological types, which 
are yet to be surveyed and classified. Some CMEs are interpreted as 
flux ropes (Chen et al., 2000; Plunkett et ah, 2000). Some CMEs have 
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Figure 8.2 LASCO im- 
ages of (left) the pre-event 
corona and (right) the 2001 
April 18 CME. The pre- 
event corona can be seen 
on the left. Arrows point 
to the compressed regions 
of the streamers on either 
side of the CME. 



voids with no prominence in them (Gopalswamy et ah, 2001d). Jets and 
narrow CMEs with no resemblance to the three-part structure have also 
been observed (Wang and Sheeley, 2002; Yashiro et ah, 2003). 

4. Physical Properties 

Since the material in CMEs is already present in the corona before 
ejection, we expect the CME to be at the coronal temperature. However, 
the core of the CME is prominence material and hence can be quite cool 
(4000 - 8,000 K). Not much is known about cavity, but is also thought 
to be at coronal temperatures. White light coronagraphs detect just the 
mass irrespective of the temperature. Non-coronagraphic observations 
are needed to infer temperatures. The magnetic field of the CMEs near 
the Sun is also unknown. Radio observations indicate a magnetic field 
strength of <1 C in the corona at a heliocentric distance of 1.5 R© (see, 
e.g.. Bulk and McLean, 1978). Cyroresonance emission from active re- 
gions indicate that coronal magnetic fields above sunspots can be as high 
as 1800 C (White et ah, 1991). When an eruption occurs in a strong 
field region, one might expect a strong field in the resulting CME. The 
field strength in the prominences are better known (Tandberg-Hanssen, 
1995): 3-30 C in quiescent prominences and 20-70 C in active promi- 
nences, occasionally exceeding 100 C (Kim and Alexeyeva, 1994). The 
magnetic field in the cavity is virtually unknown. The idea that the cav- 
ity is a magnetic flux rope may have some support from the numerous 
dark threads observed in high resolution eclipse images (Engvold, 1997). 
The density in the inner corona is typically 10^“^ cm“^ and is expected 
to be present in the frontal structure of CMEs close to the Sun. Density 
estimates from white light observations (see e.g., Vourlidas et ah, 2002) 
radio (Copalswamy et ah, 1993) and ultraviolet observations (Ciaravella 
et ah, 2003) are consistent with such densities. The prominences are 
much denser (10^^~^^ cm~^). The cavity is certainly of lower density 
compared to the frontal structure and prominence core. 
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Table 8.1. Summary of Space borne coronagraph observations of CMEs from OSO-7 
(Tousey, 1973), Skylab (MacQueen et al., 1974), Solwind (Michels et al., 1980), SMM 
(MacQueen et al., 1980), and SOHO (Brueckner et al., 1995). 



Coronagraph 


OSO-7 


Skylab 


Solwind 


SMM 


LASCO 


Epoch 


1971 


1973-74 


1979-85 


1980,84-89 


1996-2003 


FOV (R©) 


2.5-10 


1.5 - 6 


3 - 10 


1.6 -6 


1.2-32 


# CMEs recorded 


27 


115 


1607 


1206 


8008 


Mean Speed (km/s) 


- 


470 


460 


350 


489 


Mean Width (deg.) 


- 


42 


43 


47 


47 


Mass (10^^ g) 


- 


6.2 


4.1 


3.3 


1.6 




Time [Hours] 



Figure 8.3 Height-time 
measurements of three 
representative CMEs ob- 
served by SOHO/LASCO: 
the accelerating CME of 
June 21, 1998 (squares), 
the constant speed CME of 
February 17, 2000 (trian- 
gles), and the decelerating 
CME of May 11, 1998 

(diamonds). The curves 
are best-fit polynomials 
(linear for the constant 
speed case and quadratic 
for the other two). The 
plots are normalized to 
the time the CMEs reach 
2.5 Rq. (See Gopalswamy 
et al., 200 le for more 
details). 



5. Statistical Properties 

The OSO-7 coronagraph detected only 27 CMEs over a period of 
19.5 months. The Skylab ATM coronagraph recorded 110 CMEs during 
its 227 days of operation. The number shot up by an order of mag- 
nitude when the Solwind coronagraph on board P78-1 and the Coron- 
agraph/ Polar imeter on board the Solar Maximum Mission (SMM/CP) 
became operational. SOHO/LASCO has detected more than 8000 over 
a period of 8 years (1996-2003), confirming that CMEs are a common 
phenomenon. Table 1 summarizes these observations and updates a pre- 
vious compilation by Hundhausen (1997). 
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5.1 CME Speed 

Mass motion is the basic characteristic of CMEs, quantified by the 
speed. Coronagraphs obtain images with a certain time cadence, so 
when a CME occurs, the leading edge progressively appears at a greater 
heliocentric distance. By tracking a CME feature in successive frames, 
one can derive the speed of the feature. It must be pointed out that the 
height-time measurements are made in the sky plane so all the derived 
parameters such as speed are lower limits to the actual values. Figure 
3 shows three examples of height-time (h-t) plots. A straight-line fit to 
the h-t measurements gives the average speed within the coronagraph 
field of view, but it may not be suitable for all CMEs. For studying the 
variation of speed, one has to use higher order fits. For SOHO/LASCO 
CMEs, the sky plane speed from linear fit ranges from tens of km s“^ 
to >2500 km s”^, with an average value of 489 km s~^ (see Table 1 
and Fig. 4). Skylab and P78-1 CMEs had similar average speeds, but 
the SMM value was relatively low (Hundhausen, 1997). The discrep- 
ancy may be due to poor data coverage and the inability to measure the 
speeds of many of the observed CMEs (Gopalswamy et ah, 2003b). For 
similar reasons, the SMM data did not show a significant difference in 
the average speed of CMEs between solar activity minimum and maxi- 
mum (Hundhausen, 1999), although other measurements did indicate a 
definite increase (Howard et ah, 1985). SOHO data confirmed the in- 
crease beyond any doubt (Gopalswamy et ah, 2003b) as demonstrated 
in Figure 5. 

SOHO detected a number of CMEs with speeds exceeding 2000 km s“^ 
(Gopalswamy et ah, 2003c). The largest speed (2657 km s“^) observed 
was for the 2003 November 04 CME during the largest flare of cycle 
23. These ultrafast CMEs constitute only a tiny fraction (25/8008) of 
the total number of CMEs, which suggests a possible upper limit to the 
energy that goes into mass motion in CMEs. 

5.2 CME Acceleration 

All CMEs have positive acceleration in the beginning as they lift off 
from rest (the propelling force (F^) exceeds gravity (F^) and other re- 
straining forces). The moment a CME lifts off, it is subject to an addi- 
tional retarding force - the drag, given by = CAp — Vcme-^sw — (Vcme- 
Ysw)i where C is the drag coefficient (Chen, 1989; Cargill et ah, 1996), 
A is the surface area of the CME, p is the plasma density, \cme is the 
CME speed and Ygw is the solar wind speed (negligible close to the 
Sun). The three types of h-t profiles shown in Fig. 3 reflect various 
combinations of propelling and retarding forces: the accelerating profile 
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Figure 8.4- The speed (left) and width (right) distributions of all CMEs from 1996 
to 2003. The width of a CME is measured as the angle subtended by the outer 
edges of the CME at the Sun center. The speed is obtained by straight-line fit to the 
height-time measurements. Even though 8008 CMEs were detected, the speed could 
be measured only for 7567 CMEs, giving an average speed of 489 km s“^. The average 
width of 47° corresponds to the 7109 non-halo (width <120°) CMEs. Inclusion of 
all CMEs yields a width of 67°. The last bin in the width distribution contains the 
full halo CMEs, which constitute only ~3.5% of all CMEs. The fraction of CMEs 
with width >120° is ~11%. The speed and width are sky-plane projections and no 
attempt was made to correct for projection effects. 



Figure 8.5 Annual mean 
and median speeds of 
SOHO/LASCO CMEs 
from 1996 to 2003 showing 
the clear increase towards 
solar activity maximum. 
Higher speeds prevailed 
even after the solar activity 
maximum. 

1996 1998 2000 2002 2004 

YEAR 




indicates that the propelling force is still active in pushing the CME 
outward. The constant-speed and decelerating profiles suggest that the 
retarding forces either balance or exceed the propelling force. The av- 
erage acceleration obtained from MLSO K-coronameter (FOV = 1.2 - 
2.7 Rq) data is generally positive and high compared to those obtained 
from SMM (FOV =1.8-5 Rq) and LASCO (FOV = 2-32 Rq) coro- 
nagraphs (Burkepile et ah, 2002). Furthermore, combining data below 
the occulting disk with those from above clearly indicate that the ac- 
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Figure 8.6 The average 
acceleration of CMEs 
(1996-2003) within the 
LAS CO FOV for various 
speed ranges. Note the 
tendency for deceleration 
for faster CMEs. 
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celeration is variable (St. Cyr et al., 1999; Gopalswamy and Thompson, 
2000; Wood et ah, 1999; Zhang et ah, 2001). Measurements of individual 
events give accelerations generally below a few km s“^. Gopalswamy et 
al. (2001b) found that fast {V > 900 km s“^) GMEs predominantly de- 
celerated within LASGO FOV, suggesting that the deceleration is very 
general and must be due to drag. A number of recent studies suggest 
that the propelling forces fade out at heights below ^ 4 Rq (Ghen and 
Krall, 2003), so drag must play a significant role within LASGO FOV. 
Statistical analyses of the observed acceleration support this interpre- 
tation (Yashiro et al., 2004). Figure 6 shows the distribution of GMF 
accelerations (a) for various speed ranges: (i) slow GMFs {Ycme ^ 250 
km s“^) are accelerated (median a = 6 m“^), (ii) GMFs with speeds in 
the vicinity of solar wind speed (250 km s“^ < Ycme < 450 km s~^) show 
little acceleration (median a = 1.6 m“^), (iii) GMFs with speeds above 
the solar wind speed (450 km s-i < Verne < 900 km s ^) show predom- 
inant deceleration (median a = -4 m“^), and the fast GMFs (V > 900 
km s~^) show clear deceleration (a = -16 m“^). This behavior is also 
found when GMF propagation is considered over the inner heliosphere 
(Gopalswamy et al., 2000a; Lyndsay et al., 1999). 
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5.3 CME Width 

CME angular span (also referred to as CME width) is measured as the 
position angle extent in the sky plane. For CMEs originating from close 
to the limb, the measured width is likely to be the true width. For CMEs 
away from the limb, the measured width is likely to be an overestimate. 
Many CMEs show increase in width as they move out, so measurements 
are made when the width appears to approach a constant value. The 
average of the width distribution of SOHO/LASCO CMEs shown in Fig. 
4 is 47° when we exclude CMEs with width > 120° (because they are 
unlikely to be actual widths) . Annual averages of non-halo CME widths 
range from 47° to 61° (Yashiro et ah, 2004); the average width is the 
smallest during solar minimum, peaks just before the maximum and 
then declines through the maximum. The average widths obtained from 
Skylab (42°), SMM (47°) and Solwind (43°) are remarkably similar and 
in good agreement with LASCO results (see Table 1). This is true only 
when we exclude CMEs with widths exceeding 120°, a population not 
present in significant numbers in pre-SOHO data. The average width is 
67° when we include all CMEs (similarly to St. Cyr et ah, 2000, who 
found a value of 72° during the rise phase of cycle 23). 

5.4 CME Latitude 

The latitude distribution of CMEs depends on how closed field re- 
gions are distributed on the solar surface. CME latitude is obtained 
from the central position angle of the CME, assuming that CMEs prop- 
agate radially away from the solar source region (Howard et ah, 1986; 
Hundhausen 1993; Gopalswamy et ah, 2003a). This assumption may not 
be always valid especially during the solar minimum periods when the 
CME trajectory is likely to be controlled by the global dipolar field of 
the Sun (Gopalswamy et ah, 2000c). Figure 7 shows a plot of the GME 
latitude as a function of time along with the maximum excursions of 
the heliospheric current sheet (a good indicator of the presence of closed 
field structures at high latitudes) for GMEs associated with prominence 
eruptions. During the rising phase of cycle 23 (1997-1998), the GME 
latitudes were generally close to the equator and subsequently spread to 
all latitudes. During the maximum phase, there are many polar CMEs 
and the number of such CMEs was larger in the southern hemisphere 
and occurred over a longer time period than in the north. This behavior 
of CME latitudes with the solar activity cycle is consistent with previous 
measurements from Skylab/ ATM (Hildner, 1977; Munro et ah, 1979), 
P78-l/Solwind (Howard et ah, 1985; 1986) and SMM/CP (Hundhausen, 
1993). 
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Figure 8. 1 Latitudes 
of CMEs (filled circles) 
with known solar sources 
(identified from microwave 
prominence eruptions), 
plotted as a function of 
time. The Carrington Ro- 
tation numbers are marked 
at the top (CR). The 
dotted and dashed curves 
represent the tilt angle of 
the heliospheric current 
sheet in the northern and 
southern hemispheres, 
respectively; the solid 
curve is the average of the 
two. The two vertical lines 
indicate the start and end 
of the high-latitude CME 
activities. 



5.5 CME Occurrence Rate 

A CME rate of 0.5 CMEs/day was derived from the OSO-7 corona- 
graph data (Tousey et ah, 1974). Skylab data indicated an average rate 
of ~ 1/day with a good correlation between sunspot number (SSN) and 
CME rate (Hildner et ah, 1976). Combining Skylab, SMM, Helios (Pho- 
tometer), and Solwind observations, Webb and Howard (1994) found a 
rate of 0.31 to 0.77 CMEs/day for the solar minimum years and 1.75 to 
3.11 CMEs/day for the solar maximum years. The correlation between 
CME rate and SSN was also found to hold when the data were averaged 
over Carrington Rotation periods (Cliver et ah, 1994). The early indica- 
tion from SOHO was that the solar-minimum rate (0.8/day) was much 
higher than the uncorrected rate during previous minima (Howard et 
ah, 1997); when more data came in, St. Cyr et al. (2000) concluded that 
the rate corresponding to the rise phase of cycle 23 was not significantly 
different from pre-SOHO observations. It finally turned out that the 
SOHO CME rate averaged over Carrington Rotation periods increased 
from less than 1 during solar minimum (1996) to slightly more than 6 
during maximum (2002) (see Fig. 8). The solar-maximum rate of SOHO 
CMEs was nearly twice the highest corrected rate (3.11 per day) reported 
for previous cycles (Webb and Howard, 1994). We attribute this primar- 
ily to the better sensitivity and the enormous dynamic range (16000:1) 
of the LASCO coronagraphs. Additional factors include larger field of 
view and more uniform coverage over long periods of time (Howard et 
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Figure 8.8 The CME oc- 
currence rate (day“^) aver- 
aged over Carrington Ro- 
tation (CR) periods as a 
function of time for the in- 
terval 1996-2003. There 
was a large data gap due 
to SOHO mission interrup- 
tion during June to Octo- 
ber 1998 and a smaller gap 
during January-February, 
1999. The CR numbers are 
marked at the top. The er- 
ror bars are based on the 
amount of SOHO down- 
time during each CR. 



al., 1997). Note that LASCO CME rate is not corrected for duty-cycle, 
but an analysis by St. Cyr et al. (2000) suggested that such a correction 
may not be necessary for the LASCO data. 

While SOHO data also confirmed the high correlation (r=0.86) be- 
tween SSN and CME rate, the slope of the regression line was signifi- 
cantly different from pre-SOHO values (see Cliver et al., 1994) because 
of the higher maximum rate (Gopalswamy et al., 2003b). Furthermore, 
the CME rate peaked in CR 1993 (August 13-September 9, 2002), well 
after the maximum of the sunspot cycle (CR 1965, July 10-August 6, 
2000). Figure 9 compares the CME rate with SSN averaged over longer 
periods of time (13 CRs). Clearly both have double peaks, but they are 
shifted with respect to each other. The difference between the two rates 
seems to be due the fact that CMEs originate not only from the Sunspot 
regions, but also from non-sunspot (quiescent filament) regions. 

5.6 CME Mass and Energy 

Skylab data indicated that a single CME could account for a mass of ~ 
4x10^^ g (Gosling et al 1974), which was soon confirmed (Hildner, 1977; 
Poland et al, 1981; Jackson and Howard, 1993; Howard et al, 1984). 
The mass in a CME is estimated by determining the CME volume and 
the number of electrons in the CME with the assumption that the CME 
is a fully ionized hydrogen plasma with 10% helium. Mass estimates 
have also been made using radio (Gopalswamy and Kundu 1992; 1993; 
Ramesh et al., 2003) and X-ray observations (Rust and Hildner, 1976; 
Hudson et al., 1996; Gopalswamy et al., 1996; 1997a; Hudson and Webb, 
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Figure 8.9 Time evolution 
of Sunspot number (SSN) 
and CME occurrence rate 
averaged over 13 Carring- 
ton Rotation periods. No 
smoothing was done for 
CME rates during the in- 
terval 1998 June to 1999 
February, when there were 
large data gaps. The CME 
rate was multiplied by a 
factor of 30 to fit the scale. 
The arrows point to the 
two largest peaks in SSN 
and CME rate. 



1997; Sterling and Hudson 1997; Gopalswamy and Hanaoka 1998). The 
radio and X-ray estimates (10^^ - 10^^ g) are generally lower than, but 
well within the range of, the white-light mass values. It must be pointed 
out that the X-ray and radio mass estimates of CMEs correspond to 
regions close to the Sun whereas the white light estimates correspond 
to larger heights (a few R©). The X-ray and radio techniques are based 
on the thermal emission properties of the CME plasma (as opposed to 
Thomson scattering in white light), and hence provide an independent 
cross-check for mass estimates. However, routine estimates are done only 
in white light. Figure 10 shows a summary of mass and energy properties 
of 4297 LASCO CMEs for the period 1996-2002 (see also Table 1). The 
average mass (1.6x10^^ g) of LASCO CMEs is somewhat lower than 
those of Solwind and SMM/CP CMEs (Vourlidas et ah, 2002). This 
may be due to the fact that LASCO was able to measure CMEs of mass 
as low as 10^^ g: ^15% of CMEs had masses less than 10^^ g. From 
the energy distribution shown in Fig. 10, it is found that the average 
(median) kinetic energy of the 4297 CMEs is 2.4x10^^ erg (5x10^^ erg), 
while the average (median) potential energy is 2.5x10^^ erg (9.6x10^^ 
erg). Figure 10 also shows the mass density (amount of mass in grams 
that corresponds to each pixel of the CME in LASCO images) as a 
function of height. The mass density increases rapidly to about 8 R© 
and then levels off. The fractional number of CMEs in each height bin 
(shown by the dashed-line histogram in the lower left panel of Fig. 10), 
suggests that those CMEs that reach greater heights have the largest 
mass density. We can see that ~20% of CMEs reach their maximum 
mass at a height of ~5 R©, while almost half of the CMEs reach it 
within the LASCO/C2 FOV. In an earlier study, increases in mass by 
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Figure 8.10. CME mass and energy (kinetic - K.E., and potential - P. E.) distribu- 
tions and the evolution of mass density (grams/pixel) as a function of heliocentric 
distance. In the bottom right panel, the histogram (dashed line) shows that most of 
the CMEs were detected within the height range of increasing mass density. Not all 
detected CMEs have been included because mass measurements require (i) a good 
background image, (ii) three consecutive frames with CMEs, and (iii) CMEs well 
separated from preceding CMEs. Courtesy: A. Vourlidas. 



a factor of up to 3 were found from the corona to the interplanetary 
medium (Jackson and Howard, 1993). Large mass increases (by a factor 
of 5-10) were also found from Yohokoh/SXT (Gopalswamy et ah, 1996, 
1997a) and SOHO/LASCO (Howard et ah, 1997) observations. It is 
important to point out that LASCO movies show continued outflow of 
mass in the aftermath of CMEs for a day or so. A systematic study is 
needed to identify the origin and the magnitude of this mass compared 
to the CME mass obtained from snapshot images. 

5.7 Halo CMEs 

Halo CMEs are so named because of their appearance as approxi- 
mately circular brightness enhancements surrounding the occulting disk. 





216 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 




Figure 8.11. Front-side (left) and backside (right) full halo CMEs from 
SOHO/LASCO. The arrow points to the EUV eruption seen in the SOHO/EIT differ- 
ence image superposed on the LASCO difference image; no EUV activity was observed 
for the backside halo because the solar source was occulted. 

Although halo CMEs are known from pre-SOHO observations (Howard 
et ah, 1982), their prevalence became clear in the SOHO data (Webb et 
ah, 2000; St. Cyr et ah, 2000; Webb, 2002; Gopalswamy et ah, 2003b; 
Michalek et ah, 2003; Yashiro et ah, 2004). CMEs heading towards and 
away from the observer can appear as halos. Figure 11 shows two halo 
CMEs, one originating from the visible disk of the Sun and the other 
from the backside. From coronagraph images alone it is impossible to 
tell which way the halos are heading, so we need coronal images (such 
as the SOHO/EIT difference images in Fig. 11) to check if there is disk 
activity. It must be noted that the circular appearance of halos is due 
to projection on the sky plane. Figure 12 shows two CMEs originating 
from the same active region (AR 10486) when it was close to the disk 
center on 2003 October 28 and near the west limb on 2003 November 
4. To an observer located above the west limb the October 28 event 
would appear as an east limb event, while the November 4 event would 
appear as a halo. Coronagraphs on the two STEREO spacecraft should 
be able to provide such a multiview for single CMEs. CMEs originating 
from close to the limb appear as asymmetric or partial halos (Gopal- 
swamy et al. 2003b). Limb CMEs sometimes appear as halos because 
of faint enhancements seen above the opposite limb. These extensions 
may be shocks or magnetosonic waves propagating perpendicular to the 
direction of ejection (Sheeley et ah, 2000). 

The annual totals of halo CMEs are compared with those of the gen- 
eral population in Fig. 13. The number of halo CMEs had a broad peak 
during the solar maximum phase (2000-2002). However, the fraction of 
halo CMEs is always less than 5% (see also Fig. 4). The largest fraction 
resulted in 1997, during the rising phase of solar cycle 23. For the solar 
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Figure 8.12. Two CMEs from the same active region (AR 10486) and similar speeds: 
(left) halo CME on 2003 October 28 (2459 km s“^), and (right) limb CME on 2003 
November 4 (2657 km s“^). The arrows point to the EUV brightenings in the active 
region as observed by SOHO/EIT. 
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Figure 8.13 Annual num- 
bers of the general popu- 
lation of CMEs compared 
with those of the spe- 
cial populations: halo, fast 
and wide, and fast-and- 
wide western CMEs. Fast 
and wide CMEs have speed 

> 900 km s“^ and width 

> 60° . Fast and wide west- 
ern CMEs are the same 
as fast and wide CMEs, 
but their span includes po- 
sition angle 270°. The 
numbers in each bin are 
marked. The special popu- 
lations are similar in num- 
ber but constitute a small 
fraction of the general pop- 
ulation. 



maximum phase (years 2000-2002), the number of halo CMEs exceeded 
50 per year (100 per year if CMEs with width > 180° are considered). 
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Figure 8.1 4 Speed distri- 
bution of the 279 halo 
CMEs for the period 1996- 
2003. Note that there 
are very few halo CMEs 
with speeds less than 300 
km s“^ (most of these are 
from the solar minimum 
period). 
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What is special about halo CMEs? In principle, even narrow CMEs 
originating on the disk or backside should eventually become halo CMEs. 
These CMEs have to move far enough for their flanks to be “visible” . Be- 
cause of their large angle with respect to the sky plane and the distance 
from the Sun, they may not be detected by coronagraphs. Studying all 
the halo CMEs detected by LASCO, Yashiro et al. (2004) found that 
the average speed of the halo CMEs is roughly twice that of the general 
population of CMEs. Eigure 14 shows the speed distribution of the 279 
halo CMEs from 1996 to 2003. The average speed of the halo CME pop- 
ulation shown is 1004 km s“^, compared to 489 km s“^ for the general 
population (see Fig. 4). Thus, most of the halo CMEs seem to belong to 
a population known as fast-and-wide CMEs (speed (> 900 km s“^ and 
width > 60°), which are known for driving shocks and producing solar 
energetic particles and long-wavelength radio emission (Gopalswamy et 
ah, 2003c). While it is not uncommon for CMEs from the eastern hemi- 
sphere to be associated with SEP events at Earth, western hemispheric 
fast and wide CMEs result in prompt increase of SEP intensity at 1 AU. 

6. Associated Activities 

CMEs are associated with a number of phenomena starting all the way 
from the chromosphere (H-alpha flare ribbons, Moreton waves), and the 
corona (dimming, arcade formation. X-ray flares, prominence eruptions. 
X-ray and EUV ejecta, EUV wave transients, metric radio bursts) to the 
heliosphere (magnetic clouds, interplanetary radio bursts, shocks and en- 
ergetic particles), that are observed as mass motion, waves and electro- 
magnetic radiation. H-alpha and soft X-ray flares, prominence eruptions, 
and soft X-ray and EUV ejecta provide vivid pictures of the eruption 
during its early stages, generally not accessible to coronagraphs. Ra- 
dio bursts produced by shocks (type II) and moving magnetic structures 
(type IV), are closely related to CMEs. Phenomena such as CME-related 
dimming (Hudson, 1999; Gopalswamy, 1999; Gopalswamy and Thomp- 
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son, 2000; Klassen et al., 2000), EUV wave transients (Thompson et ah, 
1999; Gopalswamy and Thompson, 2000; Mann et ah, 1999; Biesecker 
et ah, 2002), and arcade formation (Hanaoka, 1994; Gopalswamy et ah, 
1999) have become benchmark signatures that are commonly used in 
identifying the solar sources of GMEs, in addition to the traditional H- 
alpha flare locations. SOHO’s Ultraviolet Goronagraph Spectrometer 
(UVGS, Kohl et ah, 1995) has turned out to be a useful source to es- 
timate the true speed of GMEs (as opposed to sky plane speeds) and 
a number of physical parameters such as density and temperature (see, 
e.g., Ciaravella et ah, 2003). 

6.1 Flares and CMEs 

Early statistical studies (see, e.g., Munro et al., 1979; Kahler, 1992) 
showed that ~ 40% of GMEs were associated with H-alpha flares and 
almost all flares (90%) with H-alpha ejecta were associated with GMEs. 
Thus the “mass motion” aspect of flares seems to be critical for a flare to 
be associated with GME. Flares have been classifled (see, e.g. Pallavicini 
et al., 1977; Moore et al., 1999) as impulsive (short-duration (< Ih), 
compact (10^^- 10^^ cm^), and low-lying (10^ km)) and gradual (long 
duration (hours), large volumes (lO^^-lO^^ cm^), and great heights (10^ 
km)). The probability of GME-flare association increases with flare du- 
ration (Sheeley et al., 1983): 26% for duration < Ih and 100% for du- 
ration > 6 h. It must be pointed out that some major flares associated 
with large-scale GMEs are not long-duration events (Nitta and Hudson, 
2001; Chertok et al., 2004). Gurrently, there are three ideas about the 
flare-GME relationship: 1. Flares produce GMEs (see, e.g.. Dryer, 1996), 
2. Flares are byproducts of GMEs (Hundhausen, 1999), and 3. Flares 
and GMEs are part of the same magnetic eruption process (Harrison 
1995; Zhang et al., 2001). Studies on temporal correspondence between 
GMEs and flares have concluded that GME onset typically precedes the 
associated X-ray flare onset by several minutes (e.g. Harrison 1991). 
This observational fact is considered to be a serious difficulty for flares 
to produce CMEs (Hundhausen, 1999). The flare process - reconnec- 
tion that forms post flare loops - can be thought of as the force that 
propels overlying loops as CMEs (Anzer and Pnueman, 1982). Kahler 
et al. (1989) argued against such a model because they could not And 
evidence for a flare impulsive phase affecting the height-time history of 
CMEs. Zhang et al. (2001) investigated four CMEs and compared their 
time evolution with GOES X-ray flares. They found that the CMEs 
started accelerating impulsively until the peak of the soft X-ray flare, 
consistent with an earlier result that flare-associated CMEs are in gen- 
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eral faster than other CMEs (MacQueen and Fisher, 1983). There is also 
weak correlation (r == 0.53) between soft X-ray flare intensities and asso- 
ciated CME energies (Hundhausen, 1999; Moon et ah, 2002). The fact 
that flares with H-alpha ejecta are closely related to CMEs suggests that 
we need to understand how the free energy in the eruptive region is par- 
titioned between heating (soft X-ray flares) and mass motion (CMEs). 
The connection between flares and CMEs needs to be revisited especially 
because of the availability of high quality multi wavelength data on flares 
and CMEs. 

6.2 Prominence Eruptions 

Prominence eruptions (PEs) are the near-surface activity most fre- 
quently associated with CMEs (Webb et ah, 1976; Munro et ah, 1979; 
Webb and Hundhausen, 1987; St. Cyr and Webb, 1991): 70% of CMEs 
are associated with PEs (Munro et al. 1979). Reverse studies indicate 
that the majority of PEs are associated with CMEs (Hori and Culhane, 
2002; Gopalswamy et al., 2003a). Using microwave PEs, Gopalswamy 
et al. (2003a) found that (i) 73% of PEs had CMEs, while 16% had no 
CMEs at all, and the remaining PEs were associated streamer changes; 
(ii) the PE trajectories could be broadly classifled as radial (R) and 
Transverse (T); (iii) most of the R events were associated with CMEs 
and the eruptive prominences attained larger heights, while most of the 
T events were not associated with CMEs; (iv) almost all of the PEs 
without CMEs were found to be T events (in which material does not 
leave the Sun). These results are consistent with those of Munro et al. 
(1979) who found that virtually all prominences that attained a height 
of at least 1.2 Rq were associated with Skylab CMEs. The source lo- 
cations of CMEs and prominences spread to all latitudes towards the 
solar maximum in a similar fashion. During solar minimum, the central 
position angles of CMEs tend to cluster around the equator, while those 
of PEs were conflned to the latitudes of active region belt, reflecting 
the stronger influence of the solar dipolar held on CMEs during solar 
minimum. 

What is the physical connection between prominences and CMEs? 
Case studies have shown that eruptive prominences can be traced into 
the inner parts of the bright core (House et al. 1981; Illing and Athay, 
1986; Gopalswamy et al., 1998), and this has been confirmed by statisti- 
cal studies. There is also a close correspondence between the projected 
onset times of CMEs and PEs (Gopalswamy et al., 2003a). These results 
indicate that PEs form an integral part of CMEs. However, PEs are con- 
sidered as a secondary phenomenon to the CME process because PEs 
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may not have enough energy to drive CMEs (Hundhausen, 1999). Filip- 
pov (1998) has a different result: CMEs can be caused by the eruption 
of inverse-polarity prominences. Runaway reconnection in the magnetic 
field of the prominence is also thought to be fundamental for the onset 
of CMEs (Moore et ah, 2001). 

6.3 Are There Two types of CMEs? 

On the basis of speed-height profiles of a dozen CMEs observed by 
the MLSO K-coronameter, MacQueen and Fisher (1983) suggested that 
different acceleration mechanisms may be operating in CMEs associ- 
ated with prominence eruptions and flares. The flare-related CMEs 
were faster and characterized by constant speed, while the prominence- 
related CMEs were slower and accelerating within the coronameter FOV 
(see also St. Cyr et ah, 1999). Tappin and Simnett (1997) used 149 
LASCO CMEs and found that the constant speed CMEs were generally 
faster. Examples of constant speed and accelerating h-t profiles were 
also reported by others (Sheeley et ah, 1999; Andrews and Howard, 
2001; Gopalswamy et ah, 2001b). The travel time of flare-related solar 
disturbances has also been found to be generally shorter than that of 
prominence- related ones (Park et ah, 2002). Studying a much larger 
sample of LASCO CMEs, Moon et al. (2002) found a clear difference in 
speeds of flare-related (759 km s“^) and prominence-related (513 km s“^) 
CMEs. The flare-related CMEs also showed a tendency for deceleration, 
but this probably reflects the fact that they are faster (see Gopalswamy 
et al., 2001b). The question is whether the speed difference is qualitative 
or quantitative given that CMEs of both types involve closed magnetic 
regions with filaments. Studying the acceleration of CMEs, Chen and 
Krall (2003) conclude that one mechanism is sufficient to explain flare- 
related and prominence-related CMEs. 

6.4 X-ray Ejecta 

Klimchuk et al. (1994) found that the properties of 29 X-ray eruptions 
from Yohkoh/SXT were similar to those of white- light CMEs. Although 
they did not compare their data with white light observations, it is likely 
that they correspond to the frontal structure. X-ray ejecta were also 
frequently seen by SXT (see, e.g., Shibata et al., 1995), but their white- 
light counterpart was not checked. Gopalswamy et al. (1997b) reported 
an X-ray eruption followed by a disconnected X-ray plasmoid. Check- 
ing white-light data from MLSO, they concluded that the eruption was 
associated with a CME. The plasmoid was also associated with a mov- 
ing type IV burst, which suggested that the X-ray plasmoid must have 
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also carried nonthermal particles, consistent with the scenario that the 
plasmoid is the heated prominence material (see, e.g., Wagner, 1984). 
Presence of nonthermal electrons can also be inferred occasionally from 
hard X-rays (Hudson et ah, 2001). Recently, Nitta and Akiyama (1999) 
looked for X-ray ejecta in 17 limb flares and compared them with LASCO 
data. They found that (i) flares not associated with CMEs also lacked 
X-ray ejections, and (ii) the X-ray ejecta were inner structures of CMEs. 
These results are consistent with the dense prominence material present 
in the core of CMEs. To be “visible” in X-rays, they must have been 
heated. However, frontal structure of CMEs can also be occasionally 
seen in X-rays, as was reported by Gopalswamy et al. (1996). Spec- 
troscopic observations also confirm that the prominence core can be hot 
(Ciaravella et al., 2003). 

6.5 CMEs and Radio Bursts 

Moving type IV bursts indicate magnetized plasma ejection; type II 
bursts indicate superAlfvenic mass motion. Therefore, these two bursts 
are expected to be closely related to CMEs. Moving type IVs come in 
three varieties: advancing fronts, expanding arches and isolated plas- 
moids (see Stewart, 1985 for a review). The isolated sources originate 
from the heated prominence material, also detected in X-rays and EUV. 
The advancing fronts and expanding arches must be structures associ- 
ated with the CME itself (Gopalswamy and Kundu, 1989; Bastian et ah, 
2001), “visible” because of the nonthermal electrons trapped in them. 
The nonthermal electrons may be accelerated at the reconnection site 
beneath the CMEs or by the shock ahead of the CME. 

Coronal and interplanetary shocks are inferred from metric and longer 
wavelength type II radio bursts, respectively (Wild et al, 1950; Malitson 
et a., 1973). Gosling et al. (1976) found that ~ 85% of CMEs with speed 
> 500 km s“^ were associated with type II and/or type IV bursts. In a 
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reverse study, Munro et al. (1979) found that almost all type II or type 
IV bursts originating from within 45° of the limb were associated with 
CMEs. The speed distribution of coronal shocks was found to be similar 
to that of CMEs associated with type II bursts (Robinson, 1985). These 
observations clearly were consistent with the idea that CMEs moving 
faster than the local Alfven speed can drive an MHD shock. Later ob- 
servations indicated metric type II bursts without CMEs and fast CMEs 
without metric type II bursts (Sheeley et ah, 1984; Kahler et ah, 1984, 
1985). From these results it was inferred that some of the coronal shocks 
may be flare blast waves, consistent with the type II source location be- 
hind the leading edge of CMEs (Wagner and MacQueen, 1983; Gary et 
ah, 1984; Robinson and Stewart, 1985; Gopalswamy et ah, 1992). 

Using Solwind (coronagraph) and Helios (in situ) data, Sheeley et al. 
(1985) found a near one-to-one correspondence between GMEs and IP 
shocks. All kilometric type II bursts observed by ISEE-3 are known to be 
associated with fast (> 500 km s“^) and energetic CMEs and IP shocks 
(Cane et al., 1987). Recent data from Wind/WAVES (Bougeret et al., 
1995) indicate that all decameter-hectometric (DH) type II bursts (1-14 
MHz) are also associated with fast and wide CMEs capable of driving 
shocks (Gopalswamy et al., 2001b). Can we extend this CME-type II 
connection to metric type II bursts also? There are several arguments in 
favor of the idea that even metric type II bursts are due to CME-driven 
shocks: 1. Type II bursts without associated CMEs have been revisited 
by Cliver et al. (1999) to show that the CMEs might have been missed 
due to observational constraints. Further evidence came from a compari- 
son of metric type II bursts with LASCO/EIT data: while no white-light 
CMEs were observed for some metric type II bursts, there were EUV 
eruptions from close to the disk center (Gopalswamy et al., 2001a), sug- 
gesting that these CMEs may have been masked by the occulting disk. 
2. Lara et al. (2003) studied the CME properties of (i) metric type II 
bursts with no IP counterparts and (ii) IP type II bursts at frequencies 
<14 MHz. They found that the speed, width and deceleration of CMEs 
progressively increased for the general population of CMEs, CMEs asso- 
ciated with metric type II bursts and CMEs associated with IP type II 
bursts, in that order. This is clear evidence that the energy of a CME 
is an important factor in deciding whether it will be associated with a 
type II burst, consistent with an earlier conclusion by Robinson (1985) 
when comparing speeds of CMEs associated with metric type II bursts 
and those of IP shocks associated with km type II bursts. 3. The type II 
burst association with low-speed (200 km s~^) CMEs and the lack of it 
for a large number of fast (speed > 900 km s“^) and wide (> 60°) CMEs 
can be explained as a direct consequence of the Alfven speed profile in 
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the ambient medium (Gopalswamy et ah, 2001a). 4. The difference 
in drift rates of type II bursts below and above 1 MHz (Cane, 1983) 
and the lack of correlation between speeds derived from metric type II 
bursts and associated CMEs (Reiner et ah, 2001) can be explained if 
we note that the CME speed changes rapidly in the inner corona and 
the CME is propagating through the region of highly variable Alfven 
speed. 5. The positional mismatch between CME leading edge and type 
II bursts can be explained by the preferential electron acceleration in the 
quasiperpendicular region of the CME bow shock (Holman and Pesses, 
1983). 6. A blast wave is expected to be without a driver, but there 
is no evidence from in situ data for a shock without a driving ejecta. 
Almost all IP shocks followed by ICMEs seem to have a piston-shock 
relationship (see Fig. 15), and the corresponding white-light CMEs can 
be identified. Shocks detected “without drivers” can be attributed to 
limb CMEs so they are also driven, but only the flanks arrive at Earth 
(Schwenn, 1996; Copalswamy et ah, 2001a). It appears that all type II 
bursts can be associated with CMEs if we consider the combination of 
CME characteristics (speed, width) and the Alfven speed profile in the 
ambient medium. 

The advent of EIT waves (Thompson et ah, 1999) has provided some 
additional input to the problem of coronal shock source. Based on the 
good correspondence between EIT waves and metric type II bursts, 
Mann et al. (1999) suggested that EIT waves are of flare origin and 
might be the pre-shock stage of coronal shocks inferred from metric 
type II bursts. However, Copalswamy and Kaiser (2002) pointed out 
that a CME-driven shock can form low in the corona where the Alfven 
speed is < 300 km s~^ and hence explain the metric type II burst and 
even the subsequent IP type II burst. One class of EIT waves known 
as “brow waves” (owing to their arc-like appearance in EIT images, - 
see Copalswamy, 2000; Copalswamy and Thompson, 2000) are spatially 
and temporally coincident with metric type II bursts (Copalswamy et 
ah, 2000d). Biesecker et al. (2002) later classified the brow waves as 
“events with sharp brightenings” and found them to be associated with 
metric type II bursts, flares, and CMEs. They also found an unambigu- 
ous correlation between EIT waves and CMEs, but a significantly weaker 
correlation between EIT waves and flares. There were also attempts to 
interpret wavelike features in soft X-ray images to be blast waves and 
associate them with Moreton waves (Moreton, 1960) and metric type II 
bursts (Narukage et ah, 2002; Hudson et ah, 2003). However, both of 
these reports did not take the presence of CMEs into consideration. For 
example, in the 1998 May 06 event at 08:03 UT studied by Hudson et al. 
(2003), there was also a 1100 km s“^ CME (see Table 1 Copalswamy, 




CMEs in the Inner Heliosphere 



225 



2003a), whose onset preceded the type II burst and hence cannot be 
ruled out as the source of the metric type II burst. It is quite likely 
that the EIT waves (at least the brow type) are coronal counterparts of 
Moreton waves, but are not inconsistent with a CME source. While we 
cannot completely rule out the possibility of flare blast waves causing 
metric type II bursts, the available and new evidence seem to favor CME- 
driven shocks (see also Mancuso and Raymond, 2004). Unfortunately, 
there is no reliable way of directly detecting shocks in the corona, except 
for possible shock signatures observed by UVCS (Raymond et al., 2000) 
and the white-light shock signatures (Sheeley et al., 2000; Vourlidas et 
al., 2003), which are not without CMEs. 

6.6 CME Interaction and Radio Emission 

Given the high rate (~ 6/day) of CME occurrence during solar maxi- 
mum and the observed range of speeds, one would expect frequent inter- 
action between CMEs. Although interactions among shocks and ejecta 
are known to happen in the heliosphere (Burlaga et al., 1987), SOHO 
images combined with the Wind/ WAVES dynamic spectra provided di- 
rect evidence for CME interactions very close to the Sun (Gopalswamy 
et al., 2001c; 2002a). These interactions resulted in broadband non- 
thermal radio enhancements in the decameter-hectometric (DH) wave- 
length domain. Strengthening of shocks when propagating through the 
dense parts of preceding CMEs and trapping of particles in the closed 
loops of preceding CMEs were suggested as possible mechanisms that in- 
crease the efficiency of particle acceleration (Gopalswamy et al., 2002b). 
Shock strengthening can be seen from the fact the change in local Alfven 
speed (Va) is related to density (n) and magnetic field (B) changes: 
dVajVa = dB/B — {l/2)dn/n. Recent numerical simulations support 
such shock strengthening (Wu et al., 2002). A shock traveling through 
a denser medium would be locally stronger and would accelerate more 
electrons resulting in enhanced radio emission, provided the magnetic 
field does not change significantly. 

Figure 16 illustrates a recent CME interaction event: A sudden ra- 
dio enhancement occurred over an existing Wind/ WAVES type II radio 
burst on 2003 November 4. The radio enhancement is brighter than the 
associated type II burst and hence is nonthermal in nature. A very fast, 
shock-driving CME (CME2, 2657 km s“^) approached a slower CME 
(CMEl, ~1000 km s~^) and its dense core (COREl, ^^700 km s“^). 
The radio enhancement occurred when CME2 reached a heliocentric 
distance of 18 i?©, close to the core of CMEl. The 21:18 UT SOHO 
image shows that the CME2 and COREl are very close when the ra- 
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Figure 8.16. Wind/WAVES dynamic spectrum (top right) showing the interaction 
signature and the height-time diagram (bottom right) of the 2003 November 04 CMEs. 
The first CME (CMEl), its core (COREl) and the second CME (CME2) are marked 
in the SOHO image at 20:42 UT (top left). The SOHO image at 21:18 (bottom left) 
was taken when the Wind/WAVES interaction signature in radio was in progress. 
The times of the two SOHO images are marked on the WAVES dynamic spectrum. 
The duration of the interaction signature is denoted by the two vertical dashed lines 
on the height-time plot. The speeds of CMEl, CME2, and COREl are also shown. 



dio enhancement started. The radio emission lasted for about 40 min, 
roughly the time taken by the CME-driven shock to traverse COREl 
(size ~ 7 i?o). The high frequency edge of the type II burst was at ~ 1 
MHz when the interaction signature started with a high-frequency edge 
of 3 MHz. A jump of 2 MHz in frequency would correspond to a density 
jump of 4 with respect to the ambient corona. This is also consistent 
with the relatively high white-light brightness of COREl. The same in- 
teraction signature was observed by radio receivers on board Ulysses and 
CASSINI, which were at distances of 5 and 8.7 AU, respectively. The 
signatures arrived at CASSINI and Ulysses with a delay corresponding 
to the light travel times. Wind, Ulysses, and CASSINI were widely sep- 
arated in heliocentric distance as well as angular separation, suggesting 
that the interaction signature is not narrowly beamed. 

7. CMEs and Solar Energetic Particles 

Kahler et al. (1978) found CMEs to be necessary requirements for the 
production of SEPs and hence suggested that SEPs may be accelerated 
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Figure 8.17 Distributions 
of speed (left) and source 
longitudes of CMEs associ- 
ated with 58 major (pro- 
ton intensity exceeding 10 
particles per (cm^ s sr)) 
SEP events from the period 
1996-2002. The 90° bins 
also contain events from 
behind the limb. 



by the shocks ahead of CMEs. The current paradigm is that impulsive, 
short-lived SEP events are due to flares and the large, gradual, long- 
lived events are accelerated in CME-driven shocks (see, e.g. Lin, 1987, 
Reames, 1999). Recent data also indicate that large SEP events are 
invariably associated with fast and wide CMEs (Fig. 17). CMEs from 
the western hemisphere typically result in high SEP intensity at Earth 
due to better connectivity (see Fig. 17 ), although it is not uncommon 
for CMEs from the eastern hemisphere to result in SEP events at Earth. 
Despite the general acceptance of CME-driven shocks as the source of 
large SEP events (Lee, 1997; Reames, 1999; Tylka, 2001), there is still 
no widely accepted theory that explains all the observed properties of 
SEPs. For example, the CME speed and SEP intensity are reasonably 
correlated, yet the scatter is very large (see Fig. 18 ): for a given CME 
speed, the SEP intensity has been found to vary over four orders of 
magnitude (Kahler, 2001; Gopalswamy et ah, 2003c) with no satisfactory 
explanation. However, the SEP intensity is better correlated with the 
CME speed than with the flare size (Fig. 18). 

A Type II burst is the primary indicator of shock near the Sun, where 
the SEPs are released (a few Rq from the Sun - see, e.g., Kahler, 1994). 
The DH type II bursts also originate from this region and are known to 
have a 100% association with SEP events (Gopalswamy, 2003a). The oc- 
currence rates (per Carrington Rotation) of large SEP events (>10 MeV 
protons from GOES), fast and wide CMEs from the frontside western 
hemisphere, IP shocks (detected in situ), DH type II bursts and major 
(GOES M and X-class) flares are quite similar, except for major flares, of 
which there were too many (Gopalswamy et ah, 2003b,c). The close cor- 
relation among all these phenomena suggests that CME-driven shocks 
accelerate electrons (to produce type II bursts) and protons (detected 
as SEP events). 

The simple classiflcation of impulsive and gradual SEP events has re- 
cently been brought into question. Most of the CMEs associated with 
large SEP events are also associated with intense flares, so it is often dif- 
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Figure 8.18. Scatter plot of the SEP intensities of > 10 MeV proton events with 
(left) CME speeds and (right) X-ray flare size. All events are plotted in the left 
panel, but only the 25 events with 0° < longitude < 90° (diamonds) are included 
in the correlation. The solid lines are best fits to the diamonds. The correlation 
coefficients are r=0.58 for CME speeds (confidence level 99.9%) and 0.41 for X-ray 
flux (confidence level 98%). Excluding the outlier CME with a speed of 478 km s“^ 
results in r=0.54 (confidence level 99.75%) and the dashed line. See Gopalswamy et 
al. (2003c for details. 



ficult to untangle the contributions from flare and shock sources (Cliver, 
1996; Kocharov and Torsti, 2002). Flare particles (Mason et ah, 1999) 
or SEPs from preceding CMEs (Kahler, 2001) may form seed particles 
for CME-driven shocks near the Sun as well as at 1 AU (Desai et ah, 
2003). Long rise times of some SEP events seem to be due to successive 
SEP injections (Kahler, 1993). SEP-producing shocks seem to propagate 
through the corona with preceding CMEs (Gopalswamy et ah, 2002a). 
Large SEP events with preceding wide CMEs within a day from the same 
active region tend to have higher intensity (Gopalswamy et ah, 2003c). 
Multiple shocks and CMEs can form configurations that can enhance 
the SEP intensity significantly (Kallenrode and Cliver, 2001; Bieber 
et ah, 2002). Thus, the presence of preceding CMEs means disturbed 
conditions in the coronal and IP medium through which later CMEs 
propagate: density, flow velocity, magnetic field strength, magnetic held 
geometry, and solar wind composition may be different compared to nor- 
mal solar wind conditions. Accelerated particles propagating through a 
medium denser than the normal solar wind (due to a preceding CME) 
may affect the observed charge states of the ions if the product of the 
density and the residence time is large enough to allow for additional 
electron stripping (Reames et ah, 1999; Barghouty and Mewaldt, 2000). 






CMEs in the Inner Heliosphere 



229 



8. CMEs in the Heliosphere 

While the existence of magnetized plasma clouds was contemplated 
in the 1950s, their detection became possible with space borne measure- 
ments (Burlaga et ah, 1981, Lepping et ah, 1990). Helios 1 detected a 
magnetic loop behind an IP shock, which Burlaga et al. (1981) defined 
as a magnetic cloud (MC). The connection between CMEs and MCs 
was recognized when a Helios 1 MC was related to a white-light CME 
that left the Sun two days before (Burlaga et ah, 1982). Analyzing the 
helium abundance enhancements (HAEs - Hirshberg et al., 1972) in the 
high speed plasmas behind IP shocks, Borrini et al. (1982) concluded 
that the HAEs must be the IP signatures of CMEs. At present a large 
number of IP signatures are used to identify the CME-related plasmas in 
the solar wind (see, e.g. Gosling et al., 1990): bidirectional streaming of 
superthermal electrons and ions, unusual abundances and charge states, 
low electron and proton temperatures, strong magnetic fields with flux 
rope structures, and Forbush decreases. It must be noted that not all of 
the signatures are present in all events (see Neugebauer and Goldstein, 
1997). CMEs in the solar wind are commonly referred to as ‘ejecta’ or 
interplanetary CMEs (ICMEs). In situ observations of CMEs can be 
used to infer the magnetic field topology of the ICMEs and the physi- 
cal conditions of their birthplace near the Sun (see, e.g., Henke, 1998; 
Lepri et al., 2001). When a CME moves past a spacecraft in the solar 
wind, the following sequence of structures would be detected: IP shock, 
sheath, and ejecta. On rare occasions, one observes cool dense mate- 
rial towards the end of the ejecta that resemble the prominence resting 
at the bottom of the coronal cavity in the pre-emption phase of CMEs 
(Burlaga et al., 1998; Gopalswamy et al., 1998). As a working hypothe- 
sis, one can relate CMEs and ICMEs as follows: CME shock ^ IP shock, 
CME front — > sheath, CME void — » ICME (or ejecta), and CME core 
^ density pulse (Gopalswamy, 2003b). Cliver et al. (2003) estimated 
that Earth is embedded within CME-related flows (shocks, sheaths and 
ejecta) for ~ 35% of the time during solar activity maximum and ~ 10% 
of the time during solar minimum. Only those CMEs, which originate 
close to the Sun center (within 30°) are intercepted by Earth as ICMEs 
(Gopalswamy, 2002). Using bidirectional electron signatures. Gosling 
et al. (1992) found ~ 72 (8) ICMEs/year during solar activity maxi- 
mum (minimum), similar to the variation in CMEs discussed in section 
4. Klein and Burlaga (1982) found that ~ 33% of ICMEs were MCs. 
Recent studies show that the fraction of ICMEs that are MCs ranges 
anywhere from 11% to 100% (Cane and Richardson, 2003; see also Ta- 
ble 1 of Gopalswamy et al., 2000a). 
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Figure 8.19 The empiri- 
cal shock arrival (ESA) 
model, which predicts the 
shock travel time based on 
the initial speed of CMEs 
in the sky plane. The 
diamonds are for shocks 
driven by magnetic clouds. 
The squares represent the 
two fastest shocks of cy- 
cle 23, which originated 
from the ultrafast CMEs 
on 2003 October 28 (11:06 
UT, 2459 km s“^) and 
2003 October 29 (20:41 
UT, 2029 km s"^). 



ICMEs are responsible for the severest of geomagnetic storms and can 
be directly related to front-side halo CMEs (Gosling, 1993; St. Cyr et ah, 
2000). Webb (2002) finds that the fraction of halos associated with ge- 
omagnetic storms considerably decreased towards solar maximum. For 
example, 92% of the halos were associated with geomagnetic storms in 
the year 1997, while the fraction dropped to 35% in the year 2000. De- 
tailed information on the internal structure (e.g., whether it contains 
southward magnetic field component) of halo CMEs is needed to under- 
stand why only certain halo CMEs result in geomagnetic storms. Thus 
the travel time of CMEs to 1 AU and their geoeffectiveness (magnitude 
and duration of geomagnetic storms) are of practical importance for 
space weather applications. Availability of simultaneous data on CMEs 
and ICMEs has made it possible to establish a relationship between their 
speeds (Lindsay et ah, 1999). Influence of the solar wind on CMEs as 
they propagate away from the Sun can be postulated as an average IP 
acceleration (Gopalswamy et ah, 2000a), which can be used to predict 
the travel time of CMEs (Gopalswamy et ah, 2001e; Gopalswamy 2002) 
and shocks (Gopalswamy et ah, 2003d) to various points in the helio- 
sphere. Figure 19 shows the empirical shock arrival (ESA) model curve 
with observed travel times of MCs of cycle 23. The empirical model helps 
us understand the gross propagation of Earth-directed CMEs originat- 
ing close to the disk center (within ±30°) and propagating through quiet 
solar wind. Drastically different conditions such as high speed wind, pre- 
ceding CMEs (Manoharan et ah, 2004) and significant projection effects 
(Gopalswamy et ah, 2000b; Michalek et ah, 2003) may also affect the 
predicted shock arrival times. As for geoeffectiveness, the ICME has to 
have southward magnetic field component, which is a difficult problem. 
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There have been several attempts to relate the magnetic field structure 
of the ejecta to that of filaments (e.g., Bothmer and Schwenn, 1994; 
Marubashi, 1997; Bothmer and Rust, 1997), arcades overlying filaments 
(Martin and McAllister, 1997), and the overlying global dipolar field of 
the Sun (Crooker 2000; Mulligan et ah, 1998). However, there is no 
systematic scheme to predict the internal structure of an ICME based 
on magnetograms of the eruption regions. 

8.1 High Latitude CMEs 

Motion of magnetic clouds can continue in the heliosphere (Yeh, 1995) 
and has been observed beyond 11 AU (Burlaga et ah, 1985; Funsten, 
et ah, 1999), which means these objects must be commonplace in the 
heliosphere. While Voyager observations provided information on the 
heliospheric CMEs (HCMEs) in the ecliptic plane, high-latitude CMEs 
were first observed in situ by Ulysses (Gosling et al, 1994; Gosling and 
Forsyth, 2001). Ulysses CMEs observed during minimum conditions 
were fast compared to the ones observed during maximum conditions. 
A new class of CMEs known as “over-expanding” CMEs were discov- 
ered by Ulysses (Gosling et al., 1994). These CMEs have high internal 
pressure drive shocks due to the expansion into the heliosphere, rather 
than from the motion away from the Sun. Based on Ulysses observations 
(heliocentric distance 5.3 - 3.0 AU) over a 16-month interval at latitudes 
S30-S75, Gosling and Forsyth (2001) found that the HL HCMEs have 
an average duration of ~67 h and a radial size of ~0.7 AU (compared 
to the 0.25 AU at 1 AU); the occurrence rate of 15 per year is about 
5 times smaller than the ecliptic rate at 1 AU. The ratio of HL to LL 
HCMEs seems to be very similar to the overall ratio (~ 20%) with a 
slightly different definition of HL (latitude > 60°) and LL (latitude < 
60°) CMEs (Gopalswamy et al., 2003e). 

Since the latitudes of CMEs are derived from the central position angle 
of CMEs in the sky plane, Gopalswamy et al. (2003e) considered HL 
CMEs as those with latitude > 60°, and the LL CMEs with latitudes 
<40°. With this definition, they obtained a HL-to-LL CME ratio of 
25%. To be consistent with this definition, we compared the Ulysses 
and SOHO/LASCO CMEs for the period July 10, 2000 to February 5, 
2001, when Ulysses was poleward of S60. During these seven months, 
Ulysses detected 8 HCMEs, giving rate of 13.7 per year, very similar 
to Gosling and Forsyth’s rate. Over the same interval, SOHO/LASCO 
observed 101 CMEs poleward of S60 and 602 LL CMEs, giving an HL- 
to-LL ratio of ~17%. Interestingly, the ratio of HL CMEs at the Sun 
and HCMEs at Ulysses is ~8%. The ratio of LL CMEs (602) at the Sun 
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Figure 8.20 The speed 
and width distributions of 
high-latitude (>60°, HL) 
and low-latitude (<40°, 
LL) CMEs, with average 
values marked. CMEs 
with latitudes between 40 
and 60° are not included 
for a clear separation be- 
tween the two populations. 
CMEs with widths > 120° 
are excluded because it is 
difficult to obtain their lat- 
itudes. The distributions 
of HL and LL CMEs are 
not very different. 



to the ICMEs at 1 AU (25, see Cane and Richardson, 2003) is ~4%, 
which becomes ~8% if we assume that half of the SOHO LL CMEs are 
backsided. Figure 20 shows the overall comparison between HL and LL 
CMEs for the entire cycle 23 until August 2003. The HL-to-LL ratio 
(~14%) is not too different from the numbers above. Although these 
comparisons indicate that the latitudinal distribution of CMEs at the 
Sun and in the heliosphere may be similar, Reisenfeld et al. (2003) 
reported that two of the equatorial CMEs observed by SOHO/LASCO 
were observed at Earth as well as by Ulysses at high latitudes (above 
N75). The large separation between Earth and Ulysses in latitude (73°) 
and longitude (64°) for one of the events is consistent with the large 
width of some white-light CMEs (>120°). However, these huge events 
are rare at the Sun. 

9. CMEs and Solar Polarity Reversal 

Two magnetic cycles have been completed since Horace Babcock first 
noted the reversal of polarities of solar polar magnetic fields in 1959 (cy- 
cle 19). The Sun faithfully reversed the sign of its polar magnetic fields 
during all the sunspot cycles (20-23) since then. Common signatures of 
magnetic polar reversals on the Sun are the disappearance and reforma- 
tion of polar coronal holes (Webb, et ah, 1984; Bilenko, 2002; Harvey and 
Recely, 2002) and the disappearance of the polar crown filaments (PCFs) 
following a sustained march to the poles (Waldmeier, 1960; Cliver et ah, 
1994; Makarov, Tlatov, and Sivaraman, 2001). Studying the polarity 
reversals of cycle 23, Gopalswamy et al. (2003e) found that the epochs 
of solar polar reversal are closely related to the cessation of HL CME ac- 
tivities, including the non-simultaneous reversal in the north and south 
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poles (see Fig. 21). Before complete reversal, several temporary rever- 
sals take place with corresponding spikes in the HL CME rates. The 
high-latitude CMEs also provide a natural explanation for the disap- 
pearance of closed field structures that approach the poles, which need 
to be removed before the reversal could be accomplished. The polarity 
reversal seems to be a violent process involving CMEs of mass a few 
times 10^^ g and a velocity of hundreds of km s~^. The kinetic energy 
of each of these CMEs is typically a few times 10^^ erg. Figure 20 shows 
that there were r\j 10^ HL CMEs over a period of 10^ days, during which 
the reversal was completed. This amounts to an energy dissipation rate 
of ~ 10^^ erg/day. The results presented here also support the hypothe- 
sis that CMEs may represent the process by which the old magnetic fiux 
and helicity are removed and replaced by the those of the new magnetic 
cycle (Low 1997; Zhang and Low, 2001). Inclusion of CMEs along with 
the photospheric and subphotospheric processes completes the full set 
phenomena that need to be explained by any successful theory of the 
solar dynamo. 

10. CMEs and Cosmic Ray Modulation 

Newkirk et al. (1981) identified CMEs as the solar origin of the low- 
frequency power in the interplanetary magnetic field fiuctuations and 
suggested that the solar cycle dependent modulation of galactic cosmic 
rays (OCRs) can be explained by the presence of CME-related magnetic 
inhomogeneities in the heliosphere. Although they explored CMEs at 
latitudes below 60°, we now know that CMEs are present at all lati- 
tudes at least during solar maximum as isolated (Gosling and Forsyth, 
2001; Balogh, 2002) or as merged interaction regions (Burlaga et ah, 
1993). The relationship recently found between HL CMEs and the re- 
versal of global solar magnetic field (Gopalswamy et ah, 2003e), and the 
relationship of the latter with the drift of OCRs into the solar system 
(Jokipii et ah, 1977), suggest that HL CMEs may play an important role 
in long-term GCR modulation. SOHO results have conclusively shown 
the existence of a higher and more cycle-dependent CME occurrence rate 
(varying by factors up to 10) than pre-SOHO data indicated (Wagner, 
1984). It was recently found that the inverse of the GCR intensity was 
correlated well with the HL CME rate during the rise phase of cycle 
23 (Lara et ah, 2004). This provides a clue to the 22-year pattern of 
GCR modulation, which does not directly follow solar activity indices 
such as SSN (see, e.g., Potgeiter et ah, 2001). As we pointed out be- 
fore, CME rate need not follow SSN, owing to the PCF-related CMEs, 
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Figure 8.21. (top) The polar field strength averaged over regions poleward of 70° 
(from NSO/Kitt Peak). Times of polarity reversal are marked by the vertical lines 
(solid -north; dashed - south). CME rates from high (middle) and low (bottom) 
latitudes are distinguished by the hemispheres (solid - north and dotted - south). 
Times when the PCF branch disappeared are marked by small (Lorenc et ah, 2003) 
and medium (Harvey and Recely 2002) arrows. Large arrows mark the times of 
cessation of high latitude prominence eruptions from Fig. 20. The direction of the 
arrows indicates the hemisphere (up - north; down - south). The horizontal lines 
in the middle and bottom panels show the 3-sigma levels of the CMF rates (solid - 
north; dotted - south). The standard deviation (sigma) of the rates in the north and 
south are marked in the respective panels. 

SO treating the HL and LL CMEs separately may help understand the 
GCR modulation pattern. 

The drift of positively-charged GCRs in the solar system is known to 
be poleward when the polarity at the solar north pole is positive (known 
as A>0 cycle) and equatorward when the solar polarity is negative (A<0 
cycle). The poleward and equatorward approaches are switched for the 
negatively charged GCRs such as electrons and antiprotons (Bieber et 





CMEs in the Inner Heliosphere 



235 



al., 1999). The A>0 and A<0 epochs commence when polarity reversal 
completes during even and odd numbered solar activity cycles, respec- 
tively. For example, there was a switch from A>0 to A<0 in the first 
half of 2002. This preferential direction of approach of GCRs immedi- 
ately suggests that HL and LL CMEs should be alternately important 
for blocking GCRs during the A>0 and A<0 cycles. During A>0 cy- 
cles, GCR ions enter the heliosphere from the polar direction, so the 
HL CMEs must be effective in blocking them. For A<0 cycles, the ap- 
proach of GCR ions is equatorward, so LL CMEs effectively block them. 
In order to see this effect, we compared the GCR intensity (from Climax 
neutron monitor) and HL and LL CME rates for the declining phase of 
cycle 21 (after the start of the A<0 epoch) and the rising phase of cycle 
23 (before the end of the A>0 epoch). For these two phases, complete 
CME observations exist and the CME rates can be easily separated into 
LL and HL parts (Gopalswamy et al., 2003e). Figure 22 shows two cross- 
correlation plots comparing GCR intensity and HL and LL CME rates 
averaged over Carrington Rotation (CRot) periods (27.34 days). The 
cycle 21 data are somewhat noisy because the CME data were obtained 
with lower sensitivity compared to the SOHO/LASCO data for cycle 23. 
Nevertheless one can clearly see that the roles of HL and LL CMEs are 
reversed in the two epochs: higher anticorrelation was obtained between 
GCR intensity and LL CMEs for the A<0 epoch. On the other hand, 
the GCR intensity showed a better anticorrelation with the HL CME 
rate for the A>0 epoch. The tandem influence of HL and LL CMEs is 
thus consistent with the 22 year modulation cycle of GCRs. 

On the basis of the above discussion, we can provide a tentative expla- 
nation as to how the GCRs and CMEs are coupled, as follows. An A>0 
cycle begins right after the completion of the polarity reversal during the 
maximum of an even-numbered cycle. GCRs start entering the helio- 
sphere from the poles. Since HL CMEs have subsided around this time 
(Gopalswamy et al., 2003e), the GCR intensity recovers quickly, reach- 
ing peak intensity at the solar minimum, when the new odd-numbered 
cycle begins. As the solar activity builds up, LL CMEs become more 
abundant, but there are no HL CMEs during the rise phase so GCR 
intensity is still relatively high. When HL CMEs start appearing in the 
pre-maximum phase of the odd cycle the GCR intensity drops precip- 
itously until the solar polarity reverses at the odd-cycle maximum to 
begin the A<0 epoch. In the A<0 epoch, GCRs start entering equa- 
torward. Since the LL activity during the declining phase is relatively 
high, GCR intensity continues to be affected by the LL CMEs until the 
activity approaches the activity minimum. Then comes the rise phase 
of the next even cycle, with continued blocking of GCRs solely by LL 
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Figure 8.22 Cross- 

correlation between GCR 
intensity and HL and LL 
CME rates for (left) the 
A<0 epoch of cycle 21 and 
(right) the A>0 epoch of 
cycle 23. 



CMEs. The appearance of HL CMEs before the maximum of the even 
cycles is of no consequence because the OCRs still approach equator- 
ward and hence severely affected by the LL CMEs of the even-numbered 
cycle. This completes the 22-year cycle consisting of flat-topped and 
pointy components. The pointy component is tightly correlated with 
SSN (because of modulation by LL CMEs); the flat-top component is 
correlated with HL CMEs (PCF-related) owing to their appearance just 
before the solar maximum. The flat-topped response naturally explains 
the lag between solar activity and GCR recovery (Cliver and Ling, 2001). 



11. Some Outstanding Questions 
11.1 CME Initiation 

Even after three decades of CME observations, we do not fully un- 
derstand how CMEs are initiated. We do understand the details of the 
pre-CME structure: a set of one or more closed flux systems that eventu- 
ally erupt. This could be a simple bipole with a core-envelope structure 
(Moore et ah, 2001; Magara and Longcope, 2001), a flux rope with over- 
lying restraining field (Low and Zhang, 2002; Forbes et ah, 1994; Linker 
et ah, 2001; Wu et ah, 2000), a combination of bipoles (Machado et ah, 
1988) or multipolar structure (Antiochus et ah, 1999; Chen and Shibata, 
2000; Feynman and Martin, 1995). A successful CME model should ac- 
count for the observed range of speed, mass, acceleration of CMEs, and 
the distribution of energy into heating, particle acceleration and mass 
motion. The current level of sophistication of CME models is less than 
adequate to account for all the observed characteristics (see e.g., Forbes, 
2000; Klimchuk, 2000). Initial models based on the assumption of flare- 
produced CMEs (e.g.. Dryer, 1982) have largely been abandoned because 
CME onset precedes flare onset (e.g., Wagner et ah, 1981). After this, 
the emphasis shifted to loss of equilibrium (Low, 1996), primarily mo- 
tivated by the three-part structure (frontal structure, cavity, and core) 
of CMEs and the coronal helmet streamers well observed in eclipse pic- 
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tures (Saito and Tandberg-Hanssen, 1973). The cavity is identified as 
a fiux rope of low plasma density and high magnetic field strength. In 
the pre-emption state, the fiux rope is held down by the prominence 
mass, the mass of the plasma contained in the overlying fields, and the 
magnetic pressure of these overlying fields. A CME is produced when 
the confinement of the fiux ropes breaks down for a variety of reasons, 
such as loss of prominence mass (Low and Zhang, 2002). The interac- 
tion between the current in the fiux rope and in the current sheets in 
the overall configuration decides the eruption and dynamics of the fiux 
rope. This way, it is even possible to account for the accelerating CMEs 
from inverse polarity prominences and the constant speed CMEs from 
normal polarity prominences. 

It is currently believed that the energy required to propel the CME 
has to come from the magnetic fields of the solar source region (see, e.g., 
Forbes, 2000). To illustrate the maximum energy that may be needed in 
CMEs, let us consider the 2003 November 04 CME, the fastest (~2700 
km s"^) event of cycle 23 (see Fig. 12): The CME had a mass of ~ 
2xl0^^g, so that we can estimate the kinetic energy to be ~7xl0^^ erg. 
There is probably no other CME with an energy larger than this, so we 
can take that the largest energy released from an eruption is ~ 10^^ erg, 
and might represent the maximum free energy in the magnetic fields of 
the source. Considering a large active region (photospheric diameter ^5 
arcmin), we can estimate its coronal volume of 10^^ cm^. An average 
coronal field of 200 G over this volume implies a magnetic potential en- 
ergy of r\j 1033 Microwave observations of the corona above sunspots 
have shown magnetic fields exceeding 1800 G (White et ah, 1991), so 
an average of 200 G is not unreasonable. The highest value of poten- 
tial magnetic energy in active regions surveyed by Venkatakrishnan and 
Ravindra (2003) is also ^ 10^^ erg. Since the potential magnetic energy 
is probably smaller than the total magnetic energy by only a factor <2 
(Forbes, 2000), we infer that occasionally a substantial fraction of the 
energy contained in an active region may be released in the form of a 
CME. How this much free energy builds up in active regions is not fully 
understood. 

11 ,2 How do CMEs Evolve? 

In section 8, we saw that only a small fraction of CMEs originating at 
the Sun seem to reach 1 AU and beyond. This means a large number of 
CMEs may not survive as distinct entities for too long. Figure 23 shows 
the evolution of a white-light CME, which faded within the LASCO/C2 
FOV above the northeast limb. The final height up to which the CME 




238 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 




Figure 8.23. Evolution of the 2001 December 07 CME at 01:54 UT as observed by 
SOHO/LASCO from the above the northeast limb. The CME is well defined but 
within an hour falls apart and fades away. 



could be tracked was ~ 5.5 R©. The CME was slow (273 km s“^) 
and did not show deceleration. Figure 24 shows the distribution of the 
final heights of all the CMEs within the 32Rq FOV of LASCO. Clearly, 
many CMEs could not be tracked beyond ~ lOR©. It is not clear if these 
CMEs faded because their density became too small to be detected or 
they ceased to exist as an entity different from the solar wind. The 
distribution also shows a second peak close to the edge of the field of 
view. Preliminary investigation shows that these are indeed the fast and 
wide CMEs (including halo CMEs). What causes the rapid dissipation 
of the smaller CMEs? Speculations such as the presence of enhanced 
turbulence in the 10-20 R© region (Mullan, 1997) need to be explored 
to understand them. 

The shock-driving CMEs constitute a small fraction (a few percent) 
of all CMEs (Gopalswamy et ah, 2003c), much smaller than the 20% 
estimated by Hundhausen (1999). The majority of CMEs are likely to 
be subAlfvenic and supersonic. These CMEs must be driving slow and 
intermediate shocks, as suggested by simulation studies (Whang, 1987; 
Steinolfson, 1992). Flat-top and concave upward morphology observed 
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Figure 8.24 Distribution 
of the final heights of all 
the LASCO CMEs from 
1996 to 2003. The aver- 
age value is only 13 R©, 
compared to the LASCO 
FOV of 32R©. Note the 
second peak in the distri- 
bution close to the edge 
of LASCO FOV. The sec- 
ond bin from the left cor- 
responds to the edge of 
the LASCO/C2 FOV. The 
large number in this bin 
is likely due to the fact 
that many CMEs could not 
be tracked from C2 to C3 
FOV. 



in some SMM CMEs are thought to indicate the presence of slow and 
intermediate shocks (Hundhausen 1999). The extensive SOHO database 
needs to be exploited to fully understand the slow and fast mode shocks. 
Such studies will be helpful in understanding the lateral structure of 
CMEs. 

CMEs are observed as density enhancements within the coronagraph 
field of view. On the other hand there are many in situ signatures 
of CMEs as discussed in section 7. Most models dealing with CME 
initiation assume that the CME is a fiux rope coming out of an eruption 
region to be either preexisting (Low and Zhang, 2002) or formed during 
eruption (Gosling et ah, 1995). The current paradigm is that the fiux of 
the envelope field is transferred to the fiux rope during the eruption, so 
at 1 AU only the fiux rope is observed. If the envelope field continues 
to be present, one should be able to observe counterstreaming electrons 
in the sheath of shock-driving CMEs. There seems to be no evidence 
for such counterstreaming (Gosling 2004, private communication). This 
may be a good test to understand the interplanetary evolution of CMEs. 
Another kind of evolution is the change in topology of the CME field 
lines from closed to open via interchange reconnection process (Larson 
et ah, 1997; Crooker et ah, 2002), which might explain the magnetic 
fiux balance in the heliosphere. While important, such reconnection 
between background solar wind and the ICME field lines does not appear 
to be able to destroy the overall ICME structure over distances of 1 
AU (Schmidt and Cargill, 2003). More studies are needed to assess 
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how common such evolution is, given the fact that magnetic clouds are 
observed throughout the heliosphere (Burlaga et ah, 1993). 

12. Summary 

CMEs are multithermal structures in general, carrying coronal (^2 
MK) material in the front followed by cool prominence (^8000 K) ma- 
terial in some cases and hot flare-material (~10 MK) in others. In some 
CMEs, there is a void between the frontal structure and the prominence 
core, with coronal temperature and a magnetic field stronger than in 
the ambient corona. The prominence core can be observed in X-rays, 
microwaves, H-alpha, and EUV as hot ejecta (thermal emission) or as a 
moving type IV burst due to nonthermal electrons trapped in the ejecta. 
After the eruption, hot post-eruption arcades or flare loops form, mark- 
ing the location of eruption on the Sun. CME speeds vary over three 
orders of magnitude, from ~ 20 km s“^ to more than 2500 km s~^ and 
the average speed shows a clear increase towards the solar activity max- 
imum. Typical CMEs are ~ 47° wide, but a small fraction of fast and 
wide CMEs have far-reaching heliospheric consequences. East CMEs 
drive powerful fast mode shocks, which in turn accelerate electrons and 
ions over extended periods of time. All the CME substructures are likely 
to propagate into the heliosphere, producing various observational sig- 
natures. The shock-accelerated electrons produce type II radio bursts 
in the IP medium. While the protons and heavier ions accelerated by 
the shock near the Sun reach 1 AU in a few tens of minutes, locally 
accelerated energetic particles arrive with the shocks on the time scale 
of days. CMEs undergo varying acceleration due to a combination of 
propelling and retarding forces. Far from the Sun, most CMEs tend 
towards the speed of the solar wind and the magnitude of acceleration 
is several m s“^. CMEs arriving at Earth can also cause major geomag- 
netic storms if they possess southward magnetic field component that 
can reconnect with Earth’s magnetic field. These storms are associated 
with a number of phenomena in other layers of Earth’s atmosphere and 
on the ground. A fraction of the CMEs observed near the Sun can propa- 
gate to the far reaches of the heliosphere and become part of the merged 
interaction regions of various scales. These CMEs also can scatter off 
galactic cosmic rays, probably contributing to the 22-year modulation 
cycle. 

The superior capability of the SOHO/LASCO coronagraphs enabled 
us to observe CMEs with unprecedented continuity and spatial cover- 
age and hence we have a better picture of the whole phenomenon over 
a significant fraction of solar cycle 23, and we hope that SOHO will 
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acquire data over the remaining part of the solar cycle. The solar max- 
imum CME rate was found to be much higher than previously thought. 
Even though there is good correlation between CME rate and Sunspot 
number, their peaks were nearly two years apart. To fully understand 
this relationship, we need to consider both sunspot (active region) and 
non-spot (filament region) sources of CMEs. High-latitude CMEs as- 
sociated with polar crown filaments and low-latitude CMEs from the 
active region belt naturally form into two groups, which have wider im- 
plications than just the initiation issue. The cessation of high-latitude 
activity seems to clearly mark the completion of polarity reversals at 
least for cycles 23 and 21. This leads to an important conclusion that 
the polarity reversal is an energetic process involving the release of large 
amounts of energy. The rate of high latitude CMEs is clearly related 
to the migration of closed field structures to the poles (one indication 
is the rush to the poles of the polar crown filaments as signified by the 
high tilt angles.) Occasionally, the high-latitude rate can be as high as 
the low-latitude rate, but overall the low-latitude activity dominates. 

Halo CMEs and fast-and-wide CMEs are important from the space 
weather point of view. These CMEs constitute a small subset of all 
CMEs and can be studied independent of the thousands of ordinary 
CMEs. We need to focus on front-sided halo CMEs for assessing their 
geoeffectiveness. The shock-driving capability of the fast and wide CMEs 
is an important aspect consistent with the current paradigm that ener- 
getic particles (in large events) are accelerated by these shocks. The 
structural and magnetic connection between CMEs near the Sun and in 
the heliosphere is clear in a crude sense, but the details are still missing. 
The vast amount of CME data put out by SOHO and the availability 
of a wealth of complementary data from space and ground is likely to 
lead to appreciable progress in CME research. The birth, life, and death 
of CMEs involve an intriguing chain of physical processes on a grand 
scale, fully observable using ground and space borne instruments. Thus 
the study of CMEs is of enormous interest in uncovering the underly- 
ing physics of interaction between plasma and magnetic field. Studying 
CMEs is also crucial in understanding the space environment, into which 
humans often venture, because they cause intense geomagnetic storms 
and drive shocks that rise the particle radiations to hazardous levels. 
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Abstract The solar wind is an excellent laboratory to study the behaviour of 
MHD turbulence in a collisionless plasma. This is a fundamental topic 
in both plasma physics and astrophysics. The impressive amount of 
observations at different solar distances and latitudes collected in last 
three decades has allowed us to reach a good understanding on many as- 
pects of the complex phenomenon of solar wind turbulence. The present 
review focuses on two major topics. One is the type of evolution fol- 
lowed by the turbulence as the solar wind expands into the interplan- 
etary space. A comparison is performed between variations observed 
in low- and high-latitude solar wind, as derived from old measurements 
in the ecliptic and from recent data by Ulysses. Implications about 
processes of local generation of turbulence are discussed. The second 
topic is related to the fact that we are dealing with fluctuating fields 
which are neither isotropic nor single scale-invariant. These features 
cause intermittency in the solar wind MHD turbulence. In this review 
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we will address both interplanetary observations and theoretical models 
which allow us to shed some light on the nature of the intermittency as 
observed in interplanetary space. 

Keywords: Solar Wind, Turbulence, Intermittency 



1. Introduction 

The heliosphere is a region of space influenced by the Sun and by 
its expanding corona, the solar wind. This is a high Reynolds’ number 
plasma flow that offers one of the best opportunities to study collisionless 
plasma phenomena by in-situ measurements. Here we will focus on a 
topic of primary importance for both plasma physics and astrophysics, 
the magnetohydrodynamic (MHD) turbulence. It should be stressed 
that the use of the term MHD only refers to the fact that we are looking 
at phenomena falling in the MHD regime (i.e., frequency well below the 
proton gyrofrequency) . The name does not imply that these phenomena 
may necessarily be described by the MHD theory. 

The MHD turbulence strongly affects several aspects of heliospheric 
behaviour, such as plasma heating, solar wind generation, high-energy 
particles acceleration, and cosmic rays propagation. In the seventies 
and the eighties impressive advances have been made in the knowledge 
of turbulent phenomena in solar wind. In those years, however, with 
spacecraft observations confined within a small latitudinal belt around 
the solar equator, only a limited fraction of the heliosphere was accessi- 
ble. In the nineties, with the launch of the Ulysses spacecraft, investiga- 
tions have been extended to the high-latitude regions of the heliosphere. 
This has allowed us to study how MHD turbulence evolves in polar solar 
wind, a plasma flow in which the effects of large-scale inhomogeneities 
are considerably less important than in low-latitude wind. With this 
new laboratory, relevant advances have been made. In the following, 
the Ulysses observations of turbulence evolution in polar wind will be 
discussed and compared to those typical of near-equatorial solar wind. 
For an exhaustive review on turbulence in near-equatorial wind, with 
a historical perspective and a discussion of proposed theories, reference 
can be made to Tu and Marsch (1995). An overview of the Ulysses re- 
sults on polar turbulence can be also found in Horbury and Tsurutani 
( 2001 ). 

The other topic of the present review is the intermittency of solar 
wind fluctuations. Intermittency has been the object of several studies 
in the past few years. This phenomenon is due to the fact that solar wind 
fluctuations are not isotropic and poorly single scale-invariant, two of 
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Figure 9.1. Power spectra of e+ and e_ (solid and dotted line, respectively) in the 
trailing edge of fast streams at 0.29 and 0.87 AU (adapted from Marsch and Tu, 1990a, 
copyright 1990 American Geophysical Union, modified by permission of American 
Geophysical Union). 



the fundamental hypotheses at the basis of Kolmogorov’s (1941) theory 
called K41. The first direct consequence is that smaller and smaller tur- 
bulent eddies are less and less space filling if turbulence is looked at in 
the framework of the classical Richardson’s cascade. This phenomenon 
causes solar wind turbulence to be intermittently distributed in space. 
In other words, the global scale invariance required in the Kolmogorov 
theory would evolve towards a local scale invariance where different frac- 
tal sets characterized by different scaling exponents can be found. In this 
work we will address both interplanetary observations and the theoret- 
ical models which allowed us to shed some light on the nature of this 
phenomenon as observed in interplanetary MHD turbulence. 

2. MHD Turbulence Evolution 

As clearly indicated by spacecraft observations, MHD turbulence in 
solar wind has a strongly Alfvenic character. This is because Alfvenic 
modes have a longer lifetime than other MHD modes (Barnes, 1979). 
Thus, it seems useful to briefly recall some of the parameters that are 
generally used to describe Alfvenic fluctuations. Basic quantities are 
the Elsasser’s variables (z±). Tu and Marsch (1995) exhaustively dis- 
cussed the use of these variables in solar wind turbulence studies. The 
Elsasser’s variables are defined as z± = v±b, where v and b are the 
velocity and magnetic field vectors, respectively. Note that in the above 
definition the magnetic field b has to be given in Alfven units (i.e., the 
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magnetic values have to be divided by y^47rp, with p the mass density). 
Taking into account how the sign of the Alfvenic correlation depends 
on the propagation direction with respect to the background magnetic 
field, it has become common to use the above definition in the case of 
a background magnetic field pointing to the Sun, while the equation 
z± = v=pb is taken for the opposite polarity. With this choice we have 
that, whatever the polarity is, z+ (z_) fiuctuations always correspond to 
modes with an outward (inward) direction of propagation, with respect 
to Sun, in the plasma frame. The relative weight of the energies (per 
unit mass) e+ and associated to z+ and z_ fiuctuations, respectively, 
is measured by the Elsasser ratio = e_/e+. An analogous measure for 
the energies ey and of the v and b fiuctuations is given by the Alfven 
ratio TA = ey jeB- Other related parameters are the normalized cross- 
helicity ac = (e+— e_)/(e++e_) = and the normalized 

residual energy ur = (eK-es)/(ev/+eB) = (ryi-l)/(r^+l). 

Both outward and inward propagating fiuctuations are observed in the 
solar wind. Outward fiuctuations mainly have a solar origin (or, more 
precisely, inside the Alfven critical point). Conversely, inward propagat- 
ing fiuctuations can only be generated outside such a critical distance. 
As well known, the presence of both kinds of fiuctuation leads to the 
development of nonlinear interactions. 

The main features of the Alfvenic turbulence evolution versus radial 
distance (i.e., versus transit time to the observer) will be now discussed 
for ecliptic and polar wind. Ecliptic results are mainly based on Helios 
and Voyagers observations, while polar results obviously rely on Ulysses 
measurements. 

2.1 Ecliptic Turbulence 

Since the first studies on Alfvenic fiuctuations in ecliptic wind (e.g., 
Belcher and Davis, 1971) it was clear that fast streams (or, more pre- 
cisely, their trailing edge) are the best places to observe them. Helios 
spacecraft, with a systematic covering of the inner heliosphere from 0.3 
to 1 AU, gave the first opportunity to study the turbulence evolution 
with solar distance ( Bavassano et ah, 1982, Denskat and Neubauer, 
1982). 

Figure 1 (from Marsch and Tu, 1990a) shows how e+ and e_ power 
spectra (solid and dotted line, respectively) vary when solar distance 
increases from 0.3 to 0.9 AU. The e+ spectrum declines faster than that 
of e_ , with the result that the two spectra approach each other. At the 
same time the spectral slopes evolve in such a way that an extended 
inertial regime expands to low frequencies. 
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Figure 9.2. Power spectrum of the Elsasser ratio ve {= e_/e_^) in the trailing edge 
of fast streams at 0.29 and 0.87 AU (adapted from Marsch and Tu, 1990a, copyright 
1990 American Geophysical Union, modified by permission of American Geophysical 
Union). 




Figure 9.3 Radial varia- 
tion of the Alfven ratio 
rA {—evles) as seen by 
Helios and Voyagers be- 
tween 0.3 and 20 AU (from 
Roberts et al. [1990], copy- 
right 1990 American Geo- 
physical Union). The 9-hr 
curve (see squares) shows 
that ta, after the fast de- 
crease at small distance, re- 
mains nearly unchanged. 



The corresponding variation in the relative weight of outward and 
inward fluctuation energies is shown by Figure 2 (Marsch and Tu, 1990a). 
The small values of rE observed at 0.3 AU in the core of the Alfvenic 
regime (frequencies around 10“^ — 10“^ Hz) have disappeared at 0.9 AU. 
However, in spite of this increase, the predominance of z+ fluctuations 
remains a clear feature of the Alfvenic turbulence observed by Helios 
inside 1 AU. Bavassano et al. (2001), using Ulysses data from the ecliptic 
phase of the mission, have shown that this situation persists at least up 
to 5 AU. 

Another important feature of the solar wind Alfvenic fluctuations 
is that the magnetic fluctuation energy tends to become dominant as 
the solar distance increases. This decreasing trend for the Alfven ratio 
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clearly appears in Helios data (Bruno et al., 1985, Marsch 
and Tu, 1990a). It has been shown by Bavassano and Bruno (2000) 
that this change in the relative amplitude of v and b fluctuations oc- 
curs without a remarkable variation of their correlation. The decreasing 
trend of however, is not without a limit, in other words a seemingly 
final stage is reached in which the value of ta remains nearly unchanged. 
This is seen in Figure 3 (from Roberts et ah, 1990), combining Helios 
and Voyagers observations to give an overall view of the radial variation 
of Ta between 0.3 and 20 AU. The 9-hr curve, the one of the two reported 
curves that best describes the typical MHD scales, shows that r^, after 
a fast and pronounced decrease, remains nearly unchanged. 

2.2 Polar Turbulence 

Observations by Ulysses during its first out-of-ecliptic orbit have shown 
that, at low solar activity, the solar wind at high latitudes is a fast and 
relatively steady flow (e.g., McComas et ah, 1998). A remarkable fea- 
ture of this so-called polar wind is the ubiquitous presence of an intense 
flow of Alfvenic fluctuations (e.g., Goldstein et ah, 1995, Horbury et ah, 
1995b, Smith et ah, 1995, Bavassano et ah, 1998). Similar to previous 
ecliptic observations in fast streams, a largely dominant fraction of these 
fluctuations is outward propagating, with respect to the Sun, in the so- 
lar wind frame. It should be underlined that the Ulysses observations, 
besides their exploratory character, are important in view of the fact 
that the relative absence of structure in the ^olar flow offers the op- 
portunity of studying the evolution of Alfvenic turbulence under almost 
undisturbed conditions. 




Figure 9.4- Power spectra of z+ and z_ (upper and lower curve, respectively) in 
polar wind at (left panel) ~ 2 AU and (right panel) 4 AU (adapted from Goldstein 
et al., 1995, copyright 1995 American Geophysical Union, modified by permission of 
American Geophysical Union). 
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Figure 9.5 Power spectra 
of magnetic field compo- 
nents (solid circles) and 
magnitude (squares) as es- 
timated at 1 AU from 
power scalings at Ulysses 
(solid lines) in polar wind 
between 1.4 and 4.1 AU 
and Helios (dashed lines) 
in ecliptic fast wind in- 
side 1 AU (from Horbury 
and Balogh, 2001, copy- 
right 2001 American Geo- 
physical Union). 



In Figure 4 power spectra of z+ and z_ at about 2 and 4 AU in polar 
wind as obtained by Goldstein et al. (1995) are shown. The spectral 
evolution appears qualitatively similar to that observed in ecliptic wind, 
with the development of a turbulent cascade with increasing distance 
that moves to lower frequencies the breakpoint between the f~^ and 
j-5/3 regimes. However, in polar wind the breakpoint is at higher fre- 
quency than at similar distances in ecliptic wind (see Horbury et al., 
1996a). Thus, the spectral evolution in polar wind is slower than in 
ecliptic wind. 

Further evidence on this is given in Figure 5. The plot (from Horbury 
and Balogh, 2001) shows the power spectra of magnetic field components 
(solid circles) and magnitude (squares) as estimated at 1 AU from power 
scalings measured by Ulysses in polar wind between 1.4 and 4.1 AU (solid 
lines) and by Helios in ecliptic fast wind inside 1 AU (dashed lines). 
At time scales smaller than few hours (see scale on top) the general 
agreement appears good, in both shape and magnitude. However, it 
is clearly seen that the spectrum of magnetic components is steeper in 
ecliptic wind, as expected for a faster evolution. 

A general agreement exists on the fact that the slower evolution for 
polar turbulence has to be ascribed to the lack of a large-scale stream 
structure. The role of such a structure in accelerating turbulence evo- 
lution has been stressed by Bavassano et al. (1998) using Ulysses data 
at mid-latitudes (in the first out-of-ecliptic orbit), where strong gradi- 
ents were dominant in the velocity pattern. It should be also mentioned 
that the turbulence appears younger in polar flow, since fiuctuations at 
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Figure 9. 6 Radial varia- 
tion of (top) Elsasser ratio 
te (=e_/e+) and (bottom) 
Alfven ratio ta (^ey/es) 
in polar wind, as obtained 
from hourly total variances 
of the fluctuating vectors 
(from Bavassano, 2003, by 
courtesy of the American 
Institute of Physics). 



a given distance have had less time to evolve due to the higher wind 
speed (e.g., see Matthaeus et ah, 1999). 

The radial variation of the Elsasser ratio te and the Alfven ratio 
ta in polar wind is shown in Figure 6 (see also Bavassano et ah, 2000a). 
Both the decline of the e+ predominance and the increase of the e b pre- 
dominance do not go beyond some limits, in agreement with ecliptic 
observations. 

Agreement between polar and ecliptic observations is found also for 
the radial variation of magnetic field fiuctuations. Figure 7 shows the 
decline with solar distance for hourly variances of magnetic field com- 
ponents and magnitude in polar wind (Forsyth et ah, 1996). The radial 
gradient for data in the range from 1.5 to 3 AU (data at larger distances 
have not been included to avoid effects related to compressive features) 
is in a good agreement with that found in ecliptic wind, at the same scale 
and for a similar range of distances, by Bavassano and Smith (1986) with 
Pioneer 10 and 11 data. 

Alfvenic turbulence evolution, however, is better described by the 
variation of z+ and z_, rather than by magnetic field. Figure 8 is a 
composite plot combining the Ulysses observations in polar wind with 
those by Helios in the trailing edge of fast streams on the ecliptic. As 
regards polar wind, the e+ values (hourly variances) exhibit the same 
radial gradient over all the investigated range of distances. In contrast, 
for e_ a change of slope around 2.5 AU is clearly apparent. Another 
remarkable feature is the good agreement of the Ulysses gradients with 
Helios data. 

The e_ behaviour highlighted by Figure 8 has probably to be re- 
lated to local generation effects that disappear outside ^2.5 AU. Turbu- 
lence generation in polar wind is a very relevant point. Velocity shear 
probably is an important factor in generating turbulence and in driv- 
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Figure 9. 1 Radial varia- 
tion of hourly variances of 
magnetic field components, 
in RTN Solar-Heliospheric 
coordinates, and (bottom 
curve) magnetic field 
magnitude (from Forsyth 
et ah, 1996, copyright 1996 
American Geophysical 
Union). 
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ing turbulence evolution for ecliptic solar wind, but certainly is not so 
for polar wind, where large-scale velocity gradients are almost absent. 
It has been proposed (e.g., see Malara et ah, 2000, and Del Zanna, 
2001) that in polar wind a role might be played by the parametric de- 
cay. Simulations of the non-linear development of the parametric decay 
for large-amplitude non-monochromatic Alfvenic fluctuations (Malara 
et ah, 2000) have shown that the flnal state strongly depends on the 
value of (3 (thermal to magnetic pressure ratio). For f3 < 1 the normal- 
ized cross-helicity ac decreases, from an initial value of 1, to values close 
to 0. Thus, the instability appears able to completely destroy the initial 
Alfvenic correlation. In sharp contrast, for P = 1 (a value closer to real 
solar wind conditions) ac remains different from 0 in the flnal state. In 
this case the parametric instability is not able to go beyond some limit 
in the disruption of the initial correlation between velocity and mag- 
netic held fluctuations. This solution surely is qualitatively reminiscent 
of the Ulysses data behaviour shown in Figure 8 (see also the rE vari- 
ation in Figure 6). Analogous results have been reached by Del Zanna 
(2001) for arc-polarized Alfven waves. It should be stressed, however, 
that these models have many limitations (e.g., see discussion by Malara 
et ah, 2001). Moreover, very recently it has been suggested (Matthaeus, 
2004) that an almost constant (and different from zero) cross-helicity 
could be the result of a balancing between weak velocity shear, which 
reduces ac^ and dynamic alignment (Dobrowolny et ah, 1980, Grappin 
et ah, 1982, Matthaeus et ah, 1983), a process that increases ac- In 
conclusion, turbulence generation for a flow like the polar solar wind 
still is an open issue. 
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Figure 9.8 A composite 
plot combining Ulysses ob- 
servations in polar wind 
with those by Helios 1 and 
2 inside 1 AU on the eclip- 
tic plane (adapted from 
Bavassano et ah, 2000b, 
copyright 2000 American 
Geophysical Union, modi- 
fied by permission of Amer- 
ican Geophysical Union). 
The values of e+ (e_) 
are shown as squares (di- 
amonds), small for Ulysses 
and large for Helios. Best 
fit lines and radial power 
laws for Ulysses data are 
given. 



A last comment is about the nature of the Alfvenic turbulence varia- 
tions observed in polar wind (i.e., radial, or latitudinal, or both). Both 
distance and latitude concurrently vary along the Ulysses trajectory, thus 
this point needs to be carefully examined. Several analyses of Ulysses 
data have indicated that the variation of turbulence properties in high- 
latitude wind is essentially radial, rather than latitudinal, in nature (e.g., 
Goldstein et ah, 1995, Horbury et ah, 1995b, Forsyth et ah, 1996). A 
further robust argument in favor of the radial character of the turbu- 
lence variation comes from the agreement between gradients observed 
in high-latitude wind and in fast streams on the ecliptic. This has been 
seen to hold both for magnetic field fluctuations (see above) and for out- 
ward and inward Alfvenic fluctuations (as shown by Bavassano et et ah, 
2000b, 2001). However, Horbury and Balogh (2001) claimed that fluctu- 
ations in magnetic field components at time scales shorter than about 1 
day (in the spacecraft frame) have a non negligible dependence upon lat- 
itude. Bavassano et al. (2002) have reexamined this issue by analysing, 
with the same method of Horbury and Balogh (2001), the behaviour of 
the Elsasser variables z±, instead of the magnetic field. This is not a mi- 
nor point, since magnetic fluctuations, though obviously related to the 
Alfvenic turbulence, also include non-negligible contributions from other 
kinds of fluctuation and from structures convected by the plasma flow. 
Moreover, spurious effects related to compressive features in polar wind 
(as those seen in Figure 7) were removed. The conclusion of Bavassano 
et al. (2002) is that, at least for the core of the Alfvenic regime, a robust 
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evidence exists in favour of a radial nature for the turbulence evolution 
in polar wind. 

2.3 Conclusions on Turbulence Evolution 

Ulysses observations, combined with previous results in the ecliptic, 
allow us to get a quite complete view of the Alfvenic turbulence evolution 
in the heliosphere from 1 to 5 AU. 

Polar wind observations, when compared to results in the ecliptic 
plane, do not appear as a dramatic break. Polar evolution is similar 
to that in the ecliptic, although slower. This agrees well with the view 
proposed by Bruno (1992), a middle course between a non-relaxing tur- 
bulence (lack of velocity shear) and a quickly evolving turbulence (due, 
for instance, to the large amplitude of fluctuations relative to the mean 
magnetic held). 

The identiflcation of the processes driving the polar turbulence evo- 
lution is not Arm yet. The parametric decay could be a good candidate, 
however the proposed models need improvements. Very recently it has 
been suggested that velocity shear, though weak, and dynamic alignment 
could account for the observed behaviours. 

It has been seen that in all the examined region the Alfvenic fluctua- 
tions appear characterized by 1) a predominance of outward fluctuations 
(i.e., a positive cross- helicity) and 2) a predominance of magnetic fluc- 
tuations (i.e., a negative residual energy). 

As regards outward fluctuations, in high-latitude wind their dominant 
character probably extends well away from the Sun. At low solar activ- 
ity the polar wind Alls a large fraction of the heliospheric cavity. For 
such conditions the outward fluctuations may play a leading role in ac- 
celeration and diffusion of high-energy particles. In other words, models 
based on the assumption of a negligible cross-helicity should not be able 
to give a good description of these phenomena. 

As regards the imbalance in favour of magnetic energy, it does not 
appear to go beyond some limit. Several ways to get a non-zero residual 
energy have been proposed, for instance, 2-D processes (e.g., Oughton 
et ah, 1994, Matthaeus et ah, 1996) or propagation in a non uniform 
medium (e.g., Hollweg and Lee, 1989). However, convincing arguments 
to account for the existence of a limit value have not yet been given. 

In conclusion, though non negligible advances have still to be made, a 
satisfactory understanding of the physical processes driving the evolution 
of the solar wind Alfvenic turbulence does not seem too far away. 
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Figure 9.9 Differences of 
the radial component of 
the solar wind velocity at 
three different time scales 
r, normalized to their re- 
spective standard devia- 
tion cr. From top to bot- 
tom: r = 4147256C, r = 
2592sec and r = 81sec , 
respectively. The whole 
time interval lasts about 
1.4 days 
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3. Inter mittency 

Turbulence is a phenomenon where chaotic dynamics and power law 
statistics coexist, and is characterized by randomness in both spatial and 
temporal domain (e.g. Frisch (1995); Bohr et al. (1998)). Power law 
statistics is visible for example in the behavior of spectral energy (see 
fig. 1.1). However, for a stochastic process monitored by a time serie 
u(t), the spectral energy at frequency / is related to statistical behavior 
of the 2-th order moment of differences 5ur — u{t + r) — u{t) (where 
r ~ I//)- The 2-th order moment fully characterizes the stochastic pro- 
cess only if the probability density function (PDF) P{6ur) are gaussian. 
On the contrary we have to investigate the whole set of moments defined 
as = {[u{t + r) — u{t)]^) and called structure functions (see section 
8 of Tu and Marsch, 1995). In a turbulent field the stochastic variables 
dur represent characteristic fluctuations across a turbulent eddy at the 
scale r. Phenomenology of the turbulent cascade, under the hypoth- 
esis of statistical homogeneity, isotropy and assuming that the energy 
transfer rate in the cascade is constant (see e.g. Frisch (1995)), yields 
in the inertial range a relation where (p = p/m. In the fluid- 

like case m = 3 (Kolmogorov (1941)), while m = 4 in the magnetically 
dominated case (Kraichnan (1965);Carbone (1993b) ;Carbone (1993a)). 
Experiments on real fluid flows showed in all cases a departure from 
the linear scaling (Frisch (1995)), attributed to intermittency in fully 
developed turbulence. To look at what intermittency is in a turbulent 
field, we report in figure 9.9 the time behavior of 6ur for three different 
scales r and normalized to the relative standard deviation a. The time 
series u{t) is the radial component of the velocity field as observed by 
Helios 2 spacecraft at 0.9 AU, within a time interval chosen between day 
49 and 51 of 1976. It appears evident that, as r becomes smaller, ’’in- 
termittent” intense fluctuations become more and more enhanced, and 
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Table 9.1. Normalized scaling exponents Cp / Cs for velocity and magnetic variables for 
slow wind calculated through ESS (Benzi et al. (1993)). Errors represent the standard 
deviations of the linear fitting. As a reference we reported the scaling exponents of 
structure functions for velocity and temperature, as calculated in a wind tunnel(Ruiz 
Chavarria et al. (1995)). 



p 


u{t) (solar wind) 


B{t) (solar wind) 


v{t) (fluid) 


T{t) (fluid) 


1 


0.36 zb 0.06 


0.56 ± 0.06 


0.37 ±0.01 


0.46 ± 0.02 


2 


0.70 ± 0.05 


0.83 ± 0.05 


0.70 ±0.01 


0.78 ±0.01 


3 


1.00 


1.00 


1.00 


1.00 


4 


1.28 ±0.02 


1.14 ±0.02 


1.28 ±0.02 


1.18 ±0.02 


5 


1.53 ±0.03 


1.25 ±0.03 


1.54 ±0.03 


1.31 ±0.03 


6 


1.79 ±0.05 


1.35 ±0.05 


1.78 ±0.05 


1.40 ±0.03 



they eventually will dominate the statistics. On the contrary at large 
scale fluctuations appear to be smoother. At the smallest scales the time 
behavior of 5ur is dominated by regions where fluctuations are low, in 
between regions where fluctuations are intense and turbulent activity is 
very high. This behavior suggests that statistics can be changed by these 
intense fluctuations and scaling laws can be ’’anomalous”. Anomalous 
scaling characterizes intermittency in fully developed turbulence (Frisch, 
1995). Anomalous scaling laws can be investigated through the depar- 
ture from a linear scaling by the exponents Cp- In table 9.1 we report 
the normalized scaling exponents Cp/Cs foi* fh® radial component of both 
the velocity and the magnetic held B{t). Here, scaling exponents have 

been obtained by using as generalized scale rather than r (this is 
the so called ESS technique, see Benzi et al. (1993)). In the same Table 
we report also the normalized scaling exponents of both the velocity and 
the temperature fields in ordinary fluid flows. It can be seen that there 
is, in all cases, a significant departure from the Kolmogorov p/3 linear 
scaling. Scaling exponents for the velocity held are similar to that ob- 
tained in turbulent flows on earth, thus showing a kind of universality 
in the intermittency. If we measure the degree of intermittency through 
the distance between the curve Cp/Cs the linear scaling p/3, it can 
be seen that magnetic held is more intermittent than velocity held. The 
same difference is observed between the velocity held and a passive scalar 
(in this case the temperature) in ordinary fluid flows. That is the mag- 
netic field, as long as intermittency properties are concerned, behaves 
like a passive held convected by the flow. 

The starting point for the investigation of intermittency in the solar 
wind dates back to 1991 when Burlaga (1991a) started to study fluc- 
tuations of the bulk velocity held at 8.5 AU using data coming from 
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Voyager 2 satellite. He found that anomalous scaling laws for struc- 
ture functions can be recovered in the range 0.85 < r < 13.6 hours. 
This range of scales has been arbitrarily identified as a kind of “iner- 
tial range”, a region where a linear scaling exists between log Sr vs. 
logr, and the scaling exponents have been calculated as the slope of 
these curves. Moreover, data sets consist of about 4500 data points, too 
low to determine structure functions of order p < 20. Nevertheless the 
scaling was found to be quite in agreement with that found in ordinary 
fiuid flows. Even if the data can be in agreement with the random-/^ 
model (Benzi et al. (1984)), from a theoretical point of view Carbone 
(1993a) and Carbone (1994) showed that normalized scaling exponents 
Cp/Ca calculated by Burlaga (1991a) can be better fitted by using a p- 
model derived from the Kraichnan phenomenology (Kraichnan (1965); 
Carbone (1993a)) in the framework of general fragmentation models, 
which read 



Cp = 1 - log2 



^P/m + (1 _ 



(9.1) 



The parameter 1/2 < /i < 1 characterizes the “strength” of intermit- 
tency, while m = 3 or m = 4 describe respectively the fluid-like or the 
magnetically-dominated phenomenology. Data are compatible with the 
value p ~ 0.77 for the free parameter and m = 4. The same author ( 
Burlaga (1991b)) investigated the multifractal structure of the interplan- 
etary magnetic field near 25 AU, and analyzed positive defined fields such 
as magnetic field strength, temperature and density using the multifrac- 
tal machinery of dissipation fields (Meneveau and Sreenivasan (1991); 
Paladin and Vulpiani (1987)). Burlaga (1992) showed that intermittent 
events observed in corotating streams at 1 AU should be described by a 
multifractal geometry. Even in that case the number of points used was 
very low to assure the reliability of high-order moments. 

Marsch and Liu (1993) investigated the structure of intermittency of 
turbulence observed in the inner heliosphere by using Helios 2 data. This 
analysis, performed on both bulk velocity and Alfen speed, calculated 
structure functions in the whole range 40.5 sec. (the instrumental time 
resolution) up to 24 hours, and in this region p-th order scaling expo- 
nents were obtained. Note that the number of data points used in this 
paper is very small to assure some reliability for order p = 20 struc- 
ture functions, as instead reported Marsch and Liu (1993). Similarly to 
findings reported by Burlaga (1991a), these authors found evidence for 
the presence of anomalous scaling laws. A comparison between fast and 
slow streams at two heliocentric distances, namely 0.3 AU and 1 AU, 
allowed these authors to conjecture a scenario for high speed streams 
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were Alfvenic turbulence, originally self-similar (or poorly intermittent) 
near the Sun, loses its self-similarity and becomes more multifrac- 
tal in nature” (Marsch and Liu (1993)), which means that intermittent 
corrections slightly increase when the wind expands from 0.3 AU to 1 
AU. However, no such behaviour seemed to occur in the slow solar wind. 
Prom a phenomenological point of view, Marsch and Liu (1993) found 
that data can be fit by a piece-wise linear function for the scaling ex- 
ponents Cp, namely a /3-model (p = 3 — D + p{D — 2)/3, where L) ~ 3 
for p < 6 and D ~ 2.6 for p > 6. Moreover, the same authors said: 
“We believe that we see similar indications in the data by Burlaga, who 
still prefers to fit his whole Cp data set with a single fit according to the 
non-linear random /3-model” . This conclusion was certainly due to the 
fact that the number of data points used was very small. Only structure 
functions of order p < 4 are reliably described by the number of points 
used by Burlaga (1991a). 

In the above quoted data analysis, which in some sense presents quite 
contradictory results, two main criticisms must be raised: 1) too poor 
data sets have been used in order to have high-order statistics, and 
2) the range of scales where scaling laws have been recovered is arbi- 
trary. To overcome these difficulties, Carbone et al. (1996a) investigated 
the behavior of the normalized ratios Cp/Cs through the Extended Self- 
similarity (ESS) procedure (Benzi et al. (1993)), using data coming from 
low-speed stream measurements of Helios 2. Using ESS the whole range 
covered by measurements is linear, and scaling exponent ratios can be 
reliably calculated. Moreover, to have a data set with a high number of 
points, authors mixed into the same statistics data coming from differ- 
ent heliocentric distances (from 0.3 AU up to 1 AU). This is not correct 
as far as fast wind fluctuations are concerned, because (Marsch and Liu 
(1993), Bruno et al. (2003), Pagel and Balogh (2003)) there is a radial 
evolution of intermittency. Results showed that intermittency is a real 
characteristic of turbulence in the solar wind, and that the curve Cp/Cs 
is a nonlinear function of p, as soon as p < 6 is considered. 

Looking at the papers in literature, it can be seen that often scaling 
exponents Cp as observed mainly in high-speed streams within the inner 
heliosphere, cannot be properly explained by any cascade model for tur- 
bulence. This feature has been attributed to the fact that this kind of 
turbulence is not in a fully-developed state with a well defined spectral 
index. Models developed by Tu et al. (1984) and Tu (1988) were suc- 
cessful in describing the observed radial evolution of the power spectra. 
Using the same idea, Tu et al. (1996) investigated the behavior of an ex- 
tended cascade model developed on the basis of the p-model (Meneveau 
and Sreenivasan (1987); Carbone (1993a)). Authors conjectured that: 




268 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



i) the scaling laws for fluctuations are still valid even when turbulence is 
not fully developed; ii) the energy cascade rate is not consistent, rather 
the moments depend not only on the generalized dimensions Dp but also 
on the spectral index a of the power spectrum. The model reads 



Cp — 1 + 



/p \ ^ r ^ p 

\m J L2 V 2/Jm 



(9.2) 



where the generalized dimensions are recovered from the usual p-model 

log2 [p^ + (l-p)^] 



Dp — 



(1 -p) 



In the limit of “fully developed turbulence” , say when the spectral slope 
is a = 2/m + 1, the usual expression (9.1) is recovered. Helios 2 data 
are consistent with this model as long as the parameters are /i ~ 0.77 
and a 1.45, and the fit is relatively good (Tu et al. (1996)). Recently, 
Horbury and Balogh (1997) and Horbury et al. (1997) studied the mag- 
netic field fluctuations of the polar high-speed turbulence from Ulysses 
measurements at 3.1 AU and at 63^ heliolatitude. They showed that the 
scaling exponents of structure functions of order p < 6, in the scaling 
range 20 < r < 300 sec. can be reliably described by the Kolmogorov- 
like model. On the contrary, (Horbury et al. (1996)) a p-model model 
where the parameter p is allowed to change at every step of the cascade, 
does not describe the scaling of the structure functions. 

Analysis of scaling exponents of p-th order structure functions have 
been performed using different portions of Ulysses data. Horbury et al. 
(1995a) and Horbury et al. (1995b) investigated the structure functions 
of magnetic field as obtained by observations at distances between 1.7 
and 4 AU, and covering a heliographic latitude from 40^ to 80^. Investi- 
gating the spectral index of the 2-th order structure function, they found 
a decrease with heliocentric distance attributed to the radial evolution of 
the fluctuations. Further investigations (Ruzmaikin et al. (1995)) used 
structure functions to study the Ulysses magnetic field data in the range 
of scales 1 < r < 32 min. These authors showed that intermittency is 
at work and developed a bi-fractal model to describe Alfvenic turbu- 
lence. They found that intermittency may change the spectral index of 
the 2-th order structure function and this (Carbone (1993b)) modifies 
the calculation of the spectral index. Ruzmaikin et al. (1995) found 
that polar Alfvenic turbulence should be described by a Kraichnan phe- 
nomenology (Kraichnan (1965)). However, the same data can be fit also 
by a fluid-like scaling law (Tu et al. (1996)), and it is difficult to decide 
with the analysis of 2-th order structure function which scaling relation 
describes more appropriately intermittency in the solar wind. 
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In a further paper, Carbone et al. (1995) investigated differences 
in the ESS scaling laws between ordinary fluid flows and solar wind 
turbulence. Through the analysis of different data sets collected in the 
solar wind and in ordinary fluid flows, it was shown that normalized 
scaling exponents Cp/Cs the same as far as p < 8 is considered. 
This indicates a kind of universality in the scaling exponents for velocity 
structure functions. Differences between scaling exponents calculated in 
ordinary fluid flows and solar wind turbulence are confined to high-order 
moments. Nevertheless the differences found in the data sets have been 
related to different kinds of singular structures in the She and Leveque 
model (She and Leveque (1994)). This model, which coincides with the 
p-model, reads 



(p — —{1 — x) + C 
m 



1-1 



X \p/m 

c) 



(9.3) 



The parameter C — x/(l — /?) is identified as the codimension of the 
most singular structures. In the case of fluid flows C = 2 and the most 
intermittent structures are identified as filaments. Solar wind data can 
be fit by that model when the most intermittent structures are assumed 
to be planar sheets C = 1 and m = 4, which suggests the presence of 
the Kraichnan scaling. On the contrary ordinary fluid flows can be fit 
only when C = 2 and m = 3, which suggests that the structures are 
filaments and the Kolmogorov scaling is present. However it is worth- 
while to remark that differences have been found for high-order structure 
functions, just where measurements are unreliable. 



3.1 Probability Distribution Functions of 
Fluctuations and Self— similarity 

The presence of scaling laws for fluctuations is a signature for the 
presence of self-similarity in the phenomenon. In fact the observable 
6ur (see the beginning of section 2 for definition), which depends on a 
scaling variable r, is invariant with respect to the scaling relation r — > Ar, 
when there exists a parameter //(A) such that 6ur = /x(A)(5uAr- The 
solution of this last relation is a power law dur ^ where the scaling 
exponent is h = — log^ /x. Then the ratio of fluctuations at two scales 
6u\£/Sur ~ A^ depends only on the value of h (no characteristic scales 
are present). This means that PDFs (see the beginning of section 2 for 
definition) are related such that P{6u\r) = P{X^6ur). Let us consider 
the standardized variables yr = H can be easily shown 

that when h is unique, say in a pure self-similar situation, PDFs are 
such that P{yr) = P{y\r)^ say by changing scale PDFs coincide. As 
far as PDFs are concerned, in Figure 9.10 we report the PDFs for the 
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Figure 9.10 PDFs of solar 
wind velocity fluctuations 
at different scales. Solid 
lines represent the results 
of the fit obtained using 
Castaing’s model. (from 
Sorriso et al. (1999), copy- 
right 1999 American Geo- 
physical Union). 



standardized velocity Aur = 6ur/{Su^)‘^ at three different scales r (for 
sake of brevity, we omit similar graphs obtained for magnetic fluctuations 
Abr — 6br / {Sb^^)^) . It appears evident that the global self-similarity in 
real turbulence is broken. PDFs at different scales do not coincide, 
their shape seems to depend on r (Marsch and Tu (1997)). At large 
scales PDFs look almost gaussian, but they become more stretched as r 
decreases. At the smallest scale PDFs are stretched exponential. This 
scaling dependence of PDFs is a different way of saying that the scaling 
exponents of fluctuations are anomalous, or it can also be adopted as 
another definition of intermittency. Note that the wings of the PDFs are 
higher than they would be if these PDFs were gaussian. This implies that 
intense fluctuations have a probability of occurrence grater than that 
they should have if they were gaussianly distributed. Said differently, 
intense stochastic fluctuations are less rare than we should expect from 
the point of view of a gaussian approach to the statistics of turbulence. 
These fluctuations play a key role in the statistics of turbulence. 

Marsch and Tu (1994) started to investigate the behavior of PDFs of 
fluctuations against scales and they found that PDFs are rather spiky at 
small scales and quite gaussian at large scales. The same behavior have 
been obtained by Sorriso et al. (1999) who investigated Helios 2 data 
for both velocity and magnetic field. Besides the idea of self-similarity 
underlying the process of energy cascade in turbulence, a different point 
of view can be introduced. That is a model that tries to characterize 
the behavior of the PDFs through the scaling laws of the parameters 
which describes how the shape of the PDFs changes going towards small 
scales (Castaing and Gagne, (1990)). In its simplest form the model 
can be introduced by saying that PDFs of increments 6ur at a given 
scale are built up by a convolution of gaussian distributions of width 
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a = (((51^7^)^)^/^, whose distribution is given by Ga(ct), namely 

= si (“1^) s 

In a purely self-similar situation, where the energy cascade generates 
only a trivial variation of a with scales, the width of the distribution 
G\{a) is zero, and invariably we recover a gaussian distribution for 
P{6ur). On the contrary when the cascade is not strictly self-similar, 
the width of G\{a) is different from zero, and the scaling behavior of 
the width of G\{a) can be used to characterize intermittency. 

In order to make a quantitative analysis of the energy cascade leading 
to the scaling dependence of PDFs described above, the distributions 
obtained in the solar wind have been fit (Sorriso et al. (1999)) by using 
the log-normal ansatz 

The width of the log-normal distribution of a is given by A^(r) = 
y ((Acr)^), while ag is the most probable value of a. 

The expression (9.4) has been fit to the experimental PDFs of both 
velocity and magnetic intensity, and the corresponding values for the 
parameter A have been recovered. In Figure 9.10 we plotted, as full lines, 
the curves relative to the fit. It can be seen that the scaling behavior 
of PDFs, in all cases, is very well described by (9.4). At every scale r, 
we get a single value for the width A^(r), which can be approximated 
by a power law A^(r) = /ir“^ for r < 1 hour. The values of parameters 
fi and 7 obtained in the fit are = 0.75 ± 0.03 and 7 = 0.18 ± 0.03 
for the magnetic field (erg = 0.90 db 0.05), while [jl = 0.38 ± 0.02 and 
7 = 0.20 ± 0.04 for the velocity field (erg = 0.95 ± 0.05), in the range 
r < 0.72 hours, for slow-speed streams. For high-speed streams we 
found respectively // = 0.90 ± 0.03 and 7 = 0.19 ± 0.02 for the magnetic 
field (cTg = 0.85 =b 0.05), while // = 0.54 ± 0.03 and 7 = 0.44 ± 0.05 for 
the velocity field (erg = 0.90 ± 0.05). This means that magnetic field is 
more intermittent than velocity field. 

3.2 Radial Evolution of Intermittency 

Bruno et al. (2003) studied the radial dependence of solar wind in- 
termittency looking at magnetic field and velocity fluctuations within 
the inner heliosphere, between 0.3 and 1 AU. They analyzed compres- 
sive (intensity differences between consecutive vectors) and directional 
(vector differences between consecutive vectors) fluctuations for both 
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fast and slow wind, focusing their attention on the behavior of the flat- 
ness of the PDF at different scales. The behaviour of this parameter 
was then used to estimate the degree of intermittency of different time 
series. Their main results can be summarized in the following points: 
a) compressive fluctuations, deflned as (5|^(t)lr = |^(^ + ^)| — ^.re 

more intermittent than directional fluctuations, deflned as |(5^(t)|r = 
~ C(0 being either velocity or magnetic 

fleld and r the generic small scale close to the end of the inertial range; b) 
magnetic fluctuations are more intermittent than velocity fluctuations; 
c) large scale fluctuations are always rather Gaussian, regardless of type 
of wind or heliocentric distance; d) slow wind is more intermittent than 
fast wind but it does not depend on heliocentric distance; e) intermit- 
tency for both compressive and directional fluctuations, within fast wind, 
increases with distance. Because of the respective deflnition of compres- 
sive and directional fluctuations, they concluded that intermittency of 
directional fluctuations is influenced by the contribution of both com- 
pressive phenomena and uncompressive fluctuations like Alfven waves. 
These considerations helped to understand why directional fluctuations 
are always less intermittent than compressive fluctuations and why only 
fast wind shows radial evolution. These authors assumed that the two 
major ingredients of interplanetary MHD fluctuations are compressive 
fluctuations due to a sort of underlying, coherent structure convected by 
the wind and stochastic Alfvenic fluctuations propagating in the wind. 
The coherent nature of the convected structures increases intermittency 
while the stochastic nature of Alfvenic modes makes the PDFs of the 
fluctuations more Gaussian, decreasing intermittency. In particular, di- 
rectional fluctuations will have their intermittency more or less reduced 
depending on the amplitude of Alfvenic modes with respect to that of 
compressive fluctuations. Thus, directional fluctuations would always 
be less intermittent than the compressive counterpart. Moreover, the 
same authors provided an explanation for the radial dependence of in- 
termittency within fast wind. During the radial expansion, slow wind 
MHD turbulence, characterized by a remarkable low level of Alfvenicity, 
is found in a sort of frozen state which is convected by the wind into the 
interplanetary space without major changes. On the contrary, fast wind 
turbulence strongly evolves in the inner heliosphere. Alfvenic fluctua- 
tions, which, close to the sun, largely dominate the other fluctuations, 
become weaker and weaker during the wind expansion to the extent that 
at 1 AU their amplitude is much reduced (see Tu and Marsch(1995) and 
references therein). Then, intermittency would radially evolve within 
fast rather than slow wind. On the other hand, the reason why com- 
pressive fluctuations also become more intermittent within fast wind has 
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to be ascribed to the fact that fast wind becomes more and more com- 
pressive with radial distance while the compressive level of slow wind 
remains the same, as shown by Marsch and Tu (1990). 

Other important results were reached by similar studies performed on 
the components Bruno et al. (2003). Because of the presence of the 
large scale spiral magnetic field, the spatial symmetry is broken and a 
preferential direction, parallel to the mean field, has to be taken unto 
account. It was shown that rotating magnetic data into the mean field 
reference system, characterized by one component along the mean field 
and the other two components lying on a plane perpendicular to this 
direction, intermittency of the parallel component is higher than that 
of the two perpendicular components which, in addition, have quite the 
same level. These results, which were found in fast but not in slow wind, 
corroborated the idea that Alfvenic fluctuations play an important role 
in this problem. As a matter of fact, perpendicular components are 
more directly infiuenced by Alfvenic fiuctuations, whose 6B is perpen- 
dicular to the ambient field B, and as a consequence fiuctuations of these 
components are more stochastic and less intermittent. On the contrary. 
Similar studies performed on velocity fiuctuations highlighted the more 
intermittent character of the radial component, suggesting that, for this 
parameter, the usual RTN reference system is more appropriate. The 
same authors concluded that the radial dependence of intermittency of 
interplanetary fiuctuations is strongly related to the radial evolution of 
their turbulent spectrum, as also shown by Pagel and Balogh (2003). 

3.3 Identifying Intermittent Events 

Intermittent events within turbulence can be identified by using tech- 
niques based on wavelets. One of these techniques is called Local In- 
termittency Measure (LIM) and was introduced by Farge (1992). Iden- 
tifying these events can be used to eliminate them and to make condi- 
tioned statistics, that is to find structure functions separately by using 
the full data set or by using only the gaussian field. Veltri and Man- 
geney (1999), using ISEE data, found that when conditioned statistics is 
used, a linear scaling is recovered for scaling exponents Cp. Interestingly 
enough authors found that the radial velocity displays the characteris- 
tic Kolmogorov scaling p/3, while the other components of the velocity 
displays a Kraichnan slope p/4. Moreover, the same authors concluded 
that the most intermittent structures were shocks or current sheets. 

Stimulated by this study, Bruno et al. (2001) focused on the nature 
of interplanetary events contributing to intermittency and, adopting the 
method introduced by Farge (1992), were able to locate and analyze 
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Figure 9.11 Left-hand- 
side, from top to bottom: 
magnetic field intensity, 
magnetic field and velocity 
fluctuations along maxi- 
mum A3, intermediate A2 
and minimum Ai variance 
directions of magnetic 
field fluctuations, and the 
magnetic field hodogram 
on the maximum variance 
plane A3 — A2, as a function 
of time (vertical axis). 
The arc-like fluctuation 
from Aio B visible on the 
A3 — A2 plane, corresponds 
to the thick line in the 
upper panels. The same 
parameters are shown for 
interval 7^2, which doesn’t 
have intermittent events, 
on the right column, 
(copyright 2001 Elsevier 
Science Ltd., from Bruno 
et ah, 2001 ). 



a typical intermittent event within fast solar wind. They showed that 
these kinds of events were characterized by a large coherent rotation 
of the magnetic field direction, across which the magnetic field inten- 
sity and total plasma pressure were rather discontinuous. The top left 
panel of Figure 9.11 shows magnetic field intensity and the three com- 
ponents of magnetic field and wind velocity rotated into the minimum 
variance reference system of the magnetic field fluctuations. The panel 
below shows the hodogram on the maximum variance plane A3 — A2, 
as a function of time, showed on the vertical axis. The same analysis, 
performed on another interval not affected by intermittency, is shown on 
the right column of the same Figure and in the same format. Clearly, 
only within the first interval the magnetic field vector does describe an 
arc-like structure larger than 90° on the maximum variance plane (see 
rotation from A to B on the 3-D graph at the bottom of the left column) 
in correspondence with the time interval marked on the top panel by the 
solid heavy line, right where the intermittent event was located. More- 
over, the behavior of magnetic field and velocity components across the 
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Interval #1 




■4 



Figure 9.12 Top: path fol- 
lowed by the tip of the 
magnetic vector in the 
minimum variance refer- 
ence system for interval 
#1. The thick line extend- 
ing from label A to label 
B refers to the arc-like dis- 
continuity shown in Figure 
9.11. Bottom: path ob- 

served during interval #2. 
Projections on the three 
coordinate planes and the 
average magnetic field vec- 
tor with its projections on 
the same planes are also 
shown, (copyright 2001 El- 
sevier Science Ltd., from 
Bruno et al., 2001 ). 



rotation suggested that this was a 2-D structure co-moving with the 
wind. Further insights could be obtained studying the path followed 
by the tip of the vector within the minimum variance reference system, 
during these two time intervals. It was found that the interval char- 
acterized by intermittency showed a rather patchy distribution while 
the one with no intermittency showed a more uniform distribution as 
shown in fig. 9. 12. In other words, intermittency was reflected in the 
fact that several small directional jumps around a given average orien- 
tation were interrupted by a larger jump which forced the vector to be 
oriented and fluctuate around another average direction. In particular, 
the tip of the vector would follow a trajectory similar to a random walk. 
More in detail, the path followed by the tip of the vector was reminis- 
cent of a Levy-flight process, which differs from a Brownian motion for 
the probability distribution of the jumps which is not longer Gaussian 
but rather a Levy-stable. This distribution, which highlights the pres- 
ence of long range correlations, asymptotically behaves like a power-law ( 
Pareto (1906)) /(^) cx with the exponent in the range 0 < a < 2. 

However, since the second and higher moments of this distribution are 
infinite and, as such, in contrast with experimental data which show 
finite variance, a Truncated Levy Flight (TLF) distribution has been 
proposed ( Mantegna and Stanley (1994)) introducing a cutoff in the 
standard Levy. A TLF statistics with a smooth cutoff is generated by a 
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random variable ^ which is characterized by the following distribution: 
f{^) — I ^ where A represents the cutoff and 0 < o; < 2 

is the characteristic exponent. A very good example of TLF statistics 
is represented by the dispersion of a passive scalar in a turbulent flow 
(Klafter et al. (1996)) and the magnetic held, convected by the solar 
wind into the interplanetary space, might act in the same way. Bruno 
et al. (2004) showed that interplanetary observations can be reasonably 
fitted by a TLF distribution. Moreover, they found a clear radial depen- 
dence for the PDFs of these fluctuations to evolve from Gaussian like to 
possible TLF only within fast wind. They suggested that the observed 
behavior was due to a competing action between quasi-stochastic, prop- 
agating fluctuations and convected structures, both contributing to solar 
wind turbulent fluctuations. 

All these observations gave new insights about the topology which 
characterizes velocity and magnetic held vector orientations within solar 
wind MHD turbulence and contributed to re -formulating the idea of the 
presence of a main structure convected by the wind that is formed by 
flux tubes tangled up in space. Each hypothetical flux tube is character- 
ized by local values of magnetic and plasma parameters. Moreover, the 
presence of Alfvenic fluctuations would make the magnetic held vector 
randomly wander about the local average direction. The idea of a solar 
wind turbulence made of propagating Alfven modes and convected struc- 
tures is not new and recalls the model suggested by Tu and Marsch(1993) 
following which the solar wind fluctuations are mainly due to the coex- 
istence of pressure balance structure (PBS) type flux tubes and Alfven 
waves. In the inner heliosphere these PBS-type flux tubes are imbedded 
in the large structure of fast solar wind streams and would form a kind of 
spaghetti-like sub-structure (McCracken and Ness(1966)), which prob- 
ably has its origin at the base of the solar atmosphere. A tangential 
discontinuity could mark the border between two contiguous flux tubes. 
This seems to be the case of interval #1 in Figure 9.11 although the total 
pressure is not balanced across the discontinuity. Each flux tube would 
be characterized by an average magnetic held vector whose fluctuations 
would mainly happen on a plane perpendicular to this direction. Passing 
to the next tube, the average held would more ore less rapidly change 
its intensity and direction and, its fluctuations would cluster around 
this new direction. It follows that moving across a series of these tubes 
would increase the intermittent character of the recorded fluctuations 
since we would preferentially sample coherent structures. On the con- 
trary, moving along one of these tubes would decrease the intermittency 
of our sample since we would be sampling preferentially stochastic fluc- 
tuations. This geometric effect should be added to the spectral evolution 
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of the fluctuations since, due to the spiral conflguration of interplane- 
tary magnetic held, it contributes to the observed radial dependence of 
intermittency. 

Finally, the possibility of removing intermittent events offered by the 
LIM technique (Farge (1992)) allowed to solve one of the long lasting 
problems concerning the anisotropy character of interplanetary mag- 
netic held fluctuations as observed in the inner heliosphere. As a matter 
of fact, solar wind magnetic held fluctuations are strongly anisotropic, 
being the power perpendicular to the minimum variance direction is 
much larger than that along it (Bavassano et al., (1982)). Moreover, 
anisotropy of held and velocity fluctuations has a different radial behav- 
ior. While velocity anisotropy doesn’t evolve with distance, magnetic 
fleld anisotropy clearly increases with increasing heliocentric distance 
(Bavassano et al., (1982)). It has recently been shown (Bruno et al. 
(1999a); Bruno et al. (1999b)) that magnetic fleld intermittency, mainly 
caused by events generated by the dynamical stream-stream interac- 
tion as the wind expands, plays a relevant role in the radial trend of 
magnetic anisotropy. As a matter of fact, these authors showed that re- 
moving intermittency events from the original magnetic fleld would com- 
pletely eliminate the observed radial trend and magnetic fleld anisotropy 
would then closely resemble velocity anisotropy. These results Anally 
ended the long withstanding problem of reconciling the radial increase 
of anisotropy observed by Bavassano et al., (1982) with the observed 
and 5V_ decoupling which would suggest an increase of isotropy (Klein 
et al.(1993)). 

3.4 Conclusions on Intermittency 

Since the first investigations by Burlaga (1991a), several other investi- 
gators have focused on intermittency and the role that this phenomenon 
plays in solar wind turbulence. In Section 3 we gave just a short and, 
unavoidably, not complete summary of the results which have been ob- 
tained and the studies which have been conducted on this important 
topic. Today we know much about the phenomenological behavior of so- 
lar wind intermittency, for example within different types of solar wind, 
as a function of scale or heliocentric distance. Moreover, the efforts of 
several investigators and the use of new techniques introduced in data 
analysis allowed us to single out those events causing intermittency. It 
was found that most of them were almost 2-D Tangential Disontinu- 
ities, across which the magnetic fleld experienced a large directional ro- 
tation, separating regions characterized by different values of the main 
plasma parameters. These coherent structures, possibly the border of 
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adjacent flux tubes, are imbedded in the solar wind and convected into 
the interplanetary space. A simultaneous presence of these structures 
with propagating, stochastic Alfvenic fluctuations is to be expected es- 
pecially within fast wind. As a matter of fact, it has been found that, 
within fast wind, the level of intermittency is due to a competing ac- 
tion between Alfvenic fluctuations and convected structures. The pre- 
dominance of one with respect to the other would result in a different 
level of intermittency. In particular, data samples characterized by a 
strong Alfvenicity are much less intermittent than others. However, so 
far, it has been impossible to establish whether these coherent magnetic 
and velocity structures are convected directly from the source regions 
of the solar wind or they are locally generated by stream-stream dy- 
namic interaction or, as an alternative view would suggest (Primavera 
et al. (2002)), they are locally created by parametric decay instability of 
large amplitude Alfven waves or by sporadic and localized interactions 
of coherent structures that emerge naturally from plasma resonances ( 
Wu and Chang(2000)). Probably all these origins coexist at the same 
time and only future space missions designed to disentangle temporal 
from spatial effects could give an answer to this question. 
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Abstract In the solar corona (and solar wind) waves and turbulence occur at all 
scales ranging from the particles’ gyroradii to the size of a solar radius 
(or even to an astronomical unit). A concise review of some new ob- 
servations and theories of waves in the sun’s atmosphere and corona 
is given, with the focus being on coronal waves that are magnetically 
confined to loops, as well as on waves in the open coronal funnels and 
holes. In the corona all kinds of kinetic (plasma) waves and fiuid (mag- 
netohydrodynamic) waves, at wavelengths that may range from the size 
of a loop (about several Mm) down to the inertial lengths of a coronal 
ion (about a km), are believed to play a key role in the transport of me- 
chanical energy from the chromosphere to the Sun’s outer corona and 
wind, and through the dissipation of wave energy in heating and sus- 
taining the solar corona. Recent evidence obtained from spectroscopy of 
lines emitted by coronal ions points to cyclotron resonance absorption 
as a possible cause of the observed emission-line broadenings. Novel 
remote-sensing solar observations reveal low-frequency loop oscillations 
of the type expected from MHD theory. They appear to be excited 
by magnetic activity and are strongly damped. Kinetic models of the 
corona indicate the importance of wave-particle interactions, which may 
hold the key to understand coronal particle acceleration and heating by 
high-frequency waves. 

Keywords: Solar corona and solar wind, waves and turbulence, coronal oscillations, 
network activity, turbulence generation and dissipation, ion velocity dis- 
tributions 
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1. Introduction 

This concise review addresses selected current issues of kinetic (plasma) 
waves and fluid (magnetohydrodynamic, MHD) waves and turbulence in 
the solar corona. We start with briefly describing the basic coronal mag- 
netic held structures, in which the waves and flows occur. Coronal loops 
and funnels are the magnetic building blocks of the lower corona, and 
their flelds guide the distribution and propagation of wave-mechanical 
energy which is generated by steady photospheric magnetoconvection 
and transient activity of the magnetic network. Ultimately, the main 
energy source for waves and fluctuations in the heliosphere is solar mag- 
netoconvection and coronal magnetic activity. Magnetohydrodynamic 
waves and kinetic plasma waves, as well as the eigen-oscillations of coro- 
nal flux tubes are addressed. Finally, some ideas about the generation, 
transfer and dissipation of energy associated with waves and turbulence 
in the corona are presented. The emphasis in this chapter will be on the 
corona. Other reviews in this book discuss waves and turbulence in the 
interplanetary solar wind. 

Waves in the solar corona, solar wind and heliosphere is a rather wide 
research held which we can here, because of the lack of space and size of 
the subject, deal with only in a superflcial and selective way. Therefore, 
at the outset we refer to some broader reviews of this held for further 
details and in depth studies. MHD structures, waves and turbulence in 
the solar wind, including observations and models, have been reviewed 
extensively by Marsch (1991a) and Tu and Marsch (1995), with emphasis 
on the Helios observations in the ecliptic plane and inner heliosphere. 
The Ulysses observations at high latitudes and radial distances between 
1 AU and about 5 AU are described by Horbury and Tsurutani (2001), 
and observations made in the outer heliosphere mostly by the Voyagers 
are contained in the book of Burlaga (1995) and the reviews of Goldstein 
et al. (1997) and Goldstein and Roberts (1999), which also include some 
numerical simulation results. 

2. Coronal Magnetic Field Structures 

Waves in the solar corona is a difficult subject, because the corona 
is known to be highly structured and nonuniform. Furthermore, the 
direct measurement of the magnetic field vector in the corona is still 
not possible. For the corona we have to rely on models of the magnetic 
field, usually obtained by extrapolation through potential-field, force- 
free, or MHD numerical methods (see e.g. the review by Neugebauer 
(1999)), starting from the bottom of the corona. In Figure 10.1 we show 
an example of the large-scale coronal magnetic field obtained this way. 
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Figure 10.1. Model magnetic field of the solar corona, in particular showing the 
mapping of the open coronal flux from the photosphere to the source surface at about 
2.5 from which the entire heliospheric magnetic held originates (after Neugebauer, 
1999). 



The coronal field determines the magnetic field of the entire heliosphere, 
which is dealt with in other chapters of this book. 

Whereas at the photosphere/chromosphere interface the magnetic field 
vector can routinely be measured by means of full Stokes polarimetry, or 
its single components by the simple Zeeman effect, it is only very recently 
that the magnetic vector at the coronal base was measured directly by 
solankiOS, which led to the detection of a current sheet and illustrated 
the topological change of the field with height in the transition region. 
Modern X-ray imagers on Yohkoh, or the extreme ultraviolet (EUV) 
imagers on SOHO (Solar and Heliospheric Observatory) and TRACE 
(Transition Region and Coronal Explorer) provide “images” of the coro- 
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Figure 10.2 Schematic 
presentation of magnetic 
structures in the solar 
corona: Coronal holes, 

funnels, plumes, jets, 
streamers, prominences, 
and loops (after Roberts 
and Nakariakov, 2003). 



nal field, which is made visible through the emission of plasma confined 
therein. 

These space observatories yielded a wealth of coronal images and pro- 
vided new diagnostic information on the plasma state, and thus enabled 
many new insights be made into the physical processes and the mor- 
phology of the solar corona. The new picture arising from all these 
observations is that the corona is a restless, intricate, and magnetically 
coupled system. This “new solar corona” is reviewed by Aschwanden et 
al. (2001). The complex dynamics and broad range in spatial and tem- 
poral scales constitute the main challenge in the contemporary physics of 
the solar corona. Typically, coronal images reveal a multitude of bright 
closed loops (on all scales down to 1 arcsec and perhaps below) and con- 
spicuous streamers, and in striking contrast dark voids, corresponding to 
coronal funnels and coronal holes (CHs). The upper-chromosphere and 
lower-transition-region emissions (at temperatures below about 10^ K) 
exhibit the magnetic network with typical cell sizes of 20-30 Mm, and 
seem to originate from a myriad of small loops. 

All these magnetic structures, of which some are shown schematically 
in Figure 10.2, together constitute a complex background field, in which 
the waves (either kinetic or fluid-type and linear or nonlinear) are excited 
(e.g., by reconnection or foot-point motion in the photosphere), and 
through which they have to propagate. While the waves may escape 
to the heliosphere on open field lines, they will remain trapped in the 
corona when bouncing in closed loops. 

From space missions as Helios, Ulysses, Yohkoh, SOHO or TRACE 
it has become abundantly clear that three characteristic types of solar 
corona and associated solar wind exist, variably prevailing at different 
heliographic latitudes and longitudes over the solar cycle. Solar wind 
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comes in the form of (1) steady fast, (2) variable slow and (3) transient 
(sometimes very fast) flows, mostly as coronal mass ejections. For a 
recent short review of the three-dimensional structure of the solar wind 
over the solar cycle see McComas (2003). The global coronal magnetic 
held, as shown in Figure 10.1, and the related heliospheric flow pattern 
is most conspicuous near solar minimum, when fast streams emanate 
from open polar CHs, and slow streams originate from the cusps and 
boundary layers of the equatorial streamer belt. The closed corona (ac- 
tive loops and prominences) intermittently opens and abruptly produces 
huge coronal mass (and magnetic flux) ejections (CMEs). 

The wave and turbulence pattern coming with these types of flows 
reflects the coronal conditions as reviewed by Tu and Marsch (1995). 
Fast streams are permeated by large-amplitude Alfven waves (with flat 
spectra, index —1) accompanied by low-level sonic noise, whereas slow 
streams often carry sizable compressive fluctuations (with Kolmogorov 
— 5/3-spectra), show hardly any Alfven waves but convect embedded 
pressure-balanced structures such as discontinuities. In contrast, CMEs 
are usually characterized by strong and quiet magnetic flelds with neither 
magnetosonic nor Alfvenic disturbances. The coronal reasons for these 
distinct differences in the occurrence and nature of waves and turbulence 
in the solar wind are largely unknown. 

The basic theory of MHD waves in the solar corona was developed a 
quarter of a century ago (see the early work of Roberts et al. (1984) 
and Roberts (1985) on MHD waves), however its veriflcation lacked in 
the old days adequate coronal observations, which today are available 
and some of which are described in the next sections. Facing these re- 
cent observations the theory has been revisited and reviewed extensively 
by Roberts (2002), Roberts (2003) and Roberts and Nakariakov (2003). 
Selected results from these reviews are cited below. Based upon the mod- 
ern observations coming mainly from the TRACE and SOHO missions, 
coronal oscillations were in the past years observed and theoretically 
analysed in much more detail than previously possible. A new held of 
solar physics developed, coronal seismology^ to which an introduction is 
given by Nakariakov (2003). 

3. Magnetic Network Activity and Coronal 
Heating 

The corona is hot even when there is no obvious magnetic activity. 
This general notion seems to indicate uniformity of the heating process. 
SOHO has shown that the coronal holes are, in terms of proton and heavy 
ion kinetic temperatures (see Kohl et al. (1997), Wilhelm et al. (1998), 
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andTuetal. (1998)), the hottest places on the Sun. Observationally, the 
magnetic (chromospheric) network when seen in cool lines at altitudes 
of several Mm looks the same beneath the closed (quiet) corona in loops 
and open corona in holes, but it differs substantially when seen in hot 
transition region lines as reported by Hassler et al. (1999). The energy 
flux required to power the fast solar wind and the energy flux needed to 
produce the quiet magnetically confined corona (mainly compensation 
for radiative losses) are both about 5 10^ erg cm~^s“^. Because of 
the uniformity of the network over the quiet sun, is seems natural to 
postulate the energy source for coronal heating to be about the same 
everywhere. 

SOHO indicates that the solar wind coming from the polar coronal 
holes emanates directly from the chromospheric magnetic network as 
observed by Hassler et al. (1999) and Wilhelm et al. (2000), whereby 
the whole coronal base is involved, with relatively high upward initial 
speeds up to 10 km/s. Below the base, the coronal held (of about 10 G) is 
anchored mainly in the supergranular network (see Figure 10.3), which 
occupies merely 10% of the base area in holes. In the network lanes 
the magnetic pressure dominates the thermal pressure. The network 
held (of about 10-100 G) is rooted in the photosphere in small, kG-fleld 
flux tubes (about 100 km in size), expands rapidly with height in the 
transition region and then Alls the entire overlying corona. 

Solar magnetograms (as shown below in Figure 10.4) clearly indicate 
that the magnetic network held exists side-by-side in two characteris- 
tic components, i.e. in uncancelled unipolar flux tubes (funnels) and in 
closed, multiple flux tubes (loops). The only conceivable energy source 
for the corona and wind is the dynamic network held itself. An open- 
funnel potential held according to Gabriel (1976) has no free energy, a 
complex static held assumed by Dowdy et al. (1986) does not envisage 
magnetic energy release, but only time-varying fields undergoing recon- 
nection as suggested by Axford and McKenzie (1997) allow flaring and 
can provide energy to the corona. The small loops (at a scale of 1 Mm 
and smaller) will emerge or submerge and collide, and thus constitute 
a permanent source of energy. The small-scale activity of this magnetic 
carpet, the dynamics of ephemeral regions and their consequences for 
coronal heating are discussed in the paper by schrijver98. The related 
scenario of transition region dynamics is illustrated in Figure 10.3. We 
assume that the very small-scale reconnection events, here called “pico- 
flares” , are similar to other intra- network flares in the sense that remnant 
closed loops containing hot EUV emitting plasma are produced. 

parker88 first developed a coronal heating scenario involving so-called 
“nano-flares” , in which the dissipation is conceived to take place in small 
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Figure 10.3. Schematic of the supergranular magnetic network consisting of coronal 
funnels and embedded small-scale loops, which may intermittently reconnect while 
being driven by magnetoconvection (after Axford and McKenzie, 1997). 



current sheets arising from a relaxation towards equilibrium of the highly 
stressed and distorted coronal fields, when being shuffled around by foot- 
point motions. This dynamical process may lead to coronal heating, and 
via reconnection to topology changes of the magnetic field. The distri- 
bution and statistics of the nanofiares and the coronal turbulence and 
dissipation associated with them were discussed in detail by Einaudi and 
Velli (1999), who also carried out numerical simulations of the possible 
small-scale dynamics of a magnetically forced model corona. The result- 
ing bursts of energy release may manifest themselves in various explosive 
plasma processes and radiation events, such as blinkers or bright points. 

In the lower transition region, the network “pico-fiares” must occur 
frequently and should have a dimension down to the presently unre- 
solved 10-100 km scale. The energy burned in the associated “magnetic 
furnace” must be replaced by magnetoconvection in the photosphere, 
which ensures adequate supply of randomly-looped magnetic flux. If the 
energy thus generated by magnetic reconnection is released in frequent 
“pico-fiares” introduced by Axford and McKenzie (1997), with typical 
energies of about 10^^ erg, then such small-scale magnetic activity is 
also expected to continually produce a sizable amount of waves at low 
but also relatively high frequencies (larger than 1 Hz), as schematically 
shown in Figure 10.3. Wave dissipation would rapidly occur within a 
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Figure 10.4 Photospheric 
magnetogram and neon- 
ion outflow inferred from 
SUMER observations of 
Doppler blue-shifts of 
Ne (Jcviii (A 77 nm), rela- 
tive to C fjci (A 154.2 nm) 
in an equatorial coronal 
hole. Black contours: 
dotted 10 km/s, solid, 7 
km/s; white: solid 3 km/s. 
Kitt Peak magnetogram: 
white, positive, black, 
negative field polarity. 
Note the close correlation 
between blueshift and 
positive field, indicating 
significant upflows in open 
unipolar magnetic regions 
(after Xia et ah, 2003). 



fraction of a solar radius and could involve an essentially linear, kinetic 
mechanism such as cyclotron and Landau wave damping. 

Thus the magnetic network not only is a continuous site of wave and 
turbulence generation by reconnection and shaking of flux tubes an- 
chored therein, but it also is the source region of the solar wind and 
its mass and magnetic flux Ailing the whole heliosphere. The outflow 
of the nascent solar wind and the photospheric source magnetic held 
are shown together in Figure 10.4, which presents a magnetogram of an 
equatorial coronal hole analysed by Xia et al. (2003) and the overlaid 
contours of the sizable Doppler-shifts (as measured by SUMER, Solar 
Ultraviolet Measurements of Emitted Radiation) of Neon ions, indicat- 
ing blue-shifts, i.e. outflows, at the cell boundaries and lane junctions 
in the network below the coronal hole, and red-shifts, i.e. downflows, in 
the regions underlying the magnetically closed parts of the corona. 

4. Waves and Flows in Loops and Funnels 

It is difficult to observe coronal waves, because of the uncomplete 
and insufficient plasma diagnostics possible in the solar atmosphere. In- 
situ measurements, such as made in other solar-system plasmas (e.g. in 
the solar wind or Earth’s magnetosphere), are in the corona impossible. 
Only remote-sensing is feasible, directly by using photons (in X-rays, 
ultraviolet, visible, and infrared light), or electromagnetic waves (radio. 
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plasma waves), and somewhat more indirectly by means of corpuscular 
radiation (solar wind and energetic particles). Waves manifest them- 
selves in spectral lines through intensity (i.e;,;. electron density) mod- 
ulation and the Doppler effect which leads to line shifts being either 
resolved as flows or unresolved as thermal and turbulent broadenings. 
For a comprehensive review of EUV spectroscopy and coronal diagnos- 
tics see Wilhelm et al. (2004). However, spectroscopic diagnostics suffers 
from the line-of-sight (LOS) problem, which requires even for optically 
thin lines to disentangle the integrated signal along the LOS, and from 
the radiative source and transfer problem, which implies to consider for 
the corona conditions far from local collisional (thermal) equilibrium. 

Concerning the largest resolvable wave scales, it is required that the 
wavelength A L and period P T, where L is the extent of the 
field of view and T the duration of an observational sequence. This 
requirement is readily fulfilled by modern instruments. Also, their spec- 
tral resolutions are sufficient to measure Doppler shifts and broadenings. 
The integrated effects of the resolved low-frequency waves or the unre- 
solved high-frequency turbulence are observationally considered in the 
LOS turbulent amplitude which corresponds to an effective tempera- 
ture of an ion (with kinetic temperature Ti and mass rrii) according to 
the formula {kB is the Boltzmann constant): 

r^eff =Ti + . ( 10 . 1 ) 

Ample evidence was in the recent past provided by the TRACE and 
SOHO missions for the existence of waves trapped in loops or propagat- 
ing in flux tubes (see, e.g., Aschwanden et al. (2002) or Wang (2003) for 
a review) and plasma flowing out in open funnels. For this see again Xia 
et al. (2003) and the results shown in Figure 10.4. Coronal funnels and 
their associated ion flows have been modelled by Marsch and Tu (1997) 
and Hackenberg et al. (1999). In their two-fluid model they considered 
ion heating which is assumed to be caused by cyclotron-wave sweeping. 
A steep inward temperature gradient resulting from electron heat con- 
duction was also found. The sonic point was located close to the sun at 
2Rs (IP, = 700 Mm). 

Theoretically, coronal waves confined in loops are, when being excited 
by flaring at the loop apex, expected to travel from loop top to bottom 
and thus will produce mainly redshifts after Hansteen (1993). On the 
contrary, the plasma streaming out on open field lines is supposed to 
produce mainly blueshifts. Concerning the observational evidence, both 
expected types of Doppler shift have indeed been observed by many 
authors: Hassler et al. (1999), Wilhelm et al. (2000), Xia et al. (2003), 
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Figure 10.5. Doppler shifts of EUV emission lines according to Peter and Judge 
(1999). 



Seely et al. (1997), Marsch et al. (1997), Tu et al. (1998), Tu et al. 
(1999), Peter and Judge (1999), and Peter (2001). 

A survey of the average observational situation is given in Figure 10.5 
and Figure 10.6, which show the line shifts and widths (separately for 
the core and wing parts), respectively versus the line- formation temper- 
ature, i.e. essentially the electron temperature in the range from 4 10^ to 
6.3 10^ K, values corresponding to lower (below l.Si?^) heights in the so- 
lar corona. Note the distinct change from red to blue shifts in Figure 10.5 
with increasing temperature. Considering Figure 10.6 taken from Peter 
(2001), you will note a clear separation in line width between the core 
and tail components for all the lines shown, with the width typically 
ranging between 20 and 30 km/s in the core (lower points) but steadily 
growing with height in the corona from about 40 to 90 km/s in the line 
tail (upper points). The major contributions, to perhaps the core but 
certainly the tail component, of the line broadening come from which 
is an empirical wave amplitude that is conveniently also used to estimate 
the amount of turbulent wave energy existing in the corona; see formula 
(10.1) again. 
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Figure 1 0. 6. Emission line widths corresponding to wave amplitudes as a function of 
height in the lower corona. The widths of the core (indicated by grey dots) and wing 
parts (indicated by the grey-shaded bar) of each line are plotted separately. Alfven 
speed (dashed line) and sound speed (continuous line) are given as well (after Peter, 
2001 ). 

5- Magnetohydrodynamic Waves and Flux Tube 
Oscillations 

5.1 Observation and Theory 

Let us now turn to magnetohydrodynamic waves in the corona and 
discuss some observations and their consequences. Detectability of coro- 
nal MHD waves requires that spatial (pixel size) and temporal (expo- 
sure/cadence) resolution be less than the wave lengths and periods con- 
sidered. The spectral resolution must be sufficient to resolve Doppler 
shifts and broadenings (with SUMER this can be done with subpixel 
accuracy of a few km/s). 

Nakariakov (2003) has put together an instructive table of some mod- 
ern imagers / spectrometers on SOHO, Yohkoh and TRACE with the 
relevant parameters, such as spatial resolution and minimum pixel size 
(ranging from 0.5 arcsec to 4 arcsec), temporal resolution and max- 
imal cadence (from 10 s to 30 s), and the spectral bands. TRACE 
first detected longitudinal waves in intensity (density) variations which 
were interpreted as slow magnetoacoustic waves. TRACE loop images 
in Fe a^ix (A 17.1 nm) were taken at a 15 s cadence. De Moortel et 
al. (2000) analysed the properties of such longitudinal oscillations and 
provided a statistical overview of the physical properties of many cases 
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of longitudinal oscillations detected at the base of large coronal loops, 
having lengths of a fraction of a solar radius. 

Frequent Doppler oscillations were also measured by the SUMER 
spectrometer; see the review of Wang (2003). Some typical properties 
are: The oscillations are mainly seen in hot (Tg > 7 MK) flare lines, 
sometimes correlated with cool emissions. During solar activity they are 
correlated with the flux of soft X-rays and often appear to be triggered 
by mass ejecta and shock fronts. The periods range from 5 to 25 min- 
utes, with typical damping times of several 10 minutes. Many events 
re-occur while the loops are still present. 

When considering compressive MHD waves, an important dynamic 
time scale is the transit time, tg = L/cg ^ lOLio/Tg^^minutes (Lio = 
L/lO^^cm, and Tq = T/IO^K), where c, is the sound speed. For other 
relevant time scales in loops see Walsh (2002), from whom we quote 
typical times (wave periods) for various physical processes occurring in 
loops: Alfven and fast magnetosonic waves, 5 s; slow mode wave, 200 s; 
gravity induced motions, 40 s; thermal equilibration by electron heat 
conduction, 600 s; radiative cooling time, 3000 s; and convection, 300 s. 
All these parameters of course vary with height in the loop (or more 
generally the solar atmosphere). 

There is general agreement that low-frequency coronal MHD waves 
are generated and released in the photosphere, housing a prolific en- 
ergy source that is connected with magnetoconvection. The transport 
and propagation of wave energy in various forms and modes is not well 
understood, given the nonuniformity and variability of the coronal mag- 
netic field, as discussed in the previous sections. Even less understood 
is the final conversion of ordered mechanical into random thermal en- 
ergy of the particles. Understanding this irreversible energy conversion 
at collisional or kinetic scales is the main problem of coronal heating, 
which is addressed below. 

The governing equations, describing waves in the corona, are the stan- 
dard MHD equations for the magnetic field, B, the flow velocity, V, mass 
density p, and pressure p in the solar atmosphere and the gravitational 
acceleration g, see e.g. Roberts and Nakariakov (2003). Often an adi- 
abatic equation of state with p ~ and adiabatic index 7 — 5/3 is 
employed. Applicability of MHD requires that the speeds involved are 
small against the speed of light c, which is always the case, that length 
scales are larger than the proton gyroradius or inertial length, which 
usually is true with the exception of current sheets, and also large in 
comparison with the collisional free path, which may become as large as 
1 Mm in the corona. To describe the microphysics of wave dissipation 
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and coronal heating, the MHD theory cannot be applied, but multi-fluid 
theory or kinetic physics is required. 

5.2 Oscillations of Thin Flux Tubes 

Oscillations of magnetic flux tubes have been theoretically studied for 
a long time, see e.g. the reviews by Roberts (1985) and Roberts (1991). 
The main restoring forces for perturbations stem from the magnetic 
and thermal pressure for compressive (transverse kink or longitudinal 
sausage) waves or the magnetic tension for incompressive (such as tor- 
sional Alfven) waves. 

In the light of the rather detailed modern wave observations, the the- 
ory was recently revisited by Roberts (2002), Roberts (2003) and Roberts 
and Nakariakov (2003). From these reviews we reiterate some of the ba- 
sics of waves as described in the MHD picture. For linear wave motion 
and when disregarding stratiflcation, the following coupled set of second- 
order equations for the perturbations is obtained: 



52 
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where the total pressure variation, pT, is given by: 
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PT=P+ ^Bo • B , (10.4) 

which is coupled to the flow velocity components through the first-order 
equation: 
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(10.5) 



The magnetic pressure of the non-uniform background held, Bq = Hqz, 
in equilibrium balances the thermal pressure, po? through 

V(po + ^) = 0. (10.6) 

The flow is V = + vj^, with a component Vz along and perpen- 

dicular to the held Bq. These equations apply to Cartesian (magnetic 
slab) as well as cylindrical (magnetic flux tube) coordinates. 

Here three relev ant pha se speeds were introduced. The sound speed 
is given by: Cs = a/tPo/po- The slow magnetoacoustic tube speed is: 



-2 , -2 



ct = CsCa/ J cl ^ c\ . 



(10.7) 
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The Alfven speed is as usually defined, ca = 5q/a/ ( dyrpo), with the 
height-dependent field strength inside the tube denoted by Bq{z). Con- 
sidering the typical numbers, one finds for the photosphere that q 
7 km/s, which is the slowest possible phase speed and generally sub- 
sonic as well as sub-Alfvenic. The kink-mode phase speed is: 

Cfc = CA\/po/{PO + Pe) , (10.8) 

where the density inside the tube is po, and outside in the field- free 
external environment it is denoted as pg. The density ratio can by means 
of total pressure equilibrium be expressed by the plasma beta as: po/pe = 
V(1 + where f3 = 2cy{jc\). 

However, the waves in the solar atmosphere are according to Roberts 
(1991) strongly infiuenced by the gravitational stratification of the mat- 
ter, which leads for many wave modes to a cutoff at a characteristic 
frequency, Ua = k^Ca (e.g., with index a = k for the kink, t for the 
tube, and A for the Alfven mode). The characteristic wave vector ka 
relates to the inverse of the typical gradient scale of the restoring force 
involved, such as gravity or buoyancy. The wave generally will have a 
height-dependent phase speed, Ca{z), with the coordinate 2 : for the al- 
titude. The wave equation for the upper chromosphere and transition 
region often can be characterized by external forcing, Tk, and intrin- 
sic dispersion, and be cast in a form resembling a driven Klein-Gordon 
equation. This may, by following e.g. Rae and Roberts (1982), Hasan 
and Kalkofen (1999), or Nakariakov (2003), be written as: 

d'^Qa _ J_ ~F (10 9) 

dz^ cl dt^ (lu.yj 

The related free- wave linear dispersion then shows a minimum frequency 
(the cut-off) and reads: 



u{k) = a/ (kca)^ + . (10.10) 

The amplitude when compensated for barometric stratification is given 
by Q{zA) = <^( 2 :, t) exp(— 2:/(4i7)), where ^{zA) denotes the original 
wave amplitude (for the sake of simplicity we here just consider a single 
component), and H is the scale height assumed to be constant. 

The significance of the Klein-Gordon equation after Roberts (2003) 
is that through the cutoff frequency it introduces the natural oscillation 
period of the nonuniform background medium in MHD equilibrium, and 
further that it implies evanescence below that cutoff, which means no 
wave can propagate vertically into the atmosphere ii u < uua- Another 
consequence is that an impulsive (e.g., flare produced) disturbance may 
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create a wavefront at speed Ca in the medium, and thus sets up a wake 
oscillating at the natural frequency cja behind the front. 

Generally, nonuniformity of the atmosphere may lead to very complex 
nonlinear wave mode-couplings; see e.g. the reviews by Roberts (1991) 
and Goossens (1991). The simpler stratification effects are most easily 
demonstrated for vertically propagating sound and Alfven waves. To 
give examples for the height-dependence of the cutoff frequencies, we 
first quote after Roberts (2003) the one for sound waves: 

^s(^) = ^(l + 2A[,), (10.11) 

where Aq = po{z)/{gpo{z)) is the pressure scale height of the nonuniform 
background atmosphere and g the gravitational acceleration (assumed 
to be constant since it only varies on the scale of 1 Rg). The prime in 
(10.11) indicates a spatial derivative with respect to 2 :. In an isothermal 
atmosphere with Aq = 0, we obtain the acoustic cutoff frequency: lJs = 
Cs/(2Aq) = 7^/(2cs). With 7 = 5/3 and g = 0.274 km s"^ and a sound 
speed of Cg = 7.5 km/s, one obtains Aq = 125 km, and thus Ug — 
0.03 s~^, or a cyclic frequency of 4.8 mHz and period of 3.5 minutes. In 
the hotter corona, stratification is less significant and the corresponding 
period would be much longer, i.e. 1-2 hours. 

After Roberts (2003), the linear wave equation for sausage waves in 
a thin magnetic fiux tube in the stratified solar atmosphere also corre- 
sponds to a Klein-Gordon equation, such as given in (10.9). Incompress- 
ible kink-mode oscillations yield transverse displacements of amplitude 
^{z^t) for the slender fiux tube and can, after a transformation such 
as above used for compensating the barometric stratification, also be 
written in terms of a Klein-Gordon wave equation with a cutoff at: 

1^1(2) = ^(j+Ai). (10.12) 

Finally, the incompressible Alfven mode may also satisfy a Klein-Gordon 
equation of the type (10.9), where the variable now is Q = with 

the azimuthal torsional velocity displacement and the corresponding 
cutoff frequency: 

= c^/(4Ao) . (10.13) 

Note that for a bounded Q, the above density scaling leads to an expo- 
nential growth in the stratified (e.g., isothermal) atmosphere, and thus 
to a substantial amplification of the small (photospheric) wave ampli- 
tude with height in the chromosphere or transition region (as shown in 
the Figure 10.7 and Figure 10.8). Gonsequently, shocks will occur or 
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Figure 10.7 Compressive 
wave amplitude relative to 
the background density in 
a plume (with an open 
field) versus height. The 
observational data points 
from the measured ampli- 
tudes are plotted by cir- 
cles. Estimates of their 
upper and lower limits are 
given by the crosses. The 
solid line shows the analyt- 
ical model wave amplitude, 
reflecting with its exponen- 
tial increase the barometric 
density stratification (after 
Ofman et ah, 1999). 



Figure 10.8 The slow- 
magnetosonic wave 

amplitude versus height, 
with an initial amplitude 
of 6Vo = 0.02cs in a coro- 
nal magnetic loop with 
a closed field. The wave 
periods are 900 s (solid 
curves), 600 s (dotted 
curves) and 300s (dashed 
curves). The lower curves 
respectively correspond to 
stronger dissipation with 
a coefficient being larger 
by a factor of 2.5 (after 
Nakariakov et ah, 2000). 



other nonlinear effects, causing sharp transitions, steepening and subse- 
quent wave dissipation as found by Carlsson and Stein (1997). These 
effects will become weaker and stretched out with height in the corona, 
owing to its higher temperature and larger scale height. 

5.3 Wave Amplitudes Versus Height from 
Numerical Models 

Instead of a quasilinear analytic perturbation treatment of the MHD 
equations one may seek for fully nonlinear direct numerical solutions. 
This has in the recent past been done by various authors. Here we just 
give two examples for such an approach and refer to the references in 
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the here cited literature for further work. For example, the evolution of 
the slow-magnetosonic wave amplitude, having an initial value of 5Vb = 
0.02cg, was calculated by Nakariakov et al. (2000) as a function of height 
in a coronal magnetic loop. Expectedly, such models reveal strong wave 
steepening with height in the solar atmosphere, as shown in Figure 10.7 
which indicates the steepening and subsequent limitation via dissipation 
of the amplitude of a propagating sound wave. 

Ofman et al. (1999) and coworkers have calculated numerically the 
turbulent outflow of the solar wind driven by MHD waves on open held 
lines. The nascent solar wind is strongly heated in their models by an 
effective viscosity and ohmic resistance, whereby the classical functional 
dependence of the dissipation terms is retained. However, the transport 
coefficients are drastically enhanced by orders of magnitude over their 
collisional values, so as to locate the dissipation region at low heights 
(fraction of 1 Rs). One result from their model for a polar plume in 
a CH is shown in Figure 10.8, showing an increasing wave amplitude 
versus height. 

Using TRACE observations of transverse oscillations of a large coro- 
nal loop, which was excited by a solar flare, Nakariakov et al. (1999) 
studied the decay of the oscillations and the associated effective dissipa- 
tion coefficient. They empirically estimated it to be eight to nine orders 
of magnitude larger than the theoretically predicted, classical value. The 
collisional time for wave damping, if interpreted as being due to resistive 
or viscous dissipation, is well known and given by Ofman et al. (1994). 
The observed dissipation has a much shorter time constant, which im- 
plies a (magnetic) Reynolds number that is orders of magnitude smaller 
than expected from Coulomb collisions. This evaluation should be con- 
firmed by future observations, and certainly the issue of transport co- 
efficients in the weakly collisional corona remains unsolved and direly 
needs further study. Also, observations with a much-higher resolution 
are required to detect the conjectured velocity shear layer within the 
loop at scales near 15 km. 

5.4 A Standing Slow Magnetoacoustic Wave 

Many clear cases of coronal loop oscillations could be associated with 
solar magnetic activity in connection with flares. Some of the post-flare 
loops as seen by Extreme Ultraviolet Imaging telescope (EIT) on SOHO 
were studied with the help of SUMER in much detail, and the results 
reviewed recently by Wang et al. (2003a). Figure 10.9 shows perhaps 
the clearest example of a standing slow-mode sound wave observed by 
Wang et al. (2003b), which was excited during such a flare event. The 
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Figure 10.9 Slow- mode 
standing wave detected 
in a post-flare loop (after 
Wang et al., 2003b). 



geometrical parameters of the related loop were determined as: Azimuth 
angle (in East- West direction) a — 19 deg, inclination angle 9 — 27 deg, 
angle between magnetic field and LOS near the slit 7 = 15 deg, loop 
length L = 191 Mm, length of segment from apex (A) to foot point (F) 
Laf = 64 Mm, with Laf = 1/3 L. 

Doppler shift, intensity and background continuum of the line Fe crcxix 
(A 111.81 nm) were analysed together. After removal of the background, 
a damped sine function was used to describe the oscillation as follows: 

V = Vo -\-Vm + (/)) exp(-t/Trf) , (10.14) 

with the derived parameters: Vm — 18 ± 1.5 km/s, period P = 17.6 min, 
and damping time Td = 36.8 ± 2.6 min {Td/P ~ 2.1). Velocity and 
intensity oscillations were found to have a quarter-period phase differ- 
ence, pointing to slow tube-mode standing waves. Also the background 
continuum intensity shows quasi-periodic fluctuations, roughly in phase 
with the oscillations in Fe acxix. With the same functional form as in 
(10.14), one finds for the intensity: Im/Io = 0.19, P = 17.1 min, and 
= 21 ± 1.6 min {Td/P - 1.2). 

The damping rates were empirically determined from SUMER data 
for some 49 cases in 27 events. The values found by Wang et al. (2003a) 
are in agreement with classical dissipation rates, due to a higher thermal 
conduction and viscosity when the temperature as seen in the post-flare 
loops is much higher than 10^ K. The theoretical scaling relation, Td ~ 
P, compares favourably with their empirical result: Td ~ 0.68P^‘^^^^‘^^. 
The results obtained from TRACE for 11 cases considered by Ofman and 
Aschwanden (2002) are in agreement with dissipation by phase mixing 
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for kink- mode oscillations, yielding a scaling relation rsj p4/3^ which 
compares favourably with their empirical result: Td ~ 

6. Plasma Waves and Heating of Particles 

In what follows we will discuss kinetic plasma waves in the corona. 
Whereas with SOHO and TRACE the low-frequency fluid modes can 
easily be resolved, it is presently not possible to detect high-frequency 
MHD and plasma waves with frequencies above 1 Hz. To do this the 
spatial (pixel size) and temporal (exposure/cadence) resolution of the ob- 
servations must be less than the wave lengths and periods, a requirement 
which is missed by the existing instrumentation by orders of magnitude. 

The shortest relevant ion kinetic scales are: The proton inertial length 
or the wavelength of a cyclotron wave, Xp = 27 tcaI^p = 1434(n/cm^)“^/^ 
km (about 100 m in a CH), and its gyroperiod, Pp = 27rfftp = 0.66(P 
/G)~^ ms. The resonant wave amplitude, 6Vg^ may be less than 1 km/s, 
i.e. 5Vg < O.OOlcyi. Here Clj = ejB/{mjc) is the gyrofrequency of species 
j with charge Cj, B is the magnetic held, and ca again is the Alfven 
speed. Rp = Vp/Qp is the proton gyroradius, and Vp = \JkBTp/nrip its 
thermal speed. 

Heavy ion temperatures were estimated from measured line widths 
by means of equation (10.1). The ion cyclotron resonance frequency is 
fi/kB.z= 1.5Zi/{AiB/G)^ with the ionic charge number, and atomic 
mass number, Ai, By resonance absorption of waves near the gyro fre- 
quency, the magnetic moment of an ion will increase, and consequently 
the perpendicular ion temperature as well, especially for an ion moving 
in the declining held (mirror conflguration) of an expanding funnel or 
CH. This effect may lead to a scaling of the line widths with the wave 
period, i.e. Pi ~ Ai/Zi^ which was indeed found from SUMER observa- 
tions obtained by Tu et al. (1998) and Tu et al. (1999). The resulting ion 
kinetic temperature is T{ = {2 — 6) MK at r = 1.15 Rg. By comparison 
with the small length Ap, the collisional free path, Ac ~ 3 (Tg/nio) km 
(with Tq = r/lO^K and nio = n/lO^^cm^), for a proton is rather large 
in the corona. In a CH we And Ac ~ 1000 km, which is about the pixel 
size of present EUV imagers and spectrometers. Therefore, the corona 
should largely behave like a collisionless and tightly magnetized plasma 
(because of the low plasma beta of only a few percent), and thus kinetic 
wave effects will dominate over collisional effects. 

The empirical wave/turbulence amplitude ^ was shown versus line 
formation temperature in the summary Figure 10.6 (see also Wilhelm et 
al. (1998) for further results). For magnetohydrodynamic waves travel- 
ling on open held lines we expect, when they escape without damping 
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Figure 10.10. Left: Dispersion branches for parallel propagating low-frequency 

plasma waves. Right: Dispersion branches for perpendicular wave propagation, with 
the resonant frequencies indicated by dotted lines. The shaded areas refer to wave 
stop bands. The dashed lines refer to the Alfven (left) and fast magnetosonic (right) 
MHD wave branches. The steeper dashed line on the right indicates the free-space 
electromagnetic wave (after Treumann and Baumjohann, 1996). 



or suffer only weak dissipation, that their amplitudes follow a WKB- 
type evolution. According to Nakariakov (2003), this means a scaling 
like i ^ for Alfven waves, which seems consistent with the results 

presented in the upper curve of Figure 10.6. We consider that waves 
confined in loops are more prone to strong dissipation with consequent 
loop heating than the ones escaping in funnels. This might explain why 
there is a maximum in the lower curve. 

High-frequency (above 1 Hz at the base) waves propagating to the 
outer corona may finally dissipate within a few Rg. The SOHO measure- 
ments, see Kohl et al. (1997) and Cranmer et al. (1999), indicate that 
oxygen and hydrogen mean thermal speeds are in excess of the canon- 
ical value of about 150 km/s corresponding to 1 MK. In coronal holes 
strong heating of hydrogen (protons) was found, with Tp — 2 — 3 MK. 
The oxygen ions showed even stronger (mostly perpendicular) heating, 
leading to To < 100 MK. Moreover, a large temperature anisotropy, with 
To^/r^ll > 10, was found. As to the possible origin of this heating ion- 
cyclotron resonance is commonly assumed. For a comprehensive review 
of the theory see Hollweg and Isenberg (2002). There may be many 
other waves involved, though, which could be absorbed through Landau 
damping, an old idea going back to Barnes (1969). 

There is a rich variety of kinetic plasma waves being relevant for the 
corona: Parallel ion-cyclotron waves, with lv < fti = eiB/{mic)^ and 
kinetic Alfven waves with finite gyroradius effects leading to dispersion; 
or whistler waves, with a; < fig = CeB j {rriec). In addition, for oblique 
propagation there are the upper and lower hybrid waves, the latter with 
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uoih — a/I |. The standard dispersion curves (at a given location 

in the nonuniform corona) for parallel and perpendicular propagating 
plasma waves are given in Figure 10.10. For further details see any 
space-plasma text book, e.g. of Treumann and Baumjohann (1996), or 
for the corona especially the book of Benz (1993). 

The wave absorption coefficient (or growth rate in case of an instabil- 
ity), i.e. the wave opacity sensitively depends upon the ion and electron 
velocity distributions. The heating and acceleration of the ions depend 
further on the unknown wave spectrum in the corona. The correspond- 
ing rates based on quasilinear theory were calculated by Marsch and Tu 
(2001) and Marsch (2002) and are discussed below. 

What processes could generate ion-cyclotron waves? Theoretically, 
an ion core-temperature anisotropy can drive the waves unstable, simi- 
larly hot ion beams (coronal ion jets), electric currents, e.g. due to an 
ion-electron drift, ion loss-cone distributions, the parametric decay of 
large-amplitude Alfven waves, energy cascading from the MHD regime, 
or inhomogeneity leading to frequency sweeping for a spatially varying 
Cti{z). The ion velocity distribution functions (VDFs) observed by He- 
lios in the fast solar wind reveal distinct nonthermal features indicating 
kinetic wave activity as described by Marsch (1991b). However, do such 
kinetic processes really operate in the corona? We presently do not know 
and therefore consider the origin and level of kinetic ion waves in the 
solar corona an open issue. 

7. Generation, Transfer and Dissipation of 
Coronal Turbulence 

7.1 Generation of Magnetohydrodynamic Waves 

Coronal magnetic fields are rooted deeply in the turbulent photo- 
sphere. Magnetoconvection there will invariably lead to waves in the 
corona. Therefore, coronal MHD waves and turbulence are most proba- 
bly driven by magnetoconvection or released by the relaxation of strained 
fields through reconnection. The gentle shaking of flux tubes through 
steady convection or the violent pushing of loops by emerging flux bump- 
ing into them, may lead to various kinds of coronal eigen-oscillations and 
propagating coronal waves. As a result, flux tubes (loops and funnels) 
will carry frequent magnetoacoustic waves and/or torsional Alfven waves 
into the corona. 

In a series of papers Musielak and Ulmschneider (2002), Musielak and 
Ulmschneider (2003a) and Musielak and Ulmschneider, (2003b) worked 
out a detailed model for the source and excitation of coronal turbulence, 
involving photospheric shaking and pushing of thin magnetic flux tubes. 
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Figure 10.11 Spectral en- 
ergy flux in dependence on 
the frequency of waves gen- 
erated by gentle shaking 
of flux tubes. Here a 
is a measure of the mix- 
ing length, £ = aH, and 
the barometric scale height 
H is about 300 km (after 
Musielak and Ulmschnei- 
der, 2002). 



They act as wave guides conducting the wave mechanical energy into the 
solar corona. At the photospheric boundary they assumed various forms 
of turbulence spectra, such as the famous Kolmogorov —5/3 law. In their 
papers these authors provide detailed calculations of the wave spectra 
and consider the energetics of chromospheric and coronal heating. Their 
model spectra are particularly relevant for a discussion of a turbulent 
cascade in the corona. A model spectrum is shown in Figure 10.11. Here 
a is a measure of the mixing length, i — aH^ and the barometric scale 
height H is about 300 km. For further references on coronal turbulence 
also see the review of Petrovay (2003). 



7.2 Wave Energy Transfer and Turbulent 
Cascade 

Whereas progress was made in the question of how and where waves 
and turbulence in the solar corona might be generated, the problem of 
how turbulent energy spreads in wave- vector and/or real space, i.e. how 
it propagates and is distributed between fluctuations at (vastly) different 
scales in the corona, remains unsolved. Matthaeus et al. (2003) have 
described a scenario, in which 2-D turbulence in the strongly magnetized 
open corona prevails, with an anisotropic magnetohydrodynamic cascade 
by which energy is transferred mostly perpendicular to the magnetic 
field to dissipation at the gyrokinetic scales. This may lead to quasi-2-D 
turbulence, which can be described by reduced MHD. A parallel cascade 
can be driven by Alfven waves counterpropagating along the background 
field, and was shown by Tu (1987) to yield sufficient replenishing of 
wave energy in the cyclotron domain. This scenario was successfully 
applied to explain the spectral evolution of Alfvenic fluctuations in the 
interplanetary solar wind, which was reviewed by Tu and Marsch (1995). 

Kinetic effects and particle heating by Alfvenic turbulence in the ex- 
tended corona were recently studied by Cranmer and van Ballegooijen 
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(2003) in a comprehensive article containing most of the references rel- 
evant to this topic. A new spectral transfer model incorporating advec- 
tion and diffusion in wave-number space was proposed, with dominant 
transfer perpendicular to B. The model equation for the A:|| -integrated 
spectrum, W±{k±)^ contains wave energy advection, diffusion, injection 
and dissipation and reads: 



dW± 



A 

dx 



-X-(3W^+^ 



dx ^ 



+ S{k^)-D{k^)W^, 



(10.15) 



where t is the time, x = In/c^, and r(fcx) is a characteristic time of 
spectral transfer or eddy turn over. The parameters /? and 7 are model 
constants of order unity supposed to quantify the advection and diffusion 
in fc^-space. Furthermore, S is the spectral forcing localized at low /cj^, 
and D the kinetic dissipation at high k±. This transfer equation was tai- 
lored to describe coronal turbulence, similarly to theories e.g. derived in 
the book of Melrose and McPhedran (1991) on weakly nonuniform, tur- 
bulent dielectric media. Some numerical results obtained by integration 
of (10.15) are presented in Figure 10.12. 

The theory of Cranmer and van Ballegooijen (2003) makes some ad- 
hoc (yet plausible) assumptions. It attempts to combine a turbulent 
cascade provided by random, scale-invariant convected fluctuations with 
the dispersive and dissipative properties of coherent propagating waves, 
a difficult approach that appears contradictory in itself. The theory still 
lacks rigourous derivation from kinetic or MHD equations, admittedly 
a difficult task that remains for future research. The invoked perpen- 
dicular cascade leads through Landau damping to preferential electron 
heating, which also is obtained in the work of Shukla et al. (1999) consid- 
ering high-frequency kinetic Alfven waves with fc|| = However, 

preferred electron heating is in obvious contradiction to observations 
from SOHO, indicating cool electrons and hot ions in the extended open 
corona as shown by Marsch (1999) and Marsch et al. (2003b). 

Theoretically, there are numerous alternative wave-turbulence gener- 
ation scenarios, where the free energy may reside in non-thermal particle 
populations driving kinetic instabilities, or in which mode conversion or 
decay of large-amplitude waves may ensure the supply of energy to the 
dissipation domain (see e.g. the review of Goossens (1991) or recently 
the paper by Voitenko and Goossens (2002)). Kinetic Alfven waves were 
anew discussed by Hollweg (1999) and Shukla et al. (1999) and received 
much attention. Because of the oblique propagation, their dispersion 
properties naturally involves the ion gyrokinetic scale, but they show a 
propensity to dissipate by electron Landau damping. 
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Figure 10.12. Representative turbulence spectrum at 2 Rs shown in dependence 
on the spatial frequency of coronal fluctuations. It was obtained from a numerical 
solution of the spectral transfer equation (10.15); (a) outer-scale localized source spec- 
trum; (b) dissipation rate, D{k±) = Do{k±Rp)‘^ , where Do = 0.05 s“^ (dotted line), 
Do = 0.5 s“^ (dot-dashed line), and Do = 5s“^ (dashed line); (c) time-steady reduced 
power spectrum, W±{k±) for the three dissipation rates and without dissipation (solid 
line). The proton gyroradius is Rp = 0.024 km (after Cranmer and van Ballegooijen, 
2003). 



To describe all the work done on kinetic waves is beyond the scope 
of this article. But equally important for omission here than simple 
lack of space is that many wave-particle scenarios were not even verified 
empirically in laboratory experiments, and therefore their application to 
the corona is all the more questionable and speculative. 

In summary, concerning the possible replenishment of high-frequency 
fluctuations from MHD waves by cascading, various assumptions were 
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made in coronal turbulence models about the unknown energy spectral 
transfer mechanism. As discussed above, the basic problems of energy 
cascading - oblique as well as parallel - remain unsolved. Large-scale 
coronal MHD structures may preferentially excite perpendicular short- 
scale fluctuations, the dissipation of which will involve Landau damping 
coupled to kinetic processes acting on oblique wavevectors as suggested 
by Leamon et al. (2000). Whatever the coronal wave processes - they 
must be most effective for heavy ions (more than for protons and elec- 
trons), given their high kinetic temperatures inferred from SOHO obser- 
vations. 



7.3 Wave Dissipation in the Kinetic Domain 

Let us briefly discuss the issue of kinetic wave dissipation. Assume 
that a nonlinear cascade or an instability have somehow delivered suf- 
ficient wave energy to the kinetic scales. Every linear kinetic wave 
mode (indicated by the subscript M) can fully be described by the 
Fourier components of its electric held vector, which may be written 
as E(k, (x;) = 27 t^^(5(u; — in terms of the wave 

frequency, ujmO^)^ unimodular polarization vector, eM(k), and ampli- 
tude, ^M(k). A similar expression holds for the magnetic held, which 
is directly given through the induction equation. We define the spec- 
tral energy density of the electric held of mode M by the expression 
^M(k) =1 Em{^) P /(8^)- Marsch and Tu (2001) have calculated the 
general resonant heating and acceleration rates for coronal ions and elec- 
trons by plasma waves. These rates can, for a quasi-linear superposition 
at random phases of all waves of type M, be cast in the compact form: 



— [/• 
dyj\\ 

At/2 

dt 




d^k u)j £m{^) 
(2tI-)3 Pj w2^(k) 



+00 



s=—oo 



ki 



2/c||i(;j(k, s) 
sflj 



(10.16) 



Here Uj = ((47re^nj)/mj)^/^ is the plasma frequency of species j. The 
resonance function, TZj^ or wave opacity is a functional of the particle 
distribution function, and essentially involves its pitch- 

angle derivative which is evaluated in the respective wave frame at the 
Landau (5 = 0) or cyclotron (any integer Bessel function index, s = 
±1, ±2, ..) resonance: 



kw 

7^j(k,s) = -(27r)^— L / dw_i_x 

\ H I Jo 



eM(k) • Vj(k,w,s) p + 



sQj d 






(10.17) 
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This resonance function is by definition dimensionless. It essentially 
contains the squared scalar product between the velocity vector Vj (re- 
lated to the current carried by a gyrating particle of species j), and the 
polarization vector of mode M, as well as the pitch-angle gradient of 
the velocity distribution fji'w). The random particle velocity w refers 
to the rest frame of species j, and the resonant speed is Wj(k^s) = 

whereby the mean drift speed is denoted as 
Uj and directed along the magnetic field. 

To calculate these rates explicitly, one must know /j(w) and Sm{^) 
and also self-consistently solve the wave dispersion relation to obtain 
the required wave frequency oumO^)- Simply assuming those quantities 
as being done in many models (e.g. a Maxwellian /j(w) and power-law 
spectrum, Sm(^) ~ is not satisfying, since spectra and velocity 

distributions are theoretically expected to evolve. In the solar wind they 
are indeed observed (see the reviews by Marsch (1991a) and Marsch 
(1991b)) to evolve substantially, quickly within a few wave damping 
times on small scales, and slowly owing to the inhomogeneity on large 
scales. In kinetic model calculations for the corona this was also found 
by Vocks and Marsch (2001). 

Equations (10.16) and (10.17) are rather general and apply to the 
corona as a dissipative linear dielectric medium permeated by weak 
plasma-wave turbulence. Simpler versions or variants of them were ap- 
plied in many solar wind models, see e.g. Marsch et al. (2003b) and 
Cranmer and van Ballegooijen (2003) and the references therein. But 
to fully exploit them in multi-fiuid models, with wave- mode spectra in- 
cluding absorption features and realistic particle VDFs based on weakly- 
collisional ion kinetics, remains an issue for future work. 

7.4 Origin and Generation of Coronal 
High-Frequency Waves 

The origin and existence of high-frequency (cyclotron) waves in the 
corona remains to be shown. In the empirical model of Cranmer et al. 
(1999) for a polar coronal hole, spectroscopic constraints were placed 
on the cyclotron resonance heating. Additional empirical results, de- 
rived from solar remote-sensing and solar-wind in-situ measurements, 
that constrain coronal heating theories were reviewed by Marsch (1999). 
In many solar wind models, a simple power-law spectrum for the waves 
was assumed, the intensity of which was determined by an extrapolation 
of the in-situ measurements to the corona. High-frequency waves (most 
likely in the Alfven/ion-cyclotron mode) may provide the necessary coro- 
nal heating through rapid dissipation within 1 As mentioned already. 
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these waves were proposed by Axford and McKenzie (1997) to originate 
through reconnection from the active magnetic network in the lower solar 
transition region. 

A key feature of this model is that the damping of Alfven waves at 
the cyclotron frequency in a rapidly declining magnetic field (frequency 
sweeping), provides strong heating close to the Sun. This idea was orig- 
inally developed for the solar wind by Tu (1987) and then corroborated 
by Tu and Marsch (1997) in a two-fiuid turbulence model, including 
parametric studies made by Marsch and Tu (1997) of the wind prop- 
erties in dependence on the average wave amplitude, at the coronal 
base. 

Presently, we do not have direct evidence for high-frequency waves 
that may provide the heating. The various models discussed by Marsch 
et al. (2003b) imply properties which still require observational verifica- 
tion. For example, the high-frequency waves should: 

■ be fairly linear with 6B <C B, 

■ have frequencies even up to 1 kHz, 

■ dissipate quickly within 1 Rs and disappear beyond ~ 10 i?s, 

■ preferentially heat heavy ions, discriminating them according to 



■ be mostly left-hand polarized to dissipate by ion-cyclotron absorp- 
tion. 

All these properties can only be verified by direct in-situ measurements, 
since remote-sensing or spectroscopic evidence cannot give the required 
complete plasma diagnostics. The waves therefore remain a problem 
from the observational point of view. On the other hand, given our 
knowledge from solar wind in-situ measurements and other accessible 
space plasmas, such as planetary magnetospheres, we have every reason 
to believe that high-frequency waves do exist in the corona, because 
they are, along with the particles, a natural component of any plasma, 
particularly if it is like the corona far from thermal equilibrium and 
contains ample free magnetic energy. This of course is common wisdom 
for the solar radio astronomy community, which has for decades looked 
into plasma waves and related processes generating the solar nonthermal 
radio emissions in fiares. The book by Benz (1993) describes the related 
kinetic plasma processes in the solar corona. 
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7.5 Ion Velocity Distribution and Wave 
Absorption 

In a series of papers written by Vocks and Marsch (2001), Vocks (2002) 
and Vocks and Marsch (2002), a semi-kinetic model involving a reduced 
Boltzmann equation which only depends on r’y as well as a diffusion 
model, studied by Cranmer (2001), have been constructed to describe 
the subtle kinetic effects of wave-particle interactions in coronal funnels 
and holes. For a short review of these efforts see Marsch et al. (2003a), 
and for a comprehensive review of the possible role of ion-cyclotron inter- 
action in the generation of the fast solar wind see Hollweg and Isenberg 
( 2002 ). 

It was demonstrated in the semi-kinetic model of Vocks and Marsch 
(2001) that it is meaningful to reduce the 3-D ion VDF by an integration 
over v±. This procedure yields two relevant reduced velocity distribu- 
tions: 

( lo ( vl/2 ) ’ (10.18) 



where a negative points in the sunward direction. The evolution equa- 
tions for these reduced VDFs are obtained by taking the corresponding 
moments of the Boltzmann equation after Vocks (2002). A gyrotropic 
2-dimensional VDF, of species j can be constructed from the 

two reduced VDFs as follows: 






2nFj±{v\\) 



exp( 



2Fj±{v\\) 



(10.19) 



By solving the kinetic equations for (10.18) numerically, it is found 
that heavy ions are preferentially heated, and that sizable temperature 
anisotropies can thus form, results which are in accord with SOHO obser- 
vations. The VDFs of the heavy ions deviate strongly from a Maxwellian, 
an effect which increases with height due to the decrease of the density, 
and thus to the decline in the efficiency of Coulomb collisions. 

To give some exemplary results, we discuss a model plasma consisting 
of He^"^ and 0^“^, the latter being considered as a typical minor 
ion representing the cumulative effect of all heavy ions. At the lower 
boundary, the relative densities are: 0.1 for helium and 0.001 for oxygen. 
Ionization dynamics are not accounted for in the model. The computa- 
tional domain extends from the transition region by more than 0.6 
into the lower corona. The model 0^“^ VDF obtained at r = 1.44 is 
shown in Figure 10.13. The anisotropy can be recognized by the ellip- 
tic deformation of the contours. Furthermore, the preferred pitch-angle 
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Figure 10.13 Two- 

dimensional gyrotropic 
model VDF of ions 

at 1.44 displaying 

a distinct temperature 
anisotropy, which is caused 
by resonant diffusion in 
the wave field, and sizable 
skewness (heat flux) away 
from the Sun, which re- 
flects the magnetic mirror 
force acting on the weakly 
collisional ions. The ion 
bulk drift speed is denoted 
as ud • Here the capitalized 
Vj| is the ion thermal speed 
(parallel to the magnetic 
held) which is used for 
normalization (after Vocks 
and Marsch, 2002). 



scattering of oxygen ions at negative speeds leads to a skewness of the 
VDF, which declines in velocity space much faster on the sunward than 
anti-sunward side. This result demonstrates the necessity of the kinetic 
approach in modelling coronal plasma processes. 

The results from the model of Vocks and Marsch (2002) show that in 
the transition region the temperatures of protons and He^~^ ions rapidly 
increase to coronal values, but then stay fairly constant. The proton 
temperature develops no anisotropy. It was found that the wave heat- 
ing mechanism prefers ions with the lowest local resonance frequencies, 
i.e. ions with negative The oxygen ions show a different kinetic 
behaviour than protons. The profile of Tq\\ is very similar to the pro- 
ton temperature, but Tq± is strongly enhanced. It rises continuously 
to very high values of the order 10^ K in the extended corona. Thus, 
a strong anisotropy with Tq± > To|| is formed. This preferred heating 
of the heavy ions and concurrent formation of a temperature anisotropy 
is consistent with the SOHO observations reported by Cranmer et al. 
(1999). 

The corresponding wave spectra, as calculated numerically in the dif- 
fusion models of Vocks and Marsch (2001) or Cranmer (2001), show 
rather deep absorption edges that occur at and below the ion gyrofre- 
quencies of the species involved. As the cross-section area of the mag- 
netic flux tube or funnel under consideration increases with height, the 
magnetic field strength decreases, and so does the gyrofrequency. For 
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example, the local proton gyrofrequency at r = 1.44 has a value 
equivalent to 0.02 Ulp at the lower bound of the computational domain. 
Therefore, the frequency of a wave entering the simulation box at the 
lower bound will, during upward propagation, increase relative to the lo- 
cal ion gyrofrequency. At a certain height, waves with frequencies above 
the lowest ion gyrofrequency will have suffered severe damping. 

This is the essence of the “frequency sweeping” mechanism discussed 
by Tu and Marsch (1997) and applied to coronal funnels by Marsch 
and Tu (1997), and with a more realistic MHD magnetic field model of 
the funnel by Hackenberg et al. (1999) and Hackenberg et al. (2000). 
However, because of this strong absorption it was argued by Cranmer 
(2001) that the waves solely originating from the coronal base would 
not suffice to heat the coronal ions, but that local wave production in 
coronal holes was required. 

The wave damping rate, 7, can be derived by using the full dispersion 
relation. For waves propagating parallel to the background magnetic 
field, and for a multi-component plasma, it may be written in a form 
involving only reduced VDFs (here pj denotes the fractional mass density 
of species j): 



7 

UJ 



3 






U 



k\\ -^'11 dv\\ 






( 10 . 20 ) 



Apparently, the damping (or growth) rate 7 depends primarily on the 
number of resonant ions that are able to absorb (or emit) the waves. 
Therefore, 7 should not only be normalized to fip, but also to the num- 
ber of resonant ions given by Fj||(t’||). This normalized damping rate is 
plotted in Figure 10.14 with a startling result. Over a wide range of neg- 
ative speeds it is close to zero, meaning that the reduced VDFs reached 
marginal stability, at which wave absorption does not take place any 
more. For positive speeds, 7 has also some negative values, indicating 
that here the waves are still being absorbed. 

That the ion VDF will approach the limit of stability over a wide range 
of velocities such that wave absorption ceases, is what one expects from 
resonant pitch-angle diffusion leading to plateau formation. Figure 10.14 
shows that a major fraction of the oxygen ions have a wave absorption 
coefficient close to zero, i.e. their opacity vanishes and the plasma be- 
comes transparent for these waves. Ions with low cyclotron frequencies 
could absorb a significant amount of the spectral wave energy in spite 
of their low densities, an effect which has been investigated by Cran- 
mer (2000), considering the summed absorption effect of practically all 
ions that might possibly exist in the corona. But when instead of being 
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Figure 10.14- Normalized damping rate, per resonant particle of O^"^, evaluated from 
model results obtained at 2.46 The plot displays a distinct flatness of the curve 
over a wide range of speeds, corresponding to a quasilinear plateau in the VDF (after 
Vocks and Marsch, 2002). 



Maxwellians their VDFs attained plateaus, and thus reached the limit 
of stability, this absorption would cease, whereupon direct wave heat- 
ing of ions with higher resonance frequencies (such as alpha particles 
and protons) is enabled in the extended corona. This complicated issue 
certainly requires further study. 

8. Summary and Conclusion 

Recent space solar observations showed that there exists a rich variety 
of waves on all scales, ranging from Rg down to Rp in the magnetically 
structured corona. Coronal loops were found to oscillate and flux tubes 
to support sound, kink and Alfven waves, and also slow-mode stand- 
ing waves. Spectroscopic evidence was obtained for propagating waves 
in plumes and small-scale flows in coronal funnels, and corresponding 
numerical fluid simulations were carried out. Ion heating by cyclotron 
waves was concluded to be a prominent mechanism to create the large 
EUV emission line broadenings, which were spectroscopically inferred 
to exist in the extended corona. Turbulence models involving oblique 
kinetic Alfven waves and a transverse cascade were developed, which 
mainly led to electron heating by Landau damping. The ion kinetics was 
shown to determine the plasma-wave opacity in the corona and thus to 
regulate MHD-wave absorption. Coronal waves were argued to be most 
likely generated by magnetoconvection and the magnetic activity in the 
network. To better understand the transport properties and dissipation 
processes of waves and turbulence in the multi-scale and inhomogeneous 
corona remains a difficult task for future research. 
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Abstract Based on fluid models of the solar wind that extend from the chromo- 
sphere out to 1 AU we discuss how the chromosphere-corona coupling 
affects the ma ss flux, flow speed, and helium abundance of the solar 
wind in the heliosphere. The downward transport of energy from the 
corona to the transition region and upper chromosphere can determine 
the location of the chromosphere-transition region interface and hence 
the pressure of the corona, and thus strongly influence the solar wind 
mass flux. In rapidly expanding magnetic field geometries, simulating 
coronal holes, very little heat is conducted down if only protons are 
heated in the corona, and in this geometry a reasonable solar wind 
mass flux is difficult to achieve without additional electron heating in 
the corona or transition region heating. In a radial geometry downward 
heat conduction is efficient, resulting in high coronal densities. The 
rapidly expanding geometry therefore favours a high-speed wind with a 
low mass flux, and conversely for a radially expanding geometry. In all 
cases most of the energy deposited in the corona ends up in the solar 
wind. In a rapidly expanding geometry the helium abundance tends to 
be low everywhere and the helium flux is limited by the supply from 
the chromosphere. The radial geometry favours high coronal helium 
abundances, which may even be close to unity, and the helium flux is 
then determined by the amount of energy available in the corona to heat 
helium. 
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1. Introduction 

At first glance the coupling between the Sun’s atmosphere and the 
solar wind seems almost trivial; after all, this atmosphere is the source 
of material for the wind. However, in this chapter we aim to demon- 
strate, through recent numerical modelling studies, that the nature of 
this coupling is highly complex and “nonlinear,” and that this nontriv- 
ial coupling needs to be accounted for in order to understand such fun- 
damental properties of the solar wind as its mass flux and elemental 
composition. Understanding this coupling for our nearest star may also 
have implications for other stars. For instance, to what extent does the 
matter ejected by a star, and hence the interstellar matter, reflect the 
elemental composition of the star itself? 

The concept of treating the solar atmosphere and wind as one inte- 
grated system is not new. Already Hammer (Hammer, 1982a; Hammer, 
1982b), modelling coronae of other stars, included processes such as 
downward heat conduction and radiation, processes that are important 
when, e.g., the transition region between the chromosphere and corona 
is included. In modelling the solar wind, the importance of including the 
transition region and corona, and hence the coronal heating, rather than 
imposing the heating as a boundary condition (i.e., setting the coronal 
temperature), has been emphasized, e.g., by Hollweg, 1986, and Hollweg 
and Johnson, 1988. Withbroe, 1988, studied the mass and energy flow 
of the inner solar wind, using a model similar to Hammer’s. As empha- 
sized by Withbroe, in these “radiative energy balance” models there are 
essentially only two sets of free parameters, namely those specifying the 
location and amount of coronal heating and those specifying the flow 
geometry. 

These models only extended into the transition region, down to a 
temperature of a few times 10^ K, and hence did not include the up- 
per chromosphere. Moreover, with the exception of the study by Holl- 
weg and Johnson, 1988, they were one-fluid models that could not ac- 
count for different electron and proton temperatures. Extending a solar 
wind model into the chromosphere is numerically challenging because 
the model needs to accommodate the (potentially) very steep temper- 
ature gradient of the lower transition region. This gradient is a conse- 
quence of Coulomb collisions in a collision-dominated plasma, in which 
the “classical” heat flux vector (which is mainly carried by electrons) is 

( 11 . 1 ) 



where Kg is only weakly dependent on temperature. As long as radi- 
ation and other energy loss processes can be neglected, maintaining a 
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constant heat flux q then requires that VT oc As an example, 

maintaining a constant heat flux from the corona, where T ~ 10^ K, 
down to the chromosphere, where T ~ 10^ K, would then require that 
VT increases by a factor 10^. Solving the partial differential transport 
equations using finite differencing techniques, the “standard” method, 
would then require very densely spaced grid points in the lower transi- 
tion region. Adding to the difficulties, the transition region itself may be 
a highly dynamic region, as we shall discuss later, so that the location of 
this steep gradient will not be known in advance, and may even change 
in time. Using a fixed numerical grid, one may therefore need a huge 
number of grid points in order to “capture” the transition region, which 
in turn makes the code prohibitively expensive to run. Fortunately, nu- 
merical techniques have been developed that solve this problem (see e.g., 
Dorfi and Drury, 1987). These so-called adaptive grid techniques allow 
the numerical grid itself to move in time and concentrate grid points in 
regions where, e.g., the temperature gradient is large. Hence a dynamic 
transition region can be accommodated with a modest number of grid 
points. 

A solar wind model based on these adaptive grid techniques has been 
developed by Hansteen and Leer, 1995 (see also Hansteen et ah, 1997). 
In this model the chromosphere, transition region, corona, and solar 
wind are treated consistently as one coupled system. Moreover, a mul- 
tifluid model is used that allows for different temperatures for electrons, 
protons, and (helium) ions. The discussion in this chapter will be based 
on an extension of this model. 

Why do we need to include the chromosphere if we are primarily 
interested in the corona and solar wind? The simple answer is that 
the lower boundary must be located in a region that is unperturbed by 
the processes taking place in the corona and (inner) solar wind. Most 
importantly, the lower boundary must be located where the densities 
of the species considered are known. If the lower boundary is placed 
in a region affected by coronal processes, such as the upper transition 
region, the assumed densities at the lower boundary may turn out to be 
physically inconsistent with the (heating) processes taking place in the 
corona; as we shall argue below this density may be set by the downward 
conduction of heat from the corona. Hence parameters that depend on 
coronal densities, such as the solar wind mass flux, may turn out to 
be inconsistent with the processes assumed to take place in the corona. 
Additionally, by lowering the lower boundary to a region where densities 
are (presumably) known, the model solutions no longer depend on more 
or less arbitrary boundary conditions, which increases the predictive 
capability of the model. Finally, and most pertinent to the topic of 
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this chapter, having a solar wind model with the lower boundary in the 
chromosphere allows us to study the processes taking place in the region 
from the upper chromosphere to the corona, and how these affect solar 
wind properties such as its mass flux and elemental composition. 

Before we discuss the solar wind, in Sect. 2 we discuss the energy bal- 
ance on closed coronal loops, since this offers the most simple demon- 
stration of how the heating of the corona is related to its density. In 
Sect. 3 we then go on to present the transport equations that we use to 
study the chromosphere-solar wind coupling. In Section 4 we discuss a 
pure hydrogen-proton-electron solar wind, while in Section 5 we discuss 
helium in the corona and solar wind. The results are briefly summarized 
in Sect. 6. 



2. Closed Coronal Loops 



The reason why the coronal density is so tightly coupled to the heating 
process is that any excess energy (that is, energy that is not lost to the 
solar wind) will be conducted down towards the transition region, where 
it will eventually be converted into radiation, and this radiative loss 
is proportional to density (squared). The tight interplay between the 
coronal density, or more precisely its pressure, and the downward heat 
flux is most clearly seen on magnetic field lines that are not open to the 
solar wind. In this case all the “mechanical” energy deposited along the 
field line must eventually be converted into radiation, either locally or 
the energy is transported downwards by heat conduction to regions that 
are sufficiently dense to radiate the energy. 

We consider for simplicity a cylindrical magnetic flux tube with con- 
stant cross section A. Denoting the mechanical energy flux by Fm(«s), 
where s is the coordinate along the flux tube, and the radiative energy 
flux, which is the cumulative radiative energy loss integrated along the 
flux tube from the base up to the point 5, by Fr{s), energy conservation 
at any point along the field line in a steady state can simply be expressed 
as 

Fm{s) + Fr{s) -h Fq{s) — constant, (11*2) 



where Fq{s) is the heat flux along the flux tube. We furthermore assume 
that the mechanical energy flux is deposited in the upper part of the 
loop and restrict ourselves to the region below. Taking the divergence 
of (11.2) we then have 



dFR ^ dFq 
ds ds 



(11.3) 



The radiative cooling is mainly caused by collisional excitation of minor 
ions by electrons, and is hence proportional to the electron density rig. If 
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in addition we assume that the plasma is well mixed along the flux tube 
(an assumption that may be questioned), in other words that the minor 
ion abundances are constant, the minor ion densities are proportional to 
the electron density, in which case the cooling rate per unit length along 
the flux tube may be written 



dFR 

ds 



An,{sfL{T) 



(11.4) 



where the loss function L(T) is only a function of the (electron) tem- 
perature. Since we restrict ourselves to a region of the flux tube below 
the temperature maximum, the temperature is monotonically increas- 
ing and we may use T instead of s as the independent variable. Using 
(11.1) we can therefore express the heat flux divergence as (Landini and 
Monsignori Fossi, 1975) 



dFq ^ ^ ^ ^ J.-5/2V 

ds ds dT ds 2 kp dT 



(11.5) 



With a hot corona and a thin transition region the pressure will be 
nearly constant from the top of the chromosphere and well into the 
corona. Assuming then that the pressure P = 2riekT (for equal electron 
and proton temperatures) is constant, and using (11.4) and (11.5), (11.3) 
may be rearranged as 

= ^ ( 11 . 6 ) 

where k is Boltzmann’s constant. This equation may be formally inte- 
grated from a temperature Ti to a maximum temperature T 2 , yielding 
(Rosner et ah, 1978) 

\p‘^'^K{Ty,T2) = ql-ql (11.7) 

where q\ and q 2 are the heat fluxes at T\ and T 2 , respectively, and 
K{Ti^T 2 ) = L(T)T^/^ dT is a function of T\ and T 2 only. As shown, 

e.g., by Rosner et ah, 1978, the loss rate L becomes very small at tem- 
peratures of order 10^ K or less. For sufficiently low T\ we may therefore 
write AT(Ti,T 2 ) ~ K{T 2 ). Equation (11.7) says that the total radiative 
loss in the transition region is balanced by heat flux from the corona. 

So far the pressure P has been treated as an arbitrary parameter. 
Require now that the given downward heat flux q 2 at temperature level 
T 2 be absorbed by the time we reach temperature Ti, so that qi = 0. In 
that case (11.7) can be rewritten 
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Since K{T 2 ) may be regarded as a constant (for a given upper level 
temperature T 2 ), (11.8) says that the transition region (and corona) 
pressure is directly proportional to the downward heat flux ^2* In other 
words, for the transition region to be able to radiate all of the energy 
flux ^2, and nothing more, the pressure has to be at exactly the value 
given by (11.8). 

What happens if we prescribe a pressure that is different from (11.8)? 
In that case we do not have energy balance and the steady state as- 
sumption can no longer hold. If the prescribed pressure is lower than 
the value obtained from (11.8), the transition region receives more en- 
ergy from the corona than it is able to radiate. The excess energy then 
reaches the upper chromosphere, which is heated and ionized. Hence the 
upper chromosphere is “eroded” and the chromosphere-transition region 
interface moves downwards to a higher chromospheric density level. The 
pressure of the transition region (and corona), which roughly equals the 
pressure at the top of the chromosphere, will therefore increase. The ero- 
sion continues until the pressure has become sufficiently high to satisfy 
(11.8), at which point the energy balance is reestablished. Conversely, 
if the prescribed pressure is too low, the transition region radiates more 
energy than it receives from the corona, causing cooling of the lower tran- 
sition region. This causes in turn a decrease in the degree of ionization 
and hence the chromosphere-transition region interface moves upwards 
to a lower density level. This process continues until the pressure has 
become sufficiently low to satisfy (11.8). 

The simple analytical result (11.8) demonstrates the intimate rela- 
tion between energy transport in the corona and the density (pressure) 
of the corona, and why the coronal heating cannot be considered inde- 
pendently of the processes setting the coronal density. Moreover, (11.8) 
shows that the pressure must be expected to be a dynamical quantity: 
The downward heat flux will change in time and therefore the pressure 
must change, too. The chromosphere-transition region interface thus 
moves, illustrating the need for an adaptive grid in the numerical imple- 
mentation of the transport equations. 

On magnetic held lines open to the solar wind the energy balance is 
less simple since a large fraction of the energy deposited in the corona 
will not be conducted downwards, but lost to the solar wind. In addition, 
the flow through the transition region implies that some of the downward 
heat flux will be absorbed by the enthalpy flux (that is, heating of the 
plasma as it streams upwards) rather than being converted into radia- 
tion. Still there is a tight coupling between the coronal heating process 
and the coronal pressure, and in some of the solutions we present below 
the pressure is still to a good approximation given by (11.8), where Q 2 




Chromosphere- Corona Coupling 



325 



is now the fraction of the deposited mechanical energy flux that ends 
up as downward heat conduction. However, we shall also demonstrate 
that the fraction of the deposited energy that is conducted downwards 
is itself a function of the coronal density, which means that the coupling 
between the chromosphere and corona is highly nonlinear. 

The derivation above was based on the assumption that the radia- 
tive loss in the transition region is caused by heat conduction from the 
corona. It is of course also possible that the upper chromosphere and 
transition region are heated by processes unrelated to the coronal heat- 
ing process, e.g., by damping of upward propagating sound waves (evi- 
dence for waves in the transition region are given e.g., by Doyle et ah, 
1998). If this deposited energy flux is much larger than the heat flux 
from the corona, the pressure of the transition region and corona will 
be set by this direct energy deposition, by requiring that the pressure 
has the value needed for the transition region radiative loss rate to equal 
the energy deposition rate. In this case the coronal density should not 
be very sensitive to the coronal heating process. In Section 4 we show 
how direct deposition of energy in the transition region can have a large 
impact on the solar wind mass flux, even when this energy flux is much 
smaller than the mechanical energy flux deposited in the corona in order 
to drive the solar wind. 

3. The Modelling Tools 

In order to describe the chromosphere-solar wind system, we need 
transport equations that are able to describe the collision-dominated and 
mostly neutral chromosphere as well as the collisionless supersonic flow 
of the solar wind. Hammer, 1982a, and Withbroe, 1988, used one-fluid 
models in which electron and proton temperatures are equal. However, 
SOHO Ultraviolet Coronagraph Spectrometer (UVCS) observations ( 
Kohl et ah, 1999) indicate that protons (and heavier ions) are much 
hotter than electrons in the corona. This is corroborated by model stud- 
ies (Hansteen and Leer, 1995), showing that because protons are much 
poorer conductors of heat than electrons and cannot easily escape from 
the corona unless they become hot, protons tend to become much hotter 
than electrons. A multifluid model, in which the electron and proton 
energy conservation equations are treated separately, is needed to han- 
dle such temperature differences. (Two-ffuid models of the solar wind 
date back to the work by Hartle and Sturrock, 1968, who solved separate 
energy equations for electrons and protons, from the temperature max- 
imum and outwards.) UVCS observations and empirical modelling of 
Doppler dimming also indicate large temperature anisotropies for oxygen 
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ions and neutral hydrogen (Kohl et ah, 1997; Cranmer et ah, 1999; An- 
tonucci et ah, 2000; Zangrilli et ah, 2002), with much larger thermal 
motion perpendicular to the magnetic field than along the field. To cap- 
ture such anisotropies we need a fluid model that solves separate energy 
equations for the parallel and perpendicular thermal motion. Equally 
important, by allowing for temperature anisotropies, the magnetic mir- 
ror force can also be accounted for; when the perpendicular temperature 
is much higher than the parallel temperature the rapidly expanding mag- 
netic field near the Sun creates a strong outwardly-directed force on the 
particles which is important for their dynamics. (Transport equations 
that can handle such anisotropies have been presented a long time ago 
e.g., by Holzer and Axford, 1970, and solutions have been obtained e.g., 
by Leer and Axford, 1972.) 

Finally, the discussion in Sect. 2 showed how important heat conduc- 
tion can be for the pressure in the transition region and corona. We 
therefore need equations that can give a reasonable description of the 
heat flow. The model used by Hansteen and Leer, 1995, did not solve ex- 
plicitly heat flux equations, but rather assumed that both electrons and 
protons behaved “classically” in the corona (meaning that heat fluxes 
were given by expressions of the form (11.1)). However, for low coro- 
nal densities and high proton temperatures, which one gets naturally in 
multifluid models with proton heating (e.g., Hansteen and Leer, 1995), 
there is no reason to expect that protons behave classically even in the 
corona. Departures from classical heat conduction have previously been 
modelled empirically by requiring that the solar wind solution match 
observations (Cuperman et ah, 1972). Hollweg, 1986, modelling the 
flow beyond the temperature maximum, invoked an ad hoc transition 
from classical to “collisionless” heat conduction at 10 Rs {Rs is the 
solar radius). Our goal is to have equations that can generate this tran- 
sition selfconsistently. We therefore need to solve explicitly heat flux 
equations that attempt to capture the transition from classical (i.e., 
collision-dominated) to nonclassical heat flow. 

For these reasons we shall base our discussion on solutions to so-called 
gyrotropic transport equations, more precisely the gyrotropic (strong 
magnetic field) approximation to the 16- moment equations developed 
by Demars and Schunk, 1979. These equations were first applied to the 
solar wind by Olsen and Leer, 1999, and later by Li, 1999. However, 
their models only extended down to the low corona, and hence could 
not account for the chromospheric coupling. In this formulation, for 
each particle species s we solve for the density 77-5, for the flow velocity 
Us along the radial magnetic field, for the temperature parallel {Ts\\) and 
perpendicular {Ts±) to the magnetic field, and for the heat flux moments 
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along the magnetic field of parallel and perpendicular (qs±) thermal 
motion. For each species the six conservation equations can be written 
as follows: particle number conservation, 

dns Id 5ns 

momentum, 



dus 

dt 



dug k kTg\\ On 

dr 



1 dA k 



+ -E- 



nris dr 

GMs 
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parallel and perpendicular thermal energy, 



( 11 . 10 ) 
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and heat flux density of parallel and perpendicular thermal motion, 
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dTs± 
rris dr 



1 dA k TisTg± ^ Sqs± 



(11.14) 



Here t denotes time, r is the distance from the centre of the Sun, G 
is Newton’s gravitational constant, Ms is the mass of the Sun, and rris 
and 6s are the atomic mass and charge of the particle, respectively. The 
average temperature and total heat fiux are then given as 



Ts = l(T,||+2T,x) 


(11.15) 


<ls = ^{Qs\\+‘^Qsi)- 


(11.16) 
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In (11.11) and (11.12) Qsm\\ Qsm± specify the ^‘mechanical” heating 
terms — the energy that is supplied to the system — and will be spec- 
ified shortly. We do not include momentum deposition (pushing) as an 
additional energy source in the models presented here. 

For the fiow tube area A{r) (oc 1/B{r) where B is the strength of 
the magnetic field), we choose the analytical form given by Kopp and 
Holzer, 1976, 



A{r) = Ao 



r y + /g 
Rs ) + 1 



(11.17) 



where A{) = 1 w? is the fiux tube area at the lower boundary of the 
model, fg = l — (/max ~ ^ ^Yid the expanding geometry is 

specified through the parameters /max, and ag. In all models shown 
here we use Vg = 1.3 Rs and ag = 0.5 Rs (Munro and Jackson, 1977). 
A radially expanding solar wind is obtained by setting /max = 1, while 
/max = 5 leads to a rapidly expanding fiow in which the fiux tube area 
at infinity is 5 times larger than a radially expanding fiow tube. Even 
for the rapidly expanding fiow geometry we consider only a purely radial 
magnetic field; that is, the fiow tube expands superradially, but it does 
not twist. 

In (11.9) 6us/6t specifies the rate of production and loss of particles 
due to ionization and recombination; since the model is started in the 
chromosphere where the hydrogen (and helium) gas is mostly neutral, 
and the transition region, where ionization takes place, is allowed to 
move dynamically, the production and loss of particles must also be car- 
ried out dynamically. It is through this process that the transition region 
pressure is allowed to change in response to changes in the downward 
heat fiux. In the model radiative recombination is taken from Allen, 
1976, collisional ionization and three-body recombination from Arnaud 
and Rothenfiug, 1985, while photoionization is roughly modelled assum- 
ing constant rates from Vernazza et ah, 1981. 

The collision terms and as given by 

Demars and Schunk, 1979, are very complex. We therefore use simpli- 
fied expressions for these, that agree with the 8-moment collision terms 
(Schunk, 1977) in the collision-dominated limit with no temperature 
anisotropies. The momentum equation collision term reads 
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where the sums extend over all other species Vst is the collision fre- 
quency, Zst are pure numbers that depend on the type of collisions (e.g., 
Zst — 3/5 for Coulomb collisions), and fist — msmt/{ms + rrit) and 
Tst = {rritTs + msTt)/{ms + mt) are the reduced mass and reduced tem- 
perature, respectively. The last term in (11.18) accounts for addition 
and loss of momentum due to production and loss of particles, where 
Rts is the production rate for species s due to ionization, recombination 
and charge exchanges reactions of species t. 

The second term in (11.18) is the so-called thermal force; for minor 
ions and helium ions in the transition region collisions with protons 
and electrons lead to a very strong force, proportional to Qe and that 
pushes the heavier ions up. This force may even be stronger than gravity 
and can thus lead to a large accumulation of helium ions in the corona. 

The radiative losses are accounted for in the electron energy equations 
assuming an optically thin atmosphere and using collisional coefficients 
supplied by Judge and Meisner, 1994. 

The remainder of the collision terms are given and discussed by Lie- 
Svendsen et ah, 2003. 

When the transition region pressure is allowed to adjust itself in re- 
sponse to the energy supply, essentially the only adjustable parameters 
of the model are those specifying the geometry and the energy supply 
(see Withbroe, 1988). Our focus is not on how energy is delivered to the 
corona and solar wind (the coronal heating problem) , but rather on how 
the corona and wind respond to energy deposition. In order to illustrate 
the effect of the chromospheric coupling on the solar wind we therefore 
choose simple, analytical expressions for the various heating terms in- 
cluded in the model, since this gives us precise control over where and 
how we heat the particles. (An example of a more physically “realis- 
tic” heating function, based on a turbulent cascade of Alfven waves, is 
provided by Lie-Svendsen et ah, 2001.) 

The radiative cooling of the chromosphere is balanced by (isotropic) 
heating of electrons through heating terms 

Qem\\ = Qem± = ^C'ene(np + Uh) (11.19) 

in (11.11) and (11.12). Choosing Ce = 5 x 10~^^ W m^ leads to a 
chromospheric temperature of about 7-8000 K with the chosen radiative 
loss function. 

In Sect. 4 we discuss the coupling of the chromosphere and solar wind 
through modifying the energy supply to the transition region. For this 
purpose we make use of an additional isotropic electron heating term, 
intended to add heat directly to the transition region, and modelled as 
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a Gaussian, 



Here the electrons are heated merely out of convenience; since electrons 
and protons are strongly coupled in the lower transition region, the en- 
ergy is quickly shared among all species. 

The main part of the solar wind energy is supplied in the corona 
through a simple exponential damping of a prescribed mechanical energy 
flux FmsO for each species s (protons, electrons, and a-particles), starting 
at a prescribed heliocentric distance ri^. 



Fms{r) = FmsO forr<ris 



Fms{r) 



FmsO Gxp 



r - ris 
Hm 



for r > ris, 



( 11 . 21 ) 



and where the “damping length” Hm specifles how close to the Sun the 
energy is deposited. Based on the observations indicating that hydrogen 
and oxygen ions are heated largely in the perpendicular direction (Kohl 
et ah, 1997; Cranmer et ah, 1999), protons and a-particles will be heated 
only in the perpendicular direction in the results presented below, so that 
the heating terms in (11.11) and (11.12) read 



Qpm\\ 


= 0 


(11.22) 
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Qam\\ 


= 0 


(11.24) 
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1 dF Yna 
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(11.25) 



The transport equations (11.9)-(11.14) are integrated in time until 
a steady state is reached, using a (partially) implicit finite differencing 
scheme. As pointed out in the introduction, an adaptive grid is essential 
in order to capture the dynamic transition region. The grid point density, 
Pz{z)^ is chosen to be proportional to the electron temperature gradient 
(Dorfi and Drury, 1987), 



where z is the distance from the lower boundary and “av” denotes an 
average of the subscripted variable. This equation is solved simultane- 
ously with the transport equations, so that the grid density follows the 
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electron temperature gradient at all times. The total number of grid 
points is fixed at 480 between the lower boundary in the chromosphere 
and 1 AU. 

At the lower boundary we specify an unperturbed chromosphere with 
neutral hydrogen and helium densities set to nn == 10^^ m“^ and nue = 
1Q19 temperature at the lower boundary is allowed to vary 

and is effectively set by the choice for Ce above. The flow speeds at the 
lower boundaries are allowed to change, too, in order to maintain force 
balance. Hence the hydrogen and helium fluxes are not set in advance, 
but are model results that will change in response to changes in heating 
rates. 



4. The Electron-Proton Solar Wind 

Applying the model we shall first consider a “pure” electron-proton- 
hydrogen solar wind, thus neglecting helium entirely. The purpose is 
to get some understanding of how changes in the flow geometry and 
energy flow in the transition region affect basic solar wind properties, 
particularly the solar wind mass flux. As always, we learn how a process 
influences the system by making changes to that process, specifically by 
changing the energy deposition rate in the transition region. The results 
of this section are presented in more detail by Lie-Svendsen et al., 2002. 

First, to see how the flow geometry alone affects the system we run the 
model with a radial (/max = 1) and a rapidly expanding (/max = 5) flow 
geometry, but keeping the heating rates essentially unchanged. That 
means, if the wind emanating from the rapidly expanding geometry is 
to have roughly the same energy flux density (the sum of gravitational 
potential and kinetic energy fluxes) at 1 AU as the radially expanding 
wind, we need to apply a mechanical energy flux that is a factor 5 larger. 
For the /max = 1 case we therefore apply Fmpo = 80 W and for /max = 5 
we use FmpO = 400 W (in a flow tube with A{r = Rs) = I at the 
bottom), while the location of the coronal heating is the same; we set 
rip = 1.01 Rs and Hm = 0.5 Rs in (11.21). In addition, in both cases we 
heat electrons with Ft = 13 W, using rt = 1.006 Rs and at = 0.002 Rs 
in (11.20), ensuring that this energy is deposited in the lower transition 
region. 

The main results are summarized in Figure 11.1. In the bottom panels 
only the total heat fluxes, given by (11.16), are shown. With essentially 
all the energy deposited in the protons, and most of it within one so- 
lar radius above the surface {Hm = 0.5 i?^), the protons become very 
hot, reaching an average temperature of nearly 10^ K in the rapidly ex- 
panding flow. The rapid deposition of the mechanical energy flux also 
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Figure 11.1. Summary of solar wind model solutions in rapidly expanding (/max = 5) 
and radially expanding (/max = 1) geometries, from Lie-Svendsen et aL, 2002. 



means that the acceleration must be rapid, and we note that the rapidly 
expanding solution reaches its terminal flow speed of nearly 600 km/s 
within r = 4 Rs- (Higher flow speeds can easily be obtained by deposit- 
ing more energy in the corona.) That heating close to the Sun leads 
to very high proton temperatures and rapid acceleration of the wind is 
also seen in the models by McKenzie et ah, 1997. Empirical modelling 
based on UVCS/SOHO observations of the HI Lya emission line indi- 
cates that neutral hydrogen reaches a tempeature of about 2 — 3 x 10*^ K 
in coronal holes, while the Doppler dimming indicates a more gradual 
acceleration of the wind, with neutral H having a flow speed of 200- 
300 km/s at r = 3 Rs (Antonucci et al., 2000; Zangrilli et ah, 2002) and 
300-400 km/s at r 4 Rs (Cranmer et al., 1999). The wind from low- 
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latitude streamer and coronal holes accelerate even more slowly, with 
Up ^ 100 km/s at r = 4 Rs (Poletto et ah, 2002). In order to get a 
proton temperature in better accordance with the results obtained by 
Cranmer et ah, 1999, while still obtaining a high-speed solar wind, we 
would have to deposit the energy more gradually (that is, increase Hm)- 
A more gradual energy deposition would necessarily cause the wind to 
accelerate more gradually also. Alternatively, the proton temperature 
may be lowered by increasing the coronal density, and thus the collisional 
coupling between electrons and protons, which requires that more en- 
ergy be supplied to the upper chromosphere and lower transition region, 
e.g., by explicit heating of electrons. 

Because electrons are not heated explicitly in the corona in these mod- 
els, only by thermal contact with protons, they are much colder, with a 
maximum temperature that does not exceed 10^ K, and in the rapidly 
expanding model Tg does not exceed 7 x 10^ K. Observed coronal line 
intensity ratios indicate a coronal hole electron temperature in the range 
7.5 — 9 X 10^ K (Habbal et ah, 1993; David et ah, 1998; Wilhelm et ah, 
1998). In the rapidly expanding model electron and proton tempera- 
tures decouple already at r 1.02 Rs^ illustrating the poor coupling 
between electrons and protons. 

Because we heat protons only in the perpendicular direction, large 
anisotropies with T^jl TpH develop in the corona, particularly in the 
rapidly expanding solution where densities are low. However, as the 
protons move outwards Tp±_ decreases rapidly within a few solar radii, 
while Tp|| increases. In the asymptotic wind Tpy is nearly constant and 
much larger than Tpx- This behaviour is a consequence of conservation 
of the first adiabatic invariant (magnetic moment): As protons move 
outwards and the magnetic field weakens the Lorentz force converts per- 
pendicular velocity into parallel velocity. In the 16-moment formulation 
this conversion is mediated by the heat flux (one reason why heat flux 
equations were included). Indeed it can be shown analytically that once 
the wind has reached its asymptotic flow speed, then Tp±_ a while 
Tp|| ^ constant. This result is in striking disagreement with in situ mea- 
surements in the solar wind. For instance, Helios found Tpj_/Tp|| 1.7 
at 0.3 AU, and even at 1 AU the ratio was only slightly less than unity ( 
Marsch et ah, 1982). This observed behaviour cannot be modelled with- 
out some process other than Coulomb collisions to transfer energy from 
parallel to perpendicular motion (Li et ah, 1999). A velocity distribu- 
tion with T|| Tj_ should be susceptible to the firehose instability which 
would reduce the anisotropy. However, this instability cannot account 
for T|| < Tj ^7 which would require other forms of wave particle interac- 
tions. Moreover, even if one could somehow create a velocity distribution 
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far from the Sun with Tp± > as these protons move further from 
the Sun magnetic moment conservation would again cause a reduction 
in Tp± and an increase in Tp||. Maintaining Tpj_ > Tpy throughout the 
heliosphere therefore requires continuous wave-particle interactions as 
the protons move into the outer heliosphere. The shape of the proton 
velocity distribution, as measured, e.g., by Helios^ therefore tells us a 
lot about in situ plasma processes in the solar wind, but little about the 
process that heated the protons in the corona. 

In these models electrons were heated isotropically, and the electron 
temperature anisotropy is small everywhere (and barely visible in Fig- 
ure 11.1), with 1 < Te||/Te^ < 1.2 everywhere. This is in qualitative 
agreement with Helios observations, which generally found Tg|| > Te± 
in the solar wind between 0.3 and 1 AU (Pilipp et ah, 1987). These 
observations show that electrons and protons behave very differently in 
the solar wind: While the protons are heavily influenced by local plasma 
processes in the solar wind, the observed electron velocity distribution 
is consistent with a simple adiabatic expansion of the electron gas from 
the corona to the observation point (Lie-Svendsen et ah, 1997). 

Perhaps the most remarkable feature of these solutions is the large 
difference that the change in geometry causes. Despite that we use 
the same heating, apart from scaling it to have the same energy flux 
at 1 AU, we get densities in the inner corona that differ by about a 
factor 10. The rapidly expanding model leads to a high-speed wind 
with a particle flux at 1 AU, {npUp)E — 2.4 x 10^^ m~^ s“\ typical of 
the observed high-speed wind, while the radially expanding flow takes 
on properties of a typical slow solar wind, with a particle flux that is 
nearly twice as large, {npUp)E = 4 x 10^^ m“^ s“\ and a flow speed 
of less than 300 km/s at 1 AU. In the rapidly expanding solution the 
proton temperature is signiflcantly higher than in the radial solution, and 
conversely for electrons. The lower electron temperature is consistent 
with the lower density in the rapidly expanding solution leading to a 
lower energy transfer rate from protons to electrons by collisions. 

The key to these large differences lies in the energy budget of the solu- 
tions, which we shall discuss later. However, we note from the lower left 
panel of Figure 11.1 that the downward electron heat flux in the transi- 
tion region reaches a minimum of about — 14 W in the radial model and 
only about — 7 W in the rapidly expanding model, despite that we de- 
posit flve times as much energy in the corona in the latter model. (The 
minimum of located at r = = 1.006 i?^, coincides with the maxi- 

mum of the transition region heating term (11.20).) Since this electron 
heat flux must have its origin in the protons (that are heated) this shows 
again that the coupling between electrons and protons is very different 
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in the two models. In light of the discussion of Sect. 2, the higher down- 
ward heat flux in the radial model translates into a higher transition 
region pressure, and the chromosphere-transition region interface moves 
downwards to a higher chromospheric density, as is most clearly seen in 
the electron temperature profiles of the figure. 

Figure 11.1 shows that the proton heat flux remains positive (meaning 
outwards) well below the proton temperature maximum, particularly for 
the rapidly expanding solution. This shows that protons become colli- 
sionless close to the Sun, and illustrates why it is so important to have 
solar wind models that can allow for nonclassical heat conduction. By 
contrast, the electron heat flux changes sign at the temperature maxi- 
mum, showing that the electrons behave like a collision-dominated gas 
in the corona, despite that we solve the same transport equations for 
electrons as for protons (and thus allow for nonclassical heat transport 
also in the electrons). 

In order to understand why the two geometries give such different 
solutions we need to look at the energy budgets, shown in Figure 11.2. 
In this figure the gravitational potential energy flux is defined as 

Fg = AnuGMsmp . (H-27) 

where n and u are the electron and proton density and flow speed and 
Trip the proton mass. The enthalpy flux is defined as 

Ft = Anuk ^-(TgH + Tp\\) + Tej_ + . (11.28) 

The radiative loss energy flux has been obtained by integrating the radia- 
tive loss rate over the volume of the flow tube from the lower boundary. 
The figure shows only a small region, with the lowest value of r/Rs — 1 
(the distance from the solar surface) corresponding to Tg 7300 K (up- 
per chromosphere) and the highest r- value corresponds to Tg ~ 6x 10^ K. 

Figure 11.2 shows how the various energy inputs to the model are 
converted into radiation, gravitational potential energy (mass flux) and 
particle energy. The chromospheric heating merely balances radiative 
losses in the chromosphere and ceases to be important at the top of the 
chromosphere. The main feature to be noted from the figures is the 
large difference in the radiative loss term between the two geometries. 
In the radially expanding solution the radiative loss in the transition 
region is much larger than the enthalpy increase, and conversely for the 
rapidly expanding solution. In the radial solution essentially all of the 
downward heat flux is converted into radiation, as is most of the direct 
transition region heating. This is in agreement with the discussion in 
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Energy fluxes, radial geometry 




Figure 11.2. Transition region energy budget for the radially and rapidly expanding 
solutions in Figure 11.1. The solid curves show the various heating terms included 
in the model (“TR” means the transition region heating proportional to Ft); the 
dotted curve shows the gravitational potential energy flux; the dash-dotted curve 
shows the sum of the electron and proton enthalpy fluxes; the dash-dot-dot curve 
shows A{qe + qp) (the total heat flux); and the dashed curve shows the cumulative 
radiative loss. Arbitrary offsets have been subtracted from the coronal heating and 
radiative loss fluxes to make the curves fit into the panels. 



Sect. 2, where we argued that on closed coronal loops the downward 
heat flux is balanced by radiative losses, and that this balance sets the 
transition region pressure. Now we have a solar wind in which most of 






Chromosphere- Corona Coupling 



337 



the energy is lost to the wind; even in the radial solution the downward 
heat flux of ~ —15 W is much less than the Fmpo = 80 W supplied to 
the corona, implying that most is lost to the wind. Still the pressure 
of the transition region and corona, which is so important for the mass 
flux, is set by the balance between heat flux and radiation. However, in 
the rapidly expanding solution this picture is no longer correct. In this 
case a large fraction of the energy deposited in the transition region is 
converted into enthalpy flux. 

The enthalpy flux of the transition region can be critical for the solar 
wind mass flux. Say that the proton flux at 1 AU is constrained by ob- 
servations, with {upUp)E ^ 2 X 10^^ m“^ s“^ in the fast solar wind (e.g., 
McComas et ah, 2000). Assume for simplicity a common electron and 
proton temperature Tc in the upper transition region. The increase in 
the enthalpy flux in the transition region needed to sustain this particle 
flux is then approximately 



-^enth — /max(^p'^p)^ 



rE 

Rs 



2 

5fcTc, 



(11.29) 



where 215 Rs is the distance from the Sun to Earth. With /max = 5 
and the observed particle flux, we find Fenth ^ 15 W is needed in order 
to heat the transition region plasma from chromospheric temperatures 
up to Tc = 5 X 10^ K. If this energy cannot be supplied to the transition 
region somehow, the observed solar wind mass flux cannot be sustained 
no matter how much energy is available in the corona. 

Figure 11.2 shows that for this particular solution it is the energy 
available below r = 1.01 Rs (where Te ^ 3x 10^ K) that is most critical, 
since above this altitude our coronal heating term (proportional to Fmpo) 
is able to heat the upwelling plasma. Closer inspection of this solution 
shows that of the = 13 W deposited as direct heating, 10 W goes 
into sustaining the enthalpy flux while 3 W is lost as radiation. Of the 
downward heat flux, ~ 6 W remains at r == 1.01 Rs ] of this about 3 W is 
lost as radiation, about 1 W is used to ionize neutral hydrogen, and hence 
only about 2 W remains to heat the upwelling plasma. In other words, 
in this case it is the direct deposition of energy in the transition region, 
not the downward heat conduction from the corona, that enables us to 
obtain a solar wind mass flux in agreement with observations. Hence this 
heating term must have a very large effect on the solar wind properties, 
as we show below. 

Next we therefore consider what happens when we change the amount 
of energy deposited directly in the transition region. The results of 
varying Ft while keeping all other parameters identical to the rapidly 
expanding model of Figure 11.1 are shown in Figure 11.3, where now 
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Figure 11.3. Solutions for rapidly expanding geometry with varying transition region 
heating: Ft = 13 W (solid curves), which is identical to the reference model of 
Figure 11.1; Ft = 67 W (dotted curves); Ft = 0.67 W (dashed curves); Ft = 0.07 W 
(dash-dotted curves); and Ft = 0 (dash-double-dotted curves). The square boxes in 
the density panel indicate the coronal hole measurements of Koutchmy, 1977. 



only the average temperatures are shown, using (11.15). As anticipated 
from the preceding discussion, the differences are large when Ft is varied, 
despite that even the maximum value. Ft = 67 W, is small compared to 
the Fmp{) = 400 W deposited in the corona. The solution varies between 
a massive {{npUp)E ~ 5 x 10^^ m“^ s“^) and slow {u 200 km/s) 
wind for Ft = 67 W to an extremely fast wind with a very low flux, 
u 2500 km/s and {ripUp)E 0.3 x 10^^ m~^ s~^ for Ft — 0. 

Figure 11.3 shows that the changes are even larger than indicated by 
the discussion above. Even reducing the heating from Ft = 0.07 W to 
0, which one would have expected to make absolutely no difference for 
the solution, causes a significant change. The reason for this extreme 
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sensitivity is a nonlinearity of the chromosphere-corona system. In the 
discussion above we treated the downward heat flux as a given constant, 
independent of the direct transition region heating proportional to Ft. 
The solutions in Figure 11.3 demonstrate that this assumption is far 
from correct; as seen in the lower left panel the downward heat flux is 
reduced when the direct heating is reduced, so that we get a positive 
feedback. Hence the reduction in energy to the transition region will be 
much more than the reduction of direct energy deposition. 

The cause of this strong nonlinearity is the collisional coupling be- 
tween electrons and protons in the corona. When the direct transition 
region heating is reduced, the coronal density decreases. The energy 
transfer rate from protons to electrons through collisions therefore de- 
creases. Since we deposit all the coronal energy in the protons, the 
electron temperature then decreases, as the flgure shows, and therefore 
the downward electron heat flux decreases, too. Since classical heat 
conduction is Qe (xTe VTg, the heat conduction is actually a sensitive 
function of temperature. The reduction in downward heat flux then re- 
duces the transition region pressure further which in turn decreases the 
collisional coupling in the corona, and so on. 

The radial case is much more “robust” to changes in transition region 
heating; setting — 0 in that case only causes small changes to the 
solution. The reason is simply that downward heat conduction is so 
efficient that unless the direct energy deposition in the transition region 
is large it will not matter. 

Hence we And that in solar wind models with proton heating, in- 
creasing the expansion factor of the wind (/max in our model) changes 
the wind from a low-speed wind with high coronal density to a typical 
high-speed wind (even an “extreme” high-speed wind in the case with 
no transition region heating) with a low coronal density. The radial ge- 
ometry is characterized by a high pressure, and a transition region that 
receives more energy than it needs to sustain the solar wind mass flux, 
so that the excess energy must by lost by radiation. By contrast, the 
rapidly expanding flow leads to a low-pressure transition region which is 
starved of energy, so that the little energy available is used as enthalpy 
flux and radiative losses are insigniflcant. In the former case the solar 
wind mass flux is limited by the amount of coronal energy available to 
lift particles out of the gravitational fleld, while in the latter case the 
mass flux is not limited by coronal heating but rather by the amount of 
energy available in the transition region. 

Why does the geometry have such a large influence on the energy 
balance of the transition region and hence on solar wind properties? 
There are two reasons. First of all, in order to drive the solar wind the 
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mechanical energy flux injected at the lower boundary must be much 
higher in the rapidly expanding model than in the radial model (a fac- 
tor 5 larger for /max = 5), in order to have approximately the same 
energy flux density at infinity. If the two solutions are to have the same 
particle flux density at infinity, the enthalpy flux in the transition region 
has to increase proportionally to the expansion factor, too, as shown 
by (11.29). However, when only protons are heated in the corona that 
does not happen; as shown in Figure 11.1, not only is the fraction of 
the coronal energy that ends up as downward heat flux reduced in the 
rapidly expanding solution, but even its magnitude is reduced, despite 
that the coronal heating rate increased by a factor 5. When protons are 
heated harder in the rapidly expanding geometry, they tend to become 
collisionless closer to the Sun and are hence less able to conduct energy 
down to where it can be transferred to the electrons. Secondly, the mag- 
netic mirror force is much stronger in the rapidly expanding geometry. 
As long as protons are heated mostly perpendicularly to the magnetic 
field, they are then reflected by the diverging magnetic field before they 
get down to an altitude where the density is so high that their energy 
can be transferred to the electrons. 

In the upper left panel of Figure 11.3 we also show the coronal hole 
electron densities measured by Koutchmy, 1977, which are among the 
lowest densities observed in the inner corona. We note that most of the 
modelled densities, except the low-speed, high mass flux wind obtained 
for Ft = 67 W, are well below the observed densities. As we have 
argued previously, and as argued by Withbroe, 1988, the densities in 
these types of solar wind models cannot be set, but must result from the 
heating applied. In other words, if higher densities are sought, a heating 
mechanism has to be found that can deliver the required amount of 
energy to the transition region. 

This exercise also indicates that if the high-speed solar wind originates 
from such a rapidly expanding geometry, a mechanism that only heats 
protons, and only in the perpendicular direction, even if the mechanism 
is able to deliver the required amount of energy to the solar wind it leads 
to a mass flux that is much lower than observed (and a correspondingly 
high speed), and also leads to coronal densities that are orders of mag- 
nitude below what is observed. Even using a more physically “realistic” 
heating model, based on a turbulent cascade of Alfven waves, we are not 
able to obtain a reasonable mass flux without forcibly depositing some 
of the energy directly in the transition region (see Lie-Svendsen et ah, 
2001 ). 

Apart from direct energy deposition in the transition region, the mass 
flux can be increased by depositing a significant fraction of the energy 
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in the parallel direction (or having some process that pitch angle scat- 
ter protons into the parallel direction). On the other hand the Doppler 
dimming results (Cranmer et ah, 1999) indicate that Tpj_/Tp^^ < 2 in the 
inner corona (where parallel heating would be most helpful), constrain- 
ing how much parallel heating we can allow for. 

The most effective way of producing a solar wind model in better 
agreement with observations seems to be explicit heating of coronal elec- 
trons; we find that injecting roughly 10% of the coronal energy into elec- 
trons leads to a reasonable mass flux. Direct heating of electrons also in- 
creases the coronal electron temperature; as mentioned previously, most 
of the solutions presented here have electron temperatures below what 
has been inferred from coronal hole observations. Moreover, such low 
electron temperatures lead to ion charge states that do not agree with in 
situ observations, even for oxygen and carbon (Esser and Edgar, 2001). 

Another possible resolution of this problem could be that the down- 
ward electron heat conduction is larger than predicted by these models. 
Because of the steepness of the temperature gradient in the transition 
region and the relatively low density, electron heat conduction may pos- 
sibly deviate significantly from classical transport theory (which is inher- 
ent in the transport equations we use). However, kinetic models, which 
solve the Boltzmann equation with the Fokker-Planck collision operator, 
show that electron heat conduction in the transition region should not 
deviate significantly from classical transport theory, even for low densi- 
ties, and when it deviates the heat flux tends to become smaller than 
obtained by classical transport theory, which exacerbates the problem ( 
Shoub, 1983; Lie-Svendsen et ah, 1999). 

5. Helium in the Corona and Solar Wind 

The models discussed in Sect. 4 illustrated how the energy balance of 
the lower transition region affects the properties of the solar wind itself, 
and particularly its mass flux. In this section we illustrate how the same 
region affects the properties of heavier constituents in the corona and 
solar wind, and particularly their abundances. We shall focus on one 
species, helium. Not only is helium the second most abundant element 
in the Sun’s atmosphere, with photospheric abundances of order 10%, 
but also, because of this high abundance, helium may even become a 
major species in the corona with a density comparable to the hydrogen 
(proton) density, which affects the properties of the solar wind as well. 

Modelling of helium is also of interest because observations of the 
coronal helium abundance have proved to be difficult, particularly for 
coronal holes. Most observations indicate coronal hole abundances of 
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order 5% or lower (Laming and Feldman, 2001; Laming and Feldman, 
2003), which is not more than what is found in the high-speed wind ( 
McComas et ah, 2000). Solar energetic particle events, in which coronal 
particles are accelerated into space by shock waves caused by coronal 
mass ejections, also provide indirect evidence that the coronal He abun- 
dance is of order 5% (Reames, 1998). On the other hand, in the slow 
wind the a-particle density can be up to 20% of the proton density ( 
Schwenn, 1990), although it is generally much lower (e.g., McComas 
et ah, 2003), and in coronal mass ejections helium can contribute up to 
50% of the mass flux (Yermolaev and Stupin, 1997). 

The results discussed here are presented in more detail by Lie-Svendsen 
et ah, 2003. However, beware that in that paper the helium abundance 
was deflned to be the ratio between the total helium (summed over all 
charge states) and total hydrogen density, while in this presentation the 
abundance is deflned to be the ratio of the total helium density to the 
sum of the hydrogen and helium densities, to be more in line with com- 
mon usage of the word. 

Also for helium we shall consider the same two flow geometries as in 
the preceding section. Initially we choose heating parameters such that 
we reproduce a fast solar wind with reasonable mass flux, flow speed and 
He abundance in the rapidly expanding geometry, and a slow speed wind 
from the radially expanding geometry with the same ~ 5% He abundance 
at inflnity. In the radial geometry this can be achieved setting = 
48 W, = 32 W, rip = r\a = 1.01 Rs, deposited over a dissipation 
scale Hm = 0.3 and we deposit Ft = 20 W as transition region 
heating. In the rapidly expanding geometry we choose Fmpo — 304 W, 
FjnaO = 76 W, with rip — ri^ = 1.03 Rs and — 0.4 Rs. In addition 
we heat electrons explicitly in the corona with FmeO = 40 W, starting at 
rie = 1 Rs and damped with Hm = 0.5 Rs, and we heat the transition 
region with Ft = 10 W. As in the electron-proton solar wind models of 
the previous section, the total energy deposited in the flow tube in the 
rapidly expanding (/max = 5) model is roughly flve times higher than 
in the radially expanding (/max == 1) model. The energy flux density 
at 1 AU will thus be roughly the same (when including gravitational 
potential energy) in the two geometries. 

The results are shown in Figure 11.4. The most noticeable feature 
of these solutions is the large coronal He abundance of the slow wind 
solution, where the He density becomes close to the hydrogen density 
so that a-particles carry most of the mass and positive charge of the 
corona. 

Note also the large difference between the radially and rapidly ex- 
panding models. In the chromosphere the helium abundance stays close 
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Figure 11. J^. Radially expanding (/max == 1) and rapidly expanding (/max = 5) mod- 
els with helium included, from Lie-Svendsen et ah, 2003. The densities are the total 
(charged plus neutral) H and He densities, and the He abundance is the total (charged 
plus neutral) helium density divided by sum of the total hydrogen and total helium 
densities. Blue curves denote hydrogen, green curves helium, and red curves electrons. 



to its boundary value of 10%, but as soon as we reach the transition re- 
gion and particles become ionized the abundance is highly variable with 
altitude. However, in the rapidly expanding model the He abundance 
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never exceeds its chromospheric value. The densities of both hydrogen 
and helium throughout the transition region and corona are higher in the 
radial than in the rapidly expanding model. This is consistent with the 
discussion of Sect. 4, where we argued that the much higher downward 
heat flux in the radial geometry must lead to a higher density. As seen 
in the lower left panel of Figure 11.4, the models with helium included 
show the same behaviour. 

The temperature panel of Figure 11.4 shows that the a-particle tem- 
perature in the corona is higher than the proton temperature, reaching a 
maximum as high as Tq, = 5 x 10^ K. The higher a-particle temperature 
is not primarily a consequence of a higher heating rate per particle for 
these, but a consequence of lower energy loss rates for a-particles. Be- 
cause these particles are heavier than protons, the energy loss by escape 
into the solar wind is lower unless they become very hot. 

The coronal He abundance is influenced by the thermal forces, which 
are contained in the terms proportional to the heat fluxes in (11.18). In 
the temperature gradient of the transition region He ions feel a strong 
upward force caused by collisions with protons and electrons. As a result 
the heavier helium ions are not pulled through the transition region by 
friction with protons, but actually stream faster than protons in this 
region. For instance, in the radial model a-particles stream up to three 
times faster than protons in the region where Te ~ 2 x 10^ K. 

The solutions in Figure 11.4, particularly the /max = 1 solution, also 
illustrate that there is no strong reason why the coronal He abundance 
should be close to the solar wind abundance. Moreover, by choosing the 
coronal heating “right”, one may have a high coronal abundance while 
still reproducing the observed abundance in the solar wind. 

The models presented above demonstrate that it is possible to repro- 
duce the observed solar wind He particle flux (which equals the solar 
wind He abundance as long as a-particles and protons flow at roughly 
the same speed) in both types of geometries. However, we would like to 
get a better understanding of what processes determine this flux. To do 
so, let us now vary the amount of energy we deposit in a-particles in the 
corona. 

Figures 11.5 and 11.6 show the results from these experiments, where 
the “standard” cases refer to Figure 11.4. The main result is contained 
in the bottom panels of the flgures. When we change the heating rate in 
the rapidly expanding geometry, the a-particle coronal abundance and 
terminal flow speed change, but the o^-particle flux does not. That tells 
us that within the range of chosen heating rates, the flux of helium is not 
set in the corona, but rather by the supply from the chromosphere and 
transition region, and since the transition region can readily pull helium 
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Figure 11.5. Changing the a-particle energy flux FmaO in the rapidly expanding 
(/max = 5) geometry. The colour coding is the same as in Figure 11.4. The fluxes 
have been scaled to 1 AU. The “standard” case is also shown in Figure 11.4. 



into the corona through the thermal force, the flux must be limited by 
the supply from the chromosphere and lower transition region where 
helium is still mostly neutral. 

By contrast, the radial solutions in Figure 11.6 show that the corona 
indeed makes a difference for the helium flux. More surprisingly, the 
changes for hydrogen are at least as large as for helium, despite that 
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Figure 11.6. Changing the a-particle energy flux Fmao in the radially expanding 
(/max = 1) geometry. 
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we did not change the proton heating rate. The reason for this is that 
helium in this case is not a minor species in the corona, and therefore 
does affect protons and electrons. If the corona becomes helium-rich, 
the solar wind may even acquire the characteristics of a polar wind^ in 
which the light protons are accelerated in the electric field set up by the 
near static electrons and a-particles. 

Protons and electrons feel the changes in helium through collisions. 
However, Figure 11.6 shows that when, e.g., the heating is doubled, the 
a-particle and proton temperatures are reduced^ and this cannot be ex- 
plained just by the direct collisional coupling in the corona. Instead this 
example is another illustration of the nontrivial coupling between the 
chromosphere and corona, and it is mainly through this coupling via 
the chromosphere and transition region that the coronal protons feel the 
changes in heating of coronal a-particles: As the heating of a-particles 
is increased, more energy is being transferred to the electrons, and hence 
the downward heat flux increases. This increased heat flux then causes 
the chromosphere-transition region interface to shift to a higher pres- 
sure level and hence the density of electrons and protons increase in the 
corona as well. It is this increase in proton density in the corona that 
causes the change in proton flux and flow speed. This mechanism also 
explains why the a-particle temperature decreases when the heating in- 
creases: By bringing up more electrons and protons, the increased loss 
of energy through collisions overcompensates for the increased heating. 

Regarding the solar wind helium flux (or, equivalently, the solar wind 
abundance), the modelling leads to an almost embarrassingly simple 
picture: If we want to obtain a high-speed solar wind, both for helium 
and hydrogen, meaning a wind with a terminal speed significantly faster 
than the gravitational escape speed at the surface, we must heat coronal 
a-particles so hard that they quickly escape from the corona, resulting 
in a low coronal abundance (as we found in the /max = 5 case above). In 
that case the helium pressure in the corona is low and therefore does not 
affect the flow of helium through the chromosphere and transition region. 
Hence the solar wind helium flux is set by whatever process maintains 
the helium abundance in the upper chromosphere. As long as there is 
sufficient energy available in the corona to lift a-particles out of the 
gravitational held, coronal (and solar wind) processes then have little or 
no impact on the flux. By contrast, creating a slow wind solution, with 
the asymptotic speed significantly below the escape speed, is difficult 
without a low heating rate in the corona. In this case a high coronal 
helium density results, and helium may even dominate the corona. The 
helium flux is then determined by the amount of energy available in 
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the corona to heat helium and thus lift helium out of the gravitational 
potential. 

The modelling presented here indicates that it is difficult to create 
a slow solar wind without also creating a high helium abundance in 
the corona. This result seems to be at odds with the few observations of 
helium abundances in the corona which do not indicate high abundances. 
A weakness of the model used here, based on the transport equations 
and collision terms developed by Schunk, 1977, and Demars and Schunk, 
1979, is that the magnitude of the thermal force may be overestimated. 
Recently new transport equations have been developed that provide a 
better description of Coulomb collisions (Killie et ah, 2004). The new 
equations indicate that the thermal force may be overestimated by a 
factor three or so. It would therefore be of interest to determine whether 
a better description of the thermal force leads to reduced coronal helium 
abundances in the slow solar wind models. 

We have glossed over another serious problem, regarding the descrip- 
tion of the chromosphere. In these models neutral helium is pulled 
through the chromosphere into the transition region by frictional drag 
from outflowing hydrogen. However, using accepted values for the He-H 
elastic cross section, this frictional force is not sufficient to compen- 
sate for gravitational settling (Hansteen et ah, 1997; Lie-Svendsen et ah, 
2003). The result is that helium settles in the chromosphere with a scale 
height that is close to 1/4 of the hydrogen scale height, and hence the 
helium abundance at the top of the chromosphere is essentially zero. In 
that case the solar wind helium flux would also be zero, no matter what 
happens in the corona. In order to obtain a helium abundance at the 
top of the chromosphere of order 10%, which is necessary for the solar 
wind helium abundance to be of order 5-10%, we had to artificially in- 
crease the elastic cross section by a factor 15 in the radially expanding 
flow and by a factor 3 in the rapidly expanding flow (the faster hydro- 
gen flow in the chromosphere in the rapidly expanding wind increases 
the frictional force on helium). Since these cross sections are fairly well 
known from atomic physics, this means that something is missing from 
our chromospheric description. One possibility is that the chromosphere 
is more turbulent than we think, so that mixing maintains the He abun- 
dance in the upper chromosphere. In the fast solar wind at least, where 
the solar wind helium flux seems to be determined by the supply from 
the chromosphere, it is the unknown process that supplies helium to the 
upper chromosphere that sets the helium flux. This also illustrates that 
the elemental composition of the solar wind cannot be understood with- 
out understanding chromospheric processes, which is in accordance with 




Chromosphere- Corona Coupling 



349 



studies of the so-called FlP-effect (first ionization potential) (e.g., von 
Steiger and Geiss, 1989; Marsch et ah, 1995; Wang, 1996; Peter, 1998). 

6. Summary 

Through numerical modelling we have attempted to demonstrate that 
the solar wind is tightly coupled to the chromosphere, and that this cou- 
pling is nontrivial and leads to some surprising properties of the solar 
wind. The essential part of this coupling is the energy transport between 
the corona and chromosphere, specifically the fraction of the energy de- 
posited in the corona to drive the wind that ends up as downward heat 
flux into the transition region. In all models most of the energy de- 
posited in the corona is transferred directly into the solar wind. Hence 
the magnitude of the solar wind energy flux (which is essentially the 
sum of the gravitational potential energy and kinetic energy flux), as 
measured e.g., by the Ulysses spacecraft (McComas et ah, 2000), should 
be close to the actual magnitude of the energy deposited in the corona. 
However, we have demonstrated how the (small) fraction of the energy 
transported downwards from the corona can set the pressure of the tran- 
sition region and corona and influence the mass flux of the solar wind, 
both for hydrogen and helium. Although the total energy flux of the 
solar wind is set by the mechanical energy flux heating the corona, the 
fraction conducted downwards thus influences how the total energy flux 
is distributed between gravitational potential energy (mass flux) and 
kinetic energy (flow speed). 

The magnetic held configuration near the Sun has a large effect on 
the magnitude of this downward energy transport and hence the cou- 
pling between the chromosphere and corona, particularly in models in 
which protons receive most of the coronal heating. In a radially expand- 
ing geometry downward heat conduction is efficient, resulting in a high 
coronal pressure and a high coronal helium abundance. In that case the 
solar wind tends to be slow with a high mass flux whose magnitude is 
determined by the amount of energy available in the corona. A rapidly 
expanding geometry, simulating a coronal hole, makes downward heat 
conduction difficult, resulting in a low coronal density and typically a 
coronal helium abundance that is close to the chromospheric abundance. 
In that case the flux of both hydrogen and helium is set below the corona; 
for hydrogen by the amount of energy available in the transition region 
to heat the upwelling plasma, and for helium by the amount of helium 
available for ionization at the top of the chromosphere. Changing the 
flow geometry therefore naturally leads to a change from one solar wind 
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Slow mode 


Fast mode 


geometry 


radial 


rapidly expanding 


wind speed 


slow 


fast 


solar wind mass flux 


high 


low 


coronal density 


high 


low 


proton heat flux 


classical 


non-classical 


transition region pressure 


high 


low 


downward heat flux absorbed by 


radiation 


enthalpy flux 


H mass flux limited by 


coronal heating 


transition region heating 


coronal He abundance 


high 


low 


He mass flux limited by 


coronal energy 


supply from chromosphere 



Table 11.1. The two solar wind modes 



“mode” to another, with quite different characteristics and dominating 

processes, as summarized in Table 11.1. 
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Abstract Elemental abundances in the solar corona and solar wind vary by over 
an order of magnitude. Two general trends are observed. First, there is 
an enhancement of elements whose neutral atoms have ionization poten- 
tials below about 10 eV (low-FIP) compared with those whose neutral 
atoms have higher ionization potentials (high-FIP). Second, there is a 
general depletion of heavier elements relative to hydrogen. This paper 
summarizes recent observational and theoretical abundance studies. 



1. Introduction 

Many analyses of astrophysical observations assume ’’solar elemental 
abundances” without recognizing the large abundance variations within 
the solar atmosphere. However, abundances in the solar corona are mod- 
ified with respect to those in the photosphere in (at least) two systematic 
ways. First, the abundances of elements whose neutral species have an 
ionization potential below about 10 eV are enhanced relative to elements 
whose atoms have higher ionization potentials. This First Ionization Po- 
tential (FIP) effect has been studied for many years, and it is typically a 
factor of 3 or 4 enhancement of low-FIP elements compared to high-FIP 
elements in active regions and in the slow solar wind (Meyer 1985a,b). 
It has also been suggested that the ionization time of the neutral atom, 
rather than its ionization potential, provides a better correlation with 
abundance (von Steiger 1998). The inverse of the First Ionization Time 
(FIT) correlates well with the FIP, but Kr (FIP = 14.0 eV) and Xe 
(FIP = 12.1 eV) seem to behave like intermediate rather than high-FIP 
elements in lunar samples (Weiler 1998). 
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The second effect is a reduction of the abundances of all elements 
relative to hydrogen. This has been less well studied, because individual 
in situ instruments generally cannot measure both hydrogen and the 
elements that are several orders of magnitude less abundant, and because 
the wavelength ranges of many spectroscopic instruments do not include 
hydrogen lines or continuum. In other cases, the hydrogen lines are 
optically thick or they are formed in entirely different regions than the 
other spectral lines. Recent studies of line/continuum ratios in solar 
flares and of UV line intensities above the solar limb have begun to 
remedy this problem, and depletions of order a factor of 3-10 are often 
observed. They are attributed to gravitational settling (Raymond et al. 
1997a; Feldman et al. 1999). 

Elemental abundances are important as diagnostics in themselves, in 
that they contain information about the physical processes that heat 
the corona and accelerate the solar wind. They also provide information 
about the exchange of material between the chromosphere and corona, 
and they are a means to connect observations of coronal structures with 
structures measured in the solar wind. For instance, Borrini et al. (1983) 
showed that helium abundance differs by up to a factor of 3 between 
the fast solar wind and the sector boundaries where the solar wind is 
slow. The FIP enhancement, which is strong in the slow solar wind and 
in streamers, but weak in the fast solar wind and coronal holes, is an 
especially good tracer. 

Knowledge of the abundances is also required for interpretation of 
many other observations, such as broad band X-ray measurements (e.g. 
YOHKOH) or narrow band EUV measurements (e.g. EIT or TRACE). 
The emission measure derived from these imaging observations is gen- 
erally inversely proportional to the assumed abundances, and derived 
temperatures can also depend on the abundances (e.g. Li et al. 1998; 
Ko et al. 2002). 

Elemental abundances also have important physical consequences. 
The radiative cooling rate is directly proportional to the metal abun- 
dances at temperatures up to about 10^ K, where bremsstrahlung be- 
gins to dominate (Raymond, Cox & Smith 1976). The mean particle 
weight can affect flow dynamics, and Hansteen, Leer and Holzer (1997) 
have studied the effects of helium on the fast solar wind. Moreover, 
preferential heating and acceleration of oxygen in the fast solar wind 
is attributed to cyclotron damping of plasma waves (Kohl et al. 1997, 
1998; Cranmer et al. 1999). While the small oxygen abundance im- 
plies only a weak effect on the overall dynamics of the wind, analogous 
preferential heating of helium could be very important. 
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Two recent books present extensive treatments of elemental abun- 
dances in the Sun and heliosphere (Frhlich et al. 1998; 
Wimmer-Schweingruber 2002). This paper presents an overview of coro- 
nal abundances and a summary of recent results. 

2. Methods 

The measurements of coronal and solar wind abundances are funda- 
mentally different, in that coronal values are derived from remote sensing 
observations, while solar wind composition is measured in situ. 

2.1 Coronal Observations 

Most coronal abundance determinations rely upon ratios of collision- 
ally excited emission lines. The intensity of such a line, usually given in 
units of photons/ (cm^ s sr), is 

^ f ^elem ^ /^lo 

^ = si 

where Ni/Neiem gives the fraction of the element in the ion observed 
(usually assumed to be in equilibrium, but see below) and Qex is the ex- 
citation rate coefficient for the observed emission line. The integration 
along the line of sight implies an averaging weighted by the local emis- 
sivity. The rapid density falloff with heliocentric distance means that in 
practice the average is very heavily weighted toward the location where 
the line of sight passes closest to the Sun. 

Both Ni/Neiem ^^d Qex are functions of temperature, but one can ob- 
tain the relative abundances of two elements by choosing spectral lines 
such that the product qex^i/Neiem has the same temperature depen- 
dence for both lines. A common example is ratio of the Ne VI and Mg 
VI multiplets near 400 A. This set of lines has the additional advan- 
tage that the wavelengths are so close that any instrumental radiometric 
calibration uncertainty cancels out. The derived abundance ratio still 
depends on the assumed atomic rates, but even this dependence cancels 
out for comparison of the abundance ratios among different solar fea- 
tures. The ionization fractions of Ne VI and Mg VI are nearly identical 
on the low temperature side of the peak, but significantly different on 
the high temperature side. In extreme cases, differences in temperature 
structure can masquerade as differences in abundance ratio (Del Zanna, 
Bromage &: Mason 2003). Time-dependent ionization might also affect 
the apparent abundances if flows though a steep temperature gradient 
are present (e.g. Dupree, Moore & Shaprio 1979), or if impulsive heating 
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occurs, as in nanoflare models for the corona (Raymond 1990; Laming 
& Feldman 1994; Spadaro et al. 1995). 

In the X-ray range, Ne X Lya and the nearby lines of Fe XVII are 
formed over similar temperature ranges, and the ratio is used to infer 
abundance ratios (e.g. Schmelzetal. 1996; Phillips et al. 1997). There is 
never a perfect match of temperature response, and time-dependent ion- 
ization could distort the derived abundances, but in general this method 
gives reliable relative abundances within the uncertainties in the atomic 
rates. However, discrepancies between observed and predicted line ratios 
have created a longstanding controversy regarding the Fe XVII atomic 
rates, the roles of cascades from highly excited states, resonances in the 
excitation cross sections, and optical depth effects (Liedahl et al. 1995; 
Chen & Pradhan 2002; Saba et al. 1999; Wood & Raymond 2000). 

To carry the analysis a step further, one can obtain absolute abun- 
dances if one of the elements being compared is hydrogen. This can 
be difficult, in that there are no lines of hydrogen shortward of 912 A. 
The Lyman continuum is optically thick, and it is formed in the chro- 
mosphere. Therefore it cannot be used for comparison with transition 
region or coronal emission lines. The Lya and LyP lines in the corona 
are optically thin, however, and their intensities can be compared with 
those of other lines. The comparison is complicated by the strong contri- 
bution of scattered chromospheric photons to the Lyman line intensities, 
but it is possible to separate out the collisional contribution to directly 
compare collisionally excited intensities (Raymond et al. 1997a). At 
shorter wavelengths, the bremsstrahlung continuum is largely formed by 
hydrogen, and it can be measured shortward of about 10 A. Absolute 
abundances in solar flares can be derived by measuring the equivalent 
widths of lines such as Ca XIX A3. 178, provided that that ion domi- 
nates at the temperature of the flare plasma and that the continuum is 
not contaminated by fluorescence due to X-rays a shorter wavelengths 
(Sylwester et al. 1998). At longer wavelengths, the bremsstrahlung 
brightness can be measured in the radio for comparison with EUV line 
intensities, though this has the disadvantage of requiring accurate abso- 
lute radiometric calibrations of very different instruments (White et al. 
2000 ). 

The level of uncertainty in these remote sensing measurements of el- 
emental abundances varies widely. It depends directly on instrumental 
calibration and the accuracy of the atomic rates used. It also depends 
upon simpliflcations such as ionization equilibrium and Maxwellian elec- 
tron distributions. These approximations can be checked if many spec- 
tral lines is available, but are most often untested assumptions. The 
uncertainties are discussed at length in Raymond et al. (2001). In gen- 
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eral, absolute coronal abundances are seldom reliable to better than 20% 
and in some cases are only good at a factor of 2 level, but relative abun- 
dances among different coronal structures or between selected pairs of 
elements are likely to be better. 

2.2 Solar Wind Measurements 

Elemental abundances in the solar wind are measured directly by in- 
struments aboard various spacecraft. This paper does not deal with 
energetic particles (see Schwadron, this volume). Some of the current 
instruments that measure the abundances of the bulk solar wind are 
CELIAS/MTOF aboard SOHO (Hovestadt et al. 1995), the SWIGS in- 
struments aboard ULYSSES and ACE (Bame et al 1992) and SWEPAM 
aboard ACE (McComas et al. 1998). The MTOF time of flight sensor 
provides high mass resolution. The SWICS instruments routinely deter- 
mine the charges and relative abundances of the 5 or 6 most abundant 
elements other than hydrogen, while SWEPAM measures the densities 
of H and He. A major limitation is that absolute abundance measure- 
ments often require accurate cross calibration of two separate instru- 
ments. While there is no line of sight integration problem for the in situ 
measurements, it is generally necessary to average over a considerable 
length of time. The abundances in the fast solar wind are quite con- 
stant, with a weak FIP effect if any is present at all, while abundances 
in the slow solar wind show considerable variation and an average FIP 
enhancement of about 4 (Geiss et al. 1995; von Steiger et al. 2000). 
This shows up in the striking correlation between solar wind speed and 
Mg/0 abundance ratio. Even in the fast solar wind, short time scale 
abundance fluctuations are apparent (Raymond et al. 2001). The bi- 
modal nature of the elemental composition, unlike the velocity distri- 
bution or the charge state distribution, persists through the solar cycle 
(Zurbuchen et al. 2002). 

3. FIP Effect 

Hnoux (1998) reviewed the models for FIP enhancement available 
at that time. They included models based on steady state or time- 
dependent diffusion (Marsch et al. 1995; Wang 1996; Peter 1998) and 
models that relied upon vertical or horizontal magnetic fields (Vauclair 
1996; von Steiger & Giess 1989; Hnoux & Somov 1997). McKenzie, 
Sukhorukova &: Axford (1998) showed that the early diffusion models 
depend upon artificial boundary conditions, and they went on to consider 
photoionization of upward flowing chromospheric material. Shock waves 
in the chromosphere may also play a role in determining the average 
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ionization state and therefore the FIP enhancement. Judge & Peter 
(1998) discuss the differences in time-averaged ionization states of high- 
and low-FIP elements in the presence of chromospheric shocks. 

More recently, Arge & Mullan (1998) have proposed that low FIP 
elements are preferentially driven into the current sheet region during 
reconnection events in the chromosphere. That paper presents detailed 
calculations of the inflow of neutrals and ions into the current sheet and 
assumes that the material in the current sheet is ejected into the corona. 
The overall rates of injection for a nanoflare- heated corona agree with 
the strong abundance variations and the time scale for the buildup of 
the FIP enhancement reported by Young & Mason (1997) and Widing 
& Feldman (2001). 

Another model that seeks to explain the global nature of the FIP effect 
was presented by Schwadron et al. (1999). They followed the evolution 
of a magnetic loop over time including the heating effects of MHD waves 
on minor ions. In their model, reconnection between closed loops and 
open held lines releases FlP-enriched plasma into streamer boundaries 
and thence into the slow solar wind. Again, the FIP enhancement is 
expected to increase with a time scale of a few days. This model has 
the appeal of tying the FIP effect in with solar wind measurements. It 
predicts that the FIP enhancement is largest for large magnetic loops, 
and these are the loops that are assumed to reconnect with open held 
lines to form the slow solar wind. 

Laming (2004) has recently extended the ideas of Schwadron et al. 
with a more detailed calculation of the effects of waves on ions in the 
chromosphere. He computes the pondermotive force on ions in the chro- 
mosphere due to Alfven waves and flnds enhancements of the low FIP 
elements Mg, Si and Fe of 3 to 3.3 in a model based on the empiri- 
cal chromospheric model from Vernazza, Avrett & Looser (1981) and a 
moderate Alfven wave energy density. The model predicts considerably 
larger enhancements for the very low FIP elements Na and K, and it 
has the potential for producing a negative FIP bias if Alfven wave re- 
flection leads to cancellation of upward and downward wave fluxes. It 
also predicts that sulfur, with a FIP of 10.4 eV, has an intermediate FIP 
enhancement. 

The models described above attempt to account for the FIP bias in 
fairly general terms. The high quality spectra available in recent years 
have generated many detailed observational studies of the FIP effect. 
Improvements in the atomic data have also reduced the uncertainty in 
abundance derivations, and narrow band images from FIT and TRACE 
have shown the morphologies of the regions being studied. We now 
consider various types of coronal structures: 
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Flares. X-ray observations of flares with SMM and Yohkoh-BCS 
yield a range of FIP enhancements, for instance a factor of 2 underabun- 
dance of high-FIP sulfur and factor of 1.5 overabundance of the low-FIP 
Ca (Fludra h Schmelz 1995,1999). Sylwester et al. (1998) found sig- 
nificant variations in calcium abundance among different flares, but no 
correlation between the Ca abundance and other flare parameters. In 
two events, the Ca abundance increased with time. A recent observa- 
tion with the RESIK instrument aboard Coronas-F finds a factor of 3 
enhancement for the very low FIP element potassium compared to S and 
Ar (Phillips et al. 2003). Departures from ionization equilibrium could 
influence the derived abundances, but they are believed to be important 
only in the very early phase of a flare (Feldman, Doschek &: Kreplin 
1980). 

SMM measurements of narrow y-ray lines also yield elemental abun- 
dances. Share & Murphy (1995) analyzed 19 solar flares observed by 
SMM. They found clear evidence for a FIP enhancement consistent 
with an average value of 4, but highly variable. The variation may 
be attributed to differences in the location of the 7 -ray production site, 
which could be close to the photosphere or considerably higher in the 
chromosphere or transition region. Murphy et al. (1997) observe abun- 
dance variations with time during an individual flare, possibly due to 
evolution of the height (and ionization state) of the region where the 
energetic particles deposit their energy in thermal plasma. 

Active regions. Active regions generally show a healthy FIP bias 
when observed in X-rays (McKenzie &: Feldman 1992) or in transition 
region lines (Mohan et al. 2000). There is some evidence for extreme 
enhancement of lowest FIP elements, K and Ca (Doschek et al. 1985; 
Phillips & Feldman 1999; Mohan et al. 2000; Falconer, Davila & Thomas 
1997). However CDS observations of two active regions between the solar 
surface and 1.3 R© by Parent! et al. (2003) showed no enhancement or 
Al or Ca compared to other low FIP elements. Del Zanna (2003) found 
no FIP enhancement in quiescent 1 MK active region loops, while Del 
Zanna & Mason (2003) found a factor of 4 FIP enhancement in other 
loops. Studies of active regions over time indicate that they form with 
little FIP enhancement, but the enhancements progressively increase 
as the active region ages (Widing & Feldman 1997). Sheeley (1995) 
suggests that material rich in high-FIP elements may be associated with 
emerging magnetic flux. 

At larger heights, the streamers above active regions have been ob- 
served by UVCS. Raymond et al. (1997a), Parent! et al. (2003), Uzzo 
et al. (2004) and Bemporad et al. (2003) observed fairly typical active 
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region streamers, while Ko et al. (2002) and Ciaravella et al. (2002) 
observed the streamer above a young, extremely unstable and hot ac- 
tive region. These analyses require simultaneous determination of the 
coronal temperature or Differential Emission Measure to obtain elemen- 
tal abundances, and they vary in the number of spectral lines available 
for study. All these analyses found fairly typical FIP enhancements of 
factors of 2 to 4, except for the two streamers observed by Parent! et al. 
(2000), where no FIP enhancement was seen. 

The UVCS observations of a hot active region by Ko et al. (2002) 
covered the range from 1.22 to 1.6 Rq. The FIP bias was constant at 
about a factor of 4 over this range, though the absolute abundances all 
declined by about a factor of 2 to 3. Calcium and Potassium behaved like 
the other low FIP elements, in spite of their unusually low FIPs. Neon 
appeared to be somewhat overabundant and to vary more dramatically 
with height compared to the other high-FIP elements. However, the 
sole neon line available, a Ne IX line at 1248 A, is extremely sensitive 
to temperature. 

Quiet Sun. SUMER observations of the quiet Sun between 1.05 
and 1.35 Rq by Warren (1999) and observations at 1.1 Rq by Laming et 
al. (1999) resulted in FIP biases of 2.3±0.7 and 3-4, respectively. At the 
base of a coronal streamer at heights between 1.03 and 1.5 Rq, SUMER 
observations showed FIP biases of 3-4 (Feldman et al. 1998) based on 
the abundances of He, N, O, Ne, ,Na, Mg, Si, S, Ca, and Fe. Laming & 
Feldman (2001) measured the helium abundance at 1.05 RQin the quiet 
Sun. Their result, 0.052±0.005, is about half the photospheric value, 
and it is similar to values measured in the slow solar wind. 

At solar minimum, a streamer belt associated with the magnetic neu- 
tral line encircles the Sun and extends out into the heliosphere to become 
the slow solar wind. It incorporates active regions, but it is also bright 
at longitudes where no active regions are present. UVCS observations of 
quiet Sun streamers at 1.5- 1.7 Rq showed FIP biases of about a factor of 
3 based on the ratios of O, S and Ar to Mg, Al, Si, Ca and Fe (Raymond 
et al 1997a; Li et al. 1998; Marocchi, Antonucci & Giordano 2001; Uzzo 
et al. 2003, 2004). Uzzo et al (2003) found the FIP bias to stay constant 
over several solar rotations in the solar minimum equatorial streamer at 
1.7 Rq. 

Coronal Holes. Observations of coronal holes are more difficult 
due to their lower brightness at coronal temperatures and to the possible 
complications of time-dependent ionization balance and non-Maxwellian 
electron distribution (Ko et al. 1997; Esser, Edgar & Brickhouse 1998; 
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Edgar & Esser 2000). For heights above about 2 Rq, the ionization state 
is frozen in, but too few lines are observable to give a good abundance 
determination. The spectra at transition region temperatures are nearly 
indistinguishable from those of the quiet Sun (Vernazza & Reeves 1978; 
Curdt et al. 2001). SUMER observations by Doschek et al. (1998) 
and Feldman et al. (1998) below 1.2 RQshow essentially no FIP effect. 
Laming & Feldman (2003) find that the helium abundance below about 
0.1 Rq varies among several coronal holes, and that the value is at or 
below the range 0.04-0.05 observed in the fast solar wind. This leads 
them to conclude that helium is flowing upward faster than hydrogen at 
these heights in order to match the fluxes observed at 1 AU. Abundances 
of other elements in polar plumes also appear to be close to photospheric 
(Teriaca et al. 2001; Antonucci &; Giordano 2001). 

Prominences. Few abundance determinations are available for 

prominences. Spicer et al. (1998) used a SUMER spectrum to derive a 
modest FIP bias of about 2 for one prominence. Mohan et al. (2000) 
report small scale variations of the FIP bias within a prominence, span- 
ning a range of 1.6 to 8.8. These small scale variations may be related 
to the small scale, rapid flows seen in prominences (Kucera, Tovar & De 
Pontieu 2003) 

Coronal Mass Ejections. Similarly, there are few abundance 

determinations available for Coronal Mass Ejections near the Sun. Cia- 
ravella et al. (1997) report a FIP bias near 3 based on doubly ionized 
species of C and N in one event, indicating that this is prominence ma- 
terial. Ciaravella et al. (2002) and Ko et al. (2003) report normal 
FIP biases in the current sheets trailing two CMEs, indicating that this 
higher temperature gas originated in the active region corona. 

Average Coronal FIP Bias. A substantial amount of scatter is 
observed in the FIP bias of different regions, but Figure 1 summarizes 
typical results. The top panel shows coronal hole abundances relative to 
the photospheric abundances of Holweger (2001) at a height of 1.1 Rq 
(F eldman et al. 1998; Laming & Feldman 2003). The lower panel shows 
abundances at the base of a quiet Sun equatorial streamer obtained by 
SUMER (Feldman et al. 1998), abundances at 1.5 Rq in the core of 
a quiet Sun equatorial streamer obtained with UVCS (Raymond et al. 
1997a) and abundances at 1.5 Rq in an active region streamer from 
UVCS (Ko et al. 2002). Dashed lines indicate constant abundances 
for the coronal hole and factor of 4 FIP biases for the other abundance 
sets. In summary, the coronal hole shows no FIP bias, while both quiet 
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First Ionization Potenlial 



Figure 12.1. Figure 1. Typical coronal abundances in coronal holes, the quiet Sun 
and active regions. 



Sun and active region spectra indicate FIP biases of 3 to 4. There is 
significant scatter, likely due to observational uncertainty. There is little 
evidence for the enhanced FIP bias for very low FIP elements predicted 
by Laming (2004), but some evidence for the intermediate enhancement 
of S predicted by that model. 

Solar Wind. Solar wind measurements of FIP enhancements show 
a wide variation, and, as mentioned above, a strong correlation with solar 
wind speed. The Mg/0 abundance ratio is most frequently used (Geiss 
et al. 1995; von Steiger 1998). Aellig et al. (1999) measured an Fe/0 
ratio of 0.11±0.03 in generally low speed wind with CELIAS/CTOF. 
The Fe/0 ratio decreased by a factor of 2 when the solar wind speed 
increased from 350 km/s to 500 km/s. The value at the lowest speed 
is compatible with the values observed in the equatorial streamer belt 
at the same time by Raymond et al (1997a). Composition studies of 
Interplanetary Coronal Mass Ejections (ICMEs) tend to focus on charge 
state distributions (e.g. Lepri et al. 2001), but Wurz et al. (2001) 
have derived elemental abundances in 5 magnetic clouds from MTOE 
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measurements. They find variations among the events, but in general 
oxygen and other low mass elements are depleted relative to hydrogen, 
while high mass elements are enhanced relative to oxygen. This seems 
not to be a FIP effect in that argon behaves like calcium and iron. Wurz 
et al. (1997) present a model for mass fractionation in the pre-CME 
loops. In an especially well-studied event that was rich in ^He, Gloeckler 
et al. (1999) report an He/0 ratio ten times that of the normal slow 
solar wind, along with an Fe/0 ratio more than twice normal. 

The most direct comparisons between coronal and solar wind abun- 
dances can be made by observing above the solar limb when ULYSSES 
is at quadrature, so that one observes the same gas close to the Sun and 
a few days later at several AU. Parent! et al. (2003) find typical coro- 
nal FIP enhancements in the streamer at 1.2 RQfrom SUMER spectra. 
Bemporad et al. (2003) find good agreement between Fe/0 ratios in 
the streamers they observed with UVCS at 1.6 and 1.9 R©and in the 
low speed wind (between 309 and 365 km s“^ measured 18 days later 
by ULYSSES at 1.35 AU, though the uncertainties are large enough to 
prevent an exact comparison. Ko et al. (2001) attempted to connect 
UVCS coronal observations with ACE/SWICS solar wind measurements 
by means of a global solar magnetic field source surface map and an MHD 
model for the solar wind flow. The comparison proved difficult, perhaps 
because of line-of-sight effects in the coronal analysis or because of the 
sensitivity of the traceback from ACE to the solar surface to the details 
of the solar wind acceleration. 

4. Gravitational Settling 

The scale height for a metal ion at coronal temperatures is quite small, 
so the possibility of gravitational settling must be considered. Diffusion 
models of the transition zone by Roussel-Dupre (1980), Shine, Cerola 
& Linsky (1975), and Fontenla, Avrett & Loeser (2002) predict very 
strong changes in absolute abundances resulting from diffusion in the 
steep temperature gradients of the transition zone. Lenz, Lou &: Rosner 
(1998) modeled the abundance variation along a magnetic loop including 
diffusion and the effects of the polarization electric field. They found 
that the Si and Fe abundances near the top of the 10^ cm loop declined 
by factors of 10 and 200 relative to abundances at the base if the loop 
remained in steady state. However, even modest flows along the loop 
can increase the abundances by orders of magnitude, and models with 
plasma flow predict relatively constant abundances along the loop (Lenz 
2004). 
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Figure 12.2 Abundances 
versus height in an active 
region (Ko et al. 2002). 
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In flowing plasma of the solar wind, ion drag will tend to carry the 
heavy elements along with the hydrogen. Ofman (2000) performed mul- 
tifluid calculations of the flow along open magnetic field lines at the edge 
of a streamer. He found that Coulomb friction between outflowing pro- 
tons and oxygen ions maintained an oxygen abundance in the streamer 
legs several times higher than in the closed field region of the streamer 
core. 

Gravitational settling was proposed as an explanation for the severe 
depletion observed in the equatorial streamer belt at solar minimum 
(Raymond et al. 1997a). The UVCS observations at 1.5 R© showed oxy- 
gen abundances about 1/3 photospheric along the edges of the streamer, 
but only about 1/10 photospheric in the streamer core. There was a FIP 
enhancement of about 3 in low-FIP to high-FIP abundance ratios, but 
the relative abundances were essentially the same in the streamer core 
and streamer legs. The change in absolute abundances was attributed 
to a difference between the open field lines of the streamer legs and the 
closed field of the streamer core, suggesting that heavy elements in the 
closed field would settle toward the solar surface. Alternatively, Nod et 
al. (1997), suggest a multipolar field structure in which the field lines are 
open near the streamer center. This interpretation requires some other 
explanation, such as variation in the ion drag as a result of the velocity 
variation near the center of the streamer, to explain the low abundances 
in the core. 

Elemental abundances appear more normal near the solar surface, 
in that Feldman et al. (1998) report a normal FIP enhancement and 
nearly photospheric absolute oxygen abundance based on SUMER spec- 
tra. They also find that Fe lines drop off with height more quickly than 
Si lines, as expected for gravitational settling of the heavier elements. 
Ko et al. (2002) showed that absolute abundances of all the elements 
measured (N, O, Ne, Mg, Al, Si, S, Ca, Ar, Fe) declined by about factors 
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of 2 to 5 between 1.2 and 1.6 R© above a bright active region. Parenti et 
al. (2000) also find depleted abundances at 1.6 Rq in several streamers. 
Figure 2 shows the abundances of O, Si and Fe as functions of heliocen- 
tric distance from Ko et al. (2002). The clear decline in abundance with 
height is qualitatively consistent with the Lenz, Low & Rosner (1998) 
picture, but the magnitude the the decline is much smaller. This sug- 
gests that fiows compete with diffusion. As the diffusion settling time 
is about one day, fiows must replenish the coronal gas on about that 
time scale. There is as yet no clear indication of whether steady fiows of 
the type envisioned by Lenz (2004) or impulsive events of the nanofiare 
type envisioned by Arge & Mullan (1998) provide the coronal metals. 
It is conceivable that anisotropic temperature distributions like those in 
coronal holes also help to support the ions (see Cranmer et al. 1999), 
but severe broadening of the oxygen lines only sets in at larger heights 
(Frazin, Cranmer &: Kohl 2003). 

The low abundance cores seem to be a quite common phenomenon. 
Streamers that do not show such a core may be fundamentally different, 
but is is quite likely that they are merely viewed at an unfavorable 
angle, or that they are observed above the streamer cusp, where no 
closed field exists. Marocchi et al. (2001) and Uzzo et al. (2003, 2004) 
have found depletions in streamer cores of roughly a factor of 3 relative 
to the abundances in the streamer legs. 

The low abundance cores of streamers can be identified up to 2.5 or 3 
RQin streamers with favorable viewing geometry. This may be a way to 
identify the magnetic field cusp if the low abundance really does trace the 
closed magnetic field region. There have been some attempts to deter- 
mine abundances above 2 Rq. Zangrilli et al. (2001) and Marocchi et al. 
(2001) found a continued decline in oxygen abundance at larger heights. 
It becomes very difficult to separate core and leg contributions much 
above 1.5 Rq, however, because projection effects mix the two contribu- 
tions along the line of sight. Raymond et al (1997b) used an empirical 
description of the solar minimum equatorial streamer to estimate that 
emission from the projected legs of the streamer contributed 20% of the 
observed O V intensity at 1.5 Rq, 50% at 1.75 RQand 80% at 2 Rq for 
the most favorable case, an arcade viewed end-on. Vasquez, Raymond 
& van Ballegooijen (2004) find that projection may account for even 
larger fractions of the core intensities, especially at larger heights. If the 
streamer is viewed perpendiculate to the magnetic arcade, projection 
effects will be impossible to disentangle. 

Absolute abundance measurements in the solar wind are less common 
than relative abundance measurements. Wimmer-Schweingruber (1994) 
obtained H/0 = 1890±600 in the slow solar wind and 1590±500 in the 
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fast wind. These values are not significantly different, and they are 
equal to the photospheric value to within the uncertainties. They are in 
keeping with the association of fast solar wind with coronal holes, but 
then one would expect an H/O ratio at least a factor of 2 higher if the 
slow solar wind originates in the legs of streamers. The discrepancy is 
surprising, in that the FIP enhancements support these associations (e.g. 
Geiss et al. 1995). While it is possible that the slow wind originates in 
open field lines just outside the regions that appear as bright streamers, 
it is also possible that there is a systematic error in either the coronal or 
in situ value, or that some mixing between fast and slow wind regions 
occurs in either the coronal measurements (by projection effects) or the 
in situ measurements (by temporal averaging or by actual mixing of solar 
wind flows). The extremely low oxygen abundance in streamer cores 
compared with solar wind values implies that plasma from the cores 
makes at most a small contribution to the slow solar wind (Raymond et 
al. 1997a). 

5. Comparison with Other Stars 

Abundance measurements in other stars shed some light on the mech- 
anism for the FIP effect. Drake (2003) provides a review of elemental 
fractionation in the coronae of other stars based on EUV and X-ray ob- 
servations. FIP enhancements comparable to those seen in solar active 
regions have been reported in some stars based on EUVE spectra (^ Boo, 
Drake & Kashyap 2001) and grating spectra from XMM and Chandra 
{a Cen, Raassen et al. 2003; AB Dor, Sanz-Forcada, Maggio & Micela 
2003), but no FIP effect is seen in other stars (Procyon, Raassen et al. 
2002). On the other hand, an inverse FIP effect, with low FIP elements 
depleted relative to high-FIP elements has been reported in some cases 
(e.g. HR1099, Drake et al. 2001; AU Mic, Drake 2002). In other cases, 
the abundances seem to scatter with no clear FIP dependence (II Peg, 
AR Lac; Huenemoerder et al. 2001, 2003). Drake (2002) suggests that 
stars with solar-like activity levels show solar-like FIP patterns, while 
more active stars show Fe depletions of factors of 3 to 10. Audard et 
al. (2003) report that highly active RS CVn stars show an inverse FIP 
effect, while intermediate activity RS CVn show a possible solar-like FIP 
bias. 

Clearly these abundances are averages over the entire stellar coronae, 
but they are strongly weighted toward the highest density, most active 
emission regions. None of the models proposed to explain the solar FIP 
effect seems likely to be able to deal with the inverse FIP effect or the 
more scattered abundance patterns of II Peg or AR Lac except for that of 




REFERENCES 



367 



Laming (2004), which may produce an inverse FIP effect in low gravity 
stars. 



6. Summary 

The pattern of elemental abundances varies considerably among dif- 
ferent regions in the solar corona and solar wind, but other stars show 
other abundance patterns still. These abundances must be considered 
when deriving other physical quantities from X-ray or EUV observa- 
tions. The elemental fractionation also presents a potentially powerful 
means for understanding the heating of stellar chromospheres and coro- 
nae. However, there is as yet no clear consensus about the mechanism 
that drives the FIP effect, and it seems not yet possible to use abun- 
dance measurements to learn about the physical processes that heat the 
corona and drive the solar wind. 
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Abstract The Sun’s magnetic field permeates all solar layers from the bottom of 
the convection zone out to the edge of the heliosphere. Through its con- 
tinuous interaction with the Sun’s fiow field, the magnetic field evolves, 
but also infiuences these fiows. In the solar atmosphere the field also 
affects the thermal state of the gas, producing such diverse phenomena 
as dark sunspots in the photosphere, plages in the chromosphere and 
transition region and x-ray loops in the corona, in addition to a rich 
collection of dynamic and explosive phenomena. Here a brief overview 
is given of the magnetic field as it threads it way through all these lay- 
ers. Emphasis is placed on considering the magnetic field in relation 
to other quantities from one layer to the other. Results of recent in- 
vestigations are employed to illustrate the magnetic structure and the 
processes described here. 

Keywords: The Sun: magnetic field - convection zone - photosphere - chromosphere 
- corona - heliosphere 



1. Introduction 

The Sun’s magnetic field threads its way from the bottom of the con- 
vection zone to the edge of the heliosphere. On the way it causes and 
controls a great variety of phenomena while in turn being plied and 
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stretched by such processes as convection, differential rotation and the 
solar wind. 

Due to this interaction and the central role played by the magnetic 
field this review perforce touches upon a large chunk of solar and helio- 
spheric physics. Limited space (to say nothing of the author’s laziness) 
prevents an in-depth coverage of these topics. Instead I’ll briefly touch 
upon a few aspects and refer to other publications for more details. This 
overview is structured geometrically, moving from deeper or lower solar 
layers to outer or higher ones. This has a certain logic to it, since the 
magnetic field is generated in the solar interior, from where it rises to 
the solar surface and thence spreads into the Sun’s atmosphere. There a 
fraction of the field lines is pulled out into the heliosphere and ‘opened’ 
by the solar wind, i.e. stretched until they reach the local interstellar 
medium. 

In almost all cases, it is the lower layers which affect the higher layers. 
For example, the magnetic field in the photosphere determines to a large 
extent the magnetic structure of the corona. Consequently, it makes 
sense to discuss the lower layers first. 

2. Solar Interior 

The generally accepted idea is that a dynamo located at the base of the 
convection zone is responsible for the magnetic flux appearing at the so- 
lar surface in, e.g., active regions (Schmidt 1993; Ossendrijver 2003). In 
theoretical studies the dynamo is generally placed in the overshoot layer 
below the convection zone for stability reasons: it is extremely difficult 
to store sufficiently large amounts of magnetic flux inside the convection 
zone without this field becoming unstable to buoyancy (Parker 1975; 
Schiissler 1979), although Nordlund et al. (1992) have argued that con- 
vection, in particular rapid downflows, can pump magnetic flux down- 
wards and store significant amounts of flux in the lower convection zone. 

The evidence that the dynamo is located near the convection zone’s 
base is strengthened by recent determinations of the Sun’s internal rota- 
tion. Such studies, based upon data obtained by the Michelson Doppler 
Interferometer (MDI; Scherrer et al. 1995) and the Global Oscillations 
Network (GONG); Harvey et al. 1996), have revealed a strong shear 
layer between the differentially rotating convection zone and the solidly 
rotating radiative core (Schou et al. 1992, 1998; Tomczyk et al. 1995; 
Thompson et al. 2003). The differential rotation deduced from MDI data 
is plotted in Fig. 1. While the nature, the origin and the location of the 
helical motions that regenerate the magnetic field are still controversially 
discussed (Schmitt 1987, 2003; Brandenburg and Schmitt 1998; Dikpati 
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and Gilman 2001; Parker 1993; Durney 1995), there is increasing sup- 
port for the idea that the meridional circulation might play an important 
role in transporting/redistributing the general magnetic flux (Choudhuri 
et al. 1995; Durney 1995, 1996, 1997; Dikpati and Charbonneau 1999; 
Nandy and Choudhuri 2001; Kiiker et al. 2001; Hathaway et al. 2003). 
There has also been considerable progress in determining the structure 
and properties of the meridional circulation, seen as a poleward flow of 
gas at the solar surface (Hathaway 1996; Duvall and Gizon 2000). 

The advantage of storing the held in the overshoot layer is that held 
strengths much stronger than those in equipartition with the kinetic 
energy of the convection can be built up and stored before the held suc- 
cumbs to the Parker instability (Ferriz-Mas and Schiissler 1993, 1995). 

Such super-equipartion flelds are required in order to reproduce vari- 
ous properties of active regions including the correct emergence latitudes, 
the tilts relative to the East- West direction of the axes connecting the 
opposite polarities (Joy’s law) (Fan et al. 1993, 1994; D’Silva and Choud- 
huri 1993; Schiissler et al. 1994; Caligarie et al. 1995, 1998). 

Not all the magnetic flux that leaves the overshoot layer in the di- 
rection of the surface manages to reach it. If the held is too weak it is 
susceptible to the influences of the convective flows. These can brake 
the rise of the held and can distort the flux tube (Schiissler 1979). In 
extreme cases this can even lead to the ‘explosion’ and destruction of 
magnetic flux tubes (Rempel and Schiissler 2001). 

3. Solar Surface 

After the magnetic flux has survived the dangers of a passage through 
the convection zone, it appears at the solar surface as a bipolar mag- 
netic region. At this stage the magnetic held becomes accessible to di- 
rect observation. For example, magnetograms mapping the line-of-sight 
component of the held or the full magnetic vector can be recorded (an 
example of a full-disk line-of-sight magnetogram is shown in Fig. 2). A 
greater amount of information can be obtained from spectropolarimetric 
observations, which allow more reliable determinations of the magnetic 
vector (Lites et al. 1994; cf. Landi Degl’Innocenti 1992) and also en- 
able the depth dependence of important atmospheric parameters to be 
determined (e.g. Solanki 1986; Keller et al. 1990; Ruiz Cobo and Del 
Toro Iniesta 1992; Frutiger et al. 1990; Westendorp Plaza 1997; Socas 
Navarro et al. 1999). 

The largest and most striking bipolar regions are the active regions 
appearing in the activity belts. These only form the large-scale end 
of a broad distribution of sizes of bipolar regions of freshly emerged 
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Figure 13.1. Cutaway through the Sun showing rotation frequency (colour coded 
and iso- frequency contours). The vertical axis is the polar axis, the horizontal axis 
corresponds to the solar equator, the outer circle (solid) represents the solar surface, 
the inner circle the bottom of the solar convection zone. The iso- frequency contours 
running along the convection zone boundary indicate the shear layer (from Thompson 
et al. 2003, by permission). 



flux. Much more common than the active regions are the ephemeral 
active regions and although each of these individually carries orders of 
magnitude less flux than an active region, their larger number means that 
the flux emergence rate in ephemeral regions (2— 4x lO^^Mx/yr) is orders 
of magnitude larger than in active regions (3 x 10^^ — 3 x lO^^Mx/yr) 
(Harvey 1993). This is compensated somewhat by the fact that the 
lifetime of the flux emerging in the ephemeral regions is 1-2 orders of 
magnitude shorter (tens of hours; Harvey 1993; Schrijver et al. 1998; 
Hagenaar et al. 2003) than of active regions (on the order of months). 

At the solar surface the magnetic held is filamented into concentra- 
tions having sizes ranging from tens of thousands of km (sunspots; for 
an overview see Thomas and Weiss 1992; Schmieder et al. 1997; Solanki 
2003) to below the spatial resolution (magnetic elements; reviewed by 
Solanki 1993; Stenflo 1994). Although the magnetic held strength aver- 
aged over the solar surface is a few tens of Gauss and can vary by large 
amounts between the quiet Sun and active regions, individual magnetic 
concentrations often have kG intrinsic held strengths (Hale 1908; Stenflo 
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Figure 13.2. Full-disk magnetogram recorded by the Michelson Doppler Interferom- 
eter (MDI). Grey areas exhibit little net line-of-sight field, while white and black 
correspond to opposite polarities. The plotted magnetogram was obtained after inte- 
grating over 56 single magnetograms (after compensating for solar rotation) in order 
to reduce the noise and reveal weaker magnetic features. 



1973; Rabin 1992; Riiedi et al. 1992; Solanki 1993). These magnetic con- 
centrations, many of whose global features can be described by simple 
flux-tube models (e.g. Defouw 1976; Spruit 1976; Deinzer et al. 1984a, 
b; Jahn and Schmidt 1994; Zayer et al. 1989; Steiner et al. 1986), on 
closer inspection reveal a highly complex and dynamic (internal) struc- 
ture. For sunspots this has been deduced directly from observations 
(e.g., Scharmer et al. 2002; see Sobotka 1997; Solanki 2003 for a review). 
For the unresolved magnetic elements time series at the highest spatial 
resolution only give a flavour of the complex internal structure and dy- 
namics (Keller 1992; Berger et al. 1998; Muller et al. 1994). For a more 
detailed view we have to take recourse to simulations (e.g. Steiner et al. 
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1998; Gadun et al. 2001; Vogler and Schiissler 2002; Bercik et al. 2003; 
Vogler 2003). 

The latest 3-D simulations of Vdgler and co-workers have now reached 
a level of realism at which they can reproduce sensitive observations 
with high precision. For example, synthetic G-band images (a spectral 
region around 430 nm harbouring many CH lines) match the statistical 
properties and contrasts of observed images after the former have been 
spatially degraded to the same spatial resolution as the observational 
data (Schiissler et at. 2003; Shelyag et al. 2004). The comparison is 
shown in Fig. 3. A detailed analysis reveals that although the tempera- 
ture at a given height in small magnetic flux concentrations is lower than 
in the surroundings, they appear brighter (since we observe deeper, hot- 
ter layers due to evacuation). Also, it is noticeable that the narrowest 
magnetic flux sheets are considerably narrower than the intergranular 
lanes in which they are located (this is visible in both, brightness and 
velocity maps - the latter not shown in Fig. 3). Thus, almost static gas 
is co-located with the intense magnetic held, which is bordered on both 
sides by strong downflows. All these properties are representative of the 
traditional flux-tube (or flux-sheet; Deinzer et al. 1984a, b) model of 
magnetic flux concentrations. Other properties predicted by models of 
thin flux sheets are also seen. These include horizontal pressure equilib- 
rium, the presence of heat influx through the walls and a rapid expansion 
of the held with height. In addition, the simulations show new features, 
e.g., in connection with the evolution of magnetic features. 

For the largest magnetic structures in the solar photosphere, sunspots, 
the situation is in some ways reversed. Sunspots are well resolved by 
observations, which reveal a wealth of detail at all spatial scales. Even 
the smallest observable scales are important for at least some of the 
global properties of the sunspot. For example, the complex flne-scale 
structure of the magnetic and velocity flelds in the penumbra (Schmidt 
et al. 1992; Title et al. 1993; Solanki and Montavon 1993; Westendorp 
Plaza et al. 1997; Bellot Rubio et al. 2003; Solanki and Riiedi 2003) is 
responsible for the brightness of the penumbra as a whole (Jahn and 
Schmidt 1994; Schlichenmaier and Solanki 2003). This makes the self- 
consistent modelling of sunspots extremely difficult, since a very large 
range of spatial and temporal scales must be considered simultaneously. 

The magnetic held concentrated into sunspots, faculae and the net- 
work is also responsible for causing changes in solar irradiance varia- 
tions. This has been shown convincingly for cycle 23 by Krivova et al. 
(2003), who employed spectra computed using atmospheric models of 
these magnetic structures (Unruh et al. 1999) applied to MDI magne- 
tograms in order to reproduce VIRGO (Variability of IRradiance and 
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Figure 13.3. Simulated and observed images of the G-band contrast (local G-band 
brightness divided by spatial average: Ig/{Ig)) and magnetic structure at the solar 
surface. Upper left: Synthetic filter image of the simulation area (6000 x 6000 km^) 
in the G-band spectral region around 430 nm. The extended bright regions are con- 
vective upwellings (granules) surrounded by a network of dark downflow lanes. The 
small brilliant patches in the dark areas coincide with magnetic flux concentrations. 
Upper right: Gray shading of the magnetic field strength (in units of Gauss) at the 
same time step as the G-band contrast image. About two-thirds of the vertical mag- 
netic flux penetrating the simulation box has been assembled into flux concentrations 
with a field strength above 1000 G (100 mT). Lower left: G-band image after spatial 
smoothing mimicking the diffraction by a telescope of Im aperture and the image 
degradation by the Earth’s atmosphere. Lower right: Observed G-band image of the 
same size as the simulated image with about the same area fraction of G-band bright 
points as in the simulation (subfield of an image that was taken with the SST on La 
Palma, courtesy of the Royal Swedish Academy of Sciences). Figure from Schiissler 
et al. (2003). 



Gravity Oscillations; Prohlich et al. 1995) total and spectral irradiance 
measurements. They found that on time scales up to the solar cycle, sur- 
face magnetic features explain over 90% of the measured total irradiance 
variations. This conclusion has recently been supported by work done by 
Livingston and Wallace (2003); Walton et al. (2003) and Woodard and 
Libbrecht (2003). In particular, the latter authors argue that the con- 
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elusion reached earlier by Kuhn et al. (1988) that non-magnetic changes 
are the main cause of irradiance variations over the solar cycle is not 
tenable. 



4. Chromosphere and Corona 

The character of the magnetic field changes with height in the atmo- 
sphere. The dominating magnetic structures in the photosphere are 
best described by the flux-tube (or flux sheet) model. This still holds in 
the lower chromosphere, but the held fans out ever more rapidly with 
height, Anally forming a magnetic canopy, i.e. a layer of almost horizon- 
tal held overlying a nearly field-free atmosphere (Giovanelli and Jones 
1982; Jones and Giovanelli 1983; Solanki and Steiner 1990). Although it 
is agreed that the held from different photospheric sources must merge 
at some height, there is some controversy about the exact value of this 
height. The situation is also made more complicated by the fact that 
many of the held lines connect to nearby regions of opposite magnetic 
polarity, forming low-lying magnetic loops. In any case, in the upper 
chromosphere the magnetic held is more homogeneous than in the pho- 
tosphere below. This is clearly borne out by magnetic maps and scans 
made in He I 10830 A (Harvey and Hall 1971; Riiedi et al. 1995; Solanki 
et al. 2003). By the height at which the He I 10830 A line is formed, 
near the top of the chromosphere in standard, plane parallel and time 
independent atmospheric models (Avrett et al. 1994, cf. Fontenla et al. 
1993), the magnetic energy density dominates over the thermal energy 
density almost everywhere. Above that height the structure of the held 
depends on the distribution in the photosphere of the magnetic flux and 
of the magnetic held direction (in particular the polarity). In bipolar 
regions (e.g. active regions) and in mixed polarity regions the domi- 
nant structure in the overlying corona is the magnetic loop. If a single 
magnetic polarity dominates over a sufficiently large area then a large 
fraction of the held lines are open, i.e. stretched out into the heliosphere 
by the solar wind. Figure 4 illustrates the general components of the 
magnetic structure in the solar atmosphere (adapted from Zwaan and 
Gram 1989). Note that at any given time only a very small fraction (of 
the order of a few percent) of the Sun’s total magnetic flux is in the form 
of open held, so that the heliospheric field is not necessarily representa- 
tive of the Sun’s total flux. In other words, almost all of the magnetic 
held lines leaving the Sun’s surface, turn around within a few solar radii 
and return to the solar interior. 

Open and closed magnetic flux manifests itself very differently in its 
respective radiative properties. Almost all of the EUV and X-ray radia- 
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Figure 13.4- Illustration of concepts of the magnetic structure in stellar atmospheres, 
showing the field rooted in strong fiux bundles in the convective zone. The flux-tube 
domain of discrete flux bundles, separated by nearly field- free plasma, extends upward 
through the photosphere and into the low chromosphere. In the upper chromosphere 
the flux tubes merge, creating the magnetic canopy. The magnetosphere, defined as 
the domain above the merging level, is pervaded by magnetic field. The stellar wind 
flows along the magnetic field wherever it is (temporarily) open to interstellar space. 
The inset illustrates that the magnetic field in the photosphere in concentrated in 
many small fibrils which compose each of the larger elements (e.g. network elements) 
plotted in the main figure (figure adapted from Zwaan and Cram, 1989). 



tion emitted by the Sun comes from closed field lines. Le., almost all the 
radiation seen by the SXT instrument on YOHKOH (Acton et al. 1992) 
and by the channels sampling radiation at above 5 x 10^ K in EIT (De- 
laboudiniere et al. 1995) on SOHO (as well as on TRACE; Handy et al. 
1999) comes from closed field regions. A significant fraction of the radi- 
ation recorded by the LASCO C2 and C3 coronagraphs (Bruckner et al. 
1995), however, is emitted by gas located between open field lines. This 
is mainly due to the relatively large distance to the solar surface sam- 
pled by these instruments, since the ratio of open to closed fiux increases 
rapidly with distance from the solar surface. The ‘permanently’ open 
field lines, i.e. those remaining open on time scales of multiple weeks or 
longer, are generally associated with the fast solar wind. In contrast, the 
slow solar wind is often associated with transiently open magnetic field. 
The most powerful events during which the field lines open, allowing 
matter to escape into the heliosphere, are the Coronal Mass Ejections 
(reviewed e.g., by Webb 2000; Crooker 2000; Gopalswamy et al. 2003). 
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These different manifestations of closed and open fields are due to a 
fundamental difference in the way the energy flux input from the solar 
photosphere (in the form of either wave energy or excess energy in the 
magnetic field, stored in the form of magnetic tension) is converted into 
other forms of energy. In a closed field region (i.e. in magnetic loops) 
no gas can escape across the field lines, so that most of the energy 
flowing from below is converted into heat and conducted downwards 
along the field lines, irrespective of the exact mechanism by which the 
energy is transported and released (wave dissipation, ohmic dissipation 
of magnetic energy at current sheets or magnetic reconnection; e.g., 
Narain and Ulmschneider 1996). This hot and dense gas radiates very 
efficiently. 

In open field regions the energy propagating from below is mainly 
spent accelerating the gas, which then escapes along the field lines in 
the form of the solar wind. Only a small fraction (estimated to be on 
the order of 10%) is conducted back down again and radiated away, 
leading to the fact that coronal holes are much less bright than the quiet 
Sun (Gabriel 1976). 

This simple picture does not explain the fact that at temperatures 
below approximately 5 x 10^ K (e.g. Stuck! et al. 2002) coronal holes are 
equally bright as parts of the quiet Sun containing mainly closed field 
lines. One proposed solution has been to suggest that many smaller and 
less hot (transition region) loops are present in both types of regions 
(Dowdy et al. 1986; Feldman et al. 2000; Feldman 2002; cf. Peter 2002). 

The physics of the heating and acceleration processes is complex and, 
finally, not completely understood. An overview of coronal heating pro- 
cesses is given by Narain and Ulmschneider (1996). 

One of the main barriers to progress in this field has been the paucity 
and limitations of observations of the magnetic field in layers above 
the solar photosphere. Gyroresonance observations at radio wavelengths 
have been a major source of our knowledge of the coronal field and have 
revealed many examples of active regions whose magnetic field is strongly 
non-potential in the corona (see White 2002 for a review). However, such 
data (currently) do not have the spatio-temporal resolution needed to re- 
solve the important fine structure. Thus, the structure of magnetic loops 
has often been derived from either proxy measurements (i.e. brightness 
structure; Schrijver et al. 1999; Brkovic et al. 2002; Winebarger et al. 
2003) or from extrapolations starting from measured photospheric fields 
(e.g. Lee et al. 1999; Regnier 2002). 

Recently, it became possible to deduce the magnetic vector along a 
set of loops in an emerging flux region. The resulting structure is plot- 
ted in Fig. 5 taken from Solanki et al. (2003), cf. Lagg et al. (2003). 
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At the apex of the highest reconstructed loop, estimated to be roughly 
12000-15000 km above the solar surface, the field strength has dropped 
to roughly 50 G, which is consistent with previous determinations (e.g. 
from radio observations) of the field strength in coronal loops. These 
loops are visible in He I 10830 A because the field along with the gas 
trapped within it emerged from the solar interior only a short time prior 
to the observations. Consequently, there had been no time to heat the 
gas to coronal temperatures. Interestingly, a comparison with extrap- 
olations of field lines starting from the photosphere indicate that the 
magnetic field was already quite strongly non-potential shortly after 
emergence. A potential field extrapolation results in a very poor cor- 
respondence with the observations, while a constant-a force-free field 
reproduces the observations already much better (Wiegelmann et al. in 
preparation). Consequently, significant currents were already present 
shortly after emergence and must have been built up in the solar in- 
terior during the passage of the emerged loop through the convection 
zone. 

Currents are continually fed and supported also later in the life of an 
active region. It was proposed by Parker (1983, 1988) that the photo- 
spheric footpoints of magnetic field lines are continuously shuffled around 
by convective motions. He argued that these motions lead to the forma- 
tion of tangential discontinuities or electric current sheets in the corona 
where energy is dissipated. Strong support for this mechanism as a ma- 
jor heating process in the corona is provided by the work of Gudiksen and 
Nordlund (2002). Taking a photospheric magnetogram and the potential 
field extrapolated from it as a starting point, they randomly moved the 
photospheric magnetic features around with a velocity field exhibiting 
roughly the horizontal convective velocity spectrum. They then com- 
puted the temporal evolution of the resulting coronal magnetic struc- 
ture, finding that current sheets are continuously being formed, where 
magnetic energy is dissipated, heating the coronal gas to over a million 
degrees, with a considerable distribution of temperatures. Interestingly, 
the picture they obtain for the gas in a limited temperature range (il- 
lustrative of the 171 A channel of TRACE, the Transition Region and 
Coronal Explorer (Handy et al. 1999)), is much more intermittent and 
filamented than the magnetic field, in good agreement with the images 
returned by TRACE in this channel (Schrijver at al. 1999). 

Further support for a heating mechanism involving Ohmic dissipation 
or reconnection at a current sheet comes from the detection of a current 
sheet using He I 10830 A spectropolarimetry. This is the first direct 
detection of an electric current sheet in a layer of the solar atmosphere 
relevant for coronal and chromospheric heating. The difficulty in mea- 
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Figure 13.5. Reconstructed magnetic loops in an emerging flux region. The map 
of the He I 10830 A lines equivalent width at the bottom is overlaid by a magnetic 
polarity and connectivity map over which examples of reconstructed loops are plotted. 
The derived azimuth and inclination angles of the magnetic held in each of the map’s 
pixels are used to trace magnetic held lines. Heavy black lines are projections onto a 
fixed height of loops that could be successfully reconstructed. These loops trace the 
equivalent width pattern (shown at the bottom of the plot). Some representative loop 
field lines are also plotted and for one of the plotted loops they are projected onto 
the xz- and yz-planes. The color-coding of the loop projections represents the line- 
of-sight (i.e. basically vertical) velocity (yz-plane) and the magnetic field strength 
(xz-plane). The loops are rooted in areas with downflowing material, while in the 
apex upflowing material is observed. This observation, combined with the frozen-in 
horizontal magnetic field implies that the whole loop is rising. The magnetic field 
strength decreases with height in both legs from about 390 and 500 Gauss at the 
two chromospheric footpoints to below 50 Gauss at the apex. Magnetic field vectors 
at the footpoints of the field lines are shown to visualize the overall magnetic field 
geometry and strength. Field lines out of (into) the plane parallel to the solar surface 
are coded in red and orange (blue and green), with orange and green marking field 
lines for which both footpoints lie within the observed area and emission is seen from 
the whole length of the loop (see Solanki et al. 2003). 



suring such a current sheet lies in the necessity to map the full magnetic 
vector at chromospheric or coronal heights. Over a distance correspond- 
ing to the spatial resolution element of the observations the magnetic 
vector changes sign within a region of emerging flux in a young active 
region. This feature is illustrated in Fig. 6, where the current sheet is 
the narrow valley in the field strength. At the height at which the He I 
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Figure 13.6. Representation of an electric current sheet near the base of the corona. 
The elevation of the meshed surface is proportional to the magnetic field strength in 
the upper chromosphere, as derived from the He I 1083 nm line. A narrow valley 
of low magnetic field values separates two areas of opposite magnetic polarity, so 
that an electric current fiows along this boundary parallel to the Solar surface. The 
color-coding in the figure indicates the current density of this current sheet calculated 
using Ampere’s Law. The maximum value of approximately 90 mA/m^ in the region 
of the largest magnetic field gradient perpendicular to the current sheet represents 
only a lower limit of the actual current fiowing in this chromospheric current sheet. 
The width of the valley in the magnetic field strength corresponds to the spatial 
resolution of 1 Mm, limited by turbulence in the Earth’s atmosphere, so that the 
horizontal gradient of the magnetic field is underestimated (see Solanki et al. 2003). 



10830 A line is formed the field is far more homogeneous in strength than 
in the photosphere with a magnetic filling factor very close to unity (see 
description given earlier in this section; cf. Harvey and Hall 1971; Riiedi 
et al. 1995; Penn and Kuhn 1995). Therefore the gradient between the 
opposite magnetic polarities is expected to be significantly larger than 
deduced from the observations (since horizontal gradients are reduced 
by seeing). Hence the obtained current density, up to 90 mA/m^ is 
probably a lower limit. Unfortunately, neither TRACE, EIT, YOHKOH 
nor BBSO Ha images or movies were available for the day, of these ob- 
servations, so that it cannot be checked whether this current sheet was 
responsible for any flare-like episodes. 
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5. The Heliosphere 

The heliospheric magnetic field is characterized by the fact that higher 
order multipoles, needed to describe the field at the solar surface, have 
decayed away beyond a distance of a few solar radii, so that the dipole 
component dominates the structure. In addition, beyond the Alfven 
radius the energy density of the gas (in particular the kinetic energy 
density of the solar wind) is far larger than the magnetic energy density 
(e.g. Weber and Davis 1967). Thus the situation there is reversed relative 
to the corona. Consequently, the magnetic field is more or less passively 
dragged along by the solar wind. Logically, only open field lines are 
present in the heliosphere, if we exclude the magnetic field associated 
with CMEs and other transient events, which may for some time still 
be anchored in the photosphere. Due to the combination of the Sun’s 
rotation and the outward motion of the gas the magnetic field follows a 
spiral pattern (see below). 

In recent years very significant progress regarding our knowledge of 
heliospheric fields has come from the Ulysses spacecraft, which allowed 
the first measurement of the field outside the ecliptic. The magnetic 
field strength and solar wind speed during the first Ulysses orbit, car- 
ried out under quiet-Sun conditions, is plotted vs. time in Fig. 7, with 
the heliographic latitude indicated in the top frame (from Balogh and 
Forsyth 1998). Clearly, at high northern and southern latitudes the field 
is homogeneous in strength. Although not plotted here, the direction 
of the magnetic field is also homogeneous at high latitudes, with the 
azimuth being opposite in both hemispheres, corresponding to opposite 
magnetic polarities. Note that the gradual increase of the field strength 
towards the equator in 1994 and 1995 is mainly due to the decreasing 
distance of the spacecraft to the Sun. This relatively homogeneous field 
is mainly anchored in the polar coronal holes. 

Closer to the ecliptic the field becomes inhomogeneous in both strength 
and direction, exhibiting multiple jumps of around 180° in azimuth. The 
magnetic field strength exhibits spikes over which the strength varies by 
a factor of up to four. 

A simple but quite successful model of the large-scale structure of 
the coronal magnetic field at activity minimum is due to Banaszkiewicz 
et al. (1998), cf. Forsyth and Marsch (1999). It is composed of dipo- 
lar, quadrupolar and equatorial current sheet components. Fig. 8 shows 
the resulting magnetic structure. Overplotting this on a coronagraphic 
LASCO Cl brightness image obtained at solar activity minimum ex- 
hibits a good agreement (Forsyth and Marsch 1999). According to cur- 
rent thinking the jumps in the magnetic field direction seen by Ulysses 
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Figure 13.7. The magnitude of the magnetic field and the velocity of the solar wind 
measured by Ulysses from the beginning of the mission in October 1990 to early 
March 1998. The heliographic latitude of Ulysses at selected times are indicated in 
the top frame (figure from Balogh and Forsyth 1998, by permission). 



are produced when the spacecraft passes through the current sheet at 
the equator. This current sheet is warped (appearing like a ballerina’s 
skirt; Schwenn 1990, 1993). Since the Sun completes multiple rotations 
during the time that the spacecraft crosses the equatorial belt, i.e. the 
range of latitudes over which the current sheet is warped, the spacecraft 
can pass through the current sheet multiple times during its passage 
from pole to pole. 

The forces exerted by the solar wind on the field attempt to make 
it radial, in the absence of solar rotation. When combined with solar 
rotation, acting through the photospheric footpoints of the field, (which 
are frozen into the gas) a spiral structure of the field is produced in 
the equatorial plane (called the Parker spiral; Parker 1958), while out- 
side this plane the field lines follow spirals along cones, with the cones 
becoming increasingly narrower toward the poles. 

Parker’s picture has been extended by Fisk (1996) to include the effect 
of a misalignment between the Sun’s axis of rotation and its magnetic 
dipole axis, as well as of the motion of the magnetic footpoints on the 
solar surface due to differential rotation (compared to a fixed rotation of 
the coronal field). This leads to a stronger and less regular displacement 
of the field lines, in particular at larger distances from the Sun. 

Finally, I would like to present an example where the magnetic field 
at the solar surface directly influences measurements made in the helio- 
sphere by the SWIGS instrument (Gloeckler et al. 1992) on Ulysses. In 
the top panel of Fig. 9 the heliospheric latitude of the Ulysses spacecraft 
and the sunspot number (as a measure of solar activity) are plotted vs. 
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Figure 13.8. The magnetic field lines for the Dipole-Quadrupole-Current-Sheet 
model of Banaszkiewicz et ah (1998) out to 3 solar radii (solid curves). The model 
reproduces various observational constraints from SOHO and Ulysses (figure kindly 
provided by N.-E. Raouafi). 



time. In the next panel the solar wind speed and the 0+^/0“^^ abun- 
dance ratio measured by SWIGS on Ulysses are plotted. It is evident 
that whereas the solar wind speed is nearly the same while Ulysses is 
above the southern and the northern coronal holes (marked by the two 
sets of vertical, dotted lines) the ratio is significantly different. 

This ratio is a measure of coronal temperature, so that the southern po- 
lar coronal hole (sampled in 1994) was 10-15 % hotter than the northern 
polar coronal hole in 1995. In the bottom panel of Fig. 9 the spatially 
averaged field strength at the solar surface in the southern (open cir- 
cles) and northern polar coronal holes is plotted. It is obvious that the 
average field strength is higher under the southern polar coronal hole 
(which is also hotter). This suggests that the average photospheric field 
strength is closely related to the coronal temperature in coronal holes 
and the relative abundance of ions in the heliosphere (Zhang et al. 2002). 
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Figure 13.9 Selected so- 
lar wind and polar coronal 
hole parameters between 
1992 and 1997. (a) Helio- 
graphic latitude of Ulysses 
and sunspot number; (b) 
07+/o®+ ratio and so- 
lar wind speed as mea- 
sured by SWICS/Ulysses 
from 1992 to 1997 (heavy 
symbols denote pure PCH 
stream observations, light 
symbols observations from 
the mid-latitude fast-slow 
wind interface regions); (c) 
area of the south PCH 
(o) and north PCH (-h) 
estimated from Kitt Peak 
He I 1083 nm synoptic 
maps as fraction of the so- 
lar surface; (d) magnetic 
flux of the south (north) 
PCH derived from Kitt 
Peak synoptic maps, er- 
ror bars are included for 
the south (north) PCH val- 
ues over the south (north) 
Ulysses PCH stream inter- 
vals; (e) same as in (d) but 
for magnetic flux density 
(from Zhang et al. 2002). 



6. Conclusion 

The magnetic field and its interaction with the solar plasma passes 
through a variety of regimes from the solar convection zone to the he- 
liosphere, In some layers the magnetic energy density far exceeds the 
kinetic or thermal energy density, in others it is the opposite, while in 
yet others the values are similar. The structure and dynamics of the 
field also change very strongly between convection zone and heliosphere. 
This variety is one cause of the richness of the types of solar phenomena 
caused by the magnetic field. More details can be found in the volume 
edited by Sawaya-Lacoste (2002) as well as the monographs by Parker 
(1979), Priest (1982), Stenflo (1994) and Zwaan and Schrijver (2000). 








390 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



Acknowledgements: D. Schmitt critically read through a part of 
the paper and provided many references. E. Marsch, N.-E. Raouafi, M. 
Schiissler, A. Vogler and J. Woch provided material and references. My 
sincere thanks go to all of them. 

References 

Acton L., Tsuneta S., Ogawara Y., et ah, 1992, Science 258, 618. 
Avrett E.H., Fontenla J.M., Loeser R., 1994, in Infrared Solar Physics^ 
lAU Symp. No. 154, D.M. Rabin et al. (Eds.), Kluwer, Dordrecht, p. 
35. 

Balogh A. and Forsyth R.J., 1998, The results of the Ulysses mission: 
A survey of the Heliosphere in three dimensions. In: Crossroads for 
European Solan and Heliospheric Physics: Recent Achievements and 
Future Mission Possibilities^ R.A. Harris (Ed.), ESA SP-417, p. 45. 
Banaszkiewicz M., Axford W.I., McKenzie J.F., 1998, Astron. Astrophys. 
337 , 940. 

Bellot Rubio L.R., Balthasar H., Collados M., Schlichenmaier R., 2003, 
Astron. Astrophys. 403 , L47. 

Bercik D.J., Nordlund A., Stein R.F., 2003, Magnetoconvection and mi- 
cropores. In: SOHO 12/GONG+ 2002. Local and global helioseismol- 
ogy: the present and future^ H. Sawaya-Lacoste (Ed.), ESA SP-517, p. 
201 . 

Berger T.E., Lofdahl M.G., Shine R.S., Title A.M., 1998, Astrophys. J. 

495 , 973. 

Brandenburg A., and Schmitt D., 1998, Astron. Astrophys. 338, L55. 
Brkovic A., Landi E., Landini M., Riiedi I., Solanki S.K., 2002, Astron. 
Astrophys. 383, 661. 

Brueckner G.E., Howard R.A., Koomen M.J. et ah, 1995, Sol. Phys. 162 , 
357. 

Caligari P., Moreno-Insertis F., and Schiissler M., 1995, Astrophys. J. 

411 , 886 . 

Caligari P., Schiissler M., and Moreno-Insertis F., 1998, Astrophys. J. 

502 , 481. 

Choudhuri A.R., Schiissler M., and Dikpati M., 1995, Astron. Astrophys. 

303, L29. 

Crooker, N., 2000, J. Atmosph. Solar Terr. Phys. 62 , 1071. 

Defouw R.J., 1976, Astrophys. J. 209, 266. 

Deinzer W., Hensler G., Schiissler M., Weisshaar E., 1984a, Astron. As- 
trophys. 139 , 426. 

Deinzer W., Hensler G., Schiissler M., Weisshaar E., 1984b, Astron. As- 
trophys. 139 , 435. 




REFERENCES 



391 



Delaboudiniere J.-P., Artzner G.E., Brunaud J. et al., 1995, Sol. Phys. 

162 , 291. 

Dikpati M., and Charbonneau P., 1999, Astophys. J. 518, 508. 

Dikpati M., and Gilman P.A., 2001, Astophys. J. 559 , 428. 

Dowdy J.F. Jr., Rabin D., Moore R.L., 1986, Sol. Phys. 105 , 35. 

D’Silva S., Ghoudhuri A.R., 1993, Astron. Astrophys. 272, 621. 

Durney B.R., 1995, Sol. Phys. 160, 213. 

Durney B.R., 1996, Sol. Phys. 166, 213. 

Durney B.R., 1997, Astrophys. J. 486, 1065. 

Duvall T.L., Jr., Gizon L., 2000, Sol. Phys. 192 , 177. 

Fan Y., Fisher G.H., and Deluca E.E., 1993, Astrophys. J. 405 , 390. 
Fan Y., Fisher G.H., and Deluca E.E., 1994, Astrophys. J. 436 , 907. 
Feldman U., 2002, In: From Solar Min to Max: Half a Solar Cycle with 
SOHO. Proc. SOHOll Symp., A. Wilson (Ed.), ESA SP-508, p. 531. 
Feldman U., Dammasch I., Wilhelm K., 2000, Space Sci. Rev. 93 , 411. 
Ferriz-Mas A. and Schiissler M., 1993, Geophys. Astrophys. Fluid Dyn. 
72 , 209. 

Ferriz-Mas A. and Schiissler M., 1995, Geophys. Astrophys. Fluid Dyn. 
81, 233. 

Fisk L., 1996, J. Geophys. Res. 101, 15547. 

Fontenla J.M., Avrett E.H., Loeser R., 1993, Astrophys. J. 406 , 319. 
Forsyth R.J. and Marsch E., 1999, Space Sci. Rev. 89, 7. 

Frohlich G., Romero J., Roth H., et ah, 1995, Sol. Phys. 162, 10. 
Frutiger G., Solanki S.K., Fligge M., Bruls J.H.M.J., 2000, Astron. As- 
trophys. 358 , 1109. 

Gabriel A. H., 1976, Phil. Trans. Royal Society, Ser. A 281 , 339. 
Gadun A.S., Solanki S.K., Sheminova V.A., Ploner S.R.O., 2001, Sol. 
Phys. 203 , 1. 

Giovanelli R.G. and Jones H.P., 1982, Sol. Phys. 79 , 267. 

Gloeckler et al., 1992, Astron. Astrophys. Suppl. Ser. 92, 267. 
Gopalswamy N., Lara A., Yashiro S., Nunes S., Howard R.A., 2003, 
Goronal mass ejection activity during solar cycle 23. In: Proc. ISGS 
2003 Symposium: Solar Variability as an Input to the Earth’s Envi- 
ronment, ESA-SP-535, p. 403. 

Gudiksen B.V. and Nordlund R., 2002, Astrophys. J. 572 , 113. 
Hagenaar H.J., Schrijver G.J., Title A.M., 2003, Astrophys. J. 584 , 1107. 
Hale G.E., 1908, Astrophys. J. 28 , 315. 

Handy B.N., Acton L.W., Kankelborg G.G., et al., 1999, Sol. Phys. 187 , 
229. 

Harvey K.L., 1993, PhD Thesis, Rijksuniv. Utrecht. 

Harvey J.W. and Hall D.N.B., 1971, in Solar Magnetic Fields, R. Howard 
(Ed.), lAU Symp. 43, Reidel, Dordrecht, p. 279. 




392 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



Harvey J.W., Hill F., Hubbard R., et al., 1996, Science 272, 1284. 
Hathaway D.H., 1996, Astrophys. J. 460, 1027. 

Hathaway D.H., Nandy D., Wilson R.M., Reichmann E.J., 2003, Astro- 
phys. J. 589, 665. 

Jahn K. and Schmidt H.U., 1994, Astron. Astrophys. 290, 295. 

Jones H.P., Giovanelli R.G., 1983, Sol. Phys. 87, 37. 

Keller G.U., 1992, Nature 359, 307. 

Keller G.U., Steiner O., Stenflo J.O., Solanki S.K., 1990, Astron. Astro- 
phys., 233, 583. 

Krivova N.A., Solanki S.K., Fligge M., Unruh Y.G., 2003, Astron. As- 
trophys. 399, LI. 

Kuhn J.R., Libbrecht K.G., Dicke R.H., 1989, Science 242, 908. 

Kiiker M., Rudiger G., and Schultz M., 2001, Astron. Astrophys. 374, 
301. 

Lagg A., Woch J., Krupp N., Solanki S.K., 2003, Astron. Astrophys. in 
press. 

Landi Degl’Innocenti E., 1992, In: Solar Observations: Techniques and 
Interpretation, F. Sanchez, M. Collados, M. Vazquez (Eds.), p. 71. 
Lee J., White S.M., Kundu M.R., Mikic Z., McClymont A.N., 1999, 
Astrophys. J. 510, 413. 

Lites B.W., Martinez Fillet V., Skumanich A., 1994, Sol. Phys. 155, 1. 
Livingston W., L. Wallace L., 2003, Sol. Phys. 212, 227. 

Muller R., Roudhier Th., Vigneau J., AufFret H. 1994, Astron. Astrophys. 

283, 232. 

Nandy D., and Choudhuri A.R., 2001, Astrophys. J. 551, 576. 

Narain U. and Ulmschneider P., 1996, Space Sci. Rev. 75, 453. 
Nordlund A., Brandenburg A., Jennings R.L., et ah, 1992, Astrophys. J. 

392, 647. 

Ossendrijver M., 2003, Astron. Astrophys. Rev. 11, 287. 

Parker E.N., 1958, Astrophys. J. 128, 664. 

Parker E.N., 1975, Astrophys. J. 198, 205. 

Parker E.N., 1979, Cosmical Magnetic Fields: Their Origin and their 
Activity, Clarendon Press, Oxford. 

Parker E.N., 1983, Astrophys. J. 264, 642. 

Parker E.N., 1988, Astrophys. J. 330, 474. 

Parker E.N., 1993, Astrophys. J. 408, 707. 

Penn M.J. and Kuhn J.R., 1995, Astrophys. J. 441, 51. 

Peter H., 2002, In: Proc. SOHO 11 Symp., From Solar Min to Max: Half 
a Solar Cycle with SOHO, A. Wilson (Ed.), ESA SP-508, p. 237. 
Priest E.R., 1982, Solar Magnetohydrodynamics, Reidel Publ. Co., Dor- 
drecht. 

Rabin D., 1992a, Astrophys. J. 390, L103. 




REFERENCES 



393 



Rabin D., 1992b, Astrophys. J. 391, 832. 

Regnier S., Amari T., Kersale E., 2002, Astrophys. J. 392, 1119. 

Rempel M. and Schiissler M., 2001, Astrophys. J. 552, L171. 

Riiedi I., Solanki S.K., Livingston W., Stenflo J.O., 1992, Astron. As- 
trophys. 263, 323. 

Riiedi L, Solanki S.K., Livingston W.C., 1995, Astron. Astrophys. 293, 
252. 

Ruiz Cobo B., Del Toro Iniesta J.C., 1992, Astrophys. J. 398, 375. 

Sawaya-Lacoste H. (Ed.), 2002, SOLMAG 2002: Proc. Magnetic Cou- 
pling of the Solar Atmosphere^ Euroconference and lAU Colloquium 
188, ESA SP-505. 

Scharmer G.B., Gudiksen B.V., Kiselman D., Lofdahl M.G., Rouppe van 
der Voort L.H.M., 2002, Nature 420, 151. 

Scherrer RH., Bogart R.S., Bush R.I., et al., 1995, Sol. Phys. 162, 129. 

Schlichenmaier R. and Solanki S.K., 2003, Astron. Astrophys. 411, 257. 

Schmidt D., 1987, Astron. Astrophys. 174, 281. 

Schmidt D., 1993, The solar dynamo. In: lAU Symp. 157: The Cosmic 
Dynamo^ F. Krause, K.H. Radler, G. Rudiger (Eds.), Kluwer, Dor- 
drecht, p. 1. 

Schmidt D., 2002, Dynamo action of magnetostrophics waves. In: Ad- 
vances in Nonlinear Dynamos. 

Schmidt W., Hofmann A., Balthasar H., Tarbell T.D., Prank Z.A., 1992, 
Astron. Astrophys. 264, L27. 

Schmieder B., del Toro Iniesta J.C., Vazquez M. (Eds.), 1997, Advances 
in the Physics of Sunspots^ ASP Conf. Ser. Vol. 118. 

Schou J., Christensen-Dalgaard J., and Thompson M.J., 1992, Astro- 
phys. J. 385, L59. 

Schou J., Antia H.M., Basu S., 1998, Astrophys. J. 505, 390. 

Schou J., Howe R., Basu S., et al., 2002, Astrophys. J. 567, 1234. 

Schrijver C.J., Title A.M., Harvey K.L., et al., 1998, Nature 394, 152. 

Schrijver C.J., Title A.M., Berger T.E., et al., 1999, Sol. Phys. 187, 261. 

Schiissler M., 1979, Astron. Astrophys. 71, 79. 

Schiissler M., Caligari P., Ferriz-Mas A., Moreno-Insertis F., 1994, As- 
tron. Astrophys. 281, L69. 

Schiissler M., Shelyag S., Berdyugina S., Vogler A., Solanki S.K., 2003, 
Astrophys. J. 597, L173. 

Schwenn R., 1990, Large-scale structure of the interplanetary medium. 
In: Physics of the Inner Heliosphere^ Vol. I, Schwenn R., Marsch E. 
(Eds), Springer, Berlin, p. 99. 

Schwenn R., 1993, Interplanetary plasma and magnetic field (solar wind). 
In: Landolt-Bornstein Astronomy and Astrophysics New Series VI/3a 




394 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



Hnstruments, Methods, Solar System\ H.H. Voigt (Ed.), Springer, 
Berlin, Chap. S.3.5.2, p. 189. 

Shelyag S., Schiissler M., Solanki S.K., Berdyugina S., Vogler A., 2004, 
Astron. Astrophys. submitted. 

Sobotka M., 1997, in: Advances in the Physics of Sunspots, B. Schmieder 
et al. (Eds.), ASP Conf. Ser. Vol. 118, p. 155. 

Socas Navarro H., Trujillo Bueno J., Ruiz Cobo R., 2000, Science 288, 
1396. 

Solanki S.K., 1986, Astron. Astrophys. 168, 311. 

Solanki S.K., 1993, Space Science Rev. 63, 1. 

Solanki S.K., 2003, Astron. Astrophys. Rev. 11, 153. 

Solanki S.K. and Montavon C.A.P., 1993, Astron. Astrophys. 275, 283. 

Solanki S.K. and Riiedi I., 2003, Astron. Astrophys. 411, 249. 

Solanki S.K. and Steiner O., 1990, Astron. Astrophys. 234, 519. 

Solanki S.K., Lagg A., Woch J., Krupp N., Collados M., 2003, Nature 
425, 692. 

Spruit H.C., 1976, Sol. Phys. 50, 269. 

Stein R.F. and Nordlund A, 2002, in SOLMAG 2002: Proc. Magnetic 
Coupling of the Solar Atmosphere, Euroconference and lAU Collo- 
quium 188, H. Sawaya-Lacoste (Ed.), ESA SP-505, p.83. 

Steiner O., Pneuman G.W., Stenflo J.O., 1986, Astron. Astrophys. 170, 
126. 

Steiner O., Grossmann-Doerth U., Knolker M., Schiissler M., 1998, As- 
trophys. J. 495, 468. 

Stenflo J.O., 1973, Sol. Phys. 32, 41. 

Stenflo J.O., 1994, Solar Magnetic Fields: Polarized Radiation Diagnos- 
tics, Kluwer, Dordrecht. 

Stuck! K., Solanki S.K., Pike C.D., et ah, 2002, Astron. Astrophys. 381, 
653. 

Thomas J.H., Weiss N.O. (Eds.), 1992, Sunspots: Theory and Observa- 
tions, Kluwer, Dordrecht. 

Thompson M.J., Christensen-Dalsgaard J., Miesch M.S., Toomre J., 
2003, Ann. Rev. Astron. Astrophys. 41, 599. 

Title A.M., Frank Z.A., Shine R.A., et ah, 1993, Astrophys. J. 403, 780. 

Tomczyk S., Schou J., and Thompson M.J., 1995, Astrophys. J. 448 
L57. 

Unruh Y.C., Solanki S.K., Fligge M., 1999, Astron. Astrophys. 345, 635. 

Vogler A., 2003, PhD Thesis, Univ. Gottingen. 

Vogler A. and Schiissler M., 2003, Astron. Nachr. 324, 399. 

Walton S.R., Premiger D.G., Chapman G.A., 2003, Astrophys. J. 590, 
1088. 




REFERENCES 



395 



Webb, D., 2000, Coronal Mass Ejections: Origins, Evolution, and Role. 
In: Space Weather, IEEE Transactions on Plasma Science, Vol. 28, 
1795. 

Weber E.J., Davis L., Jr., 1967, Astrophys. J. 148, 217. 

Westendrop Plaza C., del Toro Iniesta J.C., Ruiz Cobo B., Martinez 
Pillet V., Lites B.W., Skumanich A., 1997, Nature 389, 47. 

White S.M., 2001, Observations of solar coronal magnetic fields. In: Mag- 
netic Fields Across the Herzsprung-Russel Diagram, G. Mathys, S.K. 
Solanki, D.T. Wickramasinghe (Eds.), ASP Conf. Proc. Vol. 248, p. 
67. 

Winebarger A., Warren H.P., Mariska J.T., 2003, Astrophys. J. 587, 
439. 

Woodard M.F. and Libbrecht K.G., 2003, Sol. Phys. 212, 51. 

Zayer L, Solanki S.K., Stenflo J.O., 1989, Astron. Astrophys. 

Zhang J., Woch J., Solanki S.K., von Steiger R., 2002, Geophys. Res. 
Lett. 29, 77. 

Zwaan C. and Cram L.E., 1989, in FGK Stars and T Tauri Stars, L.E.. 

Cram, L.V. Kuhi (Eds.), NASA SP-502, p. 215. 

Zwaan C. and Schrijver C.J., 2000, Solar and Stellar Magnetic Activity, 
Cambridge University Press. 




Chapter 14 

MAGNETIC RECONNECTION 
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Abstract Magnetic reconnection is a fundamental process in a cosmic plasma such 
as the solar corona, responsible for heating and for many dynamic phe- 
nomena. We here review briefly the basic theory of reconnection in two 
dimensions and then proceed to describe several features of the way it 
operates in three dimensions. These include a description of 3D null 
points, of 3D topology, and of spine, fan and separator reconnection. 
Also an account of new properties of 3D reconnection at an isolated dif- 
fusion region is given, including the fact that a unique held line velocity 
can no longer be defined and that field line connections change continu- 
ously while a field line is traversing the non-ideal region. A summary is 
given of the various ways in which the corona may be heated, including 
binary, separator and braiding reconnection, as well as heating by coro- 
nal tectonics. Finally, a summary is also given of reconnection processes 
in the Earth’s magnetosphere. 



1. Introduction 

In most of the universe magnetic field lines are frozen into the plasma 
and are carried about with it. However, in tiny current sheets the field 
lines are able to slip through the plasma, break and re-join. This process 
of magnetic reconnection is a fundamental one that is responsible for 
many dynamic phenomena in the cosmos (for a review, see the book by 
Priest Sz Forbes, 2000). It can change the topology of the magnetic field, 
and converts inflowing magnetic energy into heat, bulk kinetic energy 
and fast particle energy. 
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At the boundary of the Magnetosphere reconnection mediates a trans- 
fer of magnetic flux between the solar wind and the Earth’s magnetic 
field. It occurs in both a steady and impulsive way at the front of the 
Magnetopause (so-called “flux transfer events” ) and also in the geomag- 
netic tail (in so-called “geomagnetic substorms”). It is also likely to be 
a major contributor to solar coronal heating and is certainly the process 
at the core of a solar flare. 

We shall here be discussing reconnection in a magnetohydrodynamic 
(or MHD) plasma which satisfies the following equations: the plasma 
velocity v and magnetic field B are essentially determined by an equation 
of motion 

= -Vp + j X B (14.1) 



dt 



and the induction equation 

dB 

— = V X (v X B) + 

where the current (j) is given by Ampere’s law 



J = 



V X B 

T 

law 



the pressure (p) by the perfect gas 

p = RpT, 

the density (p) by the equation of continuity 

| + V-(pv) = 0, 



(14.2) 



(14.3) 



(14.4) 



(14.5) 



and finally the temperature (T) by an energy equation. 

In the induction equation (14.2), the ratio of the second term to the 
third term is the magnetic Reynolds number 



Rm. — 






(14.6) 



in terms of the typical plasma velocity (i;o) and scale (Lq) for varia- 
tions. In most of the universe Rm is extremely large (of order 10^ — 10^^ 
typically) and so the first term on the right of (14.2) dominates, which 
implies that the magnetic field is tied to the plasma and moves with it, 
hanging onto its energy. The exception is in current singularities where 
the electric current is extremely large and the gradients of the magnetic 
field are enormous. They tend to form as sheets, often, although not 
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Figure 14- F (a) The magnetic field lines near an X-type null point, where the mag- 
netic field vanishes, (b) The collapse of this null point to form a current sheet. 



only, at null points, where the magnetic field vanishes. It is in these sin- 
gularities that the second term in the right of (14.2) becomes important 
and the magnetic field can diffuse through the plasma and reconnect. 

In Section 2 we give a summary of reconnection in two dimensions, 
and then in Section 3 we describe some of the attempts to generalise 
these ideas to three dimensions. Section 4 gives a new analysis of how 
3D reconnection occurs at an isolated diffusion region, highlighting just 
how different 3D reconnection is from its 2D counterpart. Section 5 
summarises some of the ways in which reconnection could be heating 
the solar corona, including the latest idea of coronal tectonics. Finally, 
Section 6 describes reconnection processes occurring within the Earth’s 
magnetosphere. 



2. Two-Dimensional Reconnection 



2.1 X- Collapse 



Magnetic reconnection in two dimensions can occur in several ways. 
It can be driven by external motions, it can occur spontaneously due to 
the onset of an instability, or it can occur when an X-type null point 
collapses (Figure 14.1). 

The linear field near a potential X-point can be written 



B = yx + xy, 



(14.7) 



where the current 

. ^ dBy dB, 

dx dy 

vanishes and so this field is in equilibrium with itself, 
perturbation of this field so that it becomes 



(14.8) 
Now consider a 



B == y X + a^x y. 



(14.9) 



Whereas the field lines of (14.7) are rectangular hyperbolae y‘^ — x‘^ = 
const with separatrices at right angles, those of (14.9) are hyperbolae 
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with separatrices y == which are therefore closed up towards the 

y-axis if a > 1. The resulting magnetic force 

j X B = (a^ - 1) {-a^x x + yy) 

is in such a direction as to continue the perturbation and so, provided 
the field lines are not anchored and energy can propagate in towards the 
X-point, it tends to collapse, with a (and so the current) 

— 1 



increasing indefinitely. 

Linear solutions with magnetic diffusion included (Craig & McClymont, 
1991) give collapse on a timescale of tA log {Rm) together with a decay- 
ing oscillation, where Ia is the Alfven travel time LojvA: in terms of the 
Alfven speed va — Bq/ Furthermore, non-linear self-similar 

solutions to the ideal equations of the form 



Bx = a{t) X + b{t) y. By = c{t) x -h d{t) y, 

Vx = e{t) X + f{t) y, Vy = g{t) x -h h{t) y, 

p = i[t) + J(t) xy + k{t) 

indicate that the collapse occurs in a finite time, although this analy- 
sis is only local (Imshennik & Syrovatsky; Klapper, 1998; Bulanov & 
Olshanetsky, 1984; Mellor et ah, 2002). 

2.2 Sweet-Par ker Reconnection 

In two-dimensions reconnection only takes place at an X-point, where 
the current can become very large and strong dissipation can allow the 
field lines to break and change their connectivity. In two dimensions the 
theory is well developed, with several mechanisms possible: 

1 Slow Sweet-Par ker reconnection (1958); 

2 Fast Petschek reconnection (1964); 

3 Many other fast regimes, depending on the boundary conditions, 
such as Almost- Uniform reconnection (Priest &: Forbes, 1986) and 
Non-Uniform reconnection (Priest & Lee, 1990). 

Sweet-Parker reconnection considers a simple current sheet of dimen- 
sion I and L between two regions of uniform but oppositely directed 
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Figure 14-2 Sweet-Par ker 
reconnection. 
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magnetic field (Bi) and flow (vi) (Figure 14.2). It is just an order-of- 
magnitude model. Conservation of mass into and out of the sheet gives 



L Vi = I vq 



(14.10) 



whereas for a steady state the balance between inwards advection and 
outwards diffusion gives 



(14.11) 



Finally, the acceleration of plasma along the sheet by magnetic forces 
gives roughly 

Vo = VAi- (14.12) 



Eliminating I and vq between these three equations gives a dimensionless 
reconnection rate of 



Mi = 



R 



1/2 ’ 



(14.13) 



where Mi = VijvAi is the Alfven Mach number for the inflow and Rmi = 
Lvai/tj is the magnetic Reynolds number based on the sheet length (L) 
and the inflow Alfven speed {vai = Bi j (/ip)^/^). 

In this mechanism the outflow magnetic fleld (Bq) is 



Bo- 



Bi 

dV2 

FCm 



(14.14) 



and so is much less than the inflow fleld (Bi) when Rmi ^ 1. Further- 
more the inflow energy is mainly magnetic and half of it is transformed 
into kinetic energy while the other half is released as ohmic heating. In 
other words, the mechanism creates hot fast jets of plasma. 



2.3 Stagnation-Point Flow Model 

The stagnation-point flow model (Sonnerup & Priest, 1975) considers 
the effect of a stagnation-point flow 



a 



(14.15) 




402 THE SUN AND THE HELIOSPHERE AS AN INTEGRATED SYSTEM 



V fi 





Figure 14.3. (a) Stagnation-point flow model, and (b) the variation with x of the 

magnetic held (B). 



on a uni-directional magnetic field (5(x)y), as shown in Figure 14.3(a). 
Ohm’s law becomes 



Ux^ dB 

—B = r/— , 
a dx 



(14.16) 



where the electric field z is uniform in space and constant in time. 
The solution for the magnetic field is 



B{x) = (14.17) 

'^ 0 ^ Jo 

where = 2r]a/U^ as shown in Figure 14.3(b). It increases from 0 
like Exjrj for small x and decreases like EaJ{Ux) for x ^ 1. At large 
distances the magnetic field is carried in towards the origin and is frozen 
to the plasma. At small distances it diffuses through the plasma in a 
current sheet of half- width 1. 

The advantage of the stagnation point flow model is that it is an 
exact solution of the MHD equations since it also satisfies the equation 
of motion. Furthermore, it has been generalised to produce so-called 
“reconnective annihilation” solutions in three dimensions, for both spine 
and fan geometries (Craig &: Fabling, 1996). However, a limitation of the 
model is that the current sheet is purely one-dimensional and extends 
to infinity. 



2.4 Petschek’s Model 

The main disadvantage of the Sweet-Parker model is that it is much 
too slow to explain reconnection in solar flares, and so Petschek (1964) 
proposed a much faster model in which the Sweet-Parker diffusion re- 
gion is very much smaller. The diffusion region bifurcates to form two 
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Figure 14-4 Petschek’s 
model for fast reconnection 



pairs of standing slow-mode shock waves at which most of the magnetic 
energy conversion takes place (Figure 14.4). Reconnection takes place 
at the rate at which it is driven at large distances. As the rate of recon- 
nection increases, so the central diffusion region shrinks in size and the 
angle between each pair of shock waves increases. There is, however, a 
maximum allowable reconnection rate at which the mechanism chokes 
off. This has the form 



M, 



7T 






(14.18) 



where Me = VejvAe is the ratio of the inflow speed to Alfven speed 
(vAe) at large distances and Rme = L^VAelv is the global magnetic 
Reynolds number based on the overall length-scale (Te)- Thus Me max 
varies weakly with Rme and is typically 0.01 - 0.1 in magnitude. 



2.5 More Recent Fast Mechanisms 

The Almost-Uniform family of models (Priest &: Forbes, 1986) include 
Peschek’s model as a special case, but also it has a range of different 
regimes, depending on the boundary conditions at the inflow boundary 
(Figure 14.5). Regimes are classified by a parameter 5, which determines 
the inclination of the streamline at the top right-hand corner of the 
region. Thus the regimes vary from strongly converging flows (14.5(a)) 
to strongly diverging flows - so-called ‘‘flux pile-up” reconnection (Figure 
14.5(f)). 

The Almost-Uniform family is characterised by an inflow region con- 
taining weakly curved magnetic field lines, but it is also possible for them 
to be strongly curved, as in the Non- Uniform family of models (Priest 
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Figure 11.5 Almost uni- 
form reconnection 



& Lee, 1990). These exhibit jets of plasma expelled along the separatri- 
ces (field lines that pass through the X-point). Furthermore, this model 
agrees with the numerical experiments of Biskamp (1986) and of Yan et 
al. (1992,1993), provided the same boundary conditions are adopted ( 
Strachan & Priest, 1994). 







Figure I 4.6 A 3D null 
point. 
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Figure 14-7. Topological structures (a) in 2D and (b) in 3D. 



3. Three-Dimensional Reconnection 

3.1 Structure of a Null Point 

The simplest null point at the origin in three dimensions (Figure 14.6) 
has a magnetic field with components 

Bz) = (x, ?/, —2z ) , (14.19) 

with two families of field lines through the null: an isolated spine field 
line lies along the 2 :-axis and approaches the null from both directions; 
a surface of fan field lines in the xy-plane recedes from the null. 

Most generally, the linear field near a null may be written in the form 
(Parnell et ah, 1996) 



Bx = X + l(q- J)y 
By = l{q + J)x + py 

Bz = jy - (p + 1) ^ 

in terms of parameters p, g, J and j, where J is the current along the 
spine and produces a twist in the fan, while j is the current in the fan 
and determines the angle between the spine and fan. 

Just as in 2D, so in 3D a null can collapse to give a current growing 
along the spine or in the fan (Parnell, 1997). 

3.2 Global Topology of Complex Fields 

In two dimensions separatrix curves (which pass through X-type null 
points) separate the plane into topologically distinct regions, in the sense 
that field lines in a particular region all connect from one particular 
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Figure IT 8 The skeleton 
of two unbalanced sources. 



positive source to one particular negative source (Figure 14.7(a)). In 
three dimensions the topology of a model solar coronal field due to a 
series of fiux sources lying in a plane is similar, but now the volume above 
the plane is divided into topologically distinct volumes by separatrix 
surfaces, which are usually the extensions of fan surfaces from 3D nulls 
(Figure 14.7(b)). 

The way to reveal the structure of a highly complex field is to plot 
its skeleton^ namely the set of null points, separatrix surfaces and spine 
field lines. For example, the skeleton of two unbalanced sources (Figure 
14.8) consists of a null, its spine, and its fan, which arches over to form 
a dome enclosing the weaker source. 

In contrast, when there are three magnetic sources, eight different 
topologies are possible, as categorised by Brown and Priest (1999). You 
can change from one topology to another by means of a bifurcation^ 
either local (when nulls are created or destroyed) or global (when there 
is no change in the number of nulls). These include a local separator 
bifurcation (when a separator joining two nulls is created or destroyed), 
a global spine-fan bifurcation (when the spine of one null lies in the 
fan of the other at the moment of bifurcation) and a global separator 
bifurcation (when two fan surfaces touch at the moment of bifurcation 
to form a separator) . Higher order behaviour due to the presence of four 
or more sources includes the presence of multiple separators (which can 
interact, merge or separate) and the appearance of coronal null points 
which can lift off the plane in a local double-separator bifurcation ( 
Brown Sz Priest, 2001). If we model the photospheric field as a series 
of point sources, we find that the number of null points in the plane 
is roughly equal to the number (Ng) of sources, whereas the number of 
coronal nulls is about 5- 10% Ng (Longcope et ah, 2003). 
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3.3 3D Reconnection at a Null Point 

Priest and Titov (1996) discovered three different types of reconnec- 
tion at a 3D null, namely spine reconnection^ when the current con- 
centrates along the spine, fan reconnection when it concentrates along 
the fan and separator reconnection when it focuses along the separator 
joining one null point to another. 

Consider steady ideal flow of a magnetic field (14.19), satisfying 



E + V X B = 0 


(14.20) 


V X E = 0. 


(14.21) 



Equation (14.21) implies that E = VF and so the scalar product of B 
with Equation (14.20) gives 



B • VF = 0 (14.22) 

which determines the value of F everywhere in terms of values on the 
boundary by integrating along held lines. Furthermore, the vector prod- 
uct of B with Equation (14.20) then determines the plasma velocity 
normal to the held lines as 



E X B 



(14.23) 



If we impose a flow on the side boundary continuous across the fan, 
then a singularity arises along the spine, which one can try to resolve by 
diffusion. If instead a continuous flow is imposed on the top and bottom 
across the spine, then a singularity arises at the fan. 

A separator is a held line joining two 3D nulls and in the generic case 
it represents the intersection of the two fans of the nulls. In a section 
across the separator the held topology resembles that of a 2D X-point, 
and so, just as in 2D an X-point can collapse, so in 3D a separator can 
collapse to form a current sheet along the separator (Figure 14.9)- and, 
when the neighbouring held lines are carried into the separator sheet by 
a locally 2D stagnation point flow, then we And separator reconnection. 

Galsgaard and Nordlund (1997) conducted an interesting experiment 
where their initial configuration contained eight 3D null points and they 
followed the effect of imposing a shear flow on two of the boundaries. 
They used a high-order finite-difference scheme on a 100^ staggered grid 
with a Reynolds number of 100 and found that a current sheet formed 
along the separator (Figure 14.10) and produced separator reconnection. 
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Figure 14-9 Collapse of a 
separator. 




Figure I 4 AO. Numerical example of separator reconnection (?). 



4. Three-Dimensional Reconnection at an 
Isolated Non-Ideal Region 

Most astrophysical plasmas are effectively ideal, and non-ideal pro- 
cesses, which allow magnetic field lines to slip through the plasma, only 
become important on very small length scales. It is thus natural to 
consider reconnection processes which take place in isolated non-ideal 
regions. The resulting behaviour in 3D is fundamentally different from 
that in 2D. 
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region (shaded) in (a) 2D and (b) 3D. 



4,1 Fundamental Properties of 3D Reconnection 

In 2D it is always possible to define a flux-conserving velocity (w) 
which satisfies 

E-h w X B - 0, (14.24) 

and for reconnection to occur, w must be singular at the X-point. Mag- 
netic flux and field lines move everywhere at the velocity w. By contrast, 
Priest et al. (2003a) have shown that in general in 3D a unique field line 
velocity does not exist, and consequently that a number of fundamental 
properties of 2D reconnection do not follow through when we consider 
reconnection in 3D. Several new properties of reconnection in 3D are 
listed below. 

1 Since no unique field line velocity exists in 3D, field lines anchored 
in different regions of the ideal flow move in very different ways. 
In order to describe fully the motion of the magnetic flux in the 
volume, it is necessary to split the surface of the non-ideal region, 
D, into two parts, with magnetic flux entering D through one part 
and leaving it through the other. The field lines anchored in each of 
these regions move at completely separate velocities (though field 
lines which do not thread D move at the ideal plasma velocity 
everywhere as usual). Consequently, field lines which are followed 
through and beyond D appear to flip in a virtual flow (Figure 
14.11). 

2 Due to the non-existence of a unique field line velocity, magnetic 
field lines continually change their connections as they pass through 
D. 
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unique flux tubes in 3D showing partial rejoining, resulting in four distinct flux tubes 
after reconnection. 



3 While the mapping between field line footpoints in 2D changes only 
at the X-point, where it is discontinuous, the mapping is generally 
continuous in 3D, the only exception being at separatrices of the 
field. 

4 In 2D, magnetic field lines (and hence flux tubes) which undergo a 
reconnection process become rejoined in a simple one-to-one fash- 
ion. For every field line that is going to reconnect there is a cor- 
responding field line with which it will rejoin perfectly. That is, 
their footpoints will become pair-wise oppositely connected after 
the field lines have undergone the reconnection process. The net 
effect is that before reconnection, we have two unique field lines 
and after reconnection we again have two unique, though differ- 
ently connected, field lines (see Figure 14.12(a)). 

The situation in 3D is very different. In general, for a given field 
line which is going to undergo reconnection, there is no correspond- 
ing counterpart field line with which its footpoints will become 
pair-wise oppositely connected after the reconnection process. The 
same is thus true in general for flux tubes (Figure 14.12(b)). 

4.2 Analytical Solutions for 3D Reconnection 

The study of reconnection is a highly complex one, which is as yet 
only in its very early stages. It is thus instructive to seek insight into 
the basic structure of the process by considering only a reduced set of the 
MHD equations. A number of analytical three- dimensional solutions, 
which we shall describe below, have been found. These solutions are 
kinematic, that is, they satisfy only the induction equation (14.2) as well 
as Maxwell’s equations, but they do not satisfy the equation of motion 
(14.1). The state is assumed to be steady and a resistive non-ideal term 
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is considered. The equations solved are thus 



E + V X B = r/j, (14.25) 

V X E = 0 , (14.26) 

V • B = 0, (14.27) 

V X B - //oj, (14.28) 



where rj is assumed to be localised in order to localise the effect of the 
non-ideal term on the right of (14.25). 

In 3D, reconnection can occur either at null points or in their absence 
(Schindler et ah, 1988). Hornig and Priest (2003) solved Equations 
(14.25)-(14.28) for the situation where there is no null point of the mag- 
netic field. They imposed the steady magnetic field B = Bq (y, kx^ 5o), 
a 2D X-point with uniform field in the third direction. The current is 
then given by j = {{k — 1) //io) z. The imposed resistivity (77) is localised 
within a region D, centred on the origin. The resulting plasma fiow is 
rotational, with oppositely directed rotation, around the z-axis, above 
and below D. The nature of the reconnection of magnetic fiux is thus 
rotational as well, with field lines traced from footpoints anchored in 
the ideal region above D rotating in one sense, while those anchored 
below rotate in the opposite sense. Hence, in an arbitrarily short period 
of time, every field line which threads D changes its connection in this 
rotational fashion. The breakdown of the one-to-one correspondence of 
reconnecting field lines, and in general fiux tubes, is also demonstrated. 

Reconnection at a 3D null point with a localised diffusion region cen- 
tred on the null has been considered by Pontin et al. (2004b) and Pontin 
et al. (2004a). The nature of the restructuring of magnetic fiux is found 
to be profoundly different depending on the orientation of the electric 
current with respect to the null. 

Pontin et al. (2004b) considered reconnection in the magnetic field 
B = Bq (^x — —2z ^ , so that j = (Boj/yo) z is parallel to the 

spine of the null. The ideal plasma fiows, and thus the restructuring of 
the magnetic fiux, are again found to be rotational. This rotation is once 
again centred on the axis along which the current is directed, the 2;-axis, 
and again has opposite sense above and below the null point. There is 
no flow across either the spine or fan, which lie along the 2:-axis and in 
the z = 0 plane respectively. 

The case where the current is parallel to the fan plane is described by 
Pontin et al. (2004a). They consider the magnetic field B = Bo(x,y — 
jz^ —2^), so that j = {Boj / /ig) x. The fan of the null again lies in the 2: = 
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Figure 14-13. The solar corona from the Yohkoh satellite. 



0 plane and the spine lies along x = = jzj3. This time the behaviour 

of the field lines is found to be much closer to that seen in the spine and 
fan reconnection of Priest and Titov (1996). The plasma flow is found 
to have a roughly stagnation point structure in planes of constant 
crossing both the spine and the fan. Field lines flip in constant succession 
around the spine line and through the fan plane. Solutions are also found 
where these two processes can be decoupled, so that the flow crosses only 
either the spine or fan, and so the held lines behave only either as in 
spine or fan reconnection. The existence of solutions with fan-crossing 
flows is particularly important in, for example, coronal fields on the Sun, 
since a transport of flux across the fan implies a change in the topology 
of the magnetic field. 

5. Heating the Solar Corona by Reconnection 

The solar corona at a temperature of a few million degrees consists 
of X-ray bright points, coronal loops and coronal holes. It is a magnetic 
world with myriads of magnetic interactions continually taking place 
(Figure 14.13). Recent space observations have shown examples of low- 
frequency waves being excited by solar flares (e.g. Nakariakov & Ofman, 
2001), but these have too low an amplitude to be heating the corona. 
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Figure 14-14 Converging 
flux model for X-ray bright 
points. 



Also, there is a suggestion from broadening of UVCS lines in SOHO 
that high- frequency waves may be heating the outer corona. However, 
most of the evidence for heating the low corona is in favour of magnetic 
reconnection, which provides an elegant explanation for many diverse 
phenomena. 

Yohkoh observations show that the hottest loops are cusps or interact- 
ing loops (Yoshida & Tsuneta, 1996). X-ray jets appear to be accelerated 
by reconnection (Shibata et al., 1992). Large-scale loops appear to have 
their upper coronal parts heated uniformly, which is consistent with tur- 
bulent reconnection (Priest et al., 1998). Furthermore, explosive events 
observed by SUMER on SOHO reveal that reconnection jets (Innes, In- 
hester, Axford, & Wilhelm, 1997) and nanoflares too may be caused by 
turbulent reconnection in myriads of current sheets. 

5.1 Converging Flux Model 

Reconnection is likely to be heating the corona in a variety of ways. 
First of all. X-ray bright points appear to be heated mainly by recon- 
nection in cancelling magnetic flux (Parnell et al., 1994). The idea here 
is that new magnetic flux is continually emerging in supergranule cells 
as ephemeral regions, and the flux is swept to the edge of a cell, where 
it reconnects with the network flux and creates an X-ray bright point 
(Figure 14.14). 

5.2 Binary Reconnection 

There are many tiny discrete sources of magnetic flux on the solar 
surface and so it is natural to consider the “binary” interaction due 
to the relative motion of pairs of magnetic sources. Suppose they are 
unbalanced and connected - then the skeleton of the magnetic held is 
as shown in Figure 14.8. As the sources move, heat will be released in 
a process called binary reconnection (Priest et al., 2003b), which has 
several elements. First of all, the relative motion generates waves which 
propagate up and dissipate. Secondly, when the motions are slow, a 
non-linear force-free held is built up below the separatrix dome and then 
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Figure 14-15. Separator reconnection (Parnell & Galsgaard, 2003). 



dissipates by turbulent relaxation to a linear force-free state of lowest 
energy. Finally, reconnection occurs at the null and at the separatrix 
dome, both in a driven way and also spontaneously by tearing in the 
separatrix current sheet. 

5.3 Separator Reconnection 

The relative motion of two sources that are initially unconnected, 
although have an overlying field, has been considered by Parnell and 
Galsgaard (2003). They find that reconnection occurs along a twisted 
current sheet that forms along a separator. This produces a twisted fiux 
tube joining the two sources, but the subsequent reconnection as the 
sources separate is rather weak. Various aspects of coronal heating by 
separator reconnection have also been considered by Longcope (1996, 
1998). 

5.4 Braiding 

Parker (1979) proposed that braiding of the footpoints of coronal field 
lines can lead to the formation and subsequent dissipation of current 
sheets at the boundaries between neighbouring fiux tubes. In his model 
he starts with a uniform field stretched between two planes which model 
the photosphere at two ends of a coronal loop. Also he imposes highly 
nonlinear complex braiding motions of the footpoints. The reality of the 
resulting formation of current concentrations has been demonstrated in 
a numerical experiment by Galsgaard and Nordlund (1996). 
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Figure 14-16 Coronal tec- 
tonics model. 



(a) 
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sheets 



Figure 14-17. (a) TRACE coronal loops, (b) A web of separatrices within one loop. 



In a new Coronal Tectonics Model for coronal heating, Priest, Hey- 
vaerts and Title (2002) have attempted to model the effect of the mag- 
netic carpet (Schrijver et ah, 1998) on the corona. The magnetic sources 
in the photosphere are concentrated and continually move around so 
that the magnetic flux in the quiet Sun is processed every 14 hours ( 
Hagenaar, 2001). Each observed coronal loop goes down through the 
surface in many discrete sources, so that the flux from each source is 
topologically distinct and separated by a network of separatrix surfaces 
that thread the corona. As the sources move so the coronal fluxes slip 
past one another and form myriads of separator and separatrix current 
sheets which heat impulsively by reconnection. 

The fundamental flux units are tiny intense flux tubes of field 1200G, 
diameter 100A:m and flux 3 x lO^^Mx. Thus a single X-ray bright point 
has 100 such sources, and each of the finest TRACE loops (Figure 
14.17(a)) consists of 10 finer loops (Figure 14.17(b)), which reach the 
surface in many footpoints and within which there is a web of separatri- 
ces. 

We have set up a model demonstrating how current sheets form be- 
tween flux tubes and have estimated the heating. In addition, Mellor et 
al. (2004) have conducted a numerical experiment. By comparison with 
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Figure 14-18. Schematic cross-section of the magnetosphere in the noon-midnight 
plane. LLBL and PSBL are acronyms for low-latitude boundary layer and plasma- 
sheet boundary layer respectively (after Parks, 1991). 



Parker’s braiding model, we have an array of coronal flux tubes going 
down to discrete sources in the photosphere in place of Parker’s initial 
uniform field. Also our current sheets form immediately in response 
to simple generic motions of all kinds rather than requiring nonlinear 
braiding. 

The results show that heating tends to be rather uniform along each 
separatrix implying that the elementary sub-telescopic tubes are heated 
uniformly. However, 90 - 95 % of the photospheric flux closes low down 
in the magnetic carpet, while the remaining 5 - 10 % forms large-scale 
connections. This suggests that the carpet should be heated more in- 
tensely than the large-scale corona. Also, unresolved observations of 
coronal loops would show enhanced heating near their feet in the car- 
pet, with the upper parts of coronal loops being heated uniformly and 
less strongly. 

6, Reconnection in the Magnetosphere 

Magnetic reconnection is an important process not only on the Sun, 
but also closer to home in the Earth’s own magnetosphere (see Figure 
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14.18). This is despite the fact that the plasma conditions are very 
different, being almost completely collisionless. Reconnection here too 
may occur in many different ways, which can be described in terms of 
an ‘open’ model of the magnetosphere, first proposed by Dungey (1961). 
It is termed as such because in the model a finite amount of magnetic 
flux connects the Earth to interplanetary space. In this model there are 
two neutral points on the dayside and nightside of the magnetopause, 
and the amount of reconnection which occurs depends strongly on the 
North-South orientation of the interplanetary magnetic field (IMF) car- 
ried by the solar wind. Reconnection can occur in the vicinity of both 
the dayside and nightside neutral points, as described below. 

6.1 Dayside Reconnection 

Dayside reconnection was for a long time less studied than its night- 
side counterpart, since it primarily leads to magnetic energy storage 
rather than release, and therefore has less obvious direct physical effects 
(Cowley, 1980). The reconnection is strong when the southward com- 
ponent of the IMF is large at the magnetopause, as this component is 
anti- parallel to the Earth’s magnetic field. Reconnection occurs here in 
a number of processes. 

Firstly, magnetospheric erosion (Aubrey et al., 1970) is a signature of 
reconnection switching on at the dayside due to a southward turning of 
the IMF. The erosion happens because there is no outward flow within 
the magnetosphere to transport magnetic flux towards the reconnection 
site, and so this site moves earthwards as the reconnection consumes the 
flux on its earthward side. 

Reconnection may occur a quasi-steady way at the magnetopause, 
since in the open model of the magnetosphere there is a non-zero normal 
component of the magnetic field there. Different schemes exist for how 
this may take place such as component merging^ where reconnection 
takes place along the magnetopause separator connecting the two neutral 
points (Sonnerup et al., 1981; Soward, 1982) and anti-parallel merging 
where reconnection occurs only in regions where the magnetospheric and 
magnetosheath fields are close to anti-parallel (Crooker, 1979). 

Also, reconnection occurs on the dayside in localised transient events 
known as flux transfer events (FTEs). These have been interpreted 
(Russell & Elphic) as isolated flux tubes interconnecting the IMF and 
magnetospheric field (see Figure 14.19(a)). Two further models for FTEs 
that have been proposed are those of Scholer et al. (1988) and South- 
wood et al. (1988), which produce FTEs by episodic 2D reconnection 
(Figure 14.19(b)), and that of Lee and Fu (1985), which assumes that an 
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Figure 14-19 Three mod- 
els for FTEs. The shaded 
areas indicate the cross- 
sections of the reconnected 
field lines at the surface 
of the magnetopause (af- 
ter Lockwood, Cowley, & 
Sandholt, 1990). 



FTE is a 2D magnetic island lying on the surface of the magnetopause 
(Figure 14.19(c)). 

6.2 Nightside Reconnection 

Reconnection on the nightside is very different. Here it occurs at a 
distant nightside neutral point, and converts magnetic energy into sig- 
nificant amounts of kinetic and thermal energy. Connected to this neu- 
tral point is an elongated current sheet which extends inwards towards 
the Earth. Importantly, observations have been made in the vicinity 
of the current sheet of slow- mode shocks (Feldman et ah, 1984; Smith 
et ah, 1984), with essentially the configuration predicted by Petschek, 
described earlier. 

As well as occurring in the distant tail, nightside reconnection may 
also occur closer to the Earth in magneto spheric substorms. These are 
thought to take place when magnetic flux from dayside reconnection 
builds up in the tail, leading to a narrowing of the current sheet earth- 
ward of the nightside neutral point. This leads eventually to the creation 
of a further near-Earth neutral point. The result is that reconnection 
occurs, with a plasmoid being ejected down the tail, and earthward field 
lines relaxing back down to Earth, causing particles to be accelerated 
into bright aurorae. The phases of a substorm (see e.g. Hones, 1973) 
are shown in Figure 14.20. 




Magnetic Reconnection 



419 



(D gnvwtii plusr <b) onsict 




Figure 14-20. The phases of a magnetospheric substorm. 



7. Conclusions 

The theory of three-dimensional magnetic reconnection is in its in- 
fancy, but the indications are that reconnection can occur either in the 
absence of a null point or at a null point. In the latter case, spine re- 
connection, fan reconnection and separator reconnection are the main 
types that have been so far identified. Furthermore, 3D reconnection 
appears to be completely different from 2D reconnection in several as- 
pects. Whereas field lines in 2D reconnect at a single point (the X-point), 
in 3D they continually change their connection as they pass through a 
non-ideal region. Furthermore, in 3D a unique field line velocity cannot 
be defined, since field lines anchored on one side of a non-ideal region 
behave differently to those anchored on the other side. 

Several proposals have now been made for heating the Sun’s corona 
by magnetic reconnection. X-ray bright points are thought to be due to 
reconnection driven by the motion of photospheric footpoints, mainly by 
converging motions. The high corona may possibly be heated by high- 
frequency waves, but the coronal loops could be heated by reconnection 
either due to binary reconnection or due to separator reconnection, or 
due to braiding. Another promising possibility is that coronal loops are 
driven by turbulent reconnection in myriads of current sheets by coronal 
tectonics. Furthermore, we have also seen that reconnection occurs in 
the Earth’s magnetosphere, on both the dayside and the nightside. 

In future, in order to understand the enigma of coronal heating there 
is an urgent need to: measure the temperature in coronal loops more 
accurately; understand fully the effect of the magnetic carpet; determine 
the effect of complex magnetic topology; unify our understanding of the 
zoo of coronal transients; test the viability of the Coronal Tectonics 
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Model; and, with the help of Solar B and Solar Dynamics Observatory, 
to understand properly the nature of the subtle link between the solar 
surface and corona. 
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